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3
Berlin
Heidelberg
New York
Barcelona
Hong Kong
London
Milan
Paris
Tokyo



Editorial Policy
The series Lecture Notes in Physics (LNP), founded in 1969, reports new developments in
physics research and teaching -- quickly, informally but with a high quality. Manuscripts
to be considered for publication are topical volumes consisting of a limited number of
contributions, carefully edited and closely related to each other. Each contribution should
contain at least partly original and previously unpublished material, be written in a clear,
pedagogical style and aimed at a broader readership, especially graduate students and
nonspecialist researchers wishing to familiarize themselves with the topic concerned. For
this reason, traditional proceedings cannot be considered for this series though volumes
to appear in this series are often based on material presented at conferences, workshops
and schools (in exceptional cases the original papers and/or those not included in the
printed book may be added on an accompanying CD ROM, together with the abstracts
of posters and other material suitable for publication, e.g. large tables, colour pictures,
program codes, etc.).

Acceptance
Aproject canonlybeaccepted tentatively forpublication,byboth theeditorialboardandthe
publisher, following thorough examination of the material submitted. The book proposal
sent to the publisher should consist at least of a preliminary table of contents outlining the
structure of the book together with abstracts of all contributions to be included.
Final acceptance is issued by the series editor in charge, in consultation with the publisher,
only after receiving the complete manuscript. Final acceptance, possibly requiring minor
corrections, usually follows the tentative acceptance unless the final manuscript differs
significantly fromexpectations (projectoutline). Inparticular, the series editorsareentitled
to reject individual contributions if they do not meet the high quality standards of this
series. The final manuscript must be camera-ready, and should include both an informative
introduction and a sufficiently detailed subject index.

Contractual Aspects
Publication in LNP is free of charge. There is no formal contract, no royalties are paid,
and no bulk orders are required, although special discounts are offered in this case. The
volume editors receive jointly 30 free copies for their personal use and are entitled, as are the
contributing authors, to purchase Springer books at a reduced rate. The publisher secures
the copyright for each volume. As a rule, no reprints of individual contributions can be
supplied.

Manuscript Submission
The manuscript in its final and approved version must be submitted in camera-ready form.
The corresponding electronic source files are also required for the production process, in
particular the online version. Technical assistance in compiling the final manuscript can be
provided by the publisher’s production editor(s), especially with regard to the publisher’s
own Latex macro package which has been specially designed for this series.

Online Version/ LNP Homepage
LNP homepage (list of available titles, aims and scope, editorial contacts etc.):
http://www.springer.de/phys/books/lnpp/
LNP online (abstracts, full-texts, subscriptions etc.):
http://link.springer.de/series/lnpp/



M. Lemoine G. Sigl (Eds.)

Physics and Astrophysics
of Ultra-High-Energy
Cosmic Rays

1 3



Editors

Martin Lemoine
Günter Sigl
Centre National de la Recherche Scientifique
Institut de Astrophysique de Paris
98bis, Boulevard Arago
75014 Paris, France

Cover picture: Hadronic, electromagnetic, and muonic (in order of increasing range) com-
ponents of a giant air shower (adapted from P. Billoir’s contribution).

Library of Congress Cataloging-in-Publication Data applied for.

Die Deutsche Bibliothek - CIP-Einheitsaufnahme

Physics and astrophysics of ultra high energy cosmic rays / M. Lemoine ; G.
Sigl (ed.). - Berlin ; Heidelberg ; New York ; Barcelona ; Hong Kong ;
London ; Milan ; Paris ; Tokyo : Springer, 2001
(Lecture notes in physics ; Vol. 576)
(Physics and astronomy online library)
ISBN 3-540-42899-2

ISSN 0075-8450
ISBN 3-540-42899-2 Springer-Verlag Berlin Heidelberg New York

This work is subject to copyright. All rights are reserved, whether the whole or part of the
material is concerned, specifically the rights of translation, reprinting, reuse of illustra-
tions, recitation, broadcasting, reproduction on microfilm or in any other way, and
storage in data banks. Duplication of this publication or parts thereof is permitted only
under the provisions of the German Copyright Law of September 9, 1965, in its current
version, and permission for use must always be obtained from Springer-Verlag. Violations
are liable for prosecution under the German Copyright Law.

Springer-Verlag Berlin Heidelberg New York
a member of BertelsmannSpringer Science+Business Media GmbH

http://www.springer.de

c© Springer-Verlag Berlin Heidelberg 2001
Printed in Germany

The use of general descriptive names, registered names, trademarks, etc. in this publication
does not imply, even in the absence of a specific statement, that such names are exempt
from the relevant protective laws and regulations and therefore free for general use.

Typesetting: Camera-ready by the authors/editors
Camera-data conversion by Steingraeber Satztechnik GmbH Heidelberg
Cover design: design & production, Heidelberg

Printed on acid-free paper
SPIN: 10857548 54/3141/du - 5 4 3 2 1 0



Preface

The International School on Physics and Astrophysics of Ultra High Energy
Cosmic Rays (UHECR2000) was held at the Observatoire de Paris–Meudon on
June 26-29, 2000. This was the first international school specifically dedicated
to ultra high energy cosmic rays. Its aim was to familiarize with and attract
students, physicists and astronomers into this quickly developing new research
field.

The mysterious and currently unknown origin of the most energetic parti-
cles observed in Nature has triggered in recent years theoretical speculations
ranging from electromagnetic acceleration to as yet undiscovered physics be-
yond the Standard Model. It has also lead to the development of several new
detection concepts and experimental projects, some of which are currently un-
der construction. By its nature, the field of ultra high energy cosmic rays is
therefore highly interdisciplinary and borrows from astrophysics and cosmology,
via particle physics, to experimental physics and observational astronomy. One
main aspect of the school was to emphasize and take advantage of this interdis-
ciplinarity. The lectures were grouped into subtopics and are reproduced in this
volume in the following order: After a general introductory lecture on cosmic
rays follow two contributions on experimental detection techniques, followed by
three lectures on acceleration in astrophysical objects. The next four contribu-
tions cover all major aspects of propagation and interactions of ultra high energy
radiation, including speculative issues such as new interactions. The last lecture
discusses “top-down” scenarios where cosmic rays are produced by decay from
higher energies close to Grand Unification scale instead of being accelerated.
The volume is rounded off by a critical summary of the topics covered. We hope
that this topical book will be useful to a broad range of people interested in
ultra high energy cosmic rays, from beginning students looking for interesting
research projects to senior researchers.

The school was financially supported by the Observatoire de Paris–Meudon,
by the Centre National de la Recherche Scientifique (CNRS), and by the Pro-
gramme National de Cosmologie (PNC). We warmly thank our co-organizers
Murat Boratav, Antoine Letessier-Selvon and Patrick Peter.

Paris, Martin Lemoine
September 2001 Günter Sigl
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Introduction to Cosmic Rays

Peter L. Biermann1 and Günter Sigl2

1 Max-Planck Institute for Radioastronomy, and
Department for Physics and Astronomy, University of Bonn, Bonn, Germany

2 Institut d’Astrophysique de Paris, Paris, France

Abstract. Energetic particles, traditionally called Cosmic Rays, were discovered
nearly a hundred years ago, and their origin is still uncertain. Their main constituents
are the normal nuclei as in the standard cosmic abundances of matter, with some
enhancements for the heavier elements; there are also electrons, positrons and anti-
protons. Today we also have information on isotopic abundances, which show some
anomalies, as compared with the interstellar medium. And there is antimatter, but no
anti-nuclei. The known spectrum extends over energies from a few hundred MeV to 300
EeV (= 3×1020 eV), and shows few clear spectral signatures: There is a small spectral
break near 5 × 1015 eV, commonly referred to as the knee, where the spectrum turns
down; there is another spectral break near 3 × 1018 eV, usually called the ankle, where
the spectrum turns up again. Up to the ankle the cosmic rays are usually interpreted
as originating from supernova explosions, i.e. those cosmic ray particles are thought
to be Galactic in origin; however, the details are not clear. We do not know what the
origin of the knee is, and what physical processes can give rise to particle energies in
the energy range from the knee to the ankle. The particles beyond the ankle have to be
extragalactic, it is usually assumed, because the Larmor radii in the Galactic magnetic
field are too large; this argument could be overcome if those particles were very heavy
nuclei as Fe, an idea which appears to be inconsistent, however, with the airshower
data immediately above the energy of the ankle. Due to interaction with the cosmic
microwave background (CMB), a relic of the Big Bang, there is a strong cut-off ex-
pected near 50 EeV (=5×1019 eV), which is, however, not seen; this expected cutoff is
called the GZK-cutoff after its discoverers, Greisen, Zatsepin and Kuzmin. The spectral
index α is near 2.7 below the knee, near 3.1 above the knee, and again near 2.7 above
the ankle, where this refers to a differential spectrum of the form E−α in numbers. The
high energy cosmic rays beyond the GZK-cutoff are the challenge to interpret. We will
describe the various approaches to understand the origin and physics of cosmic rays.

1 Introduction and History

Cosmic Rays were discovered by Hess [1] and Kohlhörster [2] in the beginning
of the twentieth century through their ionizing effect on airtight vessels of glas
enclosing two electrodes with a high voltage between them. This ionizing ef-
fect increased with altitude during balloon flights, and therefore the effect must
come from outside the Earth. So the term Cosmic Rays was coined. The Earth’s
magnetic field acts on energetic particles according to their charge, they are dif-
ferently affected coming from East and West, and so their charge was detected,
proving once and for all that they are charged particles. At the energies near
1018 eV there is observational evidence, that a small fraction of the particles are

Martin Lemoine, Günter Sigl (Eds.): LNP 576, pp. 1–26, 2001.
c© Springer-Verlag Berlin Heidelberg 2001



2 Peter L. Biermann and Günter Sigl

neutral, and in fact neutrons; these events correlate on the sky with the regions
of highest expected cosmic ray interactions, the Cygnus region and the Galactic
center region. From around 1960 onwards particles were detected at or above
1020 eV, with today about two dozen such events known. It took almost forty
years for the community to be convinced that these energies are real, and this
success is due to the combination of air fluorescence data with ground-based ob-
servations of secondary electrons/positrons and muons, as well as Čerenkov light;
the Fly’s Eye [3], Haverah Park [4] and AGASA [5] arrays are those with the
most extensive discussion of their data out and published; other arrays have also
contributed a great deal, like Yakutsk [8], Volcano Ranch [9] and SUGAR [10].
Already in the fifties it was noted that protons with energies above 3 × 1018

eV have Larmor radii in the Galactic magnetic field which are too large to be
contained, and so such particles must come from outside [11]. After the CMB
was discovered, in the early 1960s, it was noted only a little later by Greisen [12],
and Zatsepin and Kuzmin [13], in two papers, that near and above an energy of
5×1019 eV (called the GZK-cutoff) the interaction with the CMB would lead to
strong losses, if these particles were protons, as is now believed on the basis of
detailed airshower data. In such an interaction, protons see the photon as having
an energy of above the pion mass, and so pions can be produced in the reference
frame of the collision, leading to about a 20 % energy loss of the proton about
every � 6 Mpc in the observer frame. Therefore for an assumed cosmologically
homogeneous distribution of sources for protons at extreme energies, a spectrum
at Earth is predicted which shows a strong cutoff at 5×1019 eV, the GZK-cutoff.
This cutoff is not seen, leading to many speculations as to what the nature of
the particles beyond the GZK-energy, and their origin might be.

Cosmic rays are measured with balloon flights, satellites, now with instru-
ments such as AMS [14] on the Space Shuttle, and soon also with instruments
on the International Space Station [15], and with Ground Arrays. The instru-
ment chosen depends strongly on what is being looked for, and the energy of the
primary particle. One of the most successful campaigns has been with balloon
flights in Antarctica, where the balloon can float at about 40 km altitude and
circumnavigate the South Pole once, and possibly even several times during one
Antarctic summer. For very high precision measurements very large instruments
on the Space Shuttle or soon the International Space Station have been or will
be used, such as for the search for antimatter. The presently developed new
experiments such as the fluorescence detector array HiRes [17] and the hybrid
array Auger [18], are expected to contribute decisively to the next generation of
data sets for the highest energies.

Critical measurements are today the exact spectrum of the most common
elements, Hydrogen and Helium, the energy dependence of the fraction of anti-
particles (anti-protons and positrons), isotopic ratios of elements such as Neon
and Iron, the ratio of spallation products such as Boron to the primary nuclei
such as Carbon as a function of energy, the chemical composition near and
beyond the knee, at about 5 × 1015 eV, and the spectrum and nature of the
particles beyond the ankle, at 3×1018 eV, with special emphasis on the particles
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beyond the expected GZK-cutoff, at � 5× 1019 eV. The detection of anti-nuclei
would constitute a rather extreme challenge. One of the most decisive points
is the quest for the highest energy events and the high energy cutoff in the
spectrum. This is also the main topic of the present volume. The data situation
and experimental issues involved at the highest energies have been reviewed in
Refs. [19,20].

Relevant reviews and important original papers have been published over
many years, e.g., [21,22,23,24,25,26,27,28].

2 Physical Concepts

2.1 Cosmic Ray Spectrum and Isotropy
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Fig. 1. The CR all-particle spectrum observed by different experiments above 1011 eV
(from Ref. [20]). The differential flux in units of events per area, time, energy, and solid
angle was multiplied with E3 to project out the steeply falling character. The “knee”
can be seen at E � 4 × 1015 eV, the “second knee” at � 3 × 1017 eV, and the “ankle”
at E � 5 × 1018 eV

The number of particles at a certain energy E within a certain small en-
ergy interval dE is called the spectrum. Cosmic rays have usually a powerlaw
spectrum, which is referred to as a non-thermal behaviour, since non-thermal
processes are thought to be producing such spectra. Flux is usually expressed
as the number of particles, coming in per area, per second, per solid angle in
steradians (all sky is 4 π), and per energy interval. Cosmic rays have a spectrum
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near E−2.7 up the the knee, at about 5×1015 eV, and then about E−3.1 beyond,
up the ankle, at about 3 × 1018 eV, beyond which the spectrum becomes hard
to quantify, but can very approximately again be described by E−2.7. There is
no other strong feature in the spectrum, especially no cutoff at the upper end.
There is some limited evidence from the newest experiments (AGASA [5] and
HiRes [17,29]) for another feature, at about 3× 1017 eV, called the second knee,
where the spectrum appears to dip. Both the first and the second knee may
be at an energy which is proportional to charge [30], i.e. at a constant Larmor
radius, and therefore may imply a range in energies per particle. Figure 1 shows
the overall cosmic ray spectrum.

There is no anisotropy except for a weak hint near 1018 eV [31,32,33], and the
suggestive signal for pairing at energies near and beyond the GZK-cutoff [34].

2.2 Fermi Acceleration

In a compressing system the particles gain energy; the walls can be magnetic ir-
regularities which reflect charged particles through magnetic resonance between
the gyromotion and waves in the ionized magnetic gas, the plasma. Such mag-
netic irregularities usually exist everywhere in a plasma that gets stirred by,
e.g., stellar ultraviolet radiation and their ionization fronts, by stellar winds, su-
pernova explosions, and by the energetic particles moving through. Considering
now the two sides of a shock, one realizes that this is a permanently compressing
system for charged particles which move much faster than the flow in the shock
frame. Therefore particles gain energy, going back and forth. In one cycle they
normally gain a fraction of Ush/c in momentum (adopting relativistic particles
here), and the population loses a fraction of also Ush/c. Here Ush is the shock
velocity. For the original articles by E. Fermi see Ref. [21], Ref. [35] for a recent
review, and see also the contribution by G. Pelletier in this volume.

The density jump r in an adiabatic shockfront is given by the adiabatic index
of the gas γ and the upstream Mach number of the shock M1

r =
γ + 1

γ − 1 + 2/M2
1

(1)

The general expression for the spectral index of the particle momentum dis-
tribution p−a is

a =
3r

r − 1
(2)

This is in three-dimensional phase space; the energy distribution then is given
by E2−a, for relativistic particles. This means, for instance, that for a very large
Machnumber and the standard case of γ = 5/3 the density jump is 4, and the
spectral index is a − 2 = 2. For γ = 4/3, as would be the case in a gas with a
relativistic equation of state (like a radiation dominated gas) the density jump
is 7, and the spectral energy index of the particles is a−2 = 3/2. The time scale
for acceleration is given in, e.g., [36,37].
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In a relativistic shock wave the derivation no longer holds so simply for the
spectrum; however, it is worth noting that the density jump can go to infinity
both in the case of a relativistic shockwave as in the case of a strong cooling
shock. Then the spectral index in energy approaches a−2 = 1. However, detailed
Monte-Carlo simulations for relativistic shocks, taking into account the highly
anisotropic nature of the scattering as well as the particle distribution, again
find a spectrum near 2 [38]. For more details on Fermi acceleration see also the
contribution by G. Pelletier in this volume.

2.3 Spallation

Spallation is the destruction of atomic nuclei in a collision with another ener-
getic particle, such as another nucleus, commonly a proton [39,40,41]. In this
destruction many pieces of debris can be formed, with one common result the
stripping of just one proton or neutron, and another common result a distribu-
tion of lighter nuclei. Since the proton number determines the chemical element,
these debris are usually other nuclei, such as Boron, from the destruction of
a Carbon nucleus. It is an interesting question, whether these collisions lead
to a new state of matter, the quark-gluon plasma; the Relativistic Heavy Ion
Collider (RHIC) experiment [42] performed at Brookhaven collides heavy nuclei
with each other, in order to find evidence for this new state. Both in our upper
atmosphere and out in the Galaxy such collisions happen all the time, at very
much higher energy than possible in the laboratory, and may well be visible in
the data. Conversely, the existing data could be used perhaps to derive limits
on what happens when a quark-gluon plasma is formed.

As a curiosity we mention that collisions of energetic cosmic rays with each
other and with large objects such as the moon have been used to constrain the
risk that high energy collisons in terrestrial accelerators could produce particles
or new vacuum states that would trigger a phase transition to a lower energy
state such as strange quark matter which would destroy the Earth [43]. This risk
can be determined by calculating how much more often such processes occurred
naturally involving cosmic rays since the birth of our Universe.

2.4 Chemical Abundances

The chemical abundances in cosmic rays are rather similar to first approximation
to those in the interstellar medium [44]. We consider them in the following
framework: We plot the number of particles per energy interval as a function of
energy per particle, and normalize at 1 TeV energy per particle, so as to be free
of any solar modulation effect [45]. And we refer to Silicon for the comparison,
so by definition the abundance for Silicon is adopted to be equal for cosmic rays
and for the so-called cosmic abundances in the interstellar medium. In this well
defined frame-work we then note the following differences:

• The abundance of Hydrogen is very much less for cosmic rays, as is the ratio
of Hydrogen to Helium.
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• The abundances of the elements Lithum, Beryllium and Boron are very much
larger in cosmic rays than in the interstellar medium, by several powers of
ten.

• The abundances of the sub-Iron elements are also larger than relative to Iron
for cosmic rays.

• The abundances of odd-Z elements are larger.
• And, finally, those elements with a low first ionization potential are system-

atically more abundant.

These tendencies can be seen in Fig. 2 which compares solar System abun-
dances with abundances in cosmic rays at 1 TeV.

In addition, the isotopic ratios among a given element are sometimes very
similar to those in the interstellar medium, and for other cases, very different,
indicating rather specific source contributors.

In all versions of theories it is acknowledged that spallation of abundant ele-
ments plays a major role, especially for the light elements, where spallation and
subsequent ionization loss can even explain the abundances of the light elements
in the interstellar medium. This is an especially interesting test using the light
element abundances in stars formed in the young years of our Galaxy [46].

2.5 Cosmic Ray Airshower

When a primary particle at high energy, either a photon, or a nucleus, comes
into the upper atmosphere, the sequence of interactions and cascades form an
airshower. This airshower can be dominated by Čerenkov light, a bluish light,
produced when particles travel at a speed higher than the speed of light c divided
by the local index of refraction (which is 4/3 in water, for instance, and about
1.0003 in air). Observing this bluish light allows observations of high GeV to
TeV photon sources in the sky. For particles, such as protons, or atomic nuclei,
the resulting airshower is dominated by air fluorescence, when normal emission
lines of air molecules are excited, and by a pancake of secondary electrons and
positrons as well as muons. Most modern observations of very high energy cosmic
rays are done either by observing the air fluorescence, (arrays such as Flys’s
Eye [3], HiRes [17], or Auger [18]), or by observing the secondary electrons
and positrons (in arrays such as Haverah Park [4], AGASA [5], Yakutsk [8], or
also Auger [18]). In the further future such observations may be possible from
space, by observing the air fluorescence, or also the reflected Čerenkov light,
from either the International Space Station, or from dedicated satellites. Fly’s
Eye was and HiRes is in Utah, USA, Auger is in Argentina, AGASA is in Japan,
Yakutsk is in Russia, and Haverah Park was in the United Kingdom. Future
planned experiments are EUSO [47] on the space station, built by the ESA, and,
even later, a satellite mission, OWL [49], discussed by NASA. For reviews of
experimental techniques to detect giant airshowers see Refs. [19,20].
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Fig. 2. The chemical composition of cosmic rays relative to Silicon and iron at 1 TeV,
and in the solar System, as a function of nuclear charge Z, from Ref. [45]
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2.6 Cosmic Ray GZK-Cutoff

The interactions with the CMB should produce a strong cutoff in the observed
spectrum, at 5 × 1019 eV, called the GZK-cutoff [12,13,50]. This is expected
provided that a) these particles are protons (or neutrons), and b) the source
distribution is homogeneous in the universe. This cutoff is not seen; in fact,
no cutoff is seen at any energy, up to the limit of data, at � 3 × 1020 eV, or
300 EeV. This is one of the most serious problems facing cosmic ray physics
today. Assuming a source distribution just as the observed galaxy distribution
alleviates the problem, but does not solve it [51,52] (see also the contribution by
G. Medina Tanco in this volume).

2.7 Black Holes

It is now believed that almost all galaxies have a massive black hole at their
center, with masses sometimes ranging up 1010 solar masses, but usually much
less. There are also stellar mass black holes, but their number is not well known,
probably many thousands in each galaxy. The growth of these black holes has
almost certainly put an enormous amount of energy into the universe, possibly
commensurate with other forms of baryonic energy. The ratio of the masses of
the black holes and the stellar spheroidal component of older stars has a narrow
distribution which is limited from above by about 1:300. There is a near perfect
correlation between black hole mass and the velocity dispersion of the inner stars
of the central cusp around the black hole [53,54,55,56]. These black holes can be
expected to interact strongly with their environment, both in stars and in gas
[57].

2.8 Our Galaxy

Our galaxy is a flat distribution of stars and gas, mixed with interstellar dust,
and embedded in a spheroidal distribution of old stars. The age of this system
is about 15 billion years; its size is about 30 kpc across, and its inner region
is about 6 kpc across. At its very center there is a black hole with 2.6 × 106

solar masses [58]. The gravitational field is dominated in the outer parts of the
Galaxy by an unknown component, called dark matter, which we deduce only
through its gravitational force. In the innermost part of the galaxy normal matter
dominates. The mass ratio of dark matter to stars to interstellar matter in our
Galaxy is about 100:10:1. Averaged over the nearby universe these ratios are
shifted in favor of gas, with gas dominating over stars probably, but with dark
matter still dominating over stars and gas by a large factor. The universal ratios
of baryonic matter, dark matter and the Λ-term have been tightly constrained
by the observation of the first three waves in the fluctuation spectrum of the
CMB by the balloon experiments BOOMERanG [59], MAXIMA [60], and the
ground detector DASI [61], as well as by measurements of the relation between
apparent magnitude and redshift of certain type Ia supernovae which serve as
“standard candles” of known absolute luminosity [62]. All experiments agree
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rather well in these conclusions [63]. In very small galaxies the dark matter
component dominates over baryonic matter even at the center [64,65].

2.9 Interstellar Matter

The gas in between the stars in our Galaxy is composed of very hot gas (order
4× 106 K), various stages of cooler gas, down to about 20 K, dust, cosmic rays,
and magnetic fields [66,67,68,69]. All three components, gas, cosmic rays, and
magnetic fields, have approximately the same energy density, which happens
to be also close to the energy density of the CMB, about 1 eV per cm3. The
average density of the neutral hydrogen gas, of temperature a few 103 K, is about
1 particle per cm3, in a disk of thickness about 100 pc (= 3×1020 cm). The very
hot gas extends much farther from the symmetry plane, about 2 kpc on either
side.

2.10 Magnetic Fields

Magnetic fields are ubiquitous in the Universe [70,71,72] (see also the contri-
bution by G. Medina Tanco in this volume). In our Galaxy they have a total
strength of about 6 - 7 microGauss (μG) in the solar neighborhood, and about
10 μG further in, at around 3 kpc from the center. The magnetic field is partially
irregular, partially regular, with roughly 1/2 to 2/3 of it in a circular ring-like
pattern; other galaxies demonstrate that the underlying symmetry is dominated
by a spiral structure with the overall magnetic field pointing inwards along the
spiral. One level down in scale, the fine structure is then of occasional rever-
sals, but still mostly parallel to a circle around the center. At the small scales,
less than the thickness of the hot disk, it appears that the magnetic field can
be described as a Kolmogorov turbulence spectrum [73], all the way down to
dissipation scales.

The origin of the magnetic field is not understood [74,75,76]. Comparing our
Galaxy with others, in the starburst phase, and also at high redshift makes it
obvious that the magnetic field is regenerated at time scales which are less or at
most equal to the rotation time scale, with circumstantial evidence suggesting
that this happens at a few times 107 years. Interestingly, this is the same time
scale at which convection losses transport energy from the disk of the Galaxy,
and on which cosmic ray energy is lost. We do not have a real understanding of
what drives the energy balance of the interstellar medium.

2.11 Transport of Cosmic Rays

From the ratio of radioactive isotopes resulting from spallation to stable isotopes
we can deduce the time of transport of cosmic rays near 1 GeV: It is about 3×107

years. This is very similar to the sound crossing time scale across the hot thick
disk of the interstellar medium, and also to the Alfvénic time scale across the
same thick disk. It is unlikely that these numerical coincidences are chance.
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The transport of cosmic rays is dominated by a variety of effects [39,40,41]:

• Ionization losses, mosty relevant for protons and nuclei. This limits the lower
energy of protons to about 50 MeV after traversing most of the interstellar
medium path, as derived from the ionizing effect [77].

• Spallation - discussed separately above. For any given isotope, spallation is
a loss and a gain-process in the equation of balance.

• Radioactive decay. For any specific isotope this can be a loss and a gain-
process. The resulting observed ratios provide a clock for cosmic ray trans-
port.

• Synchrotron and Inverse Compton losses, only relevant for electrons and
positrons. Above about 10 GeV these losses dominate over diffusive losses,
and so the spectrum is steepened by unity. Then one deduces from the ob-
served spectrum of E−3.3, that injection must have happened with about
E−2.3.

• Diffusive loss from the disk. This is almost certainly governed by the spec-
trum of turbulence, in an isotropic approximation best described by a Kol-
mogorov spectrum [73]. This entails that the time scale of loss is proportional
to E−1/3. In an equilibrium situation this steepens the observed spectrum
by 1/3 over the injection spectrum. Along this line of reasoning one deduces,
that without re-acceleration the injection spectrum ought to be E−2.35 ap-
proximately, as noted immediately above providing a very important consis-
tency check.

• Convective loss from the disk. This is likely to dominate at energies below
about 1 GeV for protons, or the corresponding energy of other nuclei with
the same Larmor radius.

• Magnetic field irregularities; in analogy with the Sun, it is conceivable that
the magnetic field is very inhomogeneous, contains flux tubes of much higher
than average field, and then the transport of cosmic ray particles is governed
by a mixture of streaming, convection, and diffusion by pitch angle scattering
on these magnetic irregularities.

• Some cosmic rays almost certainly come from outside the Galaxy, coming
down the galactic wind - of which the existence is very likely, but not cer-
tain. Using then the analogy with the solar wind, we need to again ask the
question what the most likely turbulence spectrum is in the wind, and that
may be quite different from a Kolmogorov spectrum [73], k−5/3, where k
is the wavenumber, and the spectrum denotes the energy per volume per
wavenumber in isotropic phase space. Such a Kolmogorov spectrum is ob-
served in the solar wind over some part of the wavenumber spectrum. Some
have argued that it could be governed by the repeated injection of supernova
shockwaves, and so best be described by a k−2 spectrum. Interestingly, for
just such a spectrum the scattering in the irregularities of cosmic ray parti-
cles becomes independent of energy, and so there would be no critical energy,
below which the cosmic ray spectrum coming in from the outside is cut off.
This situation would then be quite different from the solar wind, where all
cosmic rays below about 500 MeV/nucleon (measured on the outside) are
cut off altogether.
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The transport of ultra-high energy cosmic rays, photons, and neutrinos in
extragalactic space is dominated by various processes: Pion production (leading
to the GZK effect) for nucleons above � 5×1019 eV, electromagnetic cascades for
γ−rays and, under certain circumstances, weak interactions with, for example,
production and decay of Z-bosons for ultra-high energy neutrinos propagating
from large redshifts. Furthermore, protons and nuclei are significantly deflected
by or even diffuse in large scale extragalactic magnetic fields [78]. For a detailed
discussion of these effects see the contribution by G. Sigl in this volume.

2.12 Supernovae

All stars above an original mass of more than 8 solar masses are expected to
explode at the end of their life-time, after they have exhausted nuclear burning;
the observable effect of such an explosion is called a supernova. When they
explode, they emit about 3 × 1053 erg in neutrinos, and also about 1051 erg
in visible energy, such as in shock waves in ordinary matter, the former stellar
envelope and interstellar gas. These neutrinos have an energy in the range of a
few MeV to about 20 MeV. When stars are in stellar binary systems, they can
also explode at low mass, but this process is believed to give only 10 % or less of
all stellar explosions. There appears to be a connection to Gamma Ray Bursts
(GRBs), but the physical details are far from clear at present; some suggest a
highly anisotropic explosion, others an explosion running along a pre-existing
channel. It is noteworthy that above an original stellar mass of about 15 solar
masses, stars also have a strong stellar wind, which for original masses above 25
solar masses becomes so strong, that it can blow out most of the original stellar
mass, even before the star explodes as a supernova. The energy in this wind,
integrated over the lifetime of the star, can attain the energy of the subsequent
supernova, as seen in the shockwave of the explosion.

2.13 Gamma Ray Bursts

Bursts of gamma ray emission [79] come from the far reaches of the universe,
and are almost certainly the result of the creation of a stellar mass black hole.
The duration of these bursts ranges from a fraction of a second to usually a few
seconds, and sometimes hundreds of seconds. Some such GRBs have afterglows
in other wavelengths like radio, optical and X-rays, with an optical brightness
which very rarely comes close to being detectable with standard binoculars. The
emission peaks near 100 keV in observable photon energy, and appears to have
an underlying powerlaw character, suggesting non-thermal emission processes.
See the contribution by E. Waxman in this volume for a detailed discussion.

2.14 Active Galactic Nuclei

When massive black holes accrete, then their immediate environment, usually
thought to be an accretion disk and a powerful relativistic jet (i.e. where the
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material is ejected with a speed very close to the speed of light) emits a luminosity
often far in excess of the emission of all stars in the host galaxy put together.
There is the proposal of a “unified scheme”, which contains the elements of a
black hole, an accretion disk, a jet and a torus of surrounding molecular material.
The mass range of these black holes appears to extend to 3× 109 solar masses.
As an example such black holes of a mass near 108 solar masses have a size of
order the diameter of the Earth orbit around the Sun, and their accretion can
produce a total emission of 1000 times that of all stars in our Galaxy. When the
emission of the jets gets very strong, and the jet very powerful, then the radio
image of such a galaxy can extend to 300 kpc, or more, dissipating the jet in
radio hot spots embedded in giant radio lobes, very rarely to several Mpc. The
space density of such radio galaxies, with powerful jets, hot spots and lobes, is
low, less than 1/1000 of all galaxies, but on the radio sky they dominate due to
their extreme emission. The activity is thought to be fed by inflow of gas and/or
stars into the black hole, maybe usually fuelled by galaxy-galaxy interaction [80].
High energy particle interactions in active galactic nuclei and their surroundings
may be detectable through the neutrino emission, even at cosmological distances
[81]. See also the contribution by G. Pelletier in this volume.

2.15 Topological Defects and Supermassive Particles

Particle accelerator experiments and the mathematical structure of the Standard
Model of the weak, electromagnetic and strong interactions suggest that these
forces should be unified at energies of about 2× 1016 GeV (1 GeV= 109 eV) [82],
4-5 orders of magnitude above the highest energies observed in cosmic rays.
The relevant “Grand Unified Theories” (GUTs) predict the existence of X par-
ticles with mass mX around the GUT scale of � 2 × 1016 GeV/c2. If their
lifetime is comparable or larger than the age of the Universe, they would be
dark matter candidates and their decays could contribute to cosmic ray fluxes
at the highest energies today, with an anisotropy pattern that reflects the ex-
pected dark matter distribution [83]. However, in many GUTs supermassive
particles are expected to have lifetimes not much longer than their inverse mass,
∼ 6.6× 10−41(1016 GeV/mXc2) sec, and thus have to be produced continuously
if their decays are to give rise to ultra-high energy cosmic rays. This can only
occur by emission from topological defects which are relics of cosmological phase
transitions that could have occurred in the early Universe at temperatures close
to the GUT scale. Phase transitions in general are associated with a breakdown
of a group of symmetries down to a subgroup which is indicated by an order
parameter taking on a non-vanishing value. Topological defects occur between
regions that are causally disconnected, such that the orientation of the order
parameter cannot be communicated between these regions and thus will adopt
different values. Examples are cosmic strings 1, magnetic monopoles 2, and do-
1 Strings correspond to the breakdown of rotational symmetry U(1) around a certain

direction; a laboratory example are vortices in superfluid helium.
2 Magnetic monopoles correspond to the breakdown of arbitrary 3-dimensional rota-

tions SO(3) to rotations U(1) around a specific direction.
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main walls 3. The Kibble mechanism states [84] that about one defect forms
per maximal volume over which the order parameter can be communicated by
physical processes. The defects are topologically stable, but in the case of GUTs
time dependent motion can lead to the emission of GUT scale X particles.

One of the prime cosmological motivations to postulate inflation, a phase of
exponential expansion in the early Universe [85], was to dilute excessive pro-
duction of “dangerous relics” such as topological defects and superheavy stable
particles. However, right after inflation, when the Universe reheats, phase tran-
sitions can occur and such relics can be produced in cosmologically interesting
abundances where they contribute to the dark matter, and with a mass scale
roughly given by the inflationary scale. The mass scale is fixed by the CMB
anisotropies to ∼ 1013 GeV/c2 [86], and it is not far above the highest energies
observed in cosmic rays, thus motivating a connection between these primordial
relics and ultra-high energy cosmic rays which in turn may provide a probe of
the early Universe.

Within GUTs the X particles typically decay into jets of particles whose
spectra can be estimated within the Standard Model. Very roughly, one expects
a few percent nucleons and the rest in neutrinos and photons [87]; these neutrinos
and photons then cascade in the big bang relic neutrinos and photons, and so
produce a universal photon and neutrino background (see the contribution by
G. Sigl in this volume). It is not finally settled at which level we need to observe a
background to confirm or refute this expected background. The resulting hadron
spectrum can be a fair bit flatter than any background resulting from cosmic
accelerators such as radio galaxies. Therefore any background from the decay
of topological defects or other relics should produce observable signatures in
neutrinos, photons and hadrons with characteristic properties. For more details
on the top-down scenario see the contribution by P. Bhattacharjee and G. Sigl
in this volume.

2.16 Magnetic Monopoles

The physics of electric and magnetic fields contains electric charges but no mag-
netic charges. In the context of particle physics it is likely that monopoles, basic
magnetically charged particles, also exist. Such monopoles are a special kind of
topological defects. The basic property of monopoles can be described as follows:
a) Just as electrically charged particles shortcircuit electric fields, monopoles
shortcircuit magnetic fields. The observation of very large scale and permeat-
ing magnetic fields in the cosmos shows that the universal flux of monopoles
must be very low; the implied upper limit from this argument is called the
Parker limit. b) Monopoles are accelerated in magnetic fields, just as electrically
charged particles are accelerated in electric fields. In cosmic magnetic fields, the
3 Domain walls correspond to the breakdown of a discrete symmetry where the order

parameter is only allowed to take several discrete values; a laboratory example are
the Bloch walls separating regions of different magnetization along the principal axis
of a ferromagnet.
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energies which can be attained are of 1021 eV, or even more. Any relation to the
observed high energy cosmic rays is uncertain at present [88].

2.17 Primordial Black Holes and Z-bursts

In the early universe it is possible, that very small black holes were also formed.
At sufficiently small mass, they can decay, and produce a characteristic spectrum
of particles rather similar to topological defects [89].

Another way to obtain very energetic hadrons is to start with a neutrino
at very high energy and at distances possibly much larger than the energy loss
lengths ∼ 50 Mpc for photons, nucleons, and nuclei and have it interact with
the relic neutrino background, the neutrino analogue of the CMB [90], within
∼ 50 Mpc. Such neutrino-neutrino interactions produce a Z boson, a carrier of
the electroweak interactions, which immediately decays into hadrons and other
particles, thus producing a proton possibly quite near to us in the Universe. For
more details on this “Z-burst” mechanism see the contributions by G. Sigl and
by S. Yoshida on neutrino cascades in this volume.

3 Energies, Spectra, and Composition

The solar wind prevents low energy charged particles to come into the inner solar
system, due to interaction with the magnetic field in the solar wind, a steady
stream of gas going out from the Sun into all directions, originally discovered in
1950 from the effect on cometary tails: they all point outwards, at all latitudes
of the Sun, and independent on whether the comet actually comes into the inner
solar system, or goes outwards, in which case the tail actually precedes the head
of the comet. This prevents us from knowing anything about the energies lower
than about 300 MeV of interstellar energetic particles. From about 10 GeV per
charge unit Z of the particle, the effect of the solar wind becomes negligible.
Since cosmic ray particles are mostly fully ionized nuclei (i.e. with the exception
of electrons and positrons), this is a strong effect.

Our Galaxy has a magnetic field of about 6× 10−6 Gauss in the solar neigh-
bourhood; the energy of such a field corresponds approximately to 1 eV per cm3,
just like the other components of the interstellar medium. In such a magnetic
field charged energetic particles gyrate, with a radius of gyration, called the Lar-
mor radius, which is proportional to the momentum of the particle perpendicular
to the magnetic field direction. For highly relativistic particles this entails, that
around 3× 1018 eV protons - or other nuclei of the same energy to charge ratio
- no longer gyrate in the disk of the Galaxy, i.e. their radius of gyration is larger
than the thickness of the disk. So they cannot possibly originate in the Galaxy,
they must come from outside; and indeed, at that energy there is evidence for a
change both in chemical composition, and in the slope of the spectrum.

The energies of these cosmic ray particles, that we observe, range from a few
hundred MeV to � 300 EeV. The integral flux ranges from about 10−5 per cm2,
per s, per steradian, at 1 TeV per nucleus for Hydrogen, or protons, to 1 particle
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per steradian per km2 and per century around 1020 eV, a decrease by a factor
of 3× 1019 in integral flux, and a corresponding decrease by a factor of 3× 1027

in differential flux, i.e. per energy interval (see also Fig. 1). Electrons have only
been measured to a few TeV.

As already discussed in Sect. 2.1, the total particle spectrum is about E−2.7

below the knee, and about E−3.1 above the knee, at 5 PeV, and flattens again to
about E−2.7 beyond the ankle, at about 3 EeV. Electrons have a spectrum, which
is similar to that of protons below about 10 GeV, and steeper, near E−3.3 above
this energy. The lower spectrum of electrons is inferred from radio emission,
while the steeper spectrum at the higher energies is measured directly.

The chemical composition is rather close to that of the interstellar medium,
with a few strong peculiarities relative to that of the interstellar medium, see
Sect. 2.4 for a general discussion. Concerning the energy dependence towards
the knee, and beyond, the fraction of heavy elements appears to continuously
increase, with moderately to heavy elements almost certainly dominating beyond
the knee [91], all the way to the ankle, where the composition seems to become
light again [3]. This means, at that energy we observe a transition to what
appears to be mostly Hydrogen and Helium nuclei. At much higher energies we
can only show consistency with a continuation of these properties, we cannot
prove unambiguously what the nature of these particles is.

The fraction of antiparticles is a few percent for positrons and a few 10−4 for
anti-protons. No other anti-nuclei have been found [92].

4 Origin of Galactic Cosmic Rays

4.1 Injection

For the injection of cosmic rays the following reasons have been suggested, and
we will group the answers into three segments following the very different paths
of arguments.

There is first the suggestion, that low mass stars with their coronal activity
provide the injection mechanism (mostly due to M. Shapiro, [93]). The main
argument for this reasoning is the observation that the selection effects for the
different elements among energetic particles are very similar in the solar wind
and in cosmic rays. Since low mass stars are often observed to be very active,
their possible contribution is expected to be substantial. In fact, in a few other
stars, these selection effects have been checked [94,95].

The argument then proceeds as follows:

• Low mass stars in their coronal activity accelerate selectively certain ele-
ments to supra-thermal energies, and so inject them into the interstellar
medium.

• Normal supernova explosions then accelerate them, via shock waves running
through the interstellar medium.
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There is second the suggestion that the injection of cosmic rays starts with
ionized dust particles, and finishes by a break-up of the energetic dust. Many of
the selection effects governing dust formation, and also the sites of dust formation
then rule the abundances of the final cosmic ray particles.

• This model has been developed on the one hand by Luke Drury and his
collaborators [96], and on the other by the group of the late Reuven Ramaty
and his collaborators [46].

• One of the biggest successes of this theory is the rather good explanation
for the various abundances of the chemical elements just using the known
properties of dust, and the observed fact that dust is abundant everywhere.

• A challenging aspect is the possibility to explain the observational fact that
the light elements such as Boron were already abundant at early times in the
Galaxy, when the general abundances of all heavy elements were low; dust
is formed early around the supernovae of massive stars, such as supernova
1987a, as observations clearly indicate, and so the general abundance of
dust in the interstellar medium is of no significance. This aspect is one of
the strengths of the approach by Ramaty. He elegantly solves the problem
of the abundances of the light elements in the young Galaxy.

• The isotopic ratios of certain elements clearly suggest that at least some
massive stars, such as Wolf Rayet stars, do contribute at some level. However,
in this approach, they play a minor role.

There is a third, competing theory, which emphasizes the role played by the
very massive stars, and their winds.

• Here the difference is noted, that massive stars come in three well-understood
varieties, i) those with a zero age main sequence mass between 8 and 15 solar
masses, which explode into the interstellar medium, ii) those with a mass
between 15 and about 25 solar masses, which explode into their stellar wind,
which is enriched mostly in Helium, and finally those with a mass above
about 25 solar masses, which explode as blue supergiants, Wolf Rayet stars,
for which the wind is heavily enriched in Carbon and Oxygen.

• The interstellar turbulence spectrum is taken to be of Kolmogorov type [73],
as indicated by an abundance of observations and theoretical work [97].

• The injection happens from the stellar wind abundances, explaining the gen-
eral features of the abundances. However, since some elements are doubly
ionized, their injection is enhanced, leading to a selection effect well known
from the active zones of the Sun and the solar wind, and also seen in some
active stars. Therefore, this picture also uses the analogy between the solar
wind, and assumes that similar selection effects play a role in the winds of
massive stars.

4.2 Primary Acceleration

It has been long surmised that supernova explosions provide the bulk of the
acceleration of cosmic rays in the Galaxy [98]. The acceleration is thought to be
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a kind of ping-pong between the two sides of the strong shock wave sent out by
the explosion of the star. This ping pong is a repeated reflection via magnetic
resonant interaction between the gyromotion of the energetic charged particles,
and waves of the same wavelength as the Larmor motion in the magnetic thermal
gas. Since the reflection is usually thought to be a gradual diffusion in direction,
the process is called diffusive shock acceleration, or after its discoverer Fermi
acceleration [21]; see the contribution by G. Pelletier in this volume for a detailed
discussion.

For a shock wave sent out directly into the interstellar gas this kind of accel-
eration easily provides particle energies up to about 100 TeV. While the detailed
injection mechanism is not quite clear, the very fact that we observe the emis-
sion of particles at these energies in X-rays provides a good case, and a rather
direct argument for highly energetic electrons. Even though protons are by a
factor of about 100 more abundant at energies near 1 GeV than electrons, we
cannot prove yet directly that supernova shocks provide the acceleration; only
the analogy with electrons can be demonstrated.

However, we observe what are probably Galactic cosmic rays up to energies
near the knee, and beyond to the ankle, i.e. 3 EeV.

The energies can be provided by several possibilities, with the only theory
worked out to a quantitative level suggesting that those particles also get accel-
erated in supernova shock waves, in those which run through the powerful stellar
wind of the predecessor star. In this first possibility it can easily be shown, that
energies up to 3 EeV per particle are possible (mostly Iron then). An alternate,
second, possibility is that a ping pong between various supernova shockwaves
occurs, but in this case seen from outside. In either (or any other) such theory
it is a problem, that we observe a knee, i.e. a bend down of the spectrum at an
energy per charge ratio which appears to be fairly sharply defined. In the concept
(the first possibility) that stellar explosions are at the origin it entails that all
such stars are closely similar in their properties, including their magnetic field,
at the time of explosion; while this is certainly possible, we have too little infor-
mation on the magnetic field of pre-supernova stars to verify or falsify this. In
the case of the other concept (the second possibility) it means that the transport
through the interstellar gas has a change in properties also at a fairly sharply
defined energy to charge ration, indicating a special scale in the interstellar gas,
for which there is no other evidence.

Galactic cosmic rays get injected from their sources with a certain spectrum.
While they travel through the Galaxy, from the site of injection to escape or to
the observer, they have a certain chance to leak out from the hot galactic mag-
netic disk of several kpc thickness. This escape becomes easier with higher en-
ergy. As a consequence their spectrum steepens, comparing source and observed
spectrum. The radio observations of other galaxies show consistency with the
understanding that the average spectrum of cosmic rays at least in the GeV to
many GeV energy range is always the same, in various locations in a Galaxy, and
also the same in different galaxies. During this travel inside a galaxy the cosmic
rays interact with the interstellar gas, and in this interaction produce gamma
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ray emission from pion decay, positrons, and also neutrons, anti-protons, and
neutrinos. The future gamma ray emission observations will certainly provide
very strong constraints on this aspect of cosmic rays.

One kind of evidence where cosmic rays exactly come from, what kind of
stars and stellar explosions really dominate among their sources is the isotopic
ratios of various isotopes of Neon, Iron and other heavy elements; these isotope
ratios suggest that at least one population is indeed the very massive stars with
strong stellar winds; however, whether these stars provide most of the heavier
elements, as one theory proposes, is still quite an open question.

There is some evidence now, that just near EeV energies there is one compo-
nent of galactic cosmic rays, which is spatially associated in arrival direction with
the two regions of highest activity in our Galaxy, at least as seen from Earth (by
AGASA and SUGAR): the Galactic Center region as well as the Cygnus region
show some weak enhancement [33]. Such a directional association is only possi-
ble for neutral particles, and since neutrons at that energy can just about travel
from those regions to here, before they decay (only free neutrons decay, neutrons
bound into a nucleus do not decay), a production of neutrons is conceivable as
one explanation of these data. One major difficulty with this interpretation is
the lack of discernible high energy gamma ray emission associated with the re-
gions of presumed neutron emission; the CASA-MIA experiment only provided
stringent upper limits [99], which appear on first sight to rule out the possibility
that related interactions might provide the neutrons. On the other hand, these
two regions are clearly those two parts of the Galaxy, where cosmic ray interac-
tions are the strongest, as evidenced by both lower energy gamma data as well
as radio data.

4.3 Beyond the Knee

There are several ideas how to get particles accelerated to energies near and
beyond the knee, at about 5× 1015 eV. The observations of air showers suggest
that the knee is a feature in constant energy per charge, or rigidity, as surmised
already by B. Peters [30]. The same may be true of the “second knee”, near
3× 1017 eV.

There are again several approaches conceivable, with only one quantitative
theory for this energy range:

• Obviously, a new accelerator, such as pulsars, might take over; however, then
the steeper spectrum with a matching flux at the knee energy is a serious
problem, and so this notion is normally discounted today.

• In the context of the injection from energetic particles from low mass ac-
tive stars, an additional unidentified process provides further acceleration to
those energies beyond the knee.

• In the model using dust particles as primary injection mechanism there is
no account of the cosmic ray spectrum beyond the knee. A development of
the theory, using acceleration between the expanding shells and shocks of
different supernovae might solve this problem.
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• In the theory using the supernova shock racing through stellar winds, their
shell, and the immediate surroundings, all particle energies up to the ankle
can be explained due to shock acceleration in the wind, which is magnetized.
The knee is explained as due to a diminution of the acceleration efficiency
when drift acceleration is reduced due to the matching of the Larmor radius
of the motion of the particle, and the spatial constraints in a shocked shell,
racing through the stellar wind.

4.4 Transport in the Galaxy

Cosmic ray particles are diffusively transported through the Galaxy, interacting
all the time with the matter, magnetic fields and photons. The various theories
differ in which interaction site dominates.

• In the theory using dust particles the injection is with a spectrum of E−2.1

approximately, and so an interstellar turbulence spectrum such that it would
lead to a steepening in E−0.6 is required, for which there is little convincing
observational nor theoretical evidence, except indirectly through using an
adopted model of a leaky box for cosmic ray transport. Again, a further de-
velopment of the theory might remedy this aspect. Especially, re-acceleration
in the interstellar medium might help, as argued by Seo and Ptuskin [100].

• In the theory using stellar winds the cosmic ray interaction happens in the
shells around the stellar winds [101,102], and their immediate environments,
explaining readily the energy dependence of the ratio of the secondary ele-
ments from spallation and the primary elements, with E−5/9. This also ex-
plains the gamma ray spectrum, which is observed to be best approximated
by an interaction spectrum of E−2.3. And, furthermore, this approach also
explains the electron spectrum, observed to be E−3.3, and since it is domi-
nated by losses, requires an injection close to a spectrum of E−2.3, as noted
earlier.

For an example for detailed modeling of cosmic ray progagation and sec-
ondary production in the Galaxy see, e.g., Ref. [103].

4.5 Key Tests

In all these theories, there are critical aspects which are not yet developed, and
will surely determine in the future, which of these proposals, if anyone of them,
does explain what Nature is doing.

• In the picture using energetic particles from low mass active stars a key test
would be the isotopic abundances, comparing those in the solar wind, and
those in cosmic rays.

• In the theory using dust particle injection the expected gamma ray spectrum
from cosmic ray interactions has not been worked out yet, and may finally
confirm this approach, or falsify it. Also, the isotopic abundances provide
key tests.
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• What has yet to be done, and may well finally prove or falsify the theory
involving stellar winds is the very detailed accounting of all the abundances
of the chemical elements and their isotopic abundances.

• And, finally, once we observe the high energy gamma ray emission spectrum,
its spatial distribution, as well as the neutrino spectrum from the inner part
of our Galaxy, then we can expect to finalize our physical understanding of
where cosmic rays come from.

Observations such as [104] may provide key tests for progress from the knee
on up.

5 The Cosmic Rays between 3 EeV and 50 EeV

The cosmic rays between the ankle and the expected GZK-cutoff are readily
explained by many possible sources, almost all outside our galaxy.

Some, but not all of these proposals can also explain particles beyond the
GZK-cutoff, discussed in Sect. 6 below.

Pulsars, especially those with very high magnetic fields, called magnetars,
can possibly accelerate charged particles to energies of 1021 eV (see contribution
by B. Rudak in this volume). There are several problems with such a notion, one
being the adiabatic losses on the way from close to the pulsar out to the interstel-
lar gas, and another one the sky distribution, which should be anisotropic given
the distribution and strength of Galactic magnetic fields. On the other hand if
this concept could be proven, it would certainly provide a very easy explana-
tion, why there are particles beyond the GZK-cutoff: for Galactic particles the
interaction with the CMB is totally irrelevant, and no GZK-cutoff is expected.

Another proposal is GRBs, and is discussed in detail in the contribution by
E. Waxman in this volume. However since ultimately we do not yet know what
constitutes a GRB, their contribution cannot be settled with full certainty.

Shock waves running through a magnetized and ionized gas accelerate charged
particles, as we know from in situ observations in the solar wind already; and
this forms the basis of almost all theories to account for Galactic Cosmic Rays.
The largest shock waves in the universe have scales of many tens of Mpc, and
have shock velocities of around 1000 km/s. These shock waves arise in the cos-
mological large scale structure formation, seen as a soap-bubble like distribution
of galaxies in the universe. The accretion flow to enhance the matter density in
the resulting sheets, filaments and clusters is still continuing, and causes shock
waves to exist all around us. In the shock waves, which also have been shown to
form around growing clusters of galaxies, particles can be accelerated, and can
attain fairly high energies. However, the maximum energies can barely reach the
energy of the GZK-cutoff, and so a strong contribution to the overall flux is
unlikely [105].

The most conventional explanation is radio galaxies, which provide with their
hot spots an obvious acceleration site: These hot spots are giant shock waves,
often of a size exceeding that of our entire Galaxy. The shock speeds may ap-
proach several percent, maybe even several tens of percent of the speed of light,
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if sporadic. Integrating over all known radio galaxies readily explains flux and
spectrum, as well as chemical composition of the cosmic rays in this energy
range [24,106,107]. In this proposal it is the greatest challenge to identify the
single radio galaxy dominating the highest energy; for this M87 has been pro-
posed already some time ago (see also the contribution by P. Biermann et al. in
this volume).

6 Particles beyond the GZK-cutoff

For these energies there is no argument, whether these particles are really pro-
tons, as an extrapolation from lower energies might suggest. However, everything
we know is quite consistent with such an assumption [20].

Apart from the more “conservative” astrophysical mechanisms involving
“bottom-up” acceleration, there are many exciting approaches to account for
these particles:

• Decay of topological defects (TDs), or other relics from the big bang, the so-
called “top-down” scenario. This theory can account readily for the apparent
upturn in the spectrum beyond the GZK cutoff, and explains those events
with a mixture of nucleons and γ−rays. These models predict significant
diffuse γ−ray fluxes in the 100 MeV-GeV region and thus are strongly con-
strained by the observed fluxes in this energy range. There are many variants
of top-down models [108], some of them with a quite predictive power.

• Decay of primordial black holes. The final particle distribution is rather
similar to that expected from the decay of TDs [89].

• Violation of the Lorentz invariance [109]: At some very high energy, where
the four basic forces of Nature combine, Lorentz Invariance may no longer
hold, and a ripple effect of this is anticipated at lower energies. One possible
result would be that protons might survive much longer in the bath of the
CMB. In fact, observations of photons of energies up to � 20 TeV from
Markarian 501, where absorption in the infrared background is expected to
be strong, was considered as a possible signature of violation of Lorentz
invariance [110,111]. Furthermore, photons at different energies would have
divergent travel times, conceivably measurable with GRBs [111].

7 Outlook

The next few years promise to give great advances to our physical understanding
of both the macro and the microcosmos. On the one side, this is due to our
increased theoretical understanding on how to combine accelerator data and
cosmic ray and astrophysical data to arrive at strong constraints, for example,
on new physics. On the other hand, it is due to an expected enormous increase of
data from new experiments, especially on the cosmic ray and astrophysics side.
Ground arrays, Balloons, Space Station experiments will proliferate within the
next few years and hold great promise for us. On a somewhat longer time scale,
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powerful new particle accelerators such as the LHC will directly test new physics
in the TeV region, an energy range which is also, somewhat more indirectly,
probed by cosmic ray, γ−ray and neutrino experiments.
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Abstract. We describe the cascade of hadronic and electromagnetic interactions which
gives rise to an extensive atmospheric shower. Its development depends on the nature
and the energy of the primary particle; it may be described by a longitudinal profile
and a lateral extension. We explained how remote observations allow to reconstruct the
characteristics of the primary object, with a special emphasis on neutrinos and photons,
and we discuss the uncertainties related to the simulation of interaction modeling.

1 Introduction

We focus here on showers (cascade of particles) induced in the atmosphere by
ultra high energy cosmic rays (UHECR, beyond 1 EeV = 1018 eV). These rays
are generally believed to be protons or nuclei accelerated in some astrophysical
sites (whatever their origin, electrons encounter magnetic fields and lose rapidly
their energy), see the introduction by P. Biermann and G. Sigl and the contri-
bution by G. Pelletier in this volume. Protons and nuclei may also interact in an
intermediate medium and give stable subproducts: for example, photoproduc-
tion of mesons on the cosmic microwave background (the so-called “GZK effect”
p + γCMB → p + π) is a source of photons and neutrinos (for more details on
UHECR propagation see the contribution by G. Sigl in this volume). On the
other hand, ultra-high energy particles may be created in a process starting at
even higher energy, for example, decay of an object with a mass at the level of
the Grand Unification (∼ 1025 eV): in such scenarios, particles arriving at the
Earth are mainly neutrinos, and possibly photons (above 1020 eV, their mean
free path is at least a few Mpc). These so called “top-down models” are dis-
cussed in more detail in the contribution by P. Bhattacharjee and G. Sigl in this
volume. We may also consider other possibilities: neutrons (of galactic origin),
which give atmospheric showers similar to those from protons, and secondary
electrons (produced in the geomagnetic field as explained below).

The physical processes at such energies (more than 100 TeV in the center-
of-mass frame) cannot be studied with present accelerators, even in colliders.
The theory of electromagnetic interactions is assumed to be still valid, and ex-
act computations of individual processes are possible. The hadronic interactions
are more problematic, because they require far extrapolations of more or less
empirical models, tuned on experimental data at lower energy. They induce un-
certainties on the first steps of the cascade, which cannot be directly observed.
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We describe the general features of the shower development, and we state
some approximate scaling laws. Then we show how some quantities related to
the longitudinal and transverse development may be measured from optical ob-
servations (telescopes) and/or from ground particle detectors, allowing a precise
determination of the direction of arrival on Earth, and an estimation of the
energy, without too much dependence on the high energy interaction model.
Moreover, to some extent, the nature of the primary particle may be identified
on a statistical basis (light/heavy nuclei discrimination) in relation to the speed
of the development of the cascade; this identification is sensitive to modelling
uncertainties.

We also want to point out that primary photons or neutrinos (signature
of “top-down” models for the origin of ultra-high energy cosmic rays) may give
showers clearly different from nucleic ones, independent of the high energy model.

2 Shower Development

2.1 Main Features

Let us first assume that the incoming projectile is a nucleon or a nucleus with
atomic number A (in practice A ≤ 56, because nuclei heavier than iron are
not abundant). The primary interaction is hadronic, it occurs in the upper at-
mosphere (generally more than 20 km of altitude above sea level); as a first
approximation, if collective effects are neglected, a nucleus A of energy E is
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Fig. 2. Spatial extension of the shower components

equivalent to the superposition of A independent nucleons, each with energy
E/A. The primary interaction, in addition to the nucleons of the projectile and
the target, produces a large number of secondary particles (mainly pions), which
give rise to further hadronic interactions, and so on: this is the hadronic cascade.
Neutral pions decay into photons before reinteracting (except at Lorentz fac-
tors above 1011, that is at energy above 10 EeV), so that at each step of the
hadronic cascade, about 1/3 of the energy is transferred to photons, giving rise
to the electromagnetic cascade: photons produce e+e− pairs and Compton elec-
trons, and electrons/positrons radiate photons through bremsstrahlung on atmo-
spheric nuclei. A small fraction of the electromagnetic component is re-injected
in the hadronic cascade because of hadronic interactions of the photons; as a
consequence, a shower induced by a primary photon (or an electron) would also
develop an hadronic cascade. Figure 1 summarizes the processes generating the
cascades, and Fig. 2 gives an idea of the spatial extension of the different com-
ponents.

The hadronic cascade (except a few nucleons) ends up with the decay of
charged pions into muons, at intermediate altitudes (around 6 km, with a large
spread), when their Lorentz factor γ is such that the decay length βγcτ becomes
comparable to the interaction length, of the order of 50 g cm−2 (400 m at sea
level, more at high altitude). With cτ � 8 m, this corresponds to an energy
around 7 GeV, then the muons are produced with a typical energy of a few
GeV, increasing with the altitude of production. On the other hand they inherit
the transverse momentum of their parents (a few hundred MeV): their divergence
(angle with the shower axis) is relatively small, and strongly anticorrelated to
their energy. Figure 3 gives the characteristics of the muons in a vertical shower.
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Fig. 3. Characteristics of muons produced in meson decays, in a typical shower (pri-
mary energy 100 EeV; zenith angle 40◦). The distributions do not depend strongly on
the initial conditions. Top: spatial extension of the meson decays. Bottom: correlation
of the muon energy to the divergence α from axis (left), and to the altitude (right)

A large fraction of them reach the ground before decaying, with a non-negligible
energy loss, � 2 MeV/(g cm−2).

The electromagnetic cascade continues down to energies below 1 MeV, until
electrons slow down through ionization without further radiating, and finally
stop. Except for very inclined showers, this process is not achieved at ground
level.

It is important to notice that the energy lost along the cascade is essentially
deposited through low energy charged particles, and that only a few percent
of the initial energy goes into neutrinos (mainly produced in meson and muon
decays). From this point of view, the atmosphere behaves as a giant calorimeter
with a good linearity (but the shower is not fully contained)
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2.2 Longitudinal Development

As long as meson decays and density effects (for example the LPM effect, see
below) are negligible, the longitudinal development (for a given primary particle
at a given energy Eprim) depends only on the cumulated slant depth X (the
thickness of air already crossed), usually expressed in g cm−2: X = Xvert/ cos θ,
where θ is the zenith angle of the shower axis (the direction of the primary
particle) and Xvert is the vertical thickness of the atmosphere above this point
(1000 g cm−2 at sea level).

As a first approximation, we can consider the development of the cascade as
a succession of steps (slices in X) where the number of particles is multiplied
by a constant factor, and their energy divided by this factor, until the particles
decay or stop, at an energy level which do not depend on the initial state. More
precisely, after a few initial steps, there is a quasi-continuous spectrum in en-
ergy, at a scale decreasing exponentially with X, with a reproducible succession
of macroscopic states, down to the extinction; in other terms, all showers have
the same shape, except for a translation and a global factor of intensity, propor-
tional to Eprim. In the scaling approximation mentioned above, this translation
is a logarithmic function of Eprim. Actually, this is essentially true for the elec-
tromagnetic cascade, which is the dominating process in the range where the
longitudinal profile can be observed.

For example, the number of charged particles (mainly e− and e+) may be
adequately parametrized by the Gaisser-Hillas function [1], which fits well to the
observations:

Ne = Nmax

(
X −X0

Xmax −X0

)Xmax−X0
70

exp
(

Xmax −X

70

)

where X0 is the depth of the first interaction, and Xmax − X0 depends on
the energy and the nature of the primary; Xmax is the position of the max-
imum of Ne. The quantity X − Xmax is an indicator of the stage of evolu-
tion (the “age”) of the shower. Xmax increases logarithmically with the energy:
Xmax � Xi + 55 log10 Eprim (in g cm−2). The value of Xi depends on the nature
of the primary; in the model of independent nucleon superposition, starting from
Eprim/A is equivalent to a shift in Xmax proportional to log A; in practice, at
a given energy, Xmax(p)−Xmax(Fe) � 100 g cm−2. This is the essential feature
allowing a discrimination between protons, light and heavy nuclei. More gen-
erally, such a dependence is expected within any reasonable model, where the
cross sections and/or the multiplicities are increasing with A, giving a faster
development at the beginning of the hadronic cascade.

In our energy range, Xmax is of the order of 700 to 800 g cm−2, that is slighty
less than the total vertical thickness of the atmosphere: then at any zenith angle
θ, the maximum of the shower is above the ground.

Figure 4 gives the longitudinal profile of the different particles in a typical
shower, induced by a proton of 10 EeV at θ = 40◦.
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Fig. 4. Longitudinal profile of a typical shower. Top: number of particles, as a function
of X. Medium: fraction of primary energy carried, as a function of X. Bottom: the
same, as a function of the altitude (Note that, in comparison with the other panels the
horizontal scale is reversed and distorted). In addition (thick line): rate of energy loss,
related to the profile of Čerenkov light emission and fluorescence

If the primary particle is a photon or an electron, the first steps are purely
electromagnetic, and the initial descent in energy is slower than in a hadronic
cascade. As a result, Xmax is expected to be larger than in a proton/nucleus
shower.
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2.3 Lateral Extension

Physical processes in the cascade give generally products with a moderate trans-
verse momentum, whatever the energy; then most high energy particles are col-
limated along the initial axis: they constitute the “core” of the shower. The
lateral extension of the core depends on the mean free path, then it is propor-
tional to the inverse of the density. It may be expressed in terms of the Moliere
radius RM, such that 90 % of the energy is contained within a distance from
axis r < RM; in atmospheric showers RM � 60 m. However, low energy photons
and electrons, as well as muons, extend far away from the core: this “halo” has
a detectable density up to a few kilometers from the axis (depending on the
primary energy). The electromagnetic part of the halo increases with the depth,
as long as the core remains active, reaches its maximum around Xmax + 100 g
cm−2 and then decreases rapidly: it is completely extinguished at Xmax + 1000
g cm−2. On the other hand, the steepness of the lateral distribution decreases
with X (the distribution gets flatter).

Most muons travel beyond the electromagnetic cascade, giving a “muonic
tail”, with an increasing spread in r, due to a simple straightforward propa-
gation; far from the core, the muon density is approximately an exponential
function of the distance (reflecting the distribution of the transverse momentum
at the end of the hadronic cascade). After a long range lower energy muons (with
larger divergence) decay, and the angular distribution of the muonic tail shrinks:
the spread in r does not increase linearly with the distance. On the other hand,
independently of the electromagnetic cascade, the muons generate an “electro-
magnetic tail” through their decay, δ-ray production and radiative processes
(bremsstrahlung and pair production), important above a few 10 GeV.

Figure 5 shows the lateral distribution of the different species, at ground
level, and their characteristics (energy, divergence).

2.4 Muon Fraction

The muon content is an important feature depending on the nature of the pri-
mary. If the primary particle is a nucleus, the fraction of energy remaining in
the hadronic cascade decreases exponentially with the number of steps; then the
energy carried by the muons depends essentially on the number of steps needed
to reach the energy level where the charged pions decay. As a consequence, a
heavy nucleus gives more muons than a light one, or a proton; the exact ratio
depends on the model of hadronic interactions.

Of course, within a given shower, the muon fraction depends on the longitu-
dinal and transverse position (it increases with X and with the distance from the
core). To be complete, one has to account also for the variation of the density,
and then consider a dependence on θ: at large zenith angle, the hadronic cascade
develops at a higher altitude, then the pions decay earlier (in terms of the slant
depth), giving less muons, with a larger mean energy, carrying globally a larger
fraction of Eprim.
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Fig. 5. Lateral distributions in a typical shower

If the primary is a photon or an electron, the hadronic cascade is initiated
at a lower energy, then is has less steps, but it remains globally weak and the
muon content is much reduced compared to a proton shower.

2.5 Time Structure

Let us consider now the time structure of the “signal” seen at a given position
(distribution in time of the various components). As long as the particles are
ultrarelativistic (at energies well above 1 GeV), the core is a kind of “fire ball”
with a slowly increasing radius, moving at the speed of light. Let us call “front
plane” the plane perpendicular to the shower axis, moving at speed c. The struc-
ture of the halo may be described in terms of the delay with respect to the front
plane. Its components have different behaviours:
• the nucleons survive down to lowest energies: their arrival is spread over a

long time (typically tens of microseconds at ground level). However this com-
ponent is almost negligible, and does not extend far away from the shower
axis.
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shower front
after 1 atm. after 3 atm.

Fig. 6. Space-time structure (evolution of the shape of the front)

• the muons (and surviving pions) are generally highly relativistic (1 − β is
small, but not negligible), and come almost in straight line from the hadronic
core: then their delay increases with the distance r to the core, because of
a simple geometric effect, and also because the velocity is anticorrelated to
the angle of emission, thus to r. When going forward, both the longitudinal
distance from the source and the mean energy increase, then the muonic front
gets flatter and thinner. In practice, for nearly vertical showers, at ground
level, the mean delay increases quadratically up to r = 2 km (∼ 1.5 μs), then
less rapidly; the time dispersion is also increasing with r.

• the electromagnetic halo may be considered as the result of a diffusive pro-
cess, continuously generated from the core, with a relatively stable structure:
a mean delay and a dispersion roughly proportional to r (typically 2.5±1 μs
at 2 km). There is no significant difference between the repartitions of elec-
trons, positrons and photons.
Considered as a whole, the shower halo may be seen as a largely opened cone

(a delay of 1 μs correspond to a longitudinal distance of 300 m), with a clear
forward front of rounded shape, and a more diffuse backward boundary. The
muons are more concentrated in the forward part. The curvature of the front
and the thickness decrease as the shower propagates. After 2000 g cm−2, the
muonic tail (including its electromagnetic byproducts) is a very thin and almost
flat disk. Figure 6 illustrates this evolution.

2.6 Fluctuations

Fluctuations, that is differences between showers produced from the same initial
conditions, originate mainly from the very first steps, and especially from the
position X0 of the first interaction (whose uncertainty is of the order of the
interaction length). As a result, the position of Xmax has an intrinsic fluctuation
of the order of a few 10 g cm−2, decreasing with A.

The lateral distribution depends on X and is also affected by this initial
fluctuation, but the evolution of the shape is such that, at a given X, there
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is a distance from core where the dependence on X0 is stationary, then the
fluctuation is reduced (less than 10%). At ground level, at 10 EeV, this distance
is about 1000 m (it increases with energy). This feature is exploited in energy
measurement by ground arrays.

There may be also small fluctuations in the atmosphere itself (temperature
and pressure), but they just change the density, thus the scale of X versus the
altitude, and not the total thickness; the transverse scale and the muon fraction
may be slighly affected.

2.7 LPM Effect in the Electromagnetic Cascade

The Landau-Pomeranchuk-Migdal (LPM) effect [2] is a suppression of the elec-
tromagnetic processes at very high energy. These processes are characterized
by a “formation length” inversely proportional to the longitudinal momentum
transfer, which decreases with increasing energy (it may be interpreted as the
wavelength of the exchanged virtual photon, or the distance required for the
final particles to separate at least by a Compton wavelength) . If it is long, the
formation becomes sensitive to other interactions in the medium, and the coher-
ence is broken, for example by multiple scattering in a relatively dense medium.
A detailed presentation of environmental factors may be found in [3]. These
processes begins to be reduced above a characteristic energy×density product:
ELPM = m2c3αX0/4πh̄ = 7.7 TeV/cm X0. At the density of the upper atmo-
sphere, ELPM is of the order of 10 EeV (1019 eV). The density increases gradually
when the cascade goes down; however, the descent in energy is faster, and only
the first steps are above LPM threshold. In a hadronically induced shower, the
electromagnetic cascade is a secondary process: it begins generally at an energy
scale well below Eprim, then it is not strongly affected.

The situation is quite different if the primary particle is a photon (or an
electron) well above 10 EeV. Then the first interaction is delayed, and several of
the following steps may also be affected. Moreover, a large delay on the first step
pushes the next one towards higher densities, thus it increases its interaction
length, and so on as long as the energy is above ELPM). As a consequence, there
is a positive correlation between the step lengths at the beginning of the cascade:
the initial fluctuations are “self-amplifying”, and for given initial conditions, the
fluctuations on Xmax, and other features related to the “age” of the shower, are
enhanced. Figure 7 illustrates both the lenghtening of the longitudinal profile
and the increase of fluctuations.

3 Possible Observations

The rate of UHECR is so low that a direct detection of the shower core is
practically excluded. In the same way, the Čerenkov light emitted along the core
is strongly collimated and cannot be exploited in the same way as in high energy
gamma detection, for example. The showers may be observed either through the
fluorescence of nitrogen (isotropic emission, detectable up to tens of kilometers),
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Fig. 7. Delay of electromagnetically induced showers due to LPM effect. Solid: shower
simulation without LPM effect. Dotted: simulation inluding LPM effect, and semi-
analytical evaluation. The curves are an average over different showers with the same
initial conditions, and the vertical bars indicate the shower-to-shower fluctuations

or through a sampling of the halo with a ground array of particle detectors
(within 2 to 3 km from the core). Another technique was also proposed, based
on the radio emission due to the magnetic separation of charges [4].

3.1 Fluorescence Profile

The nitrogen molecules, excited by charged particles, may emit near-UV radi-
ation. The probability of collisional de-excitation increases with the density, so
that the rate of fluorescence per unit length is roughly independent of the al-
titude up to 20 km (� 5 photons per meter per charged particle). The typical
detector is a set of telescopes covering a large part of the sky (the so-called
“fly’s eye” configuration), with a fast acquisition able to record rapidly varying
pulses (over 10 to 30 μs, with a resolution around 100 ns). A good geometrical
reconstruction of the shower axis (∼ 0.5◦) is obtained with a stereoscopic view
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(two distant telescopes observing the same shower). After various corrections for
attenuation (Rayleigh scattering on molecules and Mie scattering on aerosols),
subtraction of the scattered Čerenkov light, and other observational biases, the
longitudinal profile may be reconstructed. Of course, such telescopes can only
work during dark nights, with a cloudless sky (in practice, 10 to 15 % of the time
in semi-desertic sites). For more details the reader is referred to the contribution
by S. Yoshida on the air fluorescence method in this volume.

3.2 Particle Detectors at Ground

To be efficient a ground observatory should cover a very large area. In practice it
is an array of detectors giving a local sampling of the halo; at ultra-high energy
the spacing of the detectors may be at the kilometer scale. The signal seen
by individual detectors may be simply the density of charged particles (e.g. thin
scintillators), or have a special sensitivity to penetrating particles, mainly muons
(Čerenkov light in water tanks). With enough sampling points, it is possible to
reconstruct different quantities:
• the direction of the shower axis, using the differences of time between the

detectors, provided there are at least 3 points in the region where the shower
front is close to a plane (precision 1 − 2◦). With more points, it is possible
to measure the curvature of the front, related to the age of the shower.

• the primary energy, from the amplitudes of the signals: for example an in-
terpolation is performed to estimate the density at a distance from the core
where the fluctuations are minimal (typically 1 km); if no external informa-
tion is available to determine the position of the core, it should be fitted
together with a normalization factor, using a parametrization of the lateral
density function, for example:

ρ(r) ∝
(

r
rM

)s−2 (
1 + r

rM

)s−4.5
(Nishimura-Kamata-Greisen function) [5]

ρ(r) ∝ r−(η+r/4000) (Haverah Park parametrization) [6].

These formulae need corrective terms at large distances r. The parameter s
or η (indicating the steepness of the distribution) is related to the age of the
shower.

• the rise time of the signal (defined e.g. as the time where 50 % of the inte-
grated amplitude is reached) which increases roughly linearly with r, and is
also sensitive to the muonic fraction (if the detector has a large sensitivity
to muons), thus to the nature of the primary.

4 Characterization of “Exotic” Primaries
(Neutrinos and Photons)

4.1 Neutrino Interactions in the Deep Atmosphere

UHE neutrinos are usually produced as secondaries of hadronic interactions in
the decay of a light meson into μνμ, followed by a muon decay into eνμνe (we
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do not distinguish antileptons from leptons), thus a ratio 2:1 between νμ and νe.
The rate of ντ , from hadrons with a heavy quark (b or c) is expected to be much
lower. However a large mixing between ντ and νμ (if it is confirmed experimen-
tally, see, e.g., the Super-Kamiokande results [7]) could change the proportions
at arrival, and give equal fluxes of the three species. We do not consider this
possibility here. For neutrino production in γ−ray bursts see the contribution
by E. Waxman and see the contribution by P. Bhattacharjee and G. Sigl in this
volume for “top-down” scenarios.

The main process in the atmosphere is the interaction on nuclei:

ν + N → ν + hadrons n.c. (neutral current)
ν + N → l + hadrons c.c (charged current)

where l is the corresponding charged lepton. It may be expressed in terms of
the exchange of a Z0 (n. c.) or a W± (c.c.) between the neutrino and a quark
of the nucleus. The cross section of such processes increases with the energy
Eν of the neutrino, linearly up to � 10 TeV (as long as the the center-of-mass
energy is below the W mass), and then more slowly. In our energy range [8] it is
still much smaller than the hadronic and electromagnetic cross sections, but not
completely negligible; the cross section of the c. c. reaction is roughly the same
for ν and ν̄ and may be parametrized as:

σcc(Eν) � 10−32
(

Eν

1018 EeV

)0.4

cm2 (per nucleon)

The n.c. cross section is lower by a factor � 2.5. The precise value of these cross
sections, as well as the fraction of the energy transferred to hadrons (of the order
of 0.2 at our energies), depend on the structure functions of the target nuclei;
to evaluate them, an extrapolation is needed from collider data, and the result
has a theoretical uncertainty (probably less than 50 %).

After the primary interaction, an hadronic shower develops normally, and
also, in the case of a c.c. of νe or ν̄e, an electromagnetic shower induced by the
electron/positron; of course, due to the Lorentz boost, these two components
are aligned with the initial direction and are seen as a unique “mixed” shower.
A νμ or ν̄μ is seen only through its hadronic products (a highly energetic muon
radiates strongly, but not enough to lose a large part of its energy within the
atmosphere, and thus to produce a detectable shower); this is an important dif-
ference with underwater neutrino detection, which is mainly sensitive to muons,
because of their long range.

Around 10 EeV, the probability of a neutrino interaction through the whole
atmosphere is typically 10−5/ cos θ. It is distributed proportionally to the density,
that is mainly in the lower 10 km. With reasonable expectations on the fluxes,
such events are very rare compared to the total rate of UHECR. Then they
need to be strongly discriminated from “normal” showers, induced in the upper
atmosphere. In practice, they may be searched for at large zenith angles (θ >
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Fig. 8. Principle of the discrimination of neutrino induced showers

70◦): at these angles, “normal” showers develop and decay at high altitude,
and only their muonic tail hits the ground, while “deep” showers may arrive at
ground at any stage of their development (see Fig. 8). Then the discriminating
criteria may be:
• A deep quasi-horizontal longitudinal profile, as seen e.g. with a fluorescence

detector; unfortunately these detectors are not optimized for such conditions.
• An electromagnetic component at ground level; as seen above, the signatures

are the spread of arrival times of particles at a given point, the curvature of
the shower front and the steepness of the lateral shape.

It should be pointed out that very inclined showers give a longitudinally extended
“ground spot” (region where particles are detectable), so that they may be seen
in several detectors of a ground array, even if their lateral extension is less than
the array spacing, that is at energies well below the threshold for nearly vertical
showers. A few signals can suffice to give a signature of the electromagnetic
component, and a rough estimation of the direction; however, evaluating the
primary energy is difficult if no other information is available to determine the
position of the core.

4.2 Geomagnetic Photon Cascade

It was pointed out by McBreen and Lambert [9], using a theoretical review of
electromagnetic interactions in extreme conditions by T. Erber [10], that γ-rays
with energy above 1019 eV have a large probability to convert into an e+e−

pair in the magnetic field of the Earth before entering the atmosphere. Then
the electrons radiate strongly and produce a large number of photons; some of
them may also give secondary pairs. As a result, instead of a unique photon,
there is a electromagnetic “preshower” entering the upper atmosphere. Figure 9
gives the probability of pair conversion at typical values of the field around the
Earth, and Fig. 10 shows that, whatever their initial energy and their injection
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Fig. 9. Probability of geomagnetic conversion of a photon into a e+e− pair: the curves
give the interaction length as a function of the energy and the transverse magnetic field
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Fig. 10. Energy loss of e+ and e− through synchrotron radiation in the geomagnetic
field

altitude, electrons and positrons radiate in such a way that they arrive in the
atmosphere with an energy well below 10 EeV. The probability of conversion
depends on the parameter Eγ/2mec

2×B⊥/Bcr, where B⊥ is the field transverse
to the direction of the photon, and Bcr = m2

e c2/e h̄ � 4× 109 T is the “critical
field”; then, this effect is expected to depend on the direction of observation with
respect to the Earth frame (see for example Fig. 11). Such a dependence is a
very strong signature of primary photons.

As seen above, the electromagnetic interactions are reduced at highest ener-
gies. In the atmosphere, showers induced by photons above a few 1019 eV will
develop slowly. On the contrary, if the photon was converted, the atmospheric
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primary object may be reconstructed from the optical and ground observations:

• the direction, from geometrical and timing data, with a precision of the order
of 1 degree or better.

• the energy, from an integration over the longitudinal profile, or a normal-
ization of the lateral profile. The precision on individual events is limited
to � 10 % by shower-to-shower fluctuations; the dependence on physical
modelling is moderate.

• the nature, from the stage of development, e.g. the position Xmax of the
maximum of the longitudinal profile, or related properties of the shower
front. Here the modeling uncertainties are important, because they are of the
same order as the differences to be observed (for example between a proton
and an iron nucleus). However, photons or neutrinos could be distinguished
clearly, in certain conditions, from the nucleic background.
The properties of hadronic interactions at ultra-high energies need to be

extrapolated from measurements of accelerator experiments, because QCD cal-
culations cannot yet be performed exactly. Different models have been proposed,
for example HPDM [11], VENUS [12], SIBYLL [13], QGSJET [14]; a review may
be found in [15]. To some extent, these models may be tested if enough informa-
tion is available. For example, the KASCADE detector [16] is able to measure
the hadron and the muon rate in a lower energy range (below 1016 eV) and to
compare the observations with the predictions of the models [17]. For the mo-
ment, there is no fully satisfactory model; QGSJET seems to be the preferred
one. On the other hand, external constraints may be set (for example, a nucleus
cannot be lighter than a proton and is unlikely heavier than iron). Assuming that
a scaling law is valid (e.g. Xmax increases logarithmically with energy) allows to
see an evolution of the composition with energy (see for example [18]).

Of course, one can imagine that new physics plays an important role in this
energy domain, for example collective effects in nuclear collisions [19], or more
ad hoc hypotheses: symmetry breaking at energies below the Grand Unifica-
tion scale, allowing for example neutrinos to undergo hadronic interactions, or
Lorentz invariance violation. Unless specific and precise signatures are exhibited,
it is difficult to take all possibilities into account.
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Abstract. The air fluorescence technique for detection of Extremely High Energy
Cosmic Rays (EHECRs) is reviewed. A general overview is given based on a series
of simple equations to approximate the detection mechanism. The calorimetric energy
measurement, which is the heart of the fluorescence technique is discussed in detail.
Some technical issues and possible systematic uncertainties associated with the fluo-
rescence measurement are briefly summarized.

1 Introduction

The purpose of the air fluorescence technique is to detect Extensive Air Showers
(EAS) by the measurement of the ultraviolet fluorescence of molecular nitrogen
generated by the air shower particles. Unlike Čerenkov radiation, this fluores-
cence is isotropic and hence it can be seen from any angle by appropriate detec-
tors. This fluorescence yields about four photons per meter of ionizing trajectory
along the EAS axis, which are collected by a light collector system such as re-
flection mirrors and recorded with an ultraviolet-sensitive camera like a mosaic
of photomultiplier tubes. As an air shower cascade develops, emitted ultraviolet
photons translate into time-dependent signals passing through the field of view
of the optical detectors. This defines a moving track through the atmosphere
as shown in Fig. 1, which is able to reconstruct the longitudinal shower profile.
The integral of the reconstructed profile is directly proportional to the primary
energy of a EHECR initiating the EAS. This method is essentially calorimetric,
measuring the total energy deposition in the atmosphere by means of its fluo-
rescence. It does not need a complex Monte Carlo simulation to determine the
energy scale, as is required in the ground array technique. The identification of
the primary particle is made by examining the shape of the longitudinal profile
of the shower. The atmospheric depth of the shower maximum (Xmax) is a good
parameter for the identification. This technique has a great potential to discrim-
inate gamma rays and neutrinos from cosmic ray hadrons, which is the essential
feature of the experiment to identify the origin of EHECRs.

2 Overview

General features of the fluorescence method using an optical detector which con-
sists of a reflection mirror and a mosaic of phototubes can be easily obtained by
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When rp � r0 which is likely for detection of EHECRs, to an accuracy of 35 %,
this equation can be written as

log Ne,th = 7.54 +
( r0

8km

)− 4
5

8.23× 10−2
( rp

km

)
+ log

[
nth

( r0

8km

)(4m−1

eeff

)(
1m

Rmir

)]
(4)

+
1
2

log
[(

nNB

106m−2sr−1μs−1

)(
tgate
5μs

)]

where log is the logarithm to base 10, Rmir is the radius of the mirror of the
optical detector and Q is assumed to be 30 %.

The atmospheric slant width during which the shower cascade contains more
electrons than this threshold size Ne,th can be numerically obtained as the fol-
lowing expression:

X100%
t ≡ Xt(Ne ≥ Ne,th) = 100(−η2 − 8η + 2) g/cm2 (5)

η = log(Ne,th)− log
(

Ee

GeV

)
(6)

Using Eq. (4), η can be written as a function of rp and thus X100%
t is a function

of Ee and rp. To trigger showers with a given geometry and energy, X100%
t ≥ 0

must be required, which leads to a maximum shower distance at which the optical
detector will trigger:

rmax
p = 12.15

( r0

8km

) 4
5

f km, (7)

where

f = 2.7 + log
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1019eV

)
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+ log
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)(
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5μs
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At 1019 eV for nth = 2 (i.e., 2σ significance) rmax
p ∼ 29 km for the detectors

operating in a desert atmosphere.

From the arguments above, general consequences on this detection method
can be obtained. First, the typical distance scale to observable EAS from the
optical detector is 30−40 km as expressed in Eqs. (7) and (9) which only weakly
depend on the detector specification such as the mirror area and the pixel size of
a phototube. This is because most of the light from the showers is scattered out
by the Rayleigh and Mie scattering and reduced significantly. The exponential
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Fig. 2. Geometrical relations between the event track and the optical detectors

term in Eq. (1) dominates in the overall contribution. This consideration leads to
the second consequence: The atmospheric monitoring to measure the extinction
length r0 is crucial. The primary energy of an EHECR particle is approximately
proportional to the signal from the initiated air shower and Eq. (1) shows that
the uncertainty in the energy determination is related to the extinction length
as

ΔE

E
� rp

r0

Δr0

r0
. (10)

This means that we must determine r0 with an accuracy of 5 % for estimating
the energy of events at ∼ 30 km from the detector within systematic errors of 10
%. This is challenging, but not impossible because contribution of the Rayleigh
scattering dominates over the Mie scattering process in the fluorescence light
propagation and effects of the Rayleigh scattering can be accurately predicted
because it is a rather simple electromagnetic process. Many methods to measure
the extinction length have been proposed and performed [3,4]. They are based
on measurements of laser and “flasher” shots fired through the detector aper-
ture [5]. Two approaches are possible. One uses select geometries to deconvolve
the effects of the Mie scattering and extract the transmission. The second fits an
aerosol model to the observed data to determine the model parameters. These
parameters include a horizontal attenuation length, an aerosol scale height, and
a scattering dependence or phase function. Details of the technical issues are
found in [5].

The third consequence from these arguments is that the estimation of pri-
mary energies relies on the geometrical reconstruction of observed events because
the signal strength depends heavily on rp as expressed in Eq. (1). A superhigh
energy EAS could only produce very weak signals if it is far from the detector, in
contrast to the ground array technique where the higher energy event puts the
larger and denser footprint at the array surface. Therefore the accuracy of the
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geometrical reconstruction is important not only for studies of the arrival direc-
tions, but also for a reliable energy determination. Fortunately, the achievable
resolution of the geometrical reconstruction is good enough since the event ge-
ometry can be deduced not only by the geometrical information of the recorded
event track in the camera but also by its timing information. In other words, the
signal profile such as strength and duration strongly depends on the geometri-
cal relation between the detector and the shower axis. Figure 2 illustrates how
the event geometry determines the signal profile. Provided the data recording
system is capable of sampling the signal strength from the shower with constant
frequency, the longitudinal direction αj of the light spot at the station i along
the shower track is related to a given event geometry and relative timing at the
j-th sampling as follows.

αj = π − ψi − 2 tan−1
[

c

Ri
p

(
tj − t0 − nsri

c

)]
, (11)

where Ri
p is the impact parameter from station i, ns is the direction of the

shower axis, ri is the vector from the station to the core location, ψi is the
angle between the shower axis and the vector from the location of the station
to the shower core location, and t0 is the absolute origin of the timing, see also
Fig. 2. Consequently the signal profile at every sampling time, i.e., how the light
spot crosses the PMT is a function of the geometrical parameters via Eq. (11).
Fine geometrical resolution is hence obtained by minimizing the χ2 built by
comparison of the prediction of the signal profile by the Monte Carlo simulation
with the profile recorded at every sampling frequency. Another key to the fine
resolution is to view the events in stereoscopic manner. Having two or more
stations of the optical detectors at 10 ∼ 40 km separation makes stereoscopic
measurement of the EAS profile possible, which provides a model independent
way of checking the energy and depth of shower maximum (Xmax) resolution.
By comparing the energy and Xmax values independently reconstructed from
each station using the stereo geometry (assuming the stereo geometry is well
determined), the resolution of the deduced parameters like the energy can be
experimentally examined without relying on a complex Monte Carlo simulation.
In today’s fluorescence detectors, the stereoscopic capability is considered as a
mandatory function.

3 Calorimetric Energy Measurement

The calorimetric energy measurement is at the heart of the air fluorescence
method. The total energy deposition in the atmosphere is

Edeposit =
∫

dXNe(X)α(ε, S(X)) (12)

where Ne(X) is number of electrons in the shower as a function of depth in
the atmosphere where X is measured in unit of g/cm2. The longitudinal shower



50 Shigeru Yoshida

profile Ne(X) can be analytically well described by the Gaisser-Hillas formula
(see also contribution by P. Billoir in this volume):

Ne(X, Xmax, X1, Nmax) = Nmax

(
X −X1

Xmax −X1

)Xmax−X1
λ

exp
(

Xmax −X

λ

)
.

(13)
Here, Xmax is the shower maximum, X1 is the atmospheric depth at the first
interaction point of the shower, and λ is the attenuation length which is approx-
imately 70 g/cm2. Further, α in Eq. (12) is the energy loss per slant depth per
charged particle in air via ionization, which is given by [6]

α(ε, S(X)) =
∫
ε

dEe
dEe

dX
ne(Ee, S) , (14)

where ne is the differential energy spectrum of electrons normalized to 1, dEe/dX
is the ionization loss rate for an electron as a function of its kinematic energy
Ee. Also, ε is the threshold energy in this integral, which is presumably zero in
real events, and S(X) is the “age” parameter, which is defined as

S(X) =
3(X −X1)

(X −X1) + 2(Xmax −X1)
. (15)

The number of the fluorescence photons is given by

Nfl
γ =

∫
dXNe(X)

dL

dX

∫
ε

dEe
dY fl

dL
ne(Ee, S) , (16)

where dY fl/dL is the air fluorescence yield in units of photons per unit length
which can be formalized as [7]

dY fl

dL
= κ−1 dEe

dX
f(ρ, T ) = κ−1 dEe

dX

∑
i

ρ
Ai

1 + Biρ
√

T
. (17)

Here, ρ is the air density in g/cm3, T is the temperature in Kelvin, and Ai

and Bi are constant coefficients that take into account its various wavelength
dependences. Further, κ is for normalization and chosen as

κ =
(

dEe

dX

)∣∣∣∣
Ee=1.4MeV

� 1.668
MeV

gcm−2 (18)

for practical reasons. The fact that the fluorescence yield is proportional to
dEe/dX as expressed in Eq. (17) enables the fluorescence detectors to measure
Edeposit in a calorimetric way. Comparing Eqs. (12), and (14) with Eq. (16), we
get

dEdeposit

dX
=

dNfl
γ

dL
κf−1(ρ, T ) (19)
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which is independent of α(ε, S) and directly shows the calorimetric energy mea-
surement.

It should be remarked, however, that it is necessary to calculate α(ε, S) to
obtain the longitudinal shower profile Ne(X) from the measured number of flu-
orescence photons Nfl

γ . From Eqs. (12), (16) and (17), we obtain that the re-
constructed shower profile N rec

e is given by

N rec
e (X, ε) =

dNfl
γ

dL
κf−1(ρ, T )α−1(ε, S) . (20)

Calculation of α(ε, S) relies on Monte Carlo simulations, and for technical rea-
sons the threshold energy ε can not be set to zero. In the actual simulations,
ε = 0.1 MeV has often been used, and the reconstructed shower profile N rec

e (X)
is a function of ε in this sense that causes simulation-dependences and weakly
depends on the mass of the primary particles. However, the most important
parameter Xmax to deduce the mass composition of the primary EHECR par-
ticles is mainly determined by α(ε, S) at around S = 1 which is very sta-
ble and almost independent of the primary mass and energy, α(0.1 MeV, 1) �
2.19 MeV/(g/cm2) [6]. Hence there is no major systematics in the Xmax mea-
surement caused from the simulation-dependent uncertainties. Note that Eq. (20)
also gives

Edeposit =
∫

dXN rec
e (X, ε)α(ε, S(X)) =

∫
dXNe(X)α(0, S(X)) (21)

indicating again that the energy deposition measurement is independent of ε and
free from assumptions in the shower Monte Carlo simulations.

For most of the observed events, however, the primary energy measure-
ment partly relies on the reconstructed shower profile N rec

e (X, ε) derived by
the simulation-dependent procedure via α(ε, S) because only a part of the lon-
gitudinal profile is usually within a field of view of the optical detectors and we
must extrapolate the invisible part of the profile by the Gaisser-Hillas formula
with Xmax and X1 determined by the detected part of the profile. The detected
signal strength per unit length in units of number of photoelectrons per meter
is related to N rec

e (X, ε) as follows:

dNpe

dL
=

N rec
e (X, ε)
4πr2

p

κ−1f(ρ, T )α(ε, S)Amir (22)

×
∫

dλTM(λ) exp

[
−ΔXdet

λR

(
400nm

λ

)4
]

ffl(λ)εdet(λ) ,

where ΔXdet is the atmospheric slant depth between the location of a mirror
and the light-emission point along the shower axis, ffl(λ) is the fluorescence flux
at wavelength λ, TM is the transmission factor of propagation of light taking
into account Mie scattering, λR is the extinction length for Rayleigh scatter-
ing, and εdet(λ) is the overall detection efficiency determined by the quantum
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efficiency of a PMT tube, transmission factor of an optical filter, reflectivity of
the mirrors, dead space of the camera and so on. This equation is essentially
equivalent to Eq. (1) but takes into account the wavelength-dependence. Then
the reconstructed N rec

e (X, ε) deduces Edeposit by the energy integral of Eq. (12).
It should be noted that this integral is mostly determined by the shower profile
at around Xmax. Therefore, as long as the profile around the shower maximum
is directly viewed by the detectors, the dominant contribution in the energy
integral is given by the calorimetric manner as expressed by Eq. (19) and the
resultant energy deposition measurement is almost independent of α(ε, S).

It is true that Edeposit is calorimetrically measured, but the primary energy
of an EHECR particle E would not be the same as Edeposit because a part of the
primary energy is channeled into neutrinos, high energy muons and nuclear exci-
tation. Even for γ-ray induced showers there is a tiny “missing energy” because
of the photo-nuclear interactions and the μ+μ− pair production. The missing en-
ergy for γ-ray induced showers is only ∼ 1% of the primary energy while that of
hadronic showers is not negligible and some corrections are necessary. However,
the correction factor decreases with increasing primary energy because charged
pions produced in more energetic showers are more likely to interact than decay
into muons and neutrinos. The simulation study [6] using CORSIKA [8] shows

Edeposit

E
= 0.959− 0.082

(
Edeposit

1018eV

)−0.15

. (23)

This factor depends on primary mass and there is about 5 % difference be-
tween proton and iron-induced showers. The above function is for their average
behavior.

4 Photomultiplier and Electronics

In a typical design, the camera equiped in the optical detectors basically consists
of photomultiplier tubes (PMTs), optical UV filters passing only photons with
wavelengths in the UV air fluorescence emission (300∼ 400 nm), and the front-
end electronics for reading out the signals.

The main requirements for the PMT specifications for the air fluorescence
measurement are the gain stability under the night sky background photon in-
tensities and its fluctuation, a sufficiently good linearity to record EHECR events
passing near the detector, and uniformity of the PMT cathode. The expected
night sky background intensity collected by a reflection mirror of 3m diameter is
∼ 25 photoelectrons in 200 ns for a PMT with field of view (FOV) of 1 degree.
Thus the anode current is

IBG = eNBGG = 1.6μA
(

NBG

130MHz

)(
G

8× 104

)
(24)
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Fig. 3. Pulse gain variation against background anode current, with the ordinary
bleeder circuit (a) and with the hybrid bleeder circuit (b)

when a PMT is operated with gain G. This is not completely negligible compared
with the maximum bleeder current of ∼ 0.2 mA. Moreover, the anode current
fluctuates continuously during the observations. This fluctuation changes the
PMT gain significantly when we use an ordinary bleeder circuit by the register
chain. One of the possible solution is a hybrid bleeder circuit using Zener diodes
at the last 2 stages of the dynode chain. The measured variation of the pulse
gain against the background anode current is shown in Fig. 3. As shown in this
figure, the pulse gain of the hybrid bleeder is almost constant in the wide range
of anode currents. As with the linearity, the possible maximum strength of the
signals is

Isig = eG(Nph/Δt) = 0.16mA
(

Npe

2× 103

)(
Δt

200 nsec

)−1(
G

8× 104

)
(25)
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Fig. 4. Contour map of the measured anode gain (relative)

when the detector receives ∼ 2 × 103 photoelectrons at gate width of 200 nsec,
which could happen if a shower with primary energy of 1020 eV passes at a
distance of 10 km from the detector. Since the linearity of PMT depends on the
relative voltages applied to the last few dynodes, some optimization of bleeder
circuit may be needed to have sufficient linear response up to ∼ 1 mA depending
on the gain applied to PMTs.

The sensitivity of the PMT has a position dependence on its photocathode
surface, reflecting the non-uniformity of the quantum efficiency and the amplifi-
cation gain. Various factors such as the photocathode thickness, the irregularity
of the focusing electric fields and the geometry of the first few dynodes affects
the position dependence. Figure 4 shows a typical two dimensional response of
the PMT gain. This response must be well understood because the accuracy
of reconstruction of the event geometry and the longitudinal shower develop-
ment relies on the measurement of the motion of the light spot emitted from
the shower which sweeps the photocathode surface from edge to edge. In order
to improve the accuracy, one can either measure the position dependence by
scanning the pulsed LED source on the PMT window or place a wedge-shaped
reflector at the PMT boundary such that the fluorescence light impinging on the
insensitive band is reflected and guided to the central region of the photocathode
minimizing the non-uniformity.

Front-end electronics to read out the air fluorescence signals need the capa-
bility of recording various profiles of pulses. The strength and duration of the
air-fluorescence pulse depends largely on the geometry of the event, as illustrated
in Fig. 5. A well defined short pulse with high amplitude will be produced by
the nearby air shower traversing the camera’s line of sight perpendicularly. A
signal from a distant event with running away configuration, on the other hand,
will be widely spread and is difficult to be separated from the night sky back-
ground. The recording of the signal time profile becomes increasingly important
for events with a long duration, for which most of the information to determine
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Fig. 5. Schematic illustration to show the relation between the event geometry and
the resultant pulse profile. “Npe” is the number of photoelectrons
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the geometry (particularly the direction) is included in the signal timing profile.
Therefore the continuous digitization and recording of the signal wave form by
FADC or pipelined ADC as shown in Fig. 6 is much preferred compared to the
analog integration of the signal with a fixed gate width, or a fixed time constant.
For the triggering, however, the traditional method of the analog integration
with two or three various time constants works well enough to trigger the events
without significant bias.

5 Systematic Errors

Let us summarize here the sources of systematic uncertainty in energy estima-
tion.
• Uncertainties in the PMT quantum efficiency, the PMT/preamp gain, and the

mirror reflectivity
The absolute gain and sensitivity of the detector must be calibrated and
monitored. In the ground array method, signals from local muons passing
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through the particle counter give the reference for the absolute calibration.
This would be more difficult in the case of the air fluorescence detectors,
however, because there is no absolute light candle in nature. The standard
procedure is to compare the signals produced by the stable light sources such
as UV LEDs, xenon flashers, and YAP pulsars equiped in the optical detec-
tors in field to those processed in the absolutely calibrated PMT/electronics.
Holding the overall uncertainty below 10 % is the current reasonable goal
for the calibration.

• Uncertainty in the fluorescence yield
The measurement of the energy deposition in the EAS relies on the number of
the fluorescence yield as directly expressed in Eq. 19. The yield has been well
measured by a laboratory experiment [7]. However, the yield intensity for low
energy electrons below 1 MeV is not quite understood, and the uncertainty
is given as ∼ 10 %.

• Missing Energy
As already described, the energy carried away by neutrinos and high energy
muons in air shower cascades cannot be directly measured and must be
estimated by Monte Carlo simulations. The correction factor depends on
primary mass and there would be 5 % difference between proton and iron-
induced showers [6] which leads to unresolved systematic uncertainty in the
primary energy estimation. We note in this context that energy loss into
invisible channels which could open up due to new particle physics at high
center of mass energies (i.e., production of supersymmetric particles) would
normally lead to underestimating the energy.

• Atmospheric extinction
Measurement of the atmospheric extinction length determined the dominant
conversion factor from the number of photoelectrons recorded by the detector
to the number of fluorescence photons radiated from the shower. As already
noted, this would be the largest correction in the energy determination. The
current goal is 10 % of accuracy of determination of the extinction length.
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Fermi Acceleration of Astroparticles

Guy Pelletier
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Abstract. The whole cosmic ray spectrum measured from GeV to 100 EeV ener-
gies could result from the same Fermi acceleration process at work in the supernova
remnants of our Galaxy for energies from GeV to PeV, in extragalactic objects such
as Active Galactic Nuclei, RadioGalaxies and Gamma Ray Bursts beyond PeV ener-
gies. Moreover the galactic or extragalactic sources of synchrotron radiation contain
a population of ultrarelativistic electrons that have a powerlaw distribution similar to
the cosmic ray population and that are plausibly explained also by the Fermi process.
These lectures are designed to explain the 1st and 2nd order Fermi processes in the
nonrelativistic regime, to give the theoretical tools necessary to complete the task on
the remaining important open questions. Then the goal of the astrophysical explana-
tion of the UHE Cosmic Rays seems to require the extension of Fermi process in the
relativistic regime together with cosmic ray scattering off strong magnetic turbulence.
This new development of the theory, which is not yet stabilised, will be introduced as
well. The performance of the various cosmic accelerators are also presented.

1 Introduction

During many years, the astrophysics of high energy phenomena has been divided
into two domains of investigations, namely measurement of the cosmic ray spec-
trum, and observation of nonthermal radiations of synchrotron sources, such as
radiogalaxies, radioquasars, supernovae remnants, and pulsars. A very plausi-
ble theoretical link between these separated topics was the particle acceleration
process, the celebrated

Fermi process. New instruments bringing new crucial observations in the
high energy domain have incited particle physicists and astrophysicists work-
ing on high energy phenomena to get together and investigate the same objects
and media. These “high energy gatherings” happened almost everywhere in the
world and has been qualified as a new discipline, the “astroparticle physics”.
The progress of gamma ray astronomy has been crucial to inaugurate the new
development, with the beautiful campaign of the Compton Gamma Ray Obser-
vatory that brought major discoveries, namely, on the one hand, the intense and
highly variable Blazar phenomenon, and on the other hand, the cosmological
distribution of Gamma Ray Bursts. In the mean time, ground Čerenkov arrays
have been built (Whipple, HEGRA, CAT/CELESTE) and have discovered the
TeV emission of some Blazars (BL-Lac). The fast variability of the emission is
the signature of the environment of a compact object (very likely a massive black
hole).
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The gamma emission of compact object environments is often interpreted
as resulting from the inverse Compton process with ultrarelativistic electrons
colliding the photons emitted by the accretion disk or the synchrotron photons
(Synchrotron Self Compton, SSC) and the fast variability is more easily ac-
counted for with electron acceleration. However the gamma emission may also
have an hadronic origin. In supernova remnants collisions of energetic protons
isexpected to generate π0 whose decay produce gamma rays. Ultra High En-
ergy Cosmic Rays (UHE Cosmic Rays, hereafter) generate pions through colli-
sions with background photons above some threshold; the pion decay (π0 and
π+) produces as many high energy neutrinos and gamma photons. Collisions of
UHE-protons with the Cosmological Microwave Background at 2.7K produce the
GZK-effect (Greisen, Zatsepin, Kusmin 1966) above the threshold of 3×1019eV.
Because of the energy decay of the protons, the events recorded above this thresh-
old cannot come from sources beyond 100 Mpc [1], see Fig. 2. Such events have
already been recorded by the AGASA [2] and the Fly’s Eye [3] experiments and
the Pierre Auger Observatory will produce a spectrum and a map in this energy
range.

The process of photo-production of pions should work also in Active Galac-
tic Nuclei above a threshold of 1016eV. A new window of high energy astron-
omy could be opened with neutrino observatories (AMANDA, ANTARES), that
could detect the neutrino emission resulting from pγ-collisions. The new word
“astroparticles” refers to a new astronomy based on high energy particles trans-
mitters rather than photons.

The cosmic ray spectrum is often divided into three ranges, see Fig. 1, and
see also the general introduction by P. Biermann and G. Sigl on cosmic rays in
this volume. In the first range extending from GeV to PeV the spectrum is an
isotropic powerlaw in ε−γ with an index γ � 2.7 (in fact, instead of the energy
variable ε, the so-called “rigidity” variable pc/Z is actually used) and is gen-
erally explained as resulting from supernovae of our Galaxy. The second range
extending from PeV to 10EeV is also an isotropic power law spectrum with an
index γ � 3.1; the only possible scattering agent is the magnetic field, collisional
interactions being inefficient for suprathermal particles, but the Galactic mag-
netic field of 3μG is unable to produce the MHD-disturbances required to scatter
particles of energies larger than 1015eV. This second range is probably due to
AGNs and RadioGalaxies. Beyond 1019eV (UHE Cosmic Rays), there clearly ex-
ists another extragalactic component [2,3], see Fig. 4, which is the target of the
Pierre Auger Observatory. As previously indicated, beyond the GZK-threshold,
the UHE-protons come from sources within 100 Mpc; very few RadioGalaxies
are located inside this sphere and γ−ray bursts (GRBs) could be better candi-
dates, unless more exotic phenomena explain these events [4] in relation with
cosmological phenomena.

Between the first and the second ranges around 1016eV, there is a smooth
connection with an excess of cosmic rays called the “knee”. The “knee” range
is still unexplained. Is it from Galactic or extragalactic origin? Superbubbles or
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Fig. 1. From the “knee” to larger energies, the cosmic rays are probably of extragalactic
origin.

Galactic Halo? Why is there so smooth a connection between two ranges: one
Galactic, the other extragalactic?

1.1 Which Field for Acceleration?

Charged particles are obviously accelerated by an electric field. But which com-
ponent is acting, electrostatic or electromotive? Cosmic plasmas do not allow
to maintain high voltage drops. Regarding 1020eV cosmic rays, one cannot find
cosmic sites where such huge voltage would stand. The highest voltage drops
considered in astrophysics take place in pulsar polar caps, where a potential
drop on the order of 1013V is presumed. However efficient particle acceleration
in neutron star winds is nevertheless expected (see the contribution by B. Rudak
in this volume). In turn, the magnetic field is obiquitous in cosmic objects and
media; and their variations in space and/or time generate electromotive forces
that can lead to extreme energies. Consider a field of typical intensity B over a
scale R, considered also as the variation scale of B, with motions measured in
fraction of the velocity of light; the work done by the electromotive force allows
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320 EeV

20 50

Fig. 2. Limitation of the travelling distance of the UHE-protons suffering the GZK-
effect.

a relativistic particle of charge Ze to reach a significant fraction of the energy
εcl such that

εcl = ZecBR �
(

B

1G

)(
R

1pc

)
1020eV . (1)

This maximum energy corresponds to the energy of a particle whose Larmor ra-
dius is as large as the size of the accelerator; a particle of higher energy would not
be confined, therefore the definition of this maximum energy as the confinement
limit.

Other limitations of the particle energy can occur below this maximum, as
will be seen later on, for instance radiation losses, particularly important for
electrons, escape or finite duration of the acceleration, particularly for protons
and other nuclei. However the criterion provided by εcl is interesting to select
the possible sources of UHE Cosmic Rays by looking at the largest values of the
product BR. The celebrated and very useful Hillas plot, Fig. 3, is based on this
simple criterion.

Active Galactic Nuclei and their extensions should be important sites of
cosmic ray acceleration because the accretion flow towards the central black
hole concentrates magnetic field over a large volume. A magnetic field of few
kilogauss is expected in the vicinity of a black hole of 108 solar masses on scales
of few astronomical units. Some AGNs have large jets of several hundred kpc
length, revealed by their synchrotron radiation, and the most powerful of them
have terminal shocks producing synchrotron hot spots and extended lobes. The
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values of the product BR is favorable for the three regions, but this deserves to
be more carefully analysed later on.

The formation of large scale structures of the Universe could have been an
opportunity to produce UHE Cosmic Rays because they have given rise to con-
verging flows of 10Mpc size. To achieve that, the magnetic field must reach
submicrogauss size [5], which is not proven yet.
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Fig. 3. The possible UHE cosmic ray sources are selected by their high product BR
corresponding to high electromotive forces that can develop in them.

GRBs are good candidates for the production of UHE-protons thanks to
the alleged ultrarelativistic flow with bulk Lorentz factor Γ = 102 − 103 (see
the contribution by E. Waxman in this volume). Therefore a magnetic field of
102 − 103G within a shell of 10−5pc width would be enough, for the observed
energy is the comoving energy multiplied by the large Lorentz factor Γ .

These possibilities together with the other cosmic sites of particle acceleration
will be examined with more details in Sect. 5.3.
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1.2 Are there Universal Nonthermal Spectra?

Synchrotron spectra of radio galaxies, radio quasars, supernovae remnants reveal
nonthermal powerlaw energy spectra of relativistic electrons in these sources.
The indices of the energy distribution are comprised between 2.5 and 3, in the
same range as the cosmic ray spectrum measured at Earth. The spectrum of
the cosmic rays is a power law from 109eV to 1020eV with a slight break in the
“knee” region around 1015eV. Blazars exhibit nonthermal powerlaw distribution
of relativistic electrons also, gamma ray bursts as well. Why and how nonthermal
distributions are maintained for ever? Are those distributions produced by the
same acceleration process? Are the powerlaws more or less universal?

The main purpose of these lectures is to present the principle of particle
acceleration by the electromotive forces developed by moving magnetic distur-
bances in cosmic environments, which has been opened for the first time by
Enrico Fermi in 1949, then to examine its modern versions in nonrelativistic as
well as relativistic regimes and to estimate its performance in the various cosmic
sites of acceleration.
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Fig. 4. Events beyond the GZK-threshold recorded by AGASA.

2 Scattering off Magnetic Disturbances
and Fermi Acceleration

Magnetic field disturbances are the main cause of momentum scattering of high
energy particles. Moreover the magnetic field is frozen in most cosmic media
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(large magnetic Reynolds number). Therefore the cosmic ray population is cou-
pled with the ambient medium essentially through the magnetic field and this
coupling is simply described by a scattering frequency νs that will be defined later
on. In the frame of a magnetic disturbance, the electric field vanishes and ener-
getic particles undergo momentum scattering and an ensemble of almost static
disturbances in some frame tends to isotropize their distribution with respect to
the comoving frame. A flow carrying MHD turbulence entrains the cosmic ray
population that is isotropized in the flow frame. However in the restframe of a
plasma, most of the MHD perturbations are moving in the form of Alfvén waves
that propagates along the mean field B0 at a velocity (when non relativistic)

VA =
B0√
μ0ρ

, (2)

where ρ is the mass density of the medium. If all the waves were moving
in the same direction, the suprathermal particle population would be roughly
isotropized with respect of the wave-frame. Of course this is not generally the
case and therefore one cannot find a frame were the electric field vanishes. The
electric field modifies the magnetic force by a correction of order VA/c. There-
fore, for energetic particles, nonrelativistic magnetic disturbances in a plasma
play the role of massive scattering centers, and are considered as static at first
approximation or slowly moving. In turn the cosmic rays can absorb energy of
magnetic disturbances, but usually at a low rate, at least when they interact
with large scale perturbations.

2.1 Scattering and Diffusion of Cosmic Rays

Scattering properties depend on the characteristics of the disorganised magnetic
field. Let us make it precise and first of all introduce some useful definitions.
When it makes sense to discriminate a mean field B0 and a disorganized field
δB relatively to the scale of the Larmor radii of the considered particles, it
is convenient to write B = B0 + δB and to define the turbulence ratio η ≡
〈δB2〉/〈B2〉. In order to keep definitions that still hold when there is no mean
field (i.e. η = 1), Larmor radius (with no angular dependence) and Larmor time
will be defined with B̄ ≡ 〈B2〉1/2:

rL ≡ pc

ZeB̄
� 3.33× 106Z−1

( ε

1GeV

)( B

1G

)−1

cm (3)

tL ≡ ω̄−1
L ≡ ε

ZeB̄c
= 10−4Z−1

( ε

1GeV

)( B

1G

)−1

sec (4)

When η  1, these defined quantities tend towards the usual ones (except that
the usual Larmor radius is this one multiplied by the pitch angle sinus), whereas
in strong turbulence (i.e. η → 1)they characterize scalings for a particle of energy
ε. The scattering time ts (of order ν−1

s ) is long compared to the Larmor time for
weak turbulence and can be as short as the Larmor time in strong turbulence,
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depending on the Larmor radius. In fact, for a given turbulent spectrum S(k) ∝
k−β of coherence length Lmax (the largest scale of magnetic disturbances for
β > 1), the scattering efficiency depends on both the turbulence level η and the
“rigidity” ρ ≡ 2πrL/Lmax ∝ p/Z.

In weak turbulence theory with a mean field (η  1), it is convenient to
introduce the pitch angle α of the particle with respect to the mean field B0.
The scattering frequency is defined as the rate of change of the pitch angle
variance. Consider a variation Δα of the pitch angle during a time Δt longer
than the correlation time of force experienced by the particle and shorter than
the scattering time. The scattering frequency is then defined as

νs ≡ 〈Δα2〉
Δt

. (5)

The main aspect to bear in mind is that the interaction between the particles
and the magnetic field is selective. Indeed a particle interacts with the field
when its gyro-motion resonates with a Fourier component of wavelength equal
to its Larmor radius. It is insensitive to shorter wavelength modes that make fast
oscillations such that 〈Δα2〉 = 0 and adiabatically follows modes of larger wave-
length without any jump of the pitch angle. To be more precise, the resonance
occurs when the helical path of the particle is tuned with the helical variation of
a specific circularly polarized wave of the spectrum (all the Fourier components
can be casted in circularly polarized planed waves, even if these waves are not
necessarily eigenmodes of the plasma) (see appendix B). It turns out that no
resonance is possible within a pitch angle interval around 900. This scattering
frequency is a function of the particle rigidity shaped by the turbulence spectrum
through a scattering function g(ρ, η) ≡ νs/ω̄L, see Fig. 5 and Ref. [6].

For an increasing turbulence level, the resonances broaden and mirroring of
particle trajectories becomes easier, specially for particles of pitch angle close to
900 which do not resonate. It turns out that, for low enough rigidity, the power
law dependence as a function of νs predicted by quasi-linear theory still applies.
At larger rigidity (0.1 < ρ < 1), the scattering frequency saturates at a value
close to Larmor frequency. For details see Refs. [7,8].

The scattering process also produces spatial diffusion. Indeed consider a par-
ticle of velocity v‖ = vμ (one notes μ ≡ cos α) along the mean magnetic field.
Random jumps of μ produce random variations of the position of the particle
along the mean field line. Assuming that μ(t) is a stationary random process,
then one easily derives the parallel diffusion coefficient in term of the scattering
time ts:

D‖ ≡
〈Δx2

‖〉
2Δt

=
1
3
v2ts , (6)

where the scattering time is rigorously defined as the correlation time of the
pitch angle cosine as follows:

ts ≡ 1
〈μ(t)2〉

∫ ∞

0
〈μ(t)μ(t− τ)〉dτ (7)
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Fig. 5. The scattering frequency depends on the rigidity of the particle through the
characteristics of the turbulence spectrum, its amplitude η and spectral index β (which
equals 5/3 in Kolmogorov theory, 3/2 in Kraichnan theory with a mean field).

In the statistical theory, the average is supposed to be done over the ensemble
of realisations of the random force, i.e. the initial phases of the field, which
is assumed ergodic and equivalent to a space average. In modern approaches,
the random phase assumption is not necessary; orbit instability (“chaos”) is
sufficient and the average must be done over the chaotic subset of phase space.
The formula Eq. (6) for the parallel diffusion coefficient holds for an integration
time Δt much larger than the scattering time. The scattering time ts ∼ ν−1

s and
it can even be shown that the equality holds in weak turbulence theory.

A transverse diffusion coefficient can be defined as well, involving the self-
correlation function of the pitch angle sinus. When the mean field is strong
enough,

D⊥ = D‖
1

1 + (ωLts)2
(8)

as long as the self-correlation of the pitch angle cosine or sinus exponentially
decays over the scattering time; in Eq. (8) ωL is the usual Larmor pulsation
defined with the mean field. When no mean field exists D⊥ = D‖, whereas for
significant mean field, D⊥  D‖. See Ref. [8] for a detailed discussion about the
transverse diffusion coefficient and the relevance of Bohm estimate, i.e. D ∼ vrL,
for some interval of ρ ∼ 1 and η ∼ 1.
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2.2 Fermi’s Viewpoint 1949

Based on the scattering properties of magnetic disturbances on cosmic rays,
in 1949 Fermi [9] devised a celebrated acceleration mechanism for cosmic rays.
A magnetic perturbation is considered as a racket moving at a subrelativistic
velocity u0 reflecting cosmic rays. Thus in the racket frame R′, the particle
energy ε′ is conserved, only the normal component of its momentum changes its
sign p′

n �→ −p′
n. In the observation frame R, ε = ε′ + u0 · p and the particle

energy changed by an amount Δε = −2u0 · p1, p1 being the momentum before
scattering.

Fermi realized that, if the MHD disturbances have converging motions, then
the cosmic rays have systematic energy gains proportional to the flow velocity
difference. This has been called the first order Fermi process. However in the
forties, it was difficult to figure out whether this kind of event could be so fre-
quent in the interstellar medium to account for the generation of the cosmic ray
spectrum. Then Fermi devised the second order process which consists in con-
sidering a set of random MHD disturbances; he was thinking about interstellar
clouds. The mean free path of cosmic rays between two collisions with magnetic
disturbances being l̄, during Δt, the cosmic ray energy has diffused according
to:

〈Δε2〉 =
4
3
〈u2

0〉p2 c

l̄
Δt . (9)

Unfortunately the irregular motion of the clouds is too slow; taking u0 = 10km/s,
l̄ = 30pc, the typical time for the 2nd order Fermi acceleration,

t2 =
3l̄c

4u2
0

, (10)

is too long, for t2 � 1011yrs is longer than the age of the Universe. Nevertheless
there are more efficient versions of the 2nd order Fermi process in sites where
intense Alfvén waves are excited, as will be seen later on.

The 1st order Fermi process has been remodeled at the end of the seventies
by an adaptation to strong shocks in a supersonic flow.

3 Acceleration at a Non-Relativistic Shock

During the same year, several authors produced the theory of 1st order Fermi
acceleration at a shock: Krimsky (1977) [10], Bell (1978) [11], Axford, Leer, and
Skadron (1977) [12], and Blandford and Ostriker (1978) [13]. The tenets of the
theory are the following:

• A thermal plasma in supersonic motion experiences an adiabatic shock.
• The plasma carries a frozen in magnetic field; the field has a regular compo-

nent B0 and a disorganized one δB.
• A population of suprathermal particles is also transported by the plasma

flow; these particles undergo frequent elastic scatterings off magnetic irreg-
ularities.
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3.1 Shock

The slightest perturbation in a compressible fluid in supersonic motion amplifies
as a shock. A shock is a transition layer where the velocity field of the fluid
suddenly decreases over a width determined by the dissipative processes, and
most of the kinetic energy flux is converted into thermal energy flux. It is con-
venient to describe the shock with respect to the front frame; in the simplest
description, the shock transition layer is supposed to be plane and the flow sta-
tionary; however the extension to spherical shocks is quite easy. In this frame,
the velocity field decays from its upstream supersonic value u1 > Cs1, to a sub-
sonic one downstream, u2 < Cs2, where the indices 1 et 2 refer to upstream
(unshocked flow) and downstream (shocked and thus heated flow) quantities re-
spectively, and Cs is sound speed. The strength of a shock is measured by the
Mach number: M≡ u1/Cs1.

Since the flow is assumed stationary, the three conservation laws (mass, mo-
mentum, energy) lead to the so-called Rankine-Hugoniot jump relations for den-
sity, velocity and pressure. Mass conservation across the front reads, in term of
the mass density ρ:

ρ1u1 = ρ2u2 . (11)

The compression ratio r is defined as r ≡ ρ2/ρ1; the flow is thus slowed down
so that u2 = u1/r. Momentum conservation law implies a variation of kinetic
pressure P across the shock front such that:

ρ1u
2
1 + P1 = ρ2u

2
2 + P2 . (12)

The pressure increase depends on the magnitude of the compression ratio:

P2 − P1 =
r − 1

r
ρ1u

2
1 . (13)

In an adiabatic shock where the radiation energy loss is unimportant, a strong
heat flux proportional to the temperature gradient develops in the shock layer,
but vanishes on both sides where the fluid is homogeneous. The third Rankine-
Hugoniot relation corresponding to energy conservation involves the variation of
the specific enthalpy h:

ρ1u1

(
1
2
u2

1 + h1

)
= ρ2u2

(
1
2
u2

2 + h2

)
. (14)

For a perfect gas, h(ρ) = γa

γa−1P/ρ. The three jump relations allow to derive the
relation of the compression ratio with the Mach number:

r =
γa + 1

γa − 1 + 2/M2 ; (15)

In a strong shock (M � 1), if the shocked plasma pressure is non-relativistic,
the adiabatic index γa = 5/3 and the compression ratio tends to 4. A plasma
with relativistic pressure has an adiabatic index γa = 4/3 and the compression
ratio tends to 7, see Fig. 6.
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u1 > Cs1 u2 < Cs2

P1 << P2 P2 >> P1

ρ1 ρ2 = rρ1

⇒ ⇒

Bl1 Bl2 = Bl1

Bt1 Bt2 = rBt1

Fig. 6. In an adiabatic shock, the Rankine-Hugoniot relations allow to calculate the
jumps of the three main hydrodynamic quantities in term of the compression ratio r.

In this simple analysis, the variation of the magnetic field was not considered.
When the field is parallel to the flow it suffers no jump (flux conservation). When
oblique, it can be shown that the transverse component is compressed by a factor
r; in this case the pressure jump is modified, see Eq. (13).

3.2 Diffusion and Residence Time

Now consider a suprathermal particle that scatters off magnetic irregularities
on both sides of the shock front. Assume the scattering efficient enough; be-
cause much faster than the shock v � u1, the particle crosses the front many
times before escaping downstream. The time between the first front crossing and
the escape can be estimated as follows. The presence probability of the particle
downstream has a gaussian density centered at the distance u2t from the front
and a standard deviation

√
2Dt, where D is the diffusion coefficient. The resi-

dence time in the downstream flow, tr2, can be defined as the average time for
a particle, that crossed the front from upstream to downstream, to return to
the front after diffusion in the downstream flow. Similarly a residence time up-
stream, tr1, can be defined, but clearly it is much shorter than the downstream
one. Therefore one will retain the downstream value which exactly is :

tr =
2D

u2
2

. (16)

The standard deviation around this average return time equals
√

2tr. The dif-
fusion coefficient D is D‖ if the magnetic field is parallel to the flow, otherwise
D = D‖ cos2 θ + D⊥ sin2 θ in general case, θ being the angle of the field lines
with respect to the shock normal.
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3.3 Energy Gain and Escape Probability

A fast particle of velocity v coming from upstream, scattered downstream and
coming back upstream, has gained an energy amount (averaged over pitch angle
for quasi isotropic distribution):

δp =
2
3

u1 − u2

v
p . (17)

A similar calculation can be done for a particle crossing the front from down-
stream, scattered upstream and coming back downstream, and the result is the
same. Because v � u1, the relative gain is small and an averaged gain per
complete Fermi cycle can be defined as:

Δpcycle =
4
3

u1 − u2

v
p . (18)

The frequency of the Fermi cycles is known if the escape probability η in the
downstream flow is known. This probability is obtained as the ratio of the particle
flux flowing away downstream over the flux of particles crossing the front at the
velocity v. Again assuming the distribution quasi isotropic, the result is (see
Appendix):

η =
4u2

v
. (19)

Knowing the probability for a particle to undergo n cycles and only n, namely
(1−η)nη (simplified version where v = c is assumed and thus η is constant), the
averaged number of cycles nc is then:

nc =
∞∑

n=1

nη(1− η)n =
1− η

η
. (20)

The larger the ratio v/u the larger the number of cycles and it is worth notic-
ing that the standard deviation about this averaged number is large also, since√〈(n− nc)2〉 =

√
1− η/η. Clearly all these reasonings are no longer correct for

relativistic shocks. The averaged frequency of Fermi cycle is therefore:

νcycle = nc/tr � vu2

8D
� 3u2

8v
νs . (21)

The last estimate is obtained for the parallel diffusion coefficient estimation
Eq. (6), it shows that the rate of cycles is lower than the scattering rate. It is
now possible to provide an estimate of the first order Fermi acceleration at a
shock in the form of an effective force:

〈Δp〉
Δt

= νcycleΔpcycle =
r − 1
3tr

p ; (22)

The last expression, particularly simple, results from inserting the escape prob-
ability Eq. (19) and the gain Eq. (18) in the acceleration rate; it shows that the
acceleration characteristic time is proportional to the escape time (i.e. the resi-
dence time). That remarkable proportionality between acceleration and escape
is the origin of the formation of universal power law spectra as will be seen in
the next subsection.
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3.4 Spectrum

The spectrum can be derived from the probability for a particle of initial energy
p0 to reach an energy larger than p. This event implies at least n cycles such
that pn ≥ p, and its probability is Prn =

∏k=n
k=1 (1− ηk). Since the energy after

n cycle

pn = p0

k=n∏
k=1

(1 +
4
3

u1 − u2

vk
) = p0

k=n∏
k=1

(1 +
r − 1

3
ηk) , (23)

the following ratio is obtained:

lnPrn

ln pn/p0
=

∑k=n
k=1 ln(1− ηk)∑k=n

k=1 ln(1 + r−1
3 ηk)

� − 3
r − 1

. (24)

Therefore the probability for the energy to reach at least the value p is given by
the following power law:

Pr[≥ p] ∝
(

p

p0

)−3/(r−1)

(25)

and the energy spectrum is derived from the probability density:

S(p) ∝ p− r+2
r−1 . (26)

This result [11] holds also when the particles are not relativistic, p strictly be-
ing the momentum. The energy ε = pc for ultra relativistic particles. Therefore,
downstream a strong non relativistic shock dominated by non relativistic pres-
sure, so that the compression ratio r = 4, a power law spectrum of relativistic
particles is set up with a universal index; the energy distribution function is
proportional to ε−2.

This spectrum is generally not observed. This spectrum is injected in the
surrounding medium and then particles suffer various losses which inflex the
spectrum. Cosmic rays of our Galaxy are likely generated by the shock of super-
nova remnants up to 1015eV. The observed flux between 10GeV and 3×106GeV
is such that Icr(> ε) � 1.0(ε/1GeV)−1.7part./cm2sr. At 1GeV, the energy den-
sity of cosmic rays is 1eV/cm3; 10−2 less for cosmic ray electrons. The energy
of a supernovae is ESN � 3 × 1050erg, the galactic rate is 3 × 10−2per yr, so
that the power density input is Qinj � 10−26erg/cm3s. Thus a conversion of
10 percent of the super novae energy into cosmic ray energy is enough to ac-
count for the observed flux. Then the cosmic rays escape from the Galaxy to
the halo mostly through diffusion across the magnetic field. At low energy the
escape is due to convection, whereas at high energy the escape time is estimate
as tesc = h2/(2D), where h is the width of the galactic plane. The escape prob-
ability is measured through the flux of secondary nuclei produced by spallation,
such as 10Be, whose lifetime, τ = 2.2× 106E/mc2 yrs, is comparable to the es-
cape time. These measurements at GeV energies leads to tesc ∝ ε−0.6. Therefore
the “leaky box” model [14] explains the measured spectrum in ε−2.7 as

Sobs(ε) = Qinj(ε)τesc(ε) ∝ ε−2.6 . (27)
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Regarding the electron spectra of synchrotron and inverse Compton sources,
they are known through the simple relation between the radiated spectrum,
S(ν) ∝ ν−α, and the energy distribution of the relativistic electrons, ρ(ε) ∝ ε−γ ,
namely γ = 2α + 1. The radiative losses are responsible for the high energy cut
off and also for a spectral break due to incomplete radiative cooling: Se(ε) =
Qinj(ε)τr(ε), where the radiative cooling time τr(ε) ∝ ε−1; thus α �→ α + 1/2;
which is compatible with observations.

However the theory works too good, because the pressure of accelerated par-
ticles tends to diverge since the distribution in ε−2 leads to a relativistic pressure:

P∗ =
1
3

∫
pcS(p)dp ∝ ln

(
pmax

p0

)
. (28)

A high energy cut off is necessarily set up because of escape or radiative losses.
Nevertheless, in spite of the cut off, the pressure of the accelerated particles
can easily exceed the thermal pressure. Thus this test particle theory must be
reconsidered by taking into account the modification of the shock caused by the
cosmic rays.

3.5 Obliquity Effect

The presented theory seems insensitive to the magnetic field obliquity. This must
be made more precise, because when the field is not aligned with the flow, there
exists a compensating electric field that insures the electric equilibrium against
the electromotive field developed by the frozen in magnetic field:

E + u×B = 0 . (29)

Let first take the opportunity to mention an important result derived from this
relation Eq. (29) that the transverse component of the magnetic field is amplified
by a compression factor r. Thus the inclinaison of field lines with respect to shock
normal is amplified such that tan θ2 = r tan θ1.

The Fermi process works when there exists a frame where this electric field
vanishes. Otherwise, the electric field would be able to inhibate the Fermi accel-
eration. The change of frame (De Hofmann-Teller transformation) is such that
u = u′ + V with E + V × B = 0, see Fig. 6. Thus the new velocity field u′

is aligned with the magnetic field, because u′ ×B = 0. The following relations
are otained: u1B

t
1 = u2B

t
2 = −E = BlV . Therefore the transformation involves

an entrainment velocity V of norm V = u1 tan θ1. Clearly the transformation
is possible only if u1 tan θ1 < c. This requires that the magnetic field is not too
much oblique. Acceleration of particles at almost perpendicular shocks (called
“superluminal”), where the electric field cannot be removed, is not simply gov-
erned by a Fermi process whose relevance in this case is not clear; another effect
called “drift acceleration” must be taken into account.

In non-relativistic quasi perpendicular shocks, energetic particle cross the
shock in undergoing many Larmor gyrations. The dynamics of the particles
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are almost insensitive to the gyro-phase at the initial crossing point. Thus the
adiabatic invariant is almost preserved and p2

⊥/B is constant. When crossing
the shock the particles increase their momentum and thus their energy such
that p2

⊥2 = rp2
⊥1; this effect was shown by Evry Schatzmann [15].

When the de Hofmann-Teller transformation is possible, the previous results
are not changed. However the effective diffusion coefficient is composed of both
parallel and perpendicular coefficients: D = D‖ cos2 θ2 + D⊥ sin2 θ2.

The lower the diffusion coefficient, the faster the Fermi acceleration. Since
the perpendicular diffusion coefficient is usually much smaller than the parallel
one, except for strong turbulence where η � 1, it is tempting to consider quasi-
perpendicular shocks; which is correct as long as the shock remains subluminal.
However this requires D‖/D⊥ < tan2 θ2 < c2/u2

2; which is almost impossible in
non relativistic shocks. In that case, Bohm’s estimate for D⊥ is often assumed,
which has in fact a restrictive range of validity [8]. Because of the assumption of
Bohm’s scaling, many high energy cut off are overestimated in the litterature.
It has also been proposed that subdiffusion could occur downstream a perpen-
dicular shock, which would change the efficiency and the spectrum index [16].

4 Transport of Cosmic Rays

The simple theory that has been presented allows to understand most of the
Fermi acceleration process at shocks. A transport equation is necessary not only
to master the evolution of the distribution out of the sources, but also to perform
more elaborate calculations in the source itself. The solution that was presented
with little means can also be more accurately obtained by solving the transport
equation.

The transport equation is a Fokker-Planck type equation, generalising the
diffusion equation, which governs the evolution of the distribution function in
phase space, that also includes the description of fluid motion, radiative losses
and phase space diffusion (2nd order Fermi process).

4.1 Spatial Diffusion and Energy Diffusion

The transport equation can be introduced by simply extending the usual spatial
diffusion equation. Let consider a spatial random coordinate x(t) of a particle
diffusing in a fluid of bulk velocity u. During Δt, very short compared to the
diffusion time, the particle position varied of an amount Δx = uΔt+δx; the first
contribution is due to the bulk motion of the scattering medium and the second
one δx is due to purely random diffusion of vanishing average and of variance
proportional to Δt:

〈δx2〉 = 2DΔt ; (30)

this behaviour is typical of a random motion with short correlation time like
brownian motions. The probability density g describing the location of the par-
ticle in the flow is governed by the following equation:
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∂

∂t
g = − ∂

∂x
ug +

∂

∂x
D

∂

∂x
g . (31)

Consider now the energy variable p. It suffers a radiative decrease (ordered vari-
ation), a systematic gain by first order Fermi process (ordered variation in av-
erage) and also random variations δp at the scattering time scale caused by the
second order Fermi process on Alfvén waves. Thus the variation is of the form:

Δp = AΔt + δp , (32)

with δp = ±β∗pδμ where β∗ = VA/c. For each mirroring effect δμ = −2μ0 and
for scatterings 〈δμ2〉 ∝ νsΔt. The energy diffuses according to the following law:

〈δp2〉 = 2β2
∗p2〈δμ2〉 ∝ β2

∗p2νsΔt . (33)

The second order Fermi process is thus described by an energy diffusion coeffi-
cient Γ such that

Γ ≡ 〈δp2〉
2Δt

∼ β2
∗νsp

2 . (34)

The transport equation is an evolution equation for the isotropic part f̄(p, x) of
the complete distribution, assuming weak anisotropy; the function is normalized
such that the number density of cosmic rays n∗ =

∫
f4πp2dp. The transport

equation reads [17]:

∂

∂t
f̄ +

∂

∂x
uf̄ = − 1

p2

∂

∂p
p2Af̄ +

1
p2

∂

∂p
p2Γ

∂

∂p
f̄ +

∂

∂x
D

∂

∂x
f̄ . (35)

The “friction” term A describes not only all the various kinds of energy loss, but
also the energy gain by first order process. The radiation loss of a relativistic
particle of Lorentz factor γ comes from forward photon emission in a narrow
cone of half-angle γ−1 with respect to its momentum, which leads to a friction
force in opposite direction to its momentum. Synchrotron and inverse Compton
radiative losses contribute to A as follows:

Arad ≡ 〈Δp〉
Δt

∣∣∣∣
rad

= −4
3
σT

(me

m

)2
(Wm + Wph)γ2 , (36)

where Wm is the magnetic energy density (synchrotron) and Wph the energy
density of the low energy photons (Compton effect in Thomson regime). Usually
the radiative losses are considered for the electrons only because of the very small
ratio (me/m)2 for other particles; however for UHE-protons, these radiative
losses can be important as will be examined further on. The contribution of the
first order Fermi process is obtained by inserting the average power delivered
to the particle through the convergence of the scattering medium. Indeed the
first order Fermi process can be described as a non inertial entrainment due to
the deceleration of the scattering medium. In this physical situation, the inertial
force is Fj = −pi(∂uj/∂xi), and its accelerating power

Pacc = −〈vjpi〉∂uj

∂xi
= −pv

3
∇ · u . (37)



Fermi Acceleration 75

Only a compressed flow (∇ · u < 0) produces a first order acceleration. Its
contribution to the simplified Eq. (35) is thus

Aacc = −p

3
∂u

∂x
. (38)

4.2 Acceleration at a Shock again

The Fermi acceleration at shocks has been derived by several authors [18], in par-
ticular by Blandford and Ostriker [13], from the cosmic ray transport equation.
This straightforward derivation deserves to be presented, because the necessary
assumptions clearly appear as well as the necessary extensions. Neglecting the
second order Fermi process and the radiative losses in the transport equation,
and assuming a sudden shock transition (i.e. shock width much smaller than the
diffusion length of the cosmic rays) such that u(x) = u1 + (u2 − u1)θ(x) and
∂u/∂x = (u2 − u1)δ(x), the downstream distribution function can be calculated
in term of the upstream distribution function. Indeed the stationary solution is
such that

u
∂

∂x
f̄ − 1

3
∂u

∂x
p

∂

∂p
f̄ =

∂

∂x
D

∂

∂x
f̄ . (39)

This equation is easily solved on both sides of the shock front and the conti-
nuity of the distribution function is stipulated. Thus the distribution function
is necessarly uniform downstream as long as losses are neglected. Upstream the
distribution function exponentially increases up to the front over a diffusion
length (l̄1 = D1/u1). In particular, the relativistic pressure exponentially in-
creases up to the front (precursor generation). Integrating over x from −∞,
where f(x, p) → f1(p), to +∞, where f(x, p) → f2(p), both sides of Eq. (39), a
simple differential equation for the downstream function f̄2 is obtained :

p
∂

∂p
f̄2 + qf̄2 = qf̄1 . (40)

Its integration provides the relation between the downstream function and the
given upstream function [13]:

f̄2(p) = qp−q

∫ p

pm

p′q f̄1(p′)
dp′

p′ . (41)

A powerlaw is found again at high energy with the index q ≡ 3r/(r − 1). Since
the energy distribution is proportional to p2f̄(p), the expected index is found
again for it varies like ε−(r+2)/(r−1).

This theory was recognized as successful for two reasons: on the one hand, it
predicts powerlaw spectra with an universal index close to the observed values
of the cosmic ray spectrum and of the synchrotron sources spectra, on the other
hand, it can account for the high energy cutoff against losses in most cases, the
exception could be the case of the UHE Cosmic Rays. . .



76 Guy Pelletier

5 Maximum Energy Achieved and Loss Limitations

In a cosmic accelerator of effective size R, the Fermi process cannot produce
particles of energy larger than εcl = ZeBR, since beyond this energy the Larmor
radius of the particle becomes larger than R and the particle escapes. This upper
bound of achievable energy can be higher for an observer if the source is moving
at relativistic speed towards the observer with a bulk Lorentz factor Γ ; the
confinement limit energy is therefore εcl = ZeBRΓ . But other limitations often
impose a smaller energy cut off, as for instance the radiation losses for relativistic
electrons. Generally the proton energy is limited by the size or by the age of
the accelerator. However UHE cosmic rays can suffer radiation losses that can
produce a cut off before the confinement limit. The cut off energy is determined
by equating the Fermi time scale and the loss time scale. It is convenient to
measure the Fermi time in term of the Larmor time: ta = η−1

a tL. As previously
seen, ηa depends on the particle rigidity ρ and the magnetic turbulence intensity
η, namely

ηa ∼ β2
ag(ρ, η)  1 , (42)

where the scattering function g(ρ, η) ∼ ηρβ−1 for ρ < 0.1 and a “Bohm plateau”
is reached for ρ = 0.1− 1 with g � 0.3η but for η sufficiently close to unity [8].
The velocity βa is the shock velocity in the case of the 1st order Fermi process
or the Alfvén velocity in the case of the 2nd order Fermi process. For protons
that can reach large rigidities smaller but of order 1, ηa takes its lowest value
which is of order 0.1. Electrons have much lower rigidities at their cut off energy
and ηa can be much smaller, 10−4 say.

5.1 Electrons Cut Off: Radiative Losses

Usually the main energy limitation of electrons is due to synchrotron loss; when
they suffer inverse Compton radiation loss, like in AGNs for instance, the soft
photon energy density is not much larger than magnetic energy density, thus the
synchrotron time is sufficient to estimate the radiative cut off. The limit on the
Lorentz factor of a particle of mass m caused by the synchrotron loss is:

γsyn = 108 ×√ηa
m

me

(
B

1G

)−1/2

(43)

Table 1 gives a rough estimate of this cut off for electrons in various sources.

5.2 Proton Cut Off

The proton maximum energy in a supernova remnant depends on its age, for its
radius determines the maximum Larmor radius achievable by the acceleration
process [19]. Optimistic estimates put the cut off at 1015eV (B ∼ 10−6G and
R ∼ 10pc). The precise maximum energy for a shock velocity of 3000km/s is

εmax = 1014eVηa

(
tage

300yrs

)(
B

1μG

)
. (44)
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Table 1. Performance table of the cosmic accelerators. “Large” means much greater
than the confinement limit. The numbers are just rough indications, of course.

protons electrons
(ηa = 0.1) (ηa = 10−4)

B R Γ εcl εsyn εsyn Remark
SNRs 10−6G 10pc 1 1015eV large 1014eV Radio synchr.

Gamma SSC
AGNs
-Nucleus 103G 10−4pc 1 1019eV 1018eV 1010eV pγ-process

τγγ > 1
-Relat. Jets 1G 10−3pc 10 1018eV 1020eV 1013eV pγ-process

Gamma SSC
-Hot Spots 10−4G 103pc 1 1019eV large 1014eV Radio synchr.

X-rays SSC
-Radio Lobes 10−6G 106pc 1 1020eV large 1015eV Radio synchr.

GRBs 103G 10−5pc 103 1021eV 1022eV 1013eV pγ-process
Gamma SSC

Large cosm. 10−7G 107pc 1 1020eV large 1016eV ta quite long
Structures

Pulsar Winds 10−5G 10−3pc 106 1017eV large large Synchr. Radio-X
Plerions SSC

Regarding UHE cosmic rays, if the magnetic field is too low, the acceleration
process is too long, and if the magnetic field is too strong, synchrotron loss
will kill them. To get ε > 1020eV, the magnetic field must be smaller than
0.25η−1

a G, if there is no relativistic motion of the source; and the acceleration
time is necessarily longer than one year. These constraints make difficult to
get UHE cosmic rays in AGNs, even in blazar jets with Γ � 10 where intraday
variability is observed. Jet hot spots and extended lobes are possible accelerators
of UHE cosmic rays, see Table 1. Gamma Ray Bursts with bulk Lorentz factors
that could be larger than 100 are better candidates, since the constraints are
B < 0.25η−1

a Γ and ta > Γ−1yr.

5.3 Performances of Cosmic Accelerators

The following table gives rough estimates of the cut off energy in all the astro-
physical objects that are known to produce high energy particles. Clearly it turns
out that the Fermi acceleration of electrons can account for all the observations
of non thermal radiations in the form of both synchrotron (radio) and inverse
Compton (hard X and gamma).

• SNRs. Regarding the cosmic ray spectrum, the supernova contribution can
cover the range up to energies of 1014eV, and does not reach the knee easily.
The absence of detection of π0 decay by Čerenkov arrays at TeV energies in
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several SNRs except in Cassiopeia A [20] puts a limit on the efficiency of the
Fermi acceleration [21]. Compton emission by electrons could also dominate
the gamma range and thus hide the π0 contribution.

• AGN. AGN and radiogalaxies can contribute up to 1019eV [22,23], and a
bump is expected at the GZK-threshold of 3 × 1019eV. Beyond the GZK-
threshold, the origin of the UHE Cosmic Rays must be found within 100Mpc,
where very few Radio Galaxies are located. However synchrotron loss in the
nuclei where B > 100G kills the UHE-protons. The threshold of photo-
production of pions is at 1016eV, however the gamma rays cannot escape
because the nuclei are optically thick to pair creation, but the high energy
neutrinos can escape. Jets, hot spots and extended lobes could be sites of
production of UHE-protons if the Fermi process achieves its maximum effi-
ciency (ηa ∼ 0.1 or maybe more in the relativistic regime [24,25]), see Sect. 7.

• GRBs. The contribution of Gamma Ray Bursts is in favour for the en-
ergy budget. Indeed with an energy EGRB ∼ 1051 − 1053ergs at a rate
10−8/Mpc3/yr, a conversion of 10 percent of the energy in the cosmic ray
component would be enough to account for the UHE cosmic ray flux [26,27],
see also the contribution by E. Waxman in this volume. The most successful
model, that convincingly account for the “afterglow” stage, namely the “fire-
ball” model [28,29], explains the phenomenology of GRBs with an explosion
involving a very high enthalpy that generates an ultrarelativistic wind under-
going a free expansion with a bulk Lorentz factor Γ = 102−103, followed by
a deceleration stage governed by a strong relativistic shock [30]. The range
of 100EeV for accelerated protons is reachable with conservative numbers,
namely a comoving magnetic field of 102−103G (close to equipartition) in a
shell of width R/Γ ∼ 10−5pc just before deceleration, the proton energy in
the comoving frame reaches at least 1017eV and the high bulk Lorentz factor
Γ allows to go beyond the GZK-threshold in the observer frame. But what is
seen till now is the radiation of the accelerated electrons through synchrotron
and inverse Compton emission during about 0.1 seconds for some events, 10
seconds for the others; they display a power law energy distribution with an
index between 2 and 3. The observability of UHE-Cosmic Rays from GRBs
is, of course, a crucial issue [31,32].

• Large Scale Structures. The magnetic field in cosmological large scale struc-
tures is unknown. But if it could reach submicrogauss intensities, they could
contribute to the cosmic ray spectrum up to 1019eV [5].

• Pulsar Winds. The pulsar wind, that contains e+ − e− pairs and maybe a
tiny ion component, is considered to have very large bulk Lorentz factor,
possibly 106 [33], see also the contribution by B. Rudak in this volume. Its
violent terminal shock takes place at 0.01 − 0.1pc and the magnetic field
can reach 10μG. Large particle energy can be reached, but not larger than
1017eV.
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6 Open Questions in the Non-Relativistic Regime

In spite of its success, the theory of Fermi acceleration at non relativistic shocks
and the modelisation of supernovae remnants have still shadow points, that have
remained unsolved for 20 years.

6.1 Injection

The injection problem can be simply adressed as follows: Fermi acceleration
works for particles that already have enough energy. There are several reasons,
but the main one is that the particles must be scattered by magnetic distur-
bances, the acceleration time scale being controled by the time for momentum
turn over. If a particle has a Larmor radius much smaller than the scale of vari-
ation of the magnetic field, its adiabatic invariant is preserved and the particle
can undergo mirror reflections but not pitch angle scattering. Efficient pitch an-
gle scattering is required and it works for Larmor radii larger than the smallest
scale of MHD turbulence, namely r0 ≡ VA/ωcp (ωcp being the gyro-pulsation of
protons), which puts an interaction threshold on the momentum: p > mpVA. In-
jection of protons above this threshold does not seem difficult, bearing in mind
the counter streaming instability generated by the reflection of incoming pro-
tons on the potential barrier at collisionless shock front. The threshold is severe
for electrons that need to be ultrarelativistic already, especially in extragalactic
sources where the Alfvén velocity is quite high. The solution of this problem is
again necessarily in the frame of kinetic theory of plasma [34,35].

6.2 Radiative Shocks

The effect of losses is easily treated in the theory if, on the one hand, it merely
introduces a high energy cut off and can be neglected at energies lower than
the cut off and, on the other hand, if the power involved in the loss does not
ruin the adiabatic shock approximation (i.e. the luminosity much smaller than
the kinetic energy flux). When the radiative power becomes comparable to the
kinetic flux, things complicate and universal laws seem unachievable.

6.3 Comparison 1st Order - 2nd Order

In these new versions of Fermi acceleration, the “scattering centers” are es-
sentially the Alfvén waves and therefore it is useful to reconsider the relative
importance of first and second order Fermi acceleration. The acceleration time
of the first order Fermi process is given by, see Eq. (22):

t−1
1 ∼ (u1 − u2)u2

v2 νs . (45)

The acceleration time of the second order Fermi process is given by the energy
diffusion time, see Eq. (33):

t−1
2 ∼ V 2

A

c2 νs . (46)
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When the downstream magnetic pressure is not very low as compared to the
kinetic pressure, which is often the case, the Alfvén velocity, the sound velocity
and the downstream velocity u2 are of the same order of magnitude. Therefore
the efficiency of both Fermi processes is comparable [24,36,37,38]. This comes
from the fact that the frequency of Fermi cycles at a shock is much lower than
the scattering frequency by a factor u2/c. The second order Fermi acceleration
is often unduly neglected because of a negative prejudice, whereas it cannot be
ruled out from the viewpoint of efficiency. Its main defect is its lack of producing
a universal index like the first order process does [39]. . . when it works alone. . . .

A noteworthy remark is that both processes are more efficient when the flow
speed and Alfvén speed are close to the velocity of light. But in the relativistic
regime, the expansion in first order and second order Fermi processes does not
make sense and the theory must be reconsidered.

6.4 Nonlinear Effects

We have seen that the pressure of cosmic rays tends to diverge downstream of a
strong shock and so modifies the shock structure. It generates a preshock that
spreads over a typical diffusion length of cosmic rays. The effective compression
ratio of the shock increases and thus eventually the divergence gets worse, since
the energy distribution index becomes smaller than 2! Detailed calculations have
been done for both quasi parallel and quasi perpendicular magnetic field [40,41].
An analytical solution has been derived in the case where the shock is completely
dominated by the relativistic particles, with a smooth transition over a diffusion
length without any subshock, and with an energy independent diffusion coeffi-
cient [42]. For this very particular case, one finds again an energy distribution
in ε−2.

Another aspect of the nonlinear theory is the generation of turbulence up-
stream caused by the cosmic rays themselves [43,44,19,45]. Because the turbu-
lence contributes to heat the thermal plasma, its excitation reduces the efficiency
of cosmic ray acceleration [40,46], especially at low energy. Due to these nonlinear
effects, the modified spectrum would be softened at low energies and hardened
at high energies.

In spite of the development of big Monte Carlo simulations [47,48], the de-
tailed description of the shock broadening through particle acceleration has not
been yet completed.

7 Fermi Acceleration in Relativistic Regime

Relativistic fronts and/or large amplitude magnetic disturbances can lead to an
acceleration time as short as the Lorentz time. This is required in Blazars and
GRBs to reach the energy range beyond the GZK-threshold. Therefore this is
an important field of investigation. The relativistic regime of Fermi acceleration
occurs in relativistic flows producing a shock or in a plasma where the Alfvén
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velocity is relativistic. Therefore relativistic shocks and wavefronts should be rel-
evant in AGNs relativistic jets where Γ ∼ 10, in microquasars [49] where similar
jets are observed, in pulsar winds where Γ ∼ 106 as been argued [33], in GRBs
expanding shell (Γ ∼ 102− 103). The theory of relativistic Fermi acceleration is
not yet stabilised and will not be detailed. The Fermi acceleration scheme can
be extended to the case where the disturbances propagate at relativistic speed
and the salient points will be sketched. The specific aspects of the theory that
will be commented are:

• At each scattering the particle energy jump can be large.
• The acceleration time can be shorter than the scattering time for strong

enough magnetic disturbances.
• The distribution functions are strongly anisotropic.

The first two points are obviously very interesting for getting an efficient accel-
eration mechanism. The third point is an unavoidable theoretical complication,
inherent to relativity, see Fig. (7).

α∗

B0

Fig. 7. The distribution function of the particles accelerated by relativistic disturbances
is concentrated in a cone of half-angle α∗ � 1/γ∗

The Fermi process can be formulated as follows in the spirit of relativity.
Consider an electromagnetic perturbation that propagates at the velocity V∗
(one notes β∗ ≡ V∗/c and γ∗ ≡ (1 − β2

∗)−1/2). During an elastic scattering off
the magnetic perturbation, the particle energy and pitch angle cosine (defined,
here, as the angle of the momentum with respect of the propagation direction)
are modified according to:

(p1, μ1)
Lβ∗�−→ (p′

1, μ
′
1)

S�−→ (p′
2, μ

′
2)

L−1
β∗�−→ (p2, μ2) (47)

The Lorentz transform Lβ∗ is such that:

p
′0
1 = γ∗(p0

1 − β∗p
‖
1) (48)

p
′‖
1 = γ∗(p

‖
1 − β∗p0

1) (49)

and taking account of the ultrarelativistic approximation, p0 = p and p‖ = pμ,
the following simple relations are obtained:
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p′
1 = γ∗(1− β∗μ1)p1 (50)

μ′
1 =

μ1 − β∗
1− β∗μ1

(51)

The scattering S does not change the energy, it randomly changes the pitch
angle: p′

2 = p′
1 and μ′

1 �→ μ′
2. Then after inverse Lorentz transform L−β∗ ,

p2 = γ∗(1 + β∗μ′
2)p

′
1 (52)

μ2 =
μ′

2 + β∗
1 + β∗μ′

2
(53)

and the particle energy has changed according to :

p2 = γ2
∗(1− β∗μ1)(1 + β∗μ′

2)p1 ∼ γ2
∗p1 . (54)

The energy gain is by a factor γ2
∗ when the pitch angle is not smaller than 1/γ∗.

Thus the energy jump can be large at each scattering; it can be written as:

Δp+ = β∗
μ2 − μ1

1− β∗μ2
p1 , (55)

which shows the big difference between the non relativistic regime β∗  1,
which allows a Fokker-Planck description, and the relativistic regime β∗ � 1,
which allows a “Markovian” description (short memory random process) but
not a Fokker-Planck one, that is valid for small jumps only. Expansion in first
and second order processes does not make sense in relativistic regime.

Two kinds of relativistic Fermi acceleration can be considered: i) acceleration
through several Fermi cycles at a relativistic shock, the magnetic disturbances of
both side of the shock front being almost static. ii) acceleration through crossing
forward and backward Alfvén fronts propagating at relativistic speed.

7.1 Acceleration at Relativistic Shocks

When a relativistic shock propagates in the upstream medium with a large
Lorentz factor Γs like in GRBs, one could guess that two or three Fermi cy-
cles are sufficient to bring the proton energy above the GZK-threshold, because
of the gain factor of order Γ 2

s at each cycle. However as recently shown by Gal-
lant and Achterberg [50], only the first half cycle “udu” can do it, because a
particle that comes back upstream necessarily has a pitch angle that differs from
π by less than 1/Γs in order to cross the front. To gain another factor Γ 2

s , its
momentum should very rapidly come out of the cone of half-angle 1/Γs. But
for any reasonable deflection time, the particle is catched up by the shock front
before having significantly changed its pitch angle. Therefore after the first half-
cycle “udu” that provides a gain of 2Γ 2

c , the next half-cycles provide a gain by a
factor 2 only. This is nevertheless better than the small gain provided by a non
relativistic shock.

Now the problem is to know if a cosmic ray can do many cycles, because
the escape probability is much larger than in the non relativistic case (between
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0.3 and 0.5). This sensitively depends on the incident pitch angle and thus of
the angular distribution function that tends to be set up [51]. If enough cycles
are experienced by the cosmic rays, then a power law distribution is obtained
with an index 2.2. This was recently derived analytically by Kirk et al. [51] and
numerically by Bednarz and Ostrowski [52].

If cosmic rays undergo a single crossing, no universal power law is obtained
but an efficient acceleration is realized anyway [53]. An interesting calculation
has been done by Begelman and Kirk [54] for quasi perpendicular relativistic
shocks. Contrary to the case of a non relativistic shock where a particle undergoes
many Larmor gyrations across a perpendicular shock front (as previously seen),
a cosmic ray has crossed a relativistic front before having done a few gyrations.
The adiabatic invariant is thus broken and a larger amplification of the particle
energy is possible as compared to the adiabatic case. An upstream distribution
function f̄1 of index α0 gives rise to a downstream distribution such that

f̄2 � (2Γs)α0

α0 + 1
f̄1 . (56)

7.2 Acceleration with Relativistic Wavefronts

In a relativistic plasma of pressure P , that is magnetically confined such that
the magnetic pressure dominates the kinetic pressure Pm > P , hydromagnetic
waves propagate at a relativistic velocity and can accelerate cosmic ray effi-
ciently [55,25]. The Alfvén wave propagates at a speed depending of the energy
mass density e (e = 3P for a perfect relativistic gas) and given by

V∗ =
c√

1 + e+P
2Pm

=
c√

1 + 2 P
Pm

. (57)

Fast magnetosonic waves propagates faster with a Lorentz factor γF =
√

3/2γ∗.
Long waves and intense localised fronts can efficiently scatter cosmic rays of Lar-
mor radii smaller than their width (or wavelength) during a few Larmor time.
Relativistic localised fronts, and a fortiori shocks, have a larger width than non
relativistic front; the width is of order r0〈γ2〉/〈γ〉 instead of r0 [55]. Fermi ac-
celeration occurs only if there are wavefronts propagating in opposite directions.
The particle experiences an energy gain by a factor 2γ2

∗ at each scattering with
an incoming front. If there are enough front crossings, the acceleration is effi-
cient although γ∗ is not expected to be very large like the GRB bulk Lorentz
factor. The distribution function elongates inside a cone of half-angle 1/γ∗ in
momentum space. The acceleration time is shorter than the scattering time by
a factor γ−2

∗ .
These events can occur in all the relativistic flows mentioned previously pro-

vided they are magnetically confined. Backward waves or fronts are produced
by interaction with the ambient medium. Forward waves are produced either by
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flares in the jet source or by backscattering of the backward waves. This lat-
ter case should happen during the “free” relativistic expansion of a shell or a
cloud that is pervaded by the ambient medium along the flow axis which is also
the magnetic axis; which generates an intense wave by converting the energy-
momentum influx in the shell. The large amplitude backward wave triggers a
parametric instability by coupling with the relativistic sound that backscatters
a sizable fraction of the mother wave [56]. An efficient acceleration process can
be expected with relativistic waves and fronts, but it does not lead to a universal
power law distribution. However it is worth mentioning that a spatial superpo-
sition of local exponential distributions with increasing width can give rise to an
integrated power law spectrum. . . Fronts of various sizes are actually observed
in all the previously mentioned relativistic flows.

When a relativistic shock is set up (which is obtained as the continuous sharp-
ening of a front until wave breaking), the next wavefronts in the downstream
flow still continue to scatter and accelerate cosmic rays that have already been
accelerated by a first half-cycle (the 2Γ 2

s amplification). Thus the wave fronts
can achieve the expected acceleration alone or by helping a strong relativistic
shock as well.

8 Status of this Research and Prospective

Globally the Fermi acceleration processes seem capable to account for all the
nonthermal phenomena in the observed Universe, such as the Cosmic Ray spec-
trum from GeV up to 100 EeV, and the high energy electron distributions in
compact object environments that radiate synchrotron and inverse Compton
emission. The Fermi process has been successfully investigated in the interplan-
etary shocks, but of course at much lower energies than implied by astrophysi-
cal shocks. It has been investigated in numerical simulations as well, especially
Monte Carlo simulations [47,48]. But of course, the large dynamical scales im-
plied by astrophysical shocks cannot be set in those simulations. However many
questions are still opened either at the theoretical level or at the level of perfor-
mance estimation for each astrophysical source. Even the low energy part of the
cosmic ray spectrum, which was thought to be well explained, still has shadow
points. The opened questions in the theory of Fermi acceleration in the non-
relativistic regime has been stated. There are still two important measurement
problems for the low part of the CR-spectrum: one comes from the non-detection
of the gamma ray emission expected from π0 decay [21] except from Cassiopeia
A [20], and the other from the measured escape probability as a function of
energy, used in the leaky box model, that does not correspond to the expected
theoretical law infered from a Kolmogorov turbulence spectrum. The low energy
cosmic ray spectrum seems satisfactorily explained by supernova remnants [45].
However the high energy cutoff is probably overestimated, which would explain
the non detection of TeV gamma emission. Radiation by electrons seems to dom-
inate in the gamma range. Moreover, as briefly mentioned, there is a nonlinear
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effect in shocks that tends to reduce the energy of accelerated particles in favour
of thermal energy.

Regarding the UHE Cosmic Rays, the theoretical opened questions are mostly
related to the relativistic regime of Fermi acceleration. They are the following.

• The discrimination between thermal and nonthermal plasmas in relativistic
shocks is not clear at all. A single crossing of a high Lorentz factor shock
creates a population of highly relativistic particles already.

• The ultrarelativistic particles make the shock transition quite large and its
width could be related to the Larmor radius of the most energetic parti-
cles [55]. Electrons, that have small Larmor radii, are probably not acceler-
ated by the Fermi process at the shock and the observed powerlaw distri-
bution of GRBs cannot clearly be interpreted as resulting from the Fermi
process at shock. Moreover these electrons, whose energy is not larger than
GeV, experience a large electrostatic potential variation that occurs in the
shock transition [55].

• Even if the Fermi process works at relativistic shocks, it is not yet clear how
many cycles can be undergone by the particles because of the large escape
probability (between 0.2 and 0.5), and how many particles are involved in
several cycles. If many, then a nice universal powerlaw is obtained with an
index close to 2.2 [51,52].

• Strong anisotropy is inherent to relativistic kinematics and a detailed de-
scription of the scattering and diffusion processes in the appropriate mag-
netic turbulence must be fully investigated.

• The theory can be completely checked only by heavy Monte Carlo simula-
tions, as those developed by Bednarz and Ostrowski [57,52].

• Besides the acceleration at shocks, the investigation of the nonlinear dynam-
ics in a relativistic plasma [55,25,56], which is still poorly done, should be
pursued.

The Fermi acceleration at relativistic shocks or wavefronts is potentially effi-
cient enough in GRBs to explain the origin of the UHE-Cosmic Rays. Although
they can produce very high energy cosmic rays, the other astrophysical sources,
such as AGNs, RadioGalaxies, Large Scale Structure shocks, Pulsars, seem less
promising to go beyond the GZK threshold, unless unexpected physical effects.
The alternative would be the particle production caused by interconnections and
decays of topological defects [4,58].

The Pierre Auger Observatory will surely give the answer to the question of
the galactic or extragalactic origin of the UHE cosmic rays with a good statistics
on the super-GZK events and will provide an interesting map.

The detection of high energy neutrinos emitted by the sources of UHE-
protons by the AMANDA and ANTARES neutrino observatories would be a
great event [59]. In particular, coincidence of gamma and neutrino detections
from GRBs would be helpful.

So, together with the possibility of gravitational waves detection, these are
new windows and new fascinating frontiers that are opened to astrophysics and
to particle physics (the neutralino could also be detected by some of the new
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instruments). For the first time the transmitters of the cosmic information will
be particles instead of the photons. This cross fertilisation of the two disciplines
deserves the use of the neologism “Astroparticle Physics”.
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9 Appendix

9.1 Average Gain and Escape Probability

The average energy gain per half-cycle can be stated as follows. Consider the
half-cycle “udu” which increases the energy according to δε = −2(u2 − u1).p,
so that, with μ > 0, the relative gain

δp

p
= −2

u2 − u1

v
μ > 0 . (58)

The gain for the half-cycle “dud” is similar with μ < 0,

δp

p
= −2

u1 − u2

v
μ > 0 . (59)

The pitch angle average for the half-cycle “udu” is obtained by integrating over
the distribution within a swept volume Sv‖δt, S being an arbitrary cross section
of the shock front. The distribution function f = f̄ + δf , and the anisotropic
part δf is assumed much smaller than the anisotropic one f̄ . Therefore one gets:

δp

p
= 2

u1 − u2

v

∫ 1
0 μf2πp2dpSvμδtdμ

2
∫ 1
0 f2πp2dpSvμδtdμ

=
2
3

u1 − u2

v
. (60)

The quasi-isotropy assumption is very important and holds as long as the scat-
tering process is the fastest diffusion process.

The calculation of the escape probability is similar. It stems from the ratio
of the particle flux carried by the downstream flow at the velocity u2 over the
flux of particles that cross the front at the speed v:

η =
f̄24πp2dpSu2δt∫ 1

0 f02πp2dpSvμδtdμ
. (61)

In this expression f̄2 denotes the isotropic part of the distribution function far
downstream, whereas f0 denotes the distribution function just behind the shock.
Again, f0 � f̄0 is assumed, the shock width is assumed much shorter than the
diffusion length of the particles and the distribution is rapidly homogeneized
behind the shock so that f̄0 � f̄2. The announced result is thus derived:

η =
4u2

v
. (62)
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9.2 Gyro-Resonances and Pitch Angle Scattering

In weak turbulence theory [6], the particle momentum undergoes pitch angle
scattering and energy diffusion through gyro-resonances with MHD-waves. It
is instructive to explore these resonances in the simplest case of Alfvén waves
propagating along the mean field; for oblique propagation, the calculations are
tedious but lead to similar results. The method consists in perturbatively cal-
culating the motions of a particle in the wave electromagnetic force experienced
along the unperturbed orbit. The unperturbed orbit is described as follows:

z(t) = z(0) + v‖t (63)

v⊥(t) = v⊥ [e1 cos(ωLt + ψ) + εce2 sin(ωLt + ψ)] (64)

where εc = +1 for negative charge and −1 for a positive charge. For a mode of
the form

A(z, t) = A0 [e1 cos(ωt− kz + φ) + εe2 sin(ωt− kz + φ)] (65)

with ω = ±kVA, the perturbing force has a parallel component such that

δF‖ = qv⊥ · ∂A

∂z
= qv⊥kA0 cos(Ωt + θ0) (66)

where Ω = ω − kv‖ − εεcωL. Therefore, the time integration of that force com-
ponent to get the momentum variation in the parallel direction displays a res-
onant divergence for ω − kv‖ ± ωL = 0. This defines a resonant wave number
k0 = (rL|μ|)−1 (for VA  c); and note that because the wave numbers of the
MHD spectrum are smaller than ωcp/VA ≡ r−1

0 , resonances occur only in the
cone |μ| > r0/rL. The particle energy varies much more slowly if VA  c as can
be seen from

δF0 = −q
v⊥
c
· ∂A

∂t
= ±VA

c
δF‖ . (67)

Thus the fastest process is the pitch angle scattering and ṗ‖ � pμ̇. The scattering
frequency defined by Eq. (5) must be derived from

〈(Δμ)2〉
Δt

= (1− μ2)νs =
2
p2

∫ Δt

0
C‖(τ)dτ , (68)

where C‖(τ) ≡ 〈δF‖(t)δF‖(t−τ)〉. For a single mode, the self-correlation function
of the parallel force displays permanent oscillations:

C‖(τ) =
1
2
q2v2

⊥A2
0k

2 cos(Ωτ) ; (69)

whereas for a continuum of independent modes, it decays on a time scale (the
correlation time) governed by the spectrum band width:

C‖(τ) = q2v2
⊥B̄2

∫
dk

2π
S(k) cos(Ωτ) , (70)
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where S(k) is the spectrum of the turbulent magnetic field normalised to the
turbulence level η such that ∫

S(k)
dk

2π
= η . (71)

The correlation time τc ∼ (ωL
Δk
k0

)−1, where k0 ≡ ωL/v‖ is the resonant wave
number. This gives the expression of the pitch angle frequency in the case of
weak turbulence [6]:

νs =
ωL

4
k0S(k0) = ωL

π

4
(β − 1)η(ρ|μ|)β−1 . (72)

In stronger turbulence, the gyro-resonances broaden, but the scaling law with
rigidity ρ and turbulence level η (properly defined!) can be extrapolated [7,8].
But the assumption of a small jump μ �→ μ + Δμ during a correlation time no
longer applies. The correlation time and the scattering time become comparable
and the memory of an initial value of μ is ruled out; thus the variations of μ are
the main cause of the resonance broadening.
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Abstract. Highly magnetised rapidly spinning neutron stars are widely considered to
be natural sites for acceleration of charged particles. A powerful acceleration mecha-
nism due to unipolar induction is thought to operate in the magnetospheres of isolated
neutron stars, bringing the particles to ultrarelativistic energies at the expense of the
neutron star rotational energy, with inevitable emission of high energy photons. The
aim of this review is to present the basic ingredients of modern models of magneto-
spheric activity of rotation powered pulsars in the context of high-energy radiation
from these objects. Several aspects of pulsar activity are addressed and related to
spectacular results of pulsar observations with two major satellite missions of the past
– CGRO and ROSAT. It is then argued that future high sensitivity experiments -
GLAST, VERITAS, and MAGIC - will be vital for a progress in our understanding of
pulsar magnetospheric processes. In a conservative approach rotation powered pulsars
are not expected to be the sources of ultra high energy cosmic rays. However, sev-
eral scenarios have been proposed recently to explain the ultra high energy cosmic ray
events above the Greisen-Zatsepin-Kuzmin limit with the help of acceleration processes
in the immediate surrounding of newly born pulsars. Major features of these scenarios
are reviewed along with references to contemporary models of magnetospheric activity.

1 Introduction

High energy radiation from various classes of galactic and extragalactic objects
has been observed for nearly 30 years. A large fraction of galactic sources is as-
sociated with neutron stars: rotation powered pulsars (RPP), accretion powered
pulsars (APP), cooling neutron stars, and soft γ−ray repeaters. (SGR)Rotation
powered pulsars like Crab, Vela and Geminga have a long history of success-
ful observations with balloon-born and satellite γ−ray and X-ray experiments.
The performance of old experiments has been, however, surpassed in terms of
sensitivity, energy range, number of positive detections, or photon statistics per
object by the COMPTON Gamma-Ray Observatory (CGRO) and the Röntgen
Satellit (ROSAT). The spectacular results of observational campaigns of RPP
with ROSAT and CGRO induced a new wave of interest in theoretical aspects
of pulsar magnetospheric activity.

The pair creation paradigm is a pivotal element in any model of magneto-
spheric activity of RPP. Electron-positron pairs (e±-pairs) are necessary since
they are thought to be responsible for radio emission observed in radiopulsars
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which is interpreted as the coherent curvature radiation of e± plasma. Pairs can
be produced in magnetospheric environments either via photon absorption in a
dense field of soft photons (photon-photon collision) or via photon absorption
in a strong magnetic field. In either case a supply of high-energy (HE) photons
is required in order to fulfill stringent threshold conditions for the pair creation.
It it quite reasonable then to assume that not all of those HE-photons would
be subject to absorption. On the contrary, many HE photons will escape the
magnetosphere without any attenuation. This argument leads us to expect that
RPP (and all radiopulsars in particular) should be the sources of HE radiation.
To make the production of HE photons possible, highly relativistic charged par-
ticles are to be injected into the magnetosphere. One may speculate that some
of these particles will either retain their energy or regain it (under circumstances
to be specified) upon escaping from the source. It is up to theoretical models of
the RPP activity to show whether a rate of HE radiation and/or particles is in-
terestingly high with respect to the sensitivity of recent and future HE detectors
and telescopes.

This review focuses on RPP as sources of HE photons, presenting the most
important observational results as well as their interpretation in terms of basic
processes expected in the magnetospheres of RPP. The interpretation is offered
by referring to a particular class of models of magnetospheric activity, known
as polar gap models (or polar cap models). The name reflects the association
of the accelerator (the gap) with a polar cap on the neutron star (NS) surface.
Contrary to polar gap models, outer gap models [1] postulate the existence of
accelerators located in regions where local corotation charge density reaches
zero, close to the light cylinder. The e±–pair creation occurs there either via
one photon magnetic absorption (Crab-type outer gaps) or via photon-photon
collisions (Vela type outer gaps). These models are relevant for both classical and
millisecond pulsars with sufficiently high spin-down luminosity Lsd. The outer-
gap accelerators cease to produce e± pairs once the pulsar crosses the death-line
log Ṗ = 3.8 log P − 11.2 [2]. A modern version of the outer-gap accelerator, the
so called “thick gap solution” [3], is however able to accommodate pulsars of
longer spin periods, like Geminga and B1055-52, removing at the same time
serious problems with the original model of Ref. [1]. A detailed review of outer
gap models in the context of HE radiation is available [3] and therefore we will
concentrate on polar gap models.

The review is organised in the following way: Sect. 2 defines basic quantities
and introduces the assumptions used in pulsar physics. The status of X-ray and
γ−ray observations of RPP and essential features of the radiation detected from
several sources are presented in Sect. 3. Sect. 4 offers simple estimates of how
effective a unipolar inductor (i.e. accelerator) can be when acting in the frame-
work of a neutron star. Sect. 5 discusses the vertical structure of some polar
gap accelerators. Sect. 6 presents the properties of the most important radiative
processes induced by such inductors inside the RPP magnetosphere. With ener-
getic arguments formulated in Sect. 4, Sect. 7 addresses a question of whether
newly born and fastly spinning RPP might lead to generation of ultrarelativistic
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charged particles responsible then for the ultra high energy cosmic ray (UHECR)
events observed above the Greisen-Zatsepin-Kuzmin (GZK) limit. Sect. 8 em-
phasizes the anticipated role of high sensitivity HE missions of the near future
in contributing to the physics of RPP.

2 Basic Parameters

The aim of this section is to define basic quantities used throughout the review
and to introduce their mutual relations. Several excellent monographs covering
this subject in a detailed and sophisticated way are available e.g. Ref. [4] with a
critical discussion.

The starting point are two fundamental quantities measured for pulsars –
period P , interpreted as a period of rotation of a neutron star, and Ṗ , its time
derivative. Suppose, that a neutron star of radius Rs and moment of inertia I
rotates with angular velocity Ω = 2π/P which decreases in time (for whatever
reason) at a rate Ω̇ = −2π P−2Ṗ < 0. The rotational energy and its time
derivative then read

Erot =
1
2

I Ω2 � 2× 1046 I45P
−2 erg (1)

Ėrot = I Ω Ω̇ � −4× 1031 I45Ṗ−15P
−3erg s−1 (2)

where P is in seconds, Ṗ−15 ≡ Ṗ /10−15 and I45 ≡ I/1045 g cm2. Instead of Ėrot
one uses the so called spin-down luminosity Lsd defined as

Lsd ≡ −Ėrot. (3)

The name luminosity is misleading since the carriers of the major part of Ėrot
are not luminous for us: no one has ever managed to “see” them in a direct way
by any type of detector (but see Sect. 7) and their nature remains unknown,
at least for the time being. Therefore we need a model for the spin-down of a
neutron star. Let us assume that a magnetic dipole is attached to the center of a
neutron star, with its moment μB inclined at angle Θ to the spin axis Ω, and let
the mean strength of the field at the stellar surface be Bs. The magnetic dipole,
rotating in a vacuum will emit energy at the rate

Lmagn =
2

3c3 B2
s sin2 Θ R6

s Ω4 (4)

suggesting thus the following model of the neutron star spin-down:

Lsd = Lmagn. (5)

The quantity Bs sinΘ can be inferred from P and Ṗ for a neutron star with
known values of I and Rs. For a large number of randomly oriented rotators the
factor sin2 Θ can be replaced with its averaged value of 2/3.
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Another model, where the dipolar radiation is replaced with a magneto-
spheric wind of particles [5], gives a similar result as (4) for an orthogonal rota-
tor:

Lsd = Lwind � 1
c3 B2

s R6
s Ω4 (6)

and therefore is independent of the angle Θ. Since there exists no observational
support for Ṗ depending on sinΘ the standard approach is to apply the latter
model to derive the strength of the dipolar component of the magnetic field

B2
12 = 1015 I45 R−6

6 P Ṗ (7)

where B12 ≡ Bs/1012G, and R6 ≡ Rs/106cm. Assuming that Bs does not change
with time one can integrate (7) to obtain the characteristic spin-down time scale
τ – a period of time elapsed since the pulsar was born with initial period Pi

τ =
P

2 Ṗ

[
1− P 2

i

P 2

]
s. (8)

As long as Pi  P , which is thought to be satisfied for all classical pulsars
and most of millisecond pulsars, the last factor in (8) plays no role and thus
τ � P/2Ṗ .

It is likely that neutron star magnetic fields contain high-order multipoles
which may dominate the dipolar component at the surface level. Their relative
amplitudes as well as distribution remain, however, unknown. It will be assumed
throughout the paper that the dipolar magnetic field is not distorted by rota-
tional effects or the presence of strong outflowing winds of particles (the latter
effect has been recently invoked to decrease very high values of Bs inferred from
P and Ṗ for two SGRs [6]; in consequence, their classification as magnetars
became questionable).

The field is therefore approximated by an axisymmetric static dipole with
field lines satisfying r sin−2 θ = Rdc in polar coordinates r and θ, with the dipole
constant Rdc. A dipole constant for which a rigid rotation with the angular
velocity Ω reaches the speed-of-light limit (it occurs for Rdc = c/Ω and this
particular value is denoted as Rlc) determines the so called light cylinder of
radius Rlc. All field lines which cross the light cylinder are then considered as
open lines, and their footpoints on the stellar surface define two polar caps of
radius Rpc � Rs · (Rs/Rlc)1/2, where the latter factor is the sine function of the
polar coordinate θ for the outer rim of the polar cap: sin θpc = (Rs/Rlc)1/2 (see
Fig. 1).

3 Observational Overview of High-Energy Domain

A posteriori evidence that high-energy activity of pulsars must somehow draw
from their rotational energy Erot = IΩ2/2 comes from a simple finding that,
essentially, the success of detection of a particular pulsar in X-rays and/or γ−rays
was strongly correlated with its position in the lists of targets ranked by spin-
down flux values Lsd/D2.
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>

<
Fig. 1. Two identical polar caps of radius Rpc are shown on the surface of a neutron
star of radius Rs for the aligned case, i.e. with the spin axis parallel to the magnetic
moment axis. Their outer rims are determined by the set of dipolar lines for which the
dipole constant Rdc equals the light cylinder radius Rlc = c/Ω. The opening angle of
each cap θpc satisfies then sin θpc = (Rs/Rlc)1/2. Therefore, whenever Rs � Rlc, the
polar cap radius is approximated by Rpc � Rs · (Rs/Rlc)1/2.

The aim of this section is to review the recent observational status of RPP
in the HE domain, with X-rays included. The HE domain is hereafter arbitrarily
defined as extending from a fraction of keV up to about 30 GeV. Nevertheless,
more emphasis is put on γ−ray results. γ−ray detections are particularly pre-
cious since their interpretation is thought to be less ambiguous in comparison to
X-ray detections. In the latter case (especially for very young objects) contribu-
tions from initial cooling, internal friction, or other factors of a priori unknown
magnitude may dominate the X-ray emission 1.
1 indeed, four pulsars – Vela, Geminga, B1055-52 and B0656+14 – are classified as

initial cooling candidates [11] since their X-ray emission is dominated by a component
which may be modelled by a blackbody emission from a NS surface
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Fig. 2. P − Ṗ diagram for Rotation Powered Pulsars. The pulsars detected exclusively
in radio are indicated with dots; they are taken mostly from the data base of Ref. [7].
Thirty five pulsars emitting X-rays are indicated with bullets. These include two objects
recently discovered with RXTE: J0537-6910 in SNR N157B in LMC [8] is the fastest
young pulsar known, spinning twice as fast as the Crab pulsar but with similar value
of spin down luminosity; J1846-0258 in SNR Kes-75 [9], with P = 0.32s, the highest Ṗ
among all RPP and no radio counterpart so far. Seven bullets in circles indicate seven
γ−ray pulsars. Dashed lines correspond to constant values of the spin down luminosity
Lsd given by (1) and (3) with I45 = 1. The upper line (Lsd � 4 × 1038erg s−1) includes
the Crab pulsar and J1846-0258, the lower one (Lsd � 3×1028erg s−1) includes J2144-
3933 – the slowest (P = 8.5s) radio pulsar detected so far [10]. Dotted lines correspond
to constant values of the dipolar component of the surface magnetic field as inferred
from P and Ṗ through (7) with R6 = 1.
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For more than 1500 pulsars known to date only about 35 positive detections
in X-rays and no more than 10 detections in γ−rays have been achieved. There
are firm detections by CGRO of 7 pulsars (dubbed Seven Samurai) and another
3 cases classified as “likely” detections. The γ−ray sources were identified by
virtue of flux pulsations with previously known P and Ṗ . Crab and Vela are the
only pulsars seen by all three instruments of CGRO. No trace of pulsed signal
in the very high energy (VHE) range (300 GeV – 30 TeV) has been found so
far for the γ−ray pulsars [12,13,14]. However, strong steady VHE emission is
associated with 3 out of 10 γ−ray pulsars. Two plerionic sources of the steady
VHE radiation – The Crab Nebula and the plerion around B1706-44 – may serve
as standard candles, with “grade A” according to [14]. A third plerion – around
the Vela pulsar – was given “grade B” in the same ranking. All 10 γ−ray pulsars
are strong X-ray emitters.

The positions of these HE pulsars are shown in the P − Ṗ diagram of Fig. 2
along with positions of about 700 radio pulsars for which Ṗ values were available.
A remarkable fact is that the location of X-ray sources does not correlate with the
inferred strength of magnetic field Bs; at least not in a naively anticipated way
that high-B objects would emit HE radiation, whereas low-B objects would not.
In particular, 10 millisecond pulsars – about thirty percent of all millisecond
pulsars (the objects with P <∼ 0.01 s and Ṗ <∼ 10−17, i.e. with low B values:
Bs <∼ 109G) known to date – have been detected as X-ray sources. So far,
millisecond pulsars eluded the detection in gamma rays and just upper limits
have been available for a handful of them from EGRET observations [15]. In the
case of J0437-4715 the upper limit is interestingly tight – in disagreement with
the empirical relation Lγ ∝ L

1/2
sd (see Fig. 4). Very recently, however, the likely

detection of pulsed γ−ray emission from J0218+4232 has been reported [16].
Spectral analysis for pulsars detected with ROSAT PSPC (0.1 keV to 2.4 keV)

shows that in most cases a power-law spectral model provides acceptable fits to
the data [11]. Moreover, an intriguing empirical relation between inferred X-ray
luminosity and spin down luminosity was found, LX � 0.001 Lsd, confirming the
rotational origin of most of the X-ray activity. An interesting point is that the
relation was obtained for all the sources regardless their temporal characteristics
(about 50 % of all pulsars detected with ROSAT are unpulsed sources). Figure 3
presents these results in a somewhat different way and for slightly different values
for LX (compiled by the author). A complementary empirical relation was found
for pulsed emission from 19 pulsars observed with ASCA (0.6 keV to 10 keV).
Assuming the opening angle of X-rays to be one steradian, the inferred pulsed
X-ray luminosity correlates with spin-down luminosity as

LX = 1034
(

Lsd

1038 erg s−1

)3/2

erg s−1, (9)

according to Ref. [22].



Rotation Powered Pulsars 97

Fig. 3. X-ray luminosity versus spin-down age τ for 29 out of 35 pulsars detected with
ROSAT, ASCA and RXTE. Isotropic emission into 4π steradians was assumed for
pulsed and unpulsed sources to infer LX. The empirical relation LX � 0.001 Lsd found
by Ref. [11] can be rewritten as LX ∝ B−2

s τ−2, see (6) and (7). If all classical and
millisecond pulsars were to have the surface magnetic field Bs of a fixed value 1012G
and 3 × 108G, respectively, they would follow the two dashed lines labelled with Bs.
Four filled circles are the initial cooling candidates; in increasing τ these are: B0833-45
(Vela) [17], B0656+14 [18], J0633+17 (Geminga) [19], and B1055-52 [20]. In three cases
the fitting of the data with either blackbody or power law spectral model was equally
justified, but inferred X-ray luminosities are strongly model-dependent (circles con-
nected with vertical bars); in increasing τ these objects are: B0833-45 [17], B2334+61,
and B0114+58 [21].

A similar power-law empirical relation holds for γ−rays (cf. Fig. 4), but with
a different power-law index (e.g. Ref. [23]):

Lγ � 1035
(

Lsd

1038 erg s−1

)1/2

erg s−1. (10)

An important conclusion from Figs. 3 and 4 is that neither LX nor Lγ be-
comes a sizable fraction of Lsd. The most efficient conversion of spin-down lumi-
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Fig. 4. γ−ray luminosity versus spin-down luminosity for seven pulsars (filled dots)
detected with the CGRO instruments. An opening angle of one steradian was assumed
for the γ−ray emission. Open triangles are the EGRET upper limits after Ref. [15]
for 350 objects, including seven millisecond pulsars. The filled triangle indicates the
upper limit for J0437-4715 [24]. Note, that most of the upper limits are well above
the maximum possible value for Lγ set by Lγ = Lsd (dotted line). The dashed line
marks the empirical relation derived for the CGRO pulsars: Lγ ∝ L

1/2
sd . Solid lines

show evolutionary tracks for a classical pulsar with Bs = 1012G (upper line) and a
millisecond pulsar with Bs = 109G (lower line) according to the phenomenological
model of Ref. [25].

nosity into high-energy radiation is taking place for B1055-52 – the oldest pulsar
among the Seven Samurai – with Lγ � 0.1 Lsd.

Broadband energy spectra per logarithmic energy bandwidth extending from
radio, optical and UV, to X-rays and γ−rays, constructed for pulsed phased-
averaged components of the Seven Samurai are particularly impressive [23] and
instructive. Figure 5 reveals substantial spectral differences among the objects,
which became a subject of theoretical debates and speculations.

Short spectral characteristics of all 9 γ−ray pulsars (including 2 “likely”
sources) are given below after Ref. [23] for EGRET, Ref. [26] for COMPTEL,
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and Ref. [27] for OSSE (see also references therein). These instruments oper-
ating on board CGRO [28] covered the following parts of the HE domain: the
Oriented Scintillation Spectrometer Experiment (OSSE) was operating in the
energy range 50 keV − 10 MeV, the Imaging Compton Telescope (COMPTEL)
– in the energy range 0.75 MeV − 30 MeV, and the Energetic Gamma Ray
Experiment Telescope (EGRET) in the energy range 50 MeV − 30 GeV.

1) B0531+21 (Crab) – Detected by EGRET, COMPTEL, and OSSE. Its
γ−ray flux consists of pulsed and unpulsed components, the latter one coming
from the Crab Nebula. The overall phase-averaged photon spectrum in the range
between 50 keV and 10 GeV is described satisfactorily by a broken power-law
shape dNγ/dε ∝ ε−s with a break at εbr � 120 keV, and photon power-law
index s = 1.71 for ε ≤ εbr, and s = 2.21 for ε > εbr. The energy flux is
fγ � 7.3× 10−9erg s−1cm−2.

2) B1509-58 – Detected by COMPTEL and OSSE. The initial COMPTEL
detection was of marginal significance (∼ 3σ-detection) in a narrow (0.75 −
1 MeV) energy band. However, recent analysis shows that the spectrum extends
to higher energies with a cutoff around 10 MeV [29] (Note: this new finding
is not marked in Fig. 5). The energy flux at 1 MeV may be as high as 1.4 ×
10−9 erg s−1cm−2, but the COMPTEL point stands above the corresponding
OSSE point by a factor of 4. The OSSE spectral fit between 50 keV and ∼
5 MeV with dNγ/dε ∝ ε−1.68 yields fγ � 5.6 × 10−10 erg s−1cm−2. EGRET
put strong upper limits for photon flux above 100 MeV and 1 GeV , which
clearly fall below simple power-law extrapolation of the OSSE spectral fit. That
indicates a presence of spectral roll-over at several MeV, in agreement with the
cutoff claimed by Ref. [29]. The pulsar has the highest inferred magnetic field
(Bs � 1.5×1013G ) among seven γ−ray pulsars, an essential point for explaining
the cutoff at 10 MeV as due to photon-splitting effect [30].

3) B0833-45 (Vela) – Detected by EGRET, COMPTEL, and OSSE. Its phase-
averaged photon spectrum between 30 MeV and 2 GeV can be reproduced as
a power law with s = 1.7, and a strong spectral break above ∼ 4 GeV. The
spectrum flattens out in the OSSE range with s = 1.3. Estimated energy flux
reaches ∼ 9× 10−9 erg s−1cm−2 (the brightest object in the γ−ray sky).

4) B1706-44 – Young Vela-like pulsar, detected by EGRET. The spectrum
extends from 50 MeV beyond 10 GeV and may be approximated with a broken
power law, with photon index s changing from 1.27 to 2.25 at 1 GeV.

5) B1951+32 – Detected by EGRET and COMPTEL. The spectrum extends
from 0.75 MeV up to 30 GeV and may be approximated with a single power
law with photon index s = 1.89. It has an extremely sharp cut-off, with no
apparent decline in the flux level. But an extrapolation towards TeV falls 2 order
of magnitude above an upper limit (not shown in Fig. 5) set by the Whipple
group.

6) J0633+17 (Geminga) – Confirmed detection by EGRET only. The photon
spectrum may be approximated by a single power law, with s = 1.50, extending
from 30 MeV to a roll-off at 2 GeV.
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7) B1055-52 – Detected by EGRET above 70 MeV. Its spectrum can be
represented by a single power law with photon index s = 1.73, and a possible
break around 1 GeV.

8) B0656+14 – A 3σ-detection by EGRET had been reported. The pulsar
with its parameters (P , Ṗ , and particularly Lsd) resembles Geminga and B1055-
52. Its photon spectrum estimated for a low number of events may be represented
between 10 MeVand 10 GeV as a very steep power-law with the index s = 2.8.

9) J0218+4232 – Marginal detection by EGRET (at 3.5 σ level) of pulsed
emission has been reported recently in the energy range 100 MeV−300 MeV for
this distant (D >∼ 5.85 kpc) millisecond (P = 0.0023 s) pulsar in a binary system
with a low-mass white dwarf [16]. The inferred luminosity of the pulsed emission
for 1 steradian opening angle reaches Lγ � 1.64× 1034erg s−1 � 0.07 Lsd.

10) B1046-58 – Likely candidate for a γ−ray pulsar, reported recently [31],
based on analysis of the EGRET source 2EG J1049-5847 spatially coincident
with this radiopulsar. The estimated Lγ above 400 MeV and 1 steradian opening
angle reaches 0.011Lsd for a distance D = 3kpc.

γ−ray light curves differ significantly from those in X-rays, optical, and radio.
Their most striking feature are relatively long duty cycles as well as phase shifts
in comparison to the radio pulses. Only for the Crab pulsar the peaks in γ−rays
as well as in radio wavelengths occur at the same rotational phases. The light-
curve shapes fall into two categories. The Crab pulsar, Vela and Geminga show
two sharp pulses separated in phase by 0.4− 0.5 and connected by an interpulse
bridge of considerable level. B1706-44 shows two peaks separated by 0.2 in phase,
with some hints of a third component in between. Other pulsars exhibit broad
single pulses. Unknown opening angles for γ−ray emission introduce a factor
of uncertainty when inferring the γ−ray luminosities. Broad peaks in γ−ray
pulses do not necessarily mean large opening angles for γ−ray emission. Polar
cap models, which rely on purely dipolar magnetic fields postulate nearly aligned
rotators, where the inclination of magnetic axis to spin axis is comparable to the
angular extent of the polar cap [32].

With a dicovery of sharply peaked pulsed X-ray emission in the fastest
millisecond pulsar B1937+21 an apparently separate group of millisecond X-
ray pulsars emerges, with its members – B1821-24 [22], J0218+4232 [16], and
B1937+21 [33] – being scaled-down versions of the Crab pulsar as far as sharp
pulse profiles and hard power-law X-ray spectra are concerned. An astonishing
common feature within the group is the same strength of the magnetic field
estimated at the light cylinder and the fact that it matches the strength of the
Crab pulsar magnetic field at the light cylinder.

4 Unipolar Induction – A Toy Model

4.1 Vacuum Rotator

Let us begin with a frequently invoked order-of-magnitude estimate advertising
rotating neutron stars as potentially powerful accelerators and thus good candi-
dates to explain UHECR (the problem addressed in Sect.7). Consider a neutron
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star of radius Rs and surface magnetic field Bs as a perfect conductor. For the
rotating star with its dipolar magnetic field immersed in a vacuum an external
quadrupole electric field E develops, with non-zero component along magnetic
field lines at the surface. The corresponding electrostatic potential Φ in polar
coordinates r and θ reads [4]

Φ(r, θ) = −Q

r3

(
3 cos2 θ − 1

)
, (11)

where Q = π/3 Bs/(cP ) R5
s is the quadrupole moment. The maximal electromo-

tive force will then be induced between one of the two poles of the star and its
equator:

ΔΦequator =
1
2c

B Ω R2
s . (12)

The corresponding voltage drop

ΔVequator � 3× 1016B12R
2
6P

−1V (13)

reaches huge values. If such a unipolar inductor was to operate in the Crab
pulsar, B1509 or J1846-0258 (see Fig. 2), it would bring a fully ionized atom of
iron (Z = 26) close to the energy of 1020eV. However, the assumption about
a vacuum surrounding the entire star is not correct. The space containing field
lines closed within the light cylinder is expected to fill in quickly with trapped
charged particles supporting the electric field which forces them to corotate with
the star (cf. the subsection below). Therefore, the only regions on the stellar
surface appropriate for the unipolar induction to act are those containing open
field lines only, i.e. the polar caps. From (11) and (12) the potential difference
between the pole and the outer rim of the polar cap follows as

ΔΦpc = ΔΦequator

(
Rpc

Rs

)2

, (14)

with voltage drop of

ΔVpc � 7× 1012 B12 P−2 Volt . (15)

4.2 Rotating Magnetosphere

We will concentrate hereafter on a class of models where the supply of charged
particles from a neutron star surface along open field lines is not limited by
binding or cohesive energy of the particles and therefore can reach the so-called
Goldreich–Julian rate at the surface. Such a supply of charges was dubbed “Space
Charge Limited Flow” (SCLF) [34,35] or “free emission”. A concise but to-the-
point account of essential properties of the SCLF models has been presented
recently by [36].
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Three boundary conditions essential for the electrodynamics above the polar
cap are [37]:
1) E ·B = 0 for the magnetosphere within the closed field lines,
2) Φ = 0 at the surface and at the interface between the closed magnetosphere
and the open field lines,
3) E‖ = 0 at the surface level,
where E‖ is the electric field component parallel to the magnetic field.
Last but not least, it is assumed that the outflow is stationary and the magne-
tosphere remains axisymmetric.

The electric field E required to bring a charged particle into corotation sat-
isfies the following equation

E +
1
c

[(Ω − ωLT)× r]×B = 0 (16)

where the inertial-frame dragging effect is included [37] with ωLT = κg(Rs/r)3 Ω,
where κg = I/(MsR

2
s ) ·Rg/Rs, and Rg = 2GMs/c2.

The charge density necessary to support this local E is

�corot =
1
4π

∇ · E � −Ω ·B
2πc

[
1− κg

(
Rs

r

)3
]

. (17)

The charge density �corot due to SCLF at r = Rs is called the Goldreich–Julian
charge density and is labelled “GJ”:

�GJ � −Ω ·B
2πc

[1− κg] . (18)

As charged particles flow out along the open field lines a deviation of the local
charge density �local from the local corotation density �corot develops. By using
now two relations satisfied in the dipolar structure, B(r) ∝ r−3 and �(r) ∝ r−3,
one obtains a simple formula for the local deviation from the corotation charge
density:

�local − �corot � Ω ·B
2πc

κg

[
1−
(

Rs

r

)3
]

. (19)

Accordingly, the accelerating potential drop in SCLF reads

ΔΦ‖ � ΔΦpc κg

[
1−
(

Rs

r

)3
]

, (20)

where ΔΦpc is given by (14) and κg = 0.15 I45. This is a remarkable result
obtained by Ref. [37]: due to the inertial-frame dragging effect the particles drop
through the potential which is significantly larger than in the slot gap model [35]
(which offers ΔΦslot � 0.01P−1/2ΔΦpc) provided P � 0.004 s. For example, for
P ∼ 1 s ΔΦ‖ becomes about 10 times larger than ΔΦslot. Moreover, the electric
field E‖ develops now along all open lines regardless of their orientation with
respect to the spin axis (the effect is not shown in this simplified presentation).
Therefore, all open field lines are “favourable”, in contrast to Ref. [35].
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5 Electric Field Structure in SCLF Gaps

The model with frame dragging effects [37], presented in a simplified form in
subsection 4.2, does not take into account possible feed-back effect due to e±-
pairs formed via photon absorption within open magnetic field lines. Copious pair
formation occurs in a relatively thin layer called for this reason a pair formation
front (PFF). The creation of pairs leads to screening of the accelerating field E‖
within the layer of PFF. A detailed picture of this effect would require to follow
the dynamics of electrons and positrons in a self-consistent way. Instead, it is
reasonable to assume, that the field is shorted out at the height were the first
e±-pair is created (hereafter denoted as hc): E‖ = 0 for h ≥ hc.

The problem of electric field structure in the context of SCLF with boundary
condition E‖ = 0 set at h0 = 0 (stellar surface) and at h ≥ hc (PFF) was formu-
lated and solved by Ref. [38]. The solution is rather lengthy and includes special
functions. It is however possible to obtain simple but quite accurate analytical
approximations. As long as the length hc of the accelerator is of the order of
the polar cap radius Rpc, the accelerating electric field may be approximated
according to Ref. [39] as

E‖ � −1.46
B12

P 3/2 h

(
1− h

hc

)
f1(ξ) cos χ Gauss, (21)

where B12 = Bs/1012G, P is the spin period in seconds, χ is the angle between
the spin axis and the magnetic moment of the rotating star, h is expressed in cm,
and M = 1.4 M	, Rs = 106cm. The magnetic colatitude ξ ≡ θ/θ(η) is scaled with
the half-opening angle of the polar magnetic flux tube θ(η), where η ≡ 1+h/Rs.
The magnetic colatitude function f1(ξ) is a monotonically decreasing function,
with f1(0) � 1 and f1(1) = 0.

The vertical structure of the electric field depends (via the location of PFF)
on radiative processes which induce the pair creation: curvature radiation (CRV)
and inverse Compton scattering (ICS) on soft X-ray photons from the stellar sur-
face (brief characteristics of these processes are presented in the next section).
An interesting effect was noticed in this context [38]: Suppose that a small frac-
tion of positrons is stopped by a residual (non-zero) electric field at the site of
their creation and then forced to flow towards the stellar surface (this effect was
noticed already in Ref. [34]). The backflowing positrons are expected to induce
the formation of an additional PFF, which would short out the electric field
at h0. These positrons cool upon the action of ICS and CRV. With reasonable
surface temperatures (Ts ∼ 5×105K) it is ICS which dominates the cooling of up-
ward moving electrons and downward moving positrons. Therefore, the e±-pair
creation will be induced by upscattered photons from the stellar surface, rather
than by curvature photons. The situation is not symmetrical, however, for elec-
trons and positrons since the field of soft photons is not symmetrical with respect
to both types of particles. In consequence, the positrons cool more efficiently,
the ICS-induced cascades are easier to achieve for positrons than electrons and
thus a lower PFF (where E‖ = 0) tends to be located above the stellar surface.
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Such a situation is not stable, therefore. However, elevating the accelerator up
to altitude h0 ∼ 1 Rs above the surface diminishes the role of the ICS; the CRV
cooling dominates here and a stable accelerator is possible. No self-consistent
calculations of such a “sandwich-like” accelerator exist at present, but the re-
sults obtained in Ref. [38] with an approximate treatment of the problem look
promising indeed.

6 Radiative Processes in Pulsar Magnetospheres

Cooling of ultrarelativistic electrons via curvature radiation (CRV) and magnetic
inverse Compton scattering (ICS) are the most natural ways of producing hard
γ−rays capable of inducing cascades of e±-pairs and secondary HE photons.
These two processes dominate within two distinct ranges of Lorentz factors γ of
the primary electrons.

When γ <∼ 106, magnetic inverse Compton scattering plays a dominant role
in braking the electrons and it is the main source of hard γ−ray photons [40].
Energy losses due to resonant ICS limit the Lorentz factors of the particles to a
level which depends on electric field strength E‖, temperature T and size of the
hot polar cap, and magnetic field strength Bs [41,42]. The Lorentz factors can
then be limited even to ∼ 103. This stopping effect becomes more efficient for
stronger magnetic fields, and it was suggested as an explanation for the observed
cutoff at ∼ 10 MeV in the spectrum of B1509-58 [42].

However, in their modern versions the accelerators of particles are strong
enough to outpower the ICS cooling. In consequence, very high Lorentz factors
– γ >∼ 106 – are achieved by electrons, limited by CRV. The first detailed sce-
nario of radiative processes in CRV-induced cascades was presented in Ref. [43]
and despite many modifications and additions its basic features remain valid.
The model assumes that primary electrons accelerated to ultrarelativistic ener-
gies emit curvature photons which in turn are absorbed by the magnetic field
and e±-pairs are created. These pairs cool off instantly via synchrotron radi-
ation process. Whenever the SR photons are energetic enough they may lead
to further creation of pairs, etc.. ICS can still be incorporated to the models
with CRV-induced cascades as the process relevant for e±-pairs, since typical
Lorentz factors of theirs do not exceed ∼ 103. According to the analytical model
of Ref. [44] the empirical relations for X-ray and γ−ray luminosities of pulsars
(presented in Sect.3) can be reproduced satisfactorily when the ICS involving
e±-pairs is included.

Processes relevant for production and transfer of HE radiation in pulsar mag-
netospheres are, therefore:
– Curvature Radiation,
– Magnetic Inverse Compton Scattering,
– Magnetic Pair Creation γ + B → e±

– Synchrotron Radiation,
– Photon splitting γ → γ + γ,
– Photon-photon Pair Creation γ + γ → e±.
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Basic properties of these processes are briefly reviewed below. The last pro-
cess in the list has been omitted. The reason is that, whenever recalled in the
context of pulsar magnetospheres, photon-photon pair creation is treated exactly
as in free space. Such treatment is justified in models of “thick outer gaps” [3]
but within the framework of polar cap models this is not the case, in general.
However, no handy formula is available for the cross section of this process in
the limit of high B and standard non-magnetic formulae are in use, e.g. Ref. [45].

In order to illustrate the significance of these processes in forming HE spectra
extending over many decades in energy, the numerically calculated effects due
to the first 4 processes in the list will be presented in Fig. 6 (after Ref. [46])
along with overlaid data points for the Vela pulsar. The dipolar field in the Vela
pulsar does not exceed 1013G and thus photon splitting is not competitive to
magnetic pair creation; its effects are negligible and will not shown. The electric
field structure of the accelerator used in these calculations is taken after Ref. [38]
and appropriate rescaling due to h0 > 0. However, the case calculated for Fig. 6
was chosen with h0 = 3Rs, i.e. much higher than in Ref. [38], in order to better
reproduce the phase averaged spectrum of the Vela pulsar.

6.1 Curvature Radiation

A relativistic electron of energy γmc2 (we take γ � 1) sliding along the magnetic
field line of curvature �cr will emit photons with a continuum energy spectrum
peaked at

εpeak � 0.29 εcr , (22)

where

εcr =
3
2

c h̄
γ3

�cr
, (23)

is called the characteristic energy of CRV. The radius �cr for a purely dipolar
line attached to the outer rim of the polar cap can be approximated not far away
from the NS surface as �cr �

√
Rs ·Rlc � 108

√
P cm. The cooling rate of that

electron is

γ̇cr = −2
3

e2

mc

γ4

�2
cr

. (24)

For a monoenergetic injection function of electrons Q(γ) ∝ δ(γ − γ0) and their
cooling due solely to CRV the electrons will assume a single power-law distribu-
tion in energy space Nγ(el.) ∝ γ−4 for γ < γ0 as long as they stay within the
region of the cooling. Their escape introduces a natural low-energy cutoff γcutoff
in Nγ(el.). Therefore, the unabsorbed CRV energy spectrum fε(ε) due to the
injected electrons has a broken power-law shape, with a high-energy limit set
by γ0 and the break at some energy εbreak. For ε > εbreak the energy spectrum
is fε(ε) ∝ ε−2/3, and fε(ε) ∝ ε+1/3 for ε < εbreak. Since nonthermal spectra
cover ususally many decades in energy it is more convenient to use εfε(ε) for
easy comparison of power in different parts of energy space (see Figs. 5 and 6).
Accordingly, εfε(ε) ∝ ε+1/3 above the break, and ∝ ε+4/3 below the break.
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The cutoff limit γcutoff can be found by comparing the characteristic cooling
time scale tcr ≡ γ/|γ̇cr| with the estimated time of escape tesc, which we take as
tesc � �cr/c. Therefore, using Eqs. (22), (23), and (24),

εbreak � 0.29 · 9
4

h̄
c

r0
� 44 MeV, (25)

where r0 is the classical electron radius. Note, that the photon energy εbreak at
which the spectral break occurs does not depend on any pulsar parameters.

The spectrum of CRV calculated numerically to model the Vela pulsar [46] is
shown in Fig. 6 as the dot-dashed line. A high-energy cutoff due to one-photon
magnetic absorption occurs around 10 GeV. Note the importance of γ−ray de-
tectors capable to operate above 10 GeV for (in)validating the model. The low-
energy CRV spectral break εbreak is prominent at ∼ 40 MeV. Below εbreak the
power of CRV decreases and eventually becomes unimportant at ∼ 1 MeV where
the synchrotron component takes over.

6.2 Magnetic Pair Creation

Pair creation via magnetic photon absorption (γ+B → e± +B) is kinematically
correct since the magnetic field can absorb momentum. To ensure high probabil-
ities for the process to occur it is not enough for a photon propagating at a pitch
angle ψ to the local B to satisfy the energy threshold condition, sinψ ·ε ≥ 2mc2,
but high optical thickness τγB within the magnetosphere is required. In fact the
condition τγB = 1 has been used as a criterium for the so called death-line for
radiopulsars in the P − Ṗ diagram. Maximal values of sinψ for curvature pho-
tons in the dipolar field do not exceed ∼ 0.1 sin θpc � 0.0014 P−1/2 [34], so both
conditions are difficult to meet for long-period rotators.

The absorption coefficient for the process as described in Ref. [47] and used
to calculate τγB reads

η(ε) =
1
2

α

λ̄c

B⊥
Bcrit

T (χ) (26)

where α is the fine structure constant, λ̄c is the Compton wavelength, Bcrit =
m2c3/eh̄ � 4.4×1013G, B⊥ is the component of the magnetic field perpendicular
to the photon momentum, and χ ≡ (B⊥/Bcrit)ε/(2mec

2) is the Erber parameter.
The function T (χ) is then approximated as T (χ) � 0.46 exp (−4f/3χ), which is
valid for χ <∼ 0.2; for χ >∼ 0.2 this approximation starts to overestimate η. The
function f is the near-threshold correction introduced in Ref. [48] important in
particular in the case of classical pulsars. Electron-positron pairs created through
magnetic absorption radiate then via the synchrotron process (SR) described
below.

6.3 Synchrotron Radiation

Consider a particle of energy γmc2 gyrating around a local field line at a pitch
angle ψ. Let γ‖ denote the Lorentz factor of the reference frame comoving with
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the center of the gyration. As long as γ‖ � 1 it relates to the pitch angle ψ via
sinψ � γ−1

‖ . The energy available for synchrotron emission at the expense of the
particle is γ⊥mc2, and γ = γ⊥ γ‖.

The rate of SR cooling reads

γ̇sr = −2
3

r2
0

mec
B2γ2

⊥ = −2
3

r2
0

mec
B2 sin2 ψ γ2. (27)

In comparison to the CRV cooling it is enormous (due to much smaller curvature
radius).

The critical photon energy [analogous to (24)] reads

εsr =
3
2

h̄
eB

mec
γ2 sinψ. (28)

For a monoenergetic injection function of particles (e±-pairs in the context
of this review) and their cooling due to SR the energy spectrum of SR spreads
between a high-energy limit εsr(γ0) set by γ0 of the injected (created) particles,
and a low-energy turnover εct determined by the condition γ⊥ ∼ 1:

εct ≡ εsr(γ = γ‖) =
3
2

h̄
eB

mec

1
sinψ

. (29)

The spectrum assumes a single power-law shape fε(ε) ∝ ε−1/2 (and accordingly –
εfε(ε) ∝ ε+1/2) above the turnover. Below εct, the spectrum fε changes it slope,
asymptotically reaching ∝ ε+2. It is built up by contributions from low-energy
tails emitted by particles with γ⊥ � 1, and each low-energy tail is assumed to
cut-off at the local gyrofrequency, which in the reference frame comoving with
the center of gyration is ωB = eB/(mec γ⊥).

The spectrum of SR calculated with Monte-Carlo method to model the Vela
pulsar is shown in Fig. 6 as a dashed line. The low-energy part of the SR spectrum
at εct seems to be essential for reproducing an interpolation between the RXTE
and the OSSE data.

6.4 Magnetic Inverse Compton Scattering

Consider an electron with a Lorentz factor γ moving along a magnetic field line
B and a photon of energy ε = εmc2 moving at angle arccos μ to the field line. In
the reference frame comoving with the electron (primed symbols) the counter-
part of the free-space Compton formula, due to energy-momentum conservation
appropriate for collisions with the electron at the ground Landau level both in
the initial and final state, reads

ε′
s =
(
1− μ′

s
2
)−1

{
1 + ε′(1− μ′μ′

s) +

−
[
1 + 2ε′μ′

s(μ
′
s − μ′) + ε′2(μ′

s − μ′)2
]1/2
}

(30)
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Fig. 6. The model energy spectrum calculated in Ref. [46] to reproduce the spectral
features of the Vela pulsar (P = 89 ms, Bs = 6 × 1012G). The accelerator is located
at h0 = 3Rs above the surface (see Sect.6). The broad–band spectrum consists of four
components due to: curvature radiation of primary electrons (dot-dashed), synchrotron
radiation of secondary e±–pairs (dashed), inverse Compton scattering of surface X-ray
photons on the e±–pairs (thin solid) and the blackbody surface emission (dotted). A
surface temperature Ts = 1.26×106K was assumed. The total spectrum is given by the
thick solid line. Phase-averaged data points for Vela from different satellite experiments
are indicated. Filled squares – RXTE [49]; open circles – OSSE [50]; open squares –
COMPTEL [26]; filled circles plus upper limit just above 10 GeV – EGRET [51].
Vertical axis is in log of MeV cm−2 s−1 units.

where ε′ = εγ(1−βμ) [52], and symbols with no subscript and with the subscript
s refer to the state before the scattering and after the scattering, respectively. A
longitudinal momentum of the electron in the electron rest frame changes due
to recoil from zero to (ε′μ′ − ε′

sμ
′
s)mc.

The polarization-averaged relativistic magnetic cross section in the Thomson
regime may be approximated with a nonrelativistic formula [53]:

σ =
σT

2

(
1− μ′2 + (1 + μ′2)

[
g1 +

g2 − g1

2

])
(31)

where σT is the Thomson cross section, and g1 and g2 are given by

g1(u) =
u2

(u + 1)2
, g2(u) =

u2

(u− 1)2 + a2 (32)

where u ≡ ε′/εB, a ≡ 2αεB/3, and εB ≡ h̄eB/m2c3.
The resonance condition for the scattering is therefore the cyclotron reso-

nance ε′ = εB. The factor a represents a “natural” broadening of the resonance
due to finite lifetime at the excited Landau level.
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In the Klein-Nishina regime (ε′ > 1) the relativistic magnetic cross section for
the |μ′| � 1 case becomes better approximated by the well known Klein-Nishina
relativistic nonmagnetic total cross section σKN [54,53].

The rate R of scatterings subject to an electron moving across the field of
soft photons, measured in the lab frame is

R = c

∫
dΩ

∫
dE σ

(
dnph

dEdΩ

)
(1− βμ) (33)

where Ω = dμdφ is the total solid angle subtended by the source of soft photons,
μ = cos θ, σ is a total cross section for the process, and dnph/dE/dΩ is the local
density of the soft photons.

The properties of the field of soft photons are usually simplified by tak-
ing dnph/dE/dΩ as for the blackbody radiation. This simplification should be
taken with care since magnetised atmospheres of neutron stars introduce strong
anisotropy as well as spectral distortions to the outgoing radiation [55]. Effec-
tively it means that the ICS effects obtained with this simplification are just
upper limits to the actual effects.

To estimate the electron cooling rate γ̇ICS due to the ICS the differential form
of (31) is necessary:

dσ

dΩ′
s

=
3σT

16π

[
(1− μ′2)(1− μ′

s
2) +

+
1
4

(1 + μ′2)(1 + μ′
s
2)(g1 + g2)

]
(34)

(e.g. Ref. [56]), where dΩ′
s = dφ′

sdμ′
s is an increment of solid angle into which

outgoing photons with energy ε′
s in the electron rest frame are directed. The

mean electron energy loss rate then reads

γ̇ICS = −c

∫
dε

∫
dΩ

(
dnph

dεdΩ

)
(1− βμ) ×

×
∫

dΩ′
s

(
dσ

dΩ′
s

)
(εs − ε) (35)

where εs = ε′
sγ(1 + βμ′

s) is the scattered photon energy in the lab frame (e.g.
Ref. [53]).

The spectrum of magnetic ICS calculated numerically to model the Vela pul-
sar is shown in Fig. 6 with thin solid line. The blackbody soft photons originating
at the stellar surface (dotted line) are upscattered by secondary e±-pairs at the
expense of their “longitudinal” energy γ‖mc2, assumed to remain unchanged
during the burst of synchrotron emission. Without the ICS component due to
the e±-pairs the RXTE data for the Vela pulsar would be difficult to reproduce
within the model. It is worth to note that the magnetic ICS component due to
primary electrons (not shown in Fig. 6) is energetically insignificant comparing
to the CRV component because the case of strong accelerating field was used in
this particular model.
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6.5 Photon Splitting

Photon splitting into two photons in the presence of magnetic field B is a third-
order QED process with no energy threshold [57]. The attenuation coefficient,
after averaging over the polarization states, reads [30]

Tsplit(ε) � α3

10π2

1
λ̄c

(
19
315

)2(
B sin θkB

Bcrit

)6

ε5 cm−1, (36)

(provided B does not exceed Bcrit substantially) where ε is the photon energy
in units of mc2, and θkB is the angle between photon momentum vector and the
local magnetic field. The process, therefore, strongly depends on magnetic field
strength B.

Photon splitting has attracted substantial interest in recent years due to the
discovery of neutron stars with supercritical magnetic fields (i.e. magnetars; see
Fig. 6) [58]. It has been analysed in details in Ref. [30] and incorporated in a
Monte Carlo code tracing the propagation of electromagnetic cascades in the
magnetospheres of high-B pulsars. The effect was found to explain satisfactorily
the unusual cut-off observed in the γ−ray spectrum of B1509-58 (see Sect.3).
Generally, it becomes competitive to the magnetic pair creation for dipolar mag-
netospheres with Bs >∼ 0.3Bcrit [30]. The degradation of photon energy in the
course of splitting inhibits also any development of electromagnetic cascades.
In consequence, high-B RPP should not emit coherent radio emission. Indeed,
there exists a high-B region in the P − Ṗ diagram (Figs. 1,6) void of radiopul-
sars. Even though two recently discovered (during The Parkes Multibeam Pulsar
survey) high-B radiopulsars [59] are located above the limiting line derived in
Ref. [60], the general argument for magnetars expected to be radio-quiet RPP
remains valid [61].

7 RPP as Sources of UHECR
Generated Beyond the Light Cylinder

The hypothesis that cosmic ray events above ∼ 5× 1019eV, i.e. above the GZK
cutoff, are due to charged particles accelerated by strongly magnetised neutron
stars is being kept under consideration [62,63,64] apparently for two reasons.
First, within bottom-up scenarios which rely on conventional physics a list of
classes of objects satisfying a necessary condition to generate such cosmic rays is
rather short according to the appealing Hillas diagram [65], see the contribution
by G. Pelletier in this volume. Second, no compelling breakthrough has been
achieved in promoting other candidates in this context, like central engines of
AGN (which suffer from substantial energy losses of the particles due to pion
production in the intense radiation fields) or jets extending from Faranoff-Riley
II radio galaxies. For a more detailed discussion of these acceleration scenarios
see the contributions by G. Pelletier and P. Biermann and G. Sigl in this volume.
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In the case of neutron stars the most promising and natural reservoir of
required energy is their rotational energy, a point reiterated on numerous occa-
sions, e.g. Ref. [66], and assumed in most models. There are three fundamental
features discriminating the models:
1) the site of acceleration with respect to the neutron star,
2) the mechanism allowing to tap the rotational energy by charged particles,
3) the nature and origin of the charged particles subject to acceleration.

Simple but sound arguments supported by observed HE-radiation properties
of RPP make the first point rather clear: the process of particle acceleration
into the UHE domain should take place beyond the light cylinder. The potential
advantage of this choice over acceleration process within the light cylinder is
twofold. First, the full potential drop across open field lines ΔΦpc (14) is avail-
able, at least in principle, for particles outside the light cylinder, whereas the
capability of an accelerator inside the magnetosphere is severely constrained by
copious formation of electron-positron pairs which short out the electric field E‖
easily, i.e. ΔΦ‖ < ΔΦpc, see Eq. (20). Second, unlike inside the magnetosphere,
the acceleration of charged particles is not limited by any radiation losses – a
point especially important in the context of UHECR. Therefore, a particle of
charge Ze reaches the maximal possible energy

Emax � Ze ΔΦpc = 6× 1019 Z B13 P−2
ms eV, (37)

(where B13 ≡ Bs/1013G) which is substantially higher than the energy Ep which
can be attained in the accelerating field of either the polar gap or outer gap:
Ep  Ze ΔΦ‖ < Emax.

The idea of UHECR events due to an accelerator or a converter of the rota-
tional energy into kinetic energy of particles, located beyond the light cylinder
has been pursued recently in a couple of diametrically different models. His-
torically the first model considered the fate of charged particles injected into
the plerionic nebula powered by a shocked relativistic wind from a central pul-
sar [67,68]. This model was motivated by the theoretical analysis of magnetohy-
drodynamics within the Crab Nebula [69,70,71]. The acceleration was proposed
to occur in the electric field of the shocked wind. A simple structure of the
electric field was derived as induced by the relativistic radial wind crossing a
toroidal magnetic field (which originates inside the light cylinder) with assumed
radial and angular dependence after Ref. [69] and Ref. [71]. Charged particles
entering the nebula are subject to the E × B drift as well as to the ∇B drift
(due to strong inhomogeneity in B) along various paths, and may gain energy
at the expense of E before exiting. Since the electric field is potential here, the
net change in the particle energy does not depend on the path but solely on the
points of entry and exit. In particular, the maximal gain ΔE of energy is due to
the potential difference between the pole (fixed by the rotation axis of the pulsar)
and the equator (cf. Eq. (3) in Ref. [68]), and actually it equals Emax given by
Eq. (37). In order for the particle to penetrate the nebula from outside it should
be already highly relativistic, with Einit ∼ 1015eV, presumably pre-accelerated
by diffusive acceleration at the outer shock where the supernova remnant meets
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the interstellar medium. Otherwise the Larmor radius of the particle is too small
for the ∇B inward drift at the pole (the case relevant for one combination of
signs of B and Ze) to counter the E ×B outward drift. Though very attractive,
the model is unable to make any strong predictions about spectral properties
of its UHECR without reliable assumptions about the spatial distribution and
directional properties of the pre-accelerated particles.

All other models make use of charged particles, either protons or iron nuclei,
going from inside of the light cylinder i.e. supplied by a neutron star itself.
A recently proposed phenomenological model of UHECR within the Galaxy
incorporates iron Fe26 nuclei (Z = 26Z26) accelerated in a relativistic MHD
wind flowing out of very young, rapidly rotating highly magnetised neutron
stars [72]. Let the number of nuclei crossing the light cylinder per unit time is
equal to the Goldreich–Julian rate at the polar cap

Ṅ(Fe26) � ṄGJ � Apc
�GJ

Ze
c, (38)

where Apc � πR3
sR

−1
lc and �GJ is defined in (18). Suppose now that the electron-

positron pairs formed within the magnetosphere do not dominate the flow in
terms of the rest mass. This is a reasonable assumption because otherwise the
number of created e± pairs per nucleus would have to exceed mFe/2me � 5×104

which is unlikely in very strong magnetic fields Bs > 1013G due to photon-
splitting effects [30]. A key postulate of the model is that somewhere beyond
the light cylinder (i.e. in the MHD-wind zone) a sizeable fraction (<∼ 1) of the
spindown flux is transferred into the kinetic energy flux of the ions, producing
thus ultra-high energy ions of the UHECR. At the light cylinder, the spindown
flux (i.e. the rotational energy loss rate per unit area) is dominated by the
Poynting energy flux (due to the toroidal magnetic field component induced by
the outflowing particles). In terms of the so called magnetization parameter σm
which is defined as the ratio of the Poynting energy flux to the particle kinetic
energy flux [71] this means that for some reason σm does not remain constant in
the wind: σm > 1 at the light cylinder converts further out to σm  1, i.e. the
wind must depart from an ideal MHD flow case.

This picture is motivated again by the wind models for the Crab Nebula
(e.g. Ref. [69,73,70]; see also Ref. [74] for calorimetric properties of the Crab
Nebula, and Ref. [75] for an account of the problem of the coupling of RPP
to plerionic nebulae) which give σm � 0.003 at r � 0.1pc. No consensus about
likely mechanisms responsible for the dissipation of the Poynting flux has been
reached so far, though several models have been proposed (e.g. Ref. [71,76]). For
a single iron nucleus the postulated conversion means acceleration up to

EUHECR � Lsd

Ṅ
(
Fe26) � Ze ΔΦpc � 1021Z26 B13 P−2

ms eV, (39)

where Eqs. (38), (6), (18), (12), and (14) were used, with Rlc and Rpc as given
at the end of section 2. Similarly, therefore, as in the previous model, the energy
gain is in fact directly related to the full potential drop ΔΦpc across the open
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Fig. 7. The high–Bs part of the P − Ṗ diagram (see Fig. 2). Dashed line indicates
the full potential drop ΔΦpc across open field lines, Eq. (14), equal to 1

26 × 1020V.
The allowed region in the model of Ref. [72] to accelerate a fully ionized atom of iron
(Z = 26) to the energy of 1020eV and let it traverse the pre-supernova envelope without
spallation effects lies to the left of two solid lines which are drawn for two values of
the mass of the envelope: 5M� and 50M�. A group of magnetars, clustered around
P ∼ 10s is also indicated after Ref. [58] although their X-ray activity is not driven by
rotational energy losses (i.e. they do not belong to the class of RPP) but rather involves
accretion or the decay of strong magnetic field. Open squares and crosses denote SGR
and AXP, respectively.
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field lines. For fully ionized iron (Z26 = 1) to reach EUHECR = 1020eV the pulsar
would have to be fastly spinning and highly magnetised (for example P = 0.001s
and Bs = 1012G). According to Ref. [72], the region in the P−Bs space occupied
by pulsars satisfying the requirement EUHECR = 1020eV is actually even more
constrained than (39) suggests. The magnetic field of the pulsar should not be
too strong to make sure that the characteristic time scale of spin-down τ is
not too short allowing thus the expanding pre-supernova envelope of mass Menv
to disperse and become transparent so the iron nuclei would escape it without
significant spallation. For Menv equal 5M	 and 50M	, the magnetic field Bs
should not exceed ∼ 6× 1013G and ∼ 6× 1014G, respectively (see Fig. 7).
A factor not discussed in Ref. [72] but likely to further constrain the allowed
region shown in Fig. 7 to the values of Bs not exceeding ∼ 1013G is the supply
of iron nuclei by the neutron star surface: the binding energy Δεc of iron increases
with increasing Bs and for Bs > 1013G it may exceed 5 keV [77]. Stripping the
iron nuclei from the surface at the needed rate (Ṅ(Fe26) � ṄGJ) would then
require a very hot surface (so called “thermionic emission”), with temperature
Ts > 30 · Δεc/k � 3 × 106K (according to e.g. Ref. [78,77]; k is Boltzmann’s
constant) during the first ∼ 108 seconds after the neutron star formation. It
is not obvious whether such a requirement is satisfied for Bs > 1013G, since
numerical calculations of the thermal history of magnetised neutron stars are
confined to the canonical case of Bs = 1012G [79].
Let ζ denote a fraction of iron nuclei in the MHD-wind which are subject to
acceleration up to EUHECR of (39), and let εpsr denote a fraction of all pulsars
in our Galaxy (produced at a rate ∼ 0.01 per year) which meet all discussed
requirements for producing UHECR. For the flux of UHECR at 1020eV observed
by AGASA (at the level of 4×10−30GeV−1cm−2s−1) to be explained with newly
born pulsars within our Galaxy it suffices that the following condition is satisfied:
εpsrζ >∼ 4 × 10−6 (assuming no confinement of the UHECR particles, otherwise
the condition is even less stringent). The calculated particle spectrum above
5 × 1019eV is flat, NFe ∝ E−γ with γ = 1, and therefore should be visible as a
distinct component in the CR spectrum, which is much steeper below 5×1019eV
with the power-law index γ � 3. However, the number of events above 5×1019eV
detected so far is insufficient for describing them in terms of spectral features [80].

For a pulsar capable of producing UHECR as in Ref. [72], a natural contin-
uation – as it slows down its rotation and becomes a Crab-like object – would
be to generate CR particles of lower energy. The hadronic model proposed in
Ref. [81] seems to be relevant in this context, since it describes the fate of iron
nuclei extracted from the pulsar surface and then subject to acceleration. How-
ever, a different acceleration site is considered here: the nuclei are assumed to
accelerate within the light cylinder, in outer gaps of Ref. [1] (i.e. the type of
accelerator not addressed in this review). Once the nuclei achieve high energy
(γFe > 105) they disintegrate in the field of soft photons present in the outer
gap. Relativistic neutrons extracted in this way decay into protons either inside
or outside the surrounding nebula. In the first case, these relativistic protons
interact with nebular material via pp processes giving rise to VHE photons and
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neutrinos. In the second case, cosmic ray protons peaking at ∼ 1015 − 1016 eV
(close to the knee in the CR spectrum) are produced.

A distinct model of UHECR particles above the GZK cutoff has been recently
proposed [82]. It postulates that UHECR are protons accelerated in strong elec-
tric fields induced by magnetic field reconnections occuring above the magne-
tospheres of newly born pulsars formed via accretion-induced collapse of white
dwarfs (AIC). The reconnections sites – magnetic null surfaces with sharp re-
versal of the field across them – are expected to form due to interaction between
three magnetic field ingredients: the dipolar magnetic field of the star, magnetic
field lines contained in the flow from the inner rim of the accretion disk, and open
lines in the coronal wind zone. One surface, called “helmet streamer”, is located
well off the accretion disk plane. It is accompanied by another null surface, called
“reconnection ring”, located nearby the inner rim of the disk. Particles (in this
particular situation – protons, Z = 1) may then reach energies of magnitude

EUHECR � Ze Bx ΔRx � eBs

(
Rs

Rx

)3(
Rx

ΔRx

)1/2

ΔRx

� Ze BsR
3
s

Ω4/3

(GMs)
2/3

(
ΔRx

Rx

)1/2

, (40)

where Bx is the magnetic field normal to the particle trajectory at the recon-
nection site of length ΔRx, G is the gravitational constant, and Rx is the radial
distance of the site from the star, assumed to be equal to the inner disk radius
where the Keplerian disk corotates with the star. Eq. (40) gives, therefore,

EUHECR � 3 · 1020Ze B13 P−4/3
ms

(
ΔRx/Rx

0.1

)1/2

eV (41)

for Ms = 1.4M	, and Rs = 106cm, while the actual value of ΔRx/Rx is not
known. Promising candidates among newly born pulsars would occupy roughly
the same region of the P − Ṗ space as indicated in Fig. 7 for the model of
Ref. [72]. Energy losses of the protons due to curvature radiation, as well as due
to photopion and e± production in the radiation field of the accretion disk, are
estimated to be unimportant within the helmet streamer. For the reconnection
ring, however, the ambient radiation field is too thick optically for any ultrarela-
tivistic protons to escape from this accelerator. Since the estimated rate of AIC
events per galaxy is too low to rely just on our Galaxy, the contribution from all
galaxies within the distance of about 50 Mpc (to avoid the GZK effect) should
be considered. In order to reach the observed rate of UHECR events it is then
necessary that the efficiency of converting magnetic energy into ultrarelativistic
particle energy is >∼ 0.1.

8 Concluding Remarks

High energy astrophysics of neutron stars received an impressive boost from two
major satellite missions of the past – ROSAT and CGRO, backed by still on-
going experiments – ASCA, BeppoSAX and RXTE. Theoretical astrophysics of
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Fig. 8. Cumulative spectral flux of photons expected for the millisecond pulsar J0437-
4715 at a distance of 140 pc according to Ref. [83]. The shaded region shows the range
of flux levels due to uncertainity in the maximal energy of primary electrons. The main
part of the spectrum is due to curvature radiation of the electrons. The additional
feature reaching the VHE domain is due to inverse Compton scattering of soft photons
from the surface with the temperature 4 × 105K. Sensitivities of EGRET as well as
three major HE and VHE future experiments are also indicated. MAGIC–LZA denotes
sensitivity of MAGIC in its Large Zenith Angle mode.

RPP was confronted with– and surprised by an unprecedented variety of spec-
tral and temporal properties among the detected sources. Another unexpected
challenge came from radio-astronomy, due to the superb performance of The
Parkes Multibeam Pulsar Survey, with recent discoveries of radiopulsars, with
extremely high magnetic fields in two cases and an extremely long spin period
in another case. Numerous modifications (both, minor and major) to the ex-
isting models of magnetospheric activity were invented to accomodate at least
some of these properties. Several predictions have been presented which would
hopefully discriminate between those models. It will be impossible, however, to
verify those predictions without achieving higher sensitivities and exploring new
energy domains.
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A break-through in understanding rotation powered pulsars and their ple-
rionic environments should then come from HE/VHE astronomy of the near
future, with its planned satellite and ground-based experiments. Expected sen-
sitivities and energy ranges for some of them are presented in Fig. 8 along with
a predicted flux from a nearby millisecond pulsar, overlaid for the sake of com-
parison. The satellite experiment GLAST [84] will be superior to its predecessor
– EGRET on board CGRO – in two aspects. First, its sensitivity at 10 GeV
will be three orders of magnitude better than that of EGRET. Second, it will
reach the energy of 300 GeV, closing thus for the first time a wide gap in energy
between ground-based and satelite experiments. The MAGIC Telescope [85] –
a 17 m diameter Imaging Air Čerenkov Telescope (IACT) – is expected to op-
erate with sensitivity about three orders of magnitude higher at 10 GeV than
EGRET. Its advanced technology will make it possible to cover the energy range
between 10 GeV and 1 TeV, and to reach ∼ 50 TeV in the Large Zenith Angle
mode. Energy ranges of GLAST and MAGIC will overlap over more than one
decade in energy. Another proposed IACT, VERITAS [86], will be an array of
seven 10 m telescopes, covering the energy range from 50 GeV to 50 TeV with
planned sensitivity at 1 TeV about ten times better than MAGIC.

The anticipated progress in exploring the HE/VHE domain will likely decide
as well whether the class of rotation powered pulsars and their plerions should
be considered as interesting to the UHECR astrophysics.
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Kızıloğlu, J. van Paradijs (Dordrecht, Kluwer 1995) pp.101-120
18. A. Possenti, S. Mereghetti, M. Colpi: Astron. Astrophys. 313, 565 (1996)
19. J. P. Halpern, F. Y.-H. Wang: Astrophys. J. 477, 905 (1997)
20. P. Slane: Astrophys. J. 437, 458 (1994)
21. P. Slane, N. Lloyd: Astrophys. J. 452, L115 (1995)
22. Y. Saito, et al.: Astrophys. J. 477 L37 (1997); Y. Saito, N. Kawai, T. Kamae, S.

Shibata: Proc. Neutron Stars and Pulsars: Thirty Years after the Discovery, eds.
N. Shibazaki, et al. (Universal Academy Press: Tokyo 1998), pp.295-298

23. D. J. Thompson, et al.: Astrophys. J. 516, 297, (1999)
24. J. M. Fierro, et al.: Astrophys. J. 447, 807 (1995)
25. B. Rudak, J. Dyks: Month. Not. R. Astron. Soc. 295, 337 (1998)
26. V. Schönfelder, et al.: Astron. Astrophys. Supp. 143, 145 (2000)
27. P. C. Schroeder, et al.: Astrophys. J. 450, 784 (1995)
28. W. N. Johnson et al.: Astrophys. J. Supp. 86, 693 (1993)

V. Schönfelder, et al.: Astrophys. J. Supp. 86, 657 (1993)
D. J. Thompson, et al.: Astrophys. J. Supp. 86, 629 (1993)

29. L. Kuiper, et al.: Astron. Astrophys. 351, 119 (1999)
30. A. K. Harding, M. G. Baring, P. L. Gonthier: Astrophys. J. 476, 246 (1997)

M. G. Baring, A. K. Harding: Astrophys. J. 547, 929 (2001)
31. V. M. Kaspi et al.: Astrophys. J. 528, 445 (2000)
32. J. K. Daugherty, A. K. Harding: Astrophys. J. 429, 325 (1994)

S. J. Sturner, C. D. Dermer: Astrophys. J. 420, L79 (1994)
A. K. Harding, A. G. Muslimov: Astrophys. J. 500, 862 (1998)

33. M. Takahashi, et al.: Proc. IAU Coll. 177, Pulsar Astronomy – 2000 and beyond
eds. M. Kramer, N. Wex, R. Wielebinski, ASP Conference Series 202, pp.353-354
(2000)

34. P. A. Sturrock: Astrophys. J. 164, 529 (1971)
35. E. T. Scharlemann, J. Arons, W. M. Fawley: Astrophys. J. 222, 297 (1978)

J. Arons, E. T. Scharlemann: Astrophys. J. 231, 854 (1979)



120 Bronis�law Rudak

36. J. Arons: Proc. IAU Coll. 177, Pulsar Astronomy – 2000 and beyond eds.
M. Kramer, N. Wex, R. Wielebinski, ASP Conference Series 202, pp.449-454
(2000)

37. A. G. Muslimov, A. I. Tsygan: Month. Not. R. Astron. Soc. 255, 61 (1992)
38. A. K. Harding, A. G. Muslimov: Astrophys. J. 508, 328 (1998)
39. J. Dyks, B. Rudak: Astron. Astrophys. 362, 1004 (2000)
40. S. J. Sturner, C. D. Dermer, F. C. Michel: Astrophys. J. 445, 736 (1995)

C. D. Dermer, S. J. Sturner: Astrophys. J. 420, L75 (1994)
41. X. Y. Xia, G. J. Qiao, X. J. Wu, Y. Q. Hou: Astron. Astrophys. 152, 93 (1985)

H. K. Chang: Astron. Astrophys. 301, 456 (1995)
42. S. J. Sturner: Astrophys. J. 446, 292 (1995)
43. J. K. Daugherty, A. K. Harding: Astrophys. J. 252, 337 (1982)
44. B. Zhang, A. K. Harding: Astrophys. J. 532, 1150 (2000)
45. B. Zhang, G. J. Qiao: Astron. Astrophys. 338, 62 (1998)
46. J. Dyks, B. Rudak, T. Bulik: Proc. 4th INTEGRAL Workshop, astro-ph/0010301
47. T. Erber: Rev. Mod. Phys. 38, 626 (1966)
48. J. K. Daugherty, A. K. Harding: Astrophys. J. 273, 761 (1983)
49. M. S. Strickman, A. K. Harding, O. C. de Jager: Astrophys. J. 524, 373 (1999)
50. M. S. Strickman, et al.: Astrophys. J. 460, 735 (1996)
51. D. J. Thompson, A. K. Harding, W. Hermsen, M. P. Ulmer: Proc. Fourth Comp-

ton Symposium, eds. C. D. Dermer, M. S. Strickman, J. D. Kurfess, AIP (New
York, 1997) p.410

52. H. Herold: Phys. Rev. D 19, 2868 (1979)
53. C. D. Dermer: Astrophys. J. 360, 197 (1990)
54. J. K. Daugherty, A. K. Harding: Astrophys. J. 309, 362 (1986)
55. G. G. Pavlov, Y. A. Shibanov, J. Ventura, V. E. Zavlin: Astron. Astrophys. 289,

837 (1994)
56. J. K. Daugherty, A. K. Harding: Astrophys. J. 336, 861 (1989)
57. S. L. Adler: Ann. Phys. 67, 599 (1971)
58. S. Mereghetti: Proc. NATO ASI The Neutron Star – Black Hole Connection

(1999)
59. F. Camilo, et al.: Astrophys. J. 541, 367 (2000)
60. M. G. Baring, A. K. Harding: Astrophys. J. 507, L55 (1998)
61. B. Zhang, A. K. Harding: Astrophys. J. 535, L51 (2000)
62. R. D. Blandford: Phys. Scripta T85, 191 (2000)
63. A. V. Olinto: Phys. Rep. 333-334, 329 (2000).
64. P. Bhattacharjee, G. Sigl: Phys. Rep. 327, 109 (2000)
65. A. M. Hillas: Ann. Rev. Astron. Astrophys. 22, 425 (1984)
66. A. Venkatesan, M. C. Miller, A. V. Olinto: Astrophys. J. 484, 323 (1997)
67. A. R. Bell: Month. Not. R. Astron. Soc. 257, 493 (1992)

A. R. Bell, S. G. Lucek: Month. Not. R. Astron. Soc. 283, 1083 (1996)
68. S. G. Lucek, A. R. Bell: Month. Not. R. Astron. Soc. 268, 581 (1994)
69. M. J. Rees, J. E. Gunn: Month. Not. R. Astron. Soc. 167, 1 (1974)
70. C. F. Kennel, F. V. Coroniti: Astrophys. J. 283, 694 (1984)

C. F. Kennel, F. V. Coroniti: Astrophys. J. 283, 710 (1984)
71. F. V. Coroniti: Astrophys. J. 349, 538 (1990)
72. P. Blasi, R. I. Epstein, A. V. Olinto: Astrophys. J. 533, L123 (2000)
73. R. T. Emmering, R. A. Chevalier: Astrophys. J. 321, 334 (1987)
74. S. Shibata, N. Kawai, K. Tamura: Proc. Neutron Stars and Pulsars: Thirty Years

after the Discovery, eds. N. Shibazaki, et al. (Universal Academy Press: Tokyo
1998), pp.457-464



Rotation Powered Pulsars 121

75. J. Arons: Mem. Soc. Ast. Ital. 69, 989 (1998)
76. M. C. Begelman, Z.-Y. Li: Astrophys. J. 426, 269 (1994)
77. A. M. Abrahams, S. L. Shapiro: Astrophys. J. 374, 652 (1991)

V. V. Usov, D. B. Melrose: Aus. J. Phys. 48, 571 (1995)
78. A. F. Cheng, M. Ruderman: Astrophys. J. 235, 576 (1980)
79. J. M. Lattimer, K. A. Van Riper, M. Prakash, M. Prakash: Astrophys. J. 425,

802 (1994)
S. Tsuruta: Phys. Rep. 292, 1 (1998)

80. J. W. Cronin: Rev. Mod. Phys. 71, S165 (1999)
81. W. Bednarek, R. J. Protheroe: Phys. Rev. Lett. 79, 2616 (1997)
82. E. M. de Gouveia Dal Pino, A. Lazarian: Astrophys. J. 535, L31 (2000)
83. T. Bulik, B. Rudak, J. Dyks: Month. Not. R. Astron. Soc. 317, 97 (2000)
84. T. Kamae, T. Ohsugi, D. J. Thompson, K. Watanabe: Adv. Sp. Res. 25, 905

(2000)
85. O. Blanch, et al.: The MAGIC telescope, Letter of Intent (1998)
86. T. C. Weekes, et al.: The Very Energetic Radiation Imaging Telescope Array

System (VERITAS), preprint (2000)



High-Energy Particles from γ-Ray Bursts�

Eli Waxman

Weizmann Institute of Science, Rehovot 76100, Israel

1 Introduction and Summary

The widely accepted interpretation of the phenomenology of γ-ray bursts
(GRBs), bursts of 0.1 MeV–1 MeV photons lasting for a few seconds (see [1] for a
review), is that the observable effects are due to the dissipation of the kinetic en-
ergy of a relativistically expanding wind, a “fireball,” whose primal cause is not
yet known (see [2,3] for reviews). The recent detection of “afterglows,” delayed
low energy (X-ray to radio) emission of GRBs (see [4] for review), confirmed the
cosmological origin of the bursts, through the redshift determination of several
GRB host-galaxies, and confirmed standard model predictions of afterglows that
result from the collision of an expanding fireball with its surrounding medium
(see [5] for review). In this review, the production in GRB fireballs of γ-rays,
high-energy cosmic-rays and neutrinos is discussed in the light of recent GRB
and ultra-high-energy cosmic-ray observations.

The fireball model is described in detail in Sect.2. We do not discuss in this
section the issue of GRB progenitors, i.e. the underlying sources producing the
relativistic fireballs. At present, the two leading progenitor scenarios are collapses
of massive stars [6,7], and mergers of compact objects [8,9]. As explained in
Sect.2, the evolution of the fireball and the emission of γ-rays and afterglow
radiation (on time scale of a day and longer) are largely independent of the
nature of the progenitor. Thus, although present observations provide stringent
constraints on the fireball model, the underlying progenitors remain unknown
(e.g. [10]; see [4,5] for discussion). In Sect.3, constraints imposed on the fireball
model by recent afterglow observations are discussed, which are of importance
for high energy particle production.

The association of GRBs and ultra-high energy cosmic-rays (UHECRs) is
discussed in Sect.4. Recent afterglow observations strengthen the evidence for
GRB and UHECR association, which is based on two key points (see [11] for
recent review). First, the constraints imposed on fireball model parameters by
recent observations imply that acceleration of protons is possible to energy higher
than previously assumed, ∼ 1021 eV. Second, the inferred local (z = 0) GRB
energy generation rate of γ-rays, ∼ 1044erg/Mpc3yr, is remarkably similar to
the local generation rate of UHECRs implied by cosmic-ray observations.
� Based on lectures given at the ICTP Summer School on Astroparticle Physics and

Cosmology (ICTP, Trieste Italy, June 2000), and at the VI Gleb Wataghin School on
High Energy Phenomenology (UNICAMP, Campinas Brazil, July 2000).
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The GRB model for UHECR production makes unique predictions, that may
be tested with operating and planned large area UHECR detectors [12,13,14,15].
These predictions are described in Sect.5. In particular, a critical energy is pre-
dicted to exist, 1020eV ≤ εc < 4 × 1020eV, above which a few sources produce
most of the UHECR flux, and the observed spectra of these sources is predicted
to be narrow, Δε/ε ∼ 1: the bright sources at high energy should be absent in
UHECRs of much lower energy, since particles take longer to arrive the lower
their energy. If the sources predicted by this model are detected by planned
large area UHECR detectors, this would not only confirm the GRB model for
UHECR production, but will also provide constraints on the unknown structure
and strength of the inter-galactic magnetic field.

We note, that the AGASA experiment has recently reported the presence of
one triplet and 3 doublets of UHECR events above 4 × 1019eV, with angular
separations (within each group) ≤ 2.5◦, roughly consistent with the measure-
ment error [16]. The probability that these multiplets are chance coincidences
(as opposed to being produced by point sources) is ∼ 1%. Therefore, this ob-
servation favors the bursting source model, although more data are needed to
confirm it. Testing the predictions of the fireball model for UHECR production
would require an exposure 10 times larger than that of present experiments.
Such increase is expected to be provided by the HiRes [12] and Auger [13,14]
detectors, and by the proposed Telescope Array detector [15].

Predictions for the emission of high energy neutrinos from GRB fireballs are
discussed in Sect.6. Implications for planned high energy neutrino telescopes (the
IceCube extension of AMANDA, ANTARES NESTOR; see [17] for review) are
discussed in detail in Sect.6.4. It is shown that the predicted flux of ≥ 1014 eV
neutrinos may be detectable by Čerenkov neutrino telescopes while the flux
above 1019 eV may be detectable by large air-shower detectors [18,19,20]. De-
tection of the predicted neutrino signal will confirm the GRB fireball model for
UHECR production and may allow to discriminate between different fireball
progenitor scenarios. Moreover, a detection of even a handful of neutrino events
correlated with GRBs will allow to test for neutrino properties, e.g. flavor oscil-
lation and coupling to gravity, with accuracy many orders of magnitude better
than currently possible.

2 The Fireball Model

2.1 Relativistic Expansion

General phenomenological considerations, based on γ-ray observations, indicate
that, regardless of the nature of the underlying sources, GRBs are produced
by the dissipation of the kinetic energy of a relativistic expanding fireball. The
rapid rise time and short duration, ∼ 1 ms, observed in some bursts [21,22]
imply that the sources are compact, with a linear scale comparable to a light-
ms, r0 ∼ 107 cm. The high γ-ray luminosity implied by cosmological distances,
Lγ ∼ 1052erg s−1, then results in a very high optical depth to pair creation. The
energy of observed γ-ray photons is above the threshold for pair production.
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The number density of photons at the source nγ is approximately given by
Lγ = 4πr2

0cnγε, where ε � 1MeV is the characteristic photon energy. Using
r0 ∼ 107cm, the optical depth for pair production at the source is

τγγ ∼ r0nγσT ∼ σT Lγ

4πr0cε
∼ 1015, (1)

where σT is the Thomson cross section.
The high optical depth implies that a thermal plasma of photons, electrons

and positrons is created, a “fireball,” which then expands and accelerates to
relativistic velocities [9,8]. The optical depth is reduced by relativistic expansion
of the source: If the source expands with a Lorentz factor Γ , the energy of
photons in the source frame is smaller by a factor Γ compared to that in the
observer frame, and most photons may therefore be below the pair production
threshold.

A lower limit for Γ may be obtained in the following way [23,24]. The GRB
photon spectrum is well fitted in the Burst and Transient Source Experiment
(BATSE) detectors range, 20 keV to 2 MeV [1], by a combination of two power-
laws, dnγ/dεγ ∝ ε−β

γ with different values of β at low and high energy [25].
Here, dnγ/dεγ is the number of photons per unit photon energy. The break
energy (where β changes) in the observer frame is typically εγb ∼ 1MeV, with
β � 1 at energies below the break and β � 2 above the break. In several cases,
the spectrum was observed to extend to energies > 100 MeV [26,1]. Consider
then a high energy test photon, with observed energy εt, trying to escape the
relativistically expanding source. Assuming that in the source rest frame the
photon distribution is isotropic, and that the spectrum of high energy photons
follows dnγ/dεγ ∝ ε−2

γ , the mean free path for pair production (in the source
rest frame) for a photon of energy ε′

t = εt/γ (in the source rest frame) is

l−1
γγ (ε′

t) =
1
2

3
16

σT

∫
d cos θ(1− cos θ)

∫ ∞

εth(ε′t,θ)
dε

Uγ

2ε2
=

1
16

σT
Uγε′

t

(mec2)2
. (2)

Here, εth(ε′
t, θ) is the minimum energy of photons that may produce pairs inter-

acting with the test photon, given by εthε′
t(1− cos θ) ≥ 2(mec

2)2 (θ is the angle
between the photons’ momentum vectors). Uγ is the photon energy density (in
the range corresponding to the observed BATSE range) in the source rest-frame,
given by Lγ = 4πr2γ2cUγ . Note , that we have used a constant cross section,
3σT /16, above the threshold εth. The cross section drops as log(ε)/ε for ε � εth;
however, since the number density of photons drops rapidly with energy, this
does not introduce a large correction to lγγ .

The source size constraint implied by the variability time is modified for a
relativistically expanding source. Since in the observer frame almost all photons
propagate at a direction making an angle < 1/Γ with respect to the expansion
direction, radiation seen by a distant observer originates from a conical section
of the source around the source-observer line of sight, with opening angle ∼ 1/Γ .
Photons which are emitted from the edge of the cone are delayed, compared to
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those emitted on the line of sight, by r/2Γ 2c. Thus, the constraint on source size
implied by variability on time scale Δt is

r ∼ 2Γ 2cΔt. (3)

The time r/c required for significant source expansion corresponds to comoving
time (measured in the source frame) tco. � r/Γc. The two-photon collision rate at
the source frame is t−1

γγ = c/lγγ . Thus, the source optical depth to pair production
is τγγ = tco./tγγ � r/Γ lγγ . Using Eqs. (2) and (3) we have

τγγ =
1

128π

σT Lγεt

c2(mec2)2Γ 6Δt
. (4)

Requiring τγγ < 1 at εt we obtain a lower limit for Γ ,

Γ ≥ 250
[
Lγ,52

( εt

100MeV

)
Δt−1

−2

]1/6
, (5)

where Lγ = 1052Lγ,52erg/s and Δt = 10−2Δt−2 s.

2.2 Fireball Evolution

As the fireball expands it cools, the photon temperature Tγ in the fireball frame
decreases, and most pairs annihilate. Once the pair density is sufficiently low,
photons may escape. However, if the observed radiation is due to photons escap-
ing the fireball as it becomes optically thin, two problems arise. First, the photon
spectrum is quasi-thermal, in contrast with observations. Second, the source size,
r0 ∼ 107 cm, and the total energy emitted in γ-rays, ∼ 1053 erg, suggest that
the underlying energy source is related to the gravitational collapse of ∼ 1M	
object. Thus, the plasma is expected to be “loaded” with baryons which may
be injected with the radiation or present in the atmosphere surrounding the
source. A small baryonic load, ≥ 10−8M	, increases the optical depth due to
Thomson scattering on electrons associated with the “loading” protons, so that
most of the radiation energy is converted to kinetic energy of the relativisti-
cally expanding baryons before the plasma becomes optically thin [27,28]. To
overcome both problems it was proposed [29] that the observed burst is pro-
duced once the kinetic energy of the ultra-relativistic ejecta is re-randomized by
some dissipation process at large radius, beyond the Thomson photosphere, and
then radiated as γ-rays. Collision of the relativistic baryons with the inter-stellar
medium [29], and internal collisions within the ejecta itself [30,31,32], were pro-
posed as possible dissipation processes. Most GRBs show variability on time
scales much shorter than (typically one hundredth of) the total GRB duration.
Such variability is hard to explain in models where the energy dissipation is
due to external shocks [33,34]. Thus, it is believed that internal collisions are
responsible for the emission of γ-rays.

Let us first consider the case where the energy release from the source is
“instantaneous,” i.e. on a time scale r0/c. We assume that most of the energy
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is released in the form of photons, i.e. that the fraction of energy carried by
baryon rest mass M satisfies η−1 ≡ Mc2/E  1. The initial thickness of the
fireball shell is r0. Since the plasma accelerates to relativistic velocity, all fluid
elements move with velocity close to c, and the shell thickness remains constant
at r0 (this breaks at very late time, as discussed below). We are interested in
the stage where the optical depth (due to pairs and/or electrons associated with
baryons) is high, but only a small fraction of the energy is carried by pairs.

The entropy of a fluid component with zero chemical potential is S = V (e +
p)/T , where e, p and V are the (rest frame) energy density, pressure and vol-
ume. For the photons p = e/3 ∝ T 4

γ . Since initially both the rest mass and
thermal energy of baryons is negligible, the entropy is provided by the photons.
Conservation of entropy implies

r2γ(r)r0T
3
γ (r) = Constant, (6)

and conservation of energy implies

r2γ(r)r0γ(r)T 4
γ (r) = Constant . (7)

Here γ(r) is the shell Lorentz factor. Combining Eqs. (6) and (7) we find

γ(r) ∝ r, Tγ(r) ∝ r−1, n ∝ r−3, (8)

where n is the rest frame (comoving) baryon number density.
As the shell accelerates the baryon kinetic energy, γMc2, increases. It be-

comes comparable to the total fireball energy when γ ∼ η, at radius rf = ηr0.
At this radius most of the energy of the fireball is carried by the baryon kinetic
energy, and the shell does not accelerate further. Equation (7) describing en-
ergy conservation is replaced with γ = Constant. Equation (6), however, still
holds. Equation (6) may be written as T 4

γ /nTγ = Constant (constant entropy
per baryon). This implies that the ratio of radiation energy density to thermal
energy density associated with the baryons is r independent. Thus, the thermal
energy associated with the baryons may be neglected at all times, and Eq. (6)
holds also for the stage where most of the fireball energy is carried by the baryon
kinetic energy. Thus, for r > rf we have

γ(r) = Γ � η, T ∝ r−2/3, n ∝ r−2. (9)

Let us consider now the case of extended emission from the source, on time
scale � r0/c. In this case, the source continuously emits energy at a rate L, and
the energy emission is accompanied by mass loss rate Ṁ = L/ηc2. For r < rf the
fluid energy density is relativistic, aT 4

γ /nmpc
2 = ηr0/r, and the speed of sound

is ∼ c. The time it takes the shell at radius r to expand significantly is r/c in
the observer frame, corresponding to tco. ∼ r/γc in the shell frame. During this
time sound waves can travel a distance cr/γc in the shell frame, corresponding
to r/γ2 = r/(r/r0)2 = (r0/r)r0 in the observer frame. This implies that at the
early stages of evolution, r ∼ r0, sound waves had enough time to smooth out
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spatial fluctuations in the fireball over a scale r0, but that regions separated
by Δr > r0 can not interact with each other. Thus, if the emission extends
over a time TGRB � r0/c, a fireball of thickness cTGRB � r0 would be formed,
which would expand as a collection of independent, roughly uniform, sub-shells
of thickness r0. Each sub-shell would reach a final Lorentz factor Γf , which may
vary between sub-shells. This implies that different sub-shells may have velocities
differing by Δv ∼ c/2η2, where η is some typical value representative of the entire
fireball. Different shells emitted at times differing by Δt, r0/c < Δt < TGRB,
may therefore collide with each other after a time tc ∼ cΔt/Δv, i.e. at a radius

ri � 2Γ 2cΔt = 6× 1013Γ 2
2.5Δt−2 cm, (10)

where Γ = 102.5Γ2.5. The minimum internal shock radius, r ∼ Γ 2r0, is also the
radius at which an individual sub-shell may experience significant change in its
width r0, due to Lorentz factor variation across the shell.

2.3 The Allowed Range of Lorentz Factors and Baryon Loading

The acceleration, γ ∝ r, of fireball plasma is driven by radiation pressure. Fire-
ball protons are accelerated through their coupling to the electrons, which are
coupled to fireball photons. We have assumed in the analysis presented above,
that photons and electrons are coupled throughout the acceleration phase. How-
ever, if the baryon loading is too low, radiation may decouple from fireball elec-
trons already at r < rf . The fireball Thomson optical depth is given by the
product of comoving expansion time, r/γ(r)c, and the photon Thomson scatter-
ing rate, necσT . The electron and proton comoving number densities are equal,
ne = np, and are determined by equating the r independent mass flux carried
by the wind, 4πr2cγ(r)npmp, to the mass loss rate from the underlying source,
which is related to the rate L at which energy is emitted through Ṁ = L/(ηc2).
Thus, during the acceleration phase, γ(r) = r/r0, the Thomson optical depth
τT ∝ r−3. τT drops below unity at a radius r < rf = ηr0 if η > η∗, where

η∗ =
(

σT L

4πr0mpc3

)1/4

= 1.0× 103L
1/4
52 r

−1/4
0,7 . (11)

Here r0 = 107r0,7 cm.
If η > η∗ radiation decouples from the fireball plasma at γ = r/r0 =

η
4/3
∗ η−1/3. If η � η∗, then most of the radiation energy is not converted to

kinetic energy prior to radiation decoupling, and most of the fireball energy
escapes in the form of thermal radiation. Thus, the baryon load of fireball
shells, and the corresponding final Lorentz factors, must be within the range
102 ≤ Γ � η ≤ η∗ � 103 in order to allow the production of the observed
non-thermal γ-ray spectrum.
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2.4 Fireball Interaction with Surrounding Medium

As the fireball expands, it drives a relativistic shock (blast-wave) into the sur-
rounding gas, e.g. into the inter-stellar medium (ISM) gas if the explosion occurs
within a galaxy. In what follows, we refer to the surrounding gas as “ISM gas,”
although the gas need not necessarily be inter-stellar. At early time, the fireball
is little affected by the interaction with the ISM. At late time, most of the fire-
ball energy is transferred to the ISM, and the flow approaches the self-similar
blast-wave solution of Blandford & McKee [35]. At this stage a single shock
propagates into the ISM, behind which the gas expands with Lorentz factor

ΓBM (r) =
(

17E

16πnmpc2

)1/2

r−3/2 = 150
(

E53

n0

)1/2

r
−3/2
17 , (12)

where E = 1053E53 erg is the fireball energy, n = 1n0 cm−3 is the ISM number
density, and r = 1017r17 cm is the shell radius. The characteristic time at which
radiation emitted by shocked plasma at radius r is observed by a distant observer
is t � r/4Γ 2

BMc [36].
The transition to self-similar expansion occurs on a time scale T (measured

in the observer frame) comparable to the longer of the two time scales set by the
initial conditions: the (observer) GRB duration TGRB and the (observer) time
TΓ at which the self-similar Lorentz factor equals the original ejecta Lorentz
factor Γ , ΓBM (t = TΓ ) = Γ . Since t = r/4Γ 2

BMc,

T = max

[
TGRB, 5

(
E53

n0

)1/3

Γ
−8/3
2.5 s

]
. (13)

During the transition, plasma shocked by the reverse shocks expands with Lorentz
factor close to that given by the self-similar solution,

Γtr. � ΓBM (t = T ) � 245
(

E53

n0

)1/8

T
−3/8
1 , (14)

where T = 10T1 s. The unshocked fireball ejecta propagate at the original expan-
sion Lorentz factor, Γ , and the Lorentz factor of plasma shocked by the reverse
shock in the rest frame of the unshocked ejecta is � Γ/Γtr.. If T � TGRB � TΓ

then Γ/Γtr. � 1, the reverse shock is relativistic, and the Lorentz factor associ-
ated with the random motion of protons in the reverse shock is γR

p � Γ/Γtr..
If, on the other hand, T � TΓ � TGRB then Γ/Γtr. ∼ 1, and the reverse

shock is not relativistic. Nevertheless, the following argument suggests that the
reverse shock speed is not far below c, and that the protons are therefore heated
to relativistic energy, γR

p − 1 � 1. The comoving time, measured in the fireball
ejecta frame prior to deceleration, is tco. � r/Γc. The expansion Lorentz factor is
expected to vary across the ejecta, ΔΓ/Γ ∼ 1, due to variability of the underlying
GRB source over the duration of its energy release. Such variation would lead
to expansion of the ejecta, in the comoving frame, at relativistic speed. Thus,
at the deceleration radius, tco. � ΓT , the ejecta width exceeds � ctco. � ΓcT .
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Since the reverse shock should cross the ejecta over a deceleration time scale,
� ΓT , the reverse shock speed must be close to c. We therefore conclude that the
Lorentz factor associated with the random motion of protons in the reverse shock
is approximately given by γR

p − 1 � Γ/Γtr. for both Γ/Γtr. ∼ 1 and Γ/Γtr. � 1.
Since TGRB ∼ 10 s is typically comparable to TΓ , the reverse shocks are

typically expected to be mildly relativistic.

2.5 Fireball Geometry

We have assumed in the discussion so far that the fireball is spherically sym-
metric. However, a jet-like fireball behaves as if it were a conical section of a
spherical fireball as long as the jet opening angle is larger than Γ−1. This is
due to the fact that the linear size of causally connected regions, ctco. ∼ r/Γ in
the fireball frame, corresponds to an angular size ctco./r ∼ Γ−1. Moreover, due
to the relativistic beaming of radiation, a distant observer can not distinguish
between a spherical fireball and a jet-like fireball, as long as the jet opening
angle θ > Γ−1. Thus, as long as we are discussing processes that occur when
the wind is ultra-relativistic, Γ ∼ 300 (prior to significant fireball deceleration
by the surrounding medium), our results apply for both a spherical and a jet-
like fireball. In the latter case, L (E) in our equations should be understood as
the luminosity (energy) the fireball would have carried had it been spherically
symmetric.

2.6 γ-Ray Emission

If the Lorentz factor variability within the wind is significant, internal shocks
would reconvert a substantial part of the kinetic energy to internal energy. The
internal energy may then be radiated as γ-rays by synchrotron and inverse-
Compton emission of shock-accelerated electrons. The internal shocks are ex-
pected to be “mildly” relativistic in the fireball rest frame, i.e. characterized by
Lorentz factor Γi − 1 ∼ a few. This is due to the fact that the allowed range of
shell Lorentz factors is ∼ 102 to ∼ 103 (see Sect.2.3), implying that the Lorentz
factors associated with the relative velocities are not very large. Since internal
shocks are mildly relativistic, we expect results related to particle acceleration in
sub-relativistic shocks (see [37] for review) to be valid for acceleration in internal
shocks. In particular, electrons are expected to be accelerated to a power law
energy distribution, dne/dγe ∝ γ−p

e for γe > γm, with p � 2 [38,39,40].
The minimum Lorentz factor γm is determined by the following considera-

tion. Protons are heated in internal shocks to random velocities (in the wind
frame) γR

p − 1 � Γi − 1 � 1. If electrons carry a fraction ξe of the shock inter-
nal energy, then γm � ξe(mp/me). The characteristic frequency of synchrotron
emission is determined by γm and by the strength of the magnetic field. As-
suming that a fraction ξB of the internal energy is carried by the magnetic field,
4πr2

i cΓ 2B2/8π = ξBLint., the characteristic observed energy of synchrotron pho-
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tons, εγb = Γ h̄γ2
meB/mec, is

εγb � 1ξ
1/2
B ξ3/2

e

L
1/2
γ,52

Γ 2
2.5Δt−2

MeV. (15)

In deriving Eq. (15) we have assumed that the wind luminosity carried by internal
plasma energy, Lint., is related to the observed γ-ray luminosity through Lint. =
Lγ/ξe. This assumption is justified since the electron synchrotron cooling time
is short compared to the wind expansion time (unless the equipartition fraction
ξB is many orders of magnitude smaller than unity), and hence electrons lose
all their energy radiatively. Fast electron cooling also results in a synchrotron
spectrum dnγ/dεγ ∝ ε

−1−p/2
γ = ε−2

γ at εγ > εγb, consistent with observed GRB
spectra [25].

At present, there is no theory that allows the determination of the values
of the equipartition fractions ξe and ξB . Equation (15) implies that fractions
not far below unity are required to account for the observed γ-ray emission. We
note, that build up of magnetic field to near equipartition by electro-magnetic
instabilities is expected to be a generic characteristic of collisionless shocks (see
discussion in ref. [37] and references therein), and is inferred to occur in other
systems, e.g. in supernova remnant shocks (e.g. [41,42]).

The γ-ray break energy εγb of most GRBs observed by BATSE detectors is
in the range of 100 keV to 300 keV [43]. It may appear from Eq. (15) that the
clustering of break energies in this narrow energy range requires fine tuning of
fireball model parameters, which should naturally produce a much wider range of
break energies. This is, however, not the case [44]. Consider the dependence of εγb

on Γ . The strong Γ dependence of the pair-production optical depth, Eq. (4),
implies that if the value of Γ is smaller than the minimum value allowed by
Eq. (5), for which τγγ(εγ = 100MeV) � 1, most of the high energy photons in the
power-law distribution produced by synchrotron emission, dnγ/dεγ ∝ ε−2

γ , would
be converted to pairs. This would lead to high optical depth due to Thomson
scattering on e±, and hence to strong suppression of the emitted flux [44]. For
fireball parameters such that τγγ(εγ = 100MeV) � 1, the break energy implied
by Eqs. (15) and (5) is

εγb � 1ξ
1/2
B ξ3/2

e

L
1/6
γ,52

Δt
2/3
−2

MeV. (16)

As explained in Sect.2.3, shell Lorentz factors can not exceed η∗ � 103, for
which break energies in the X-ray range, εγb ∼ 10 keV, may be obtained. We
note, however, that the radiative flux would be strongly suppressed in this case
too [44]. If the typical Γ of radiation emitting shells is close to η∗, then the
range of Lorentz factors of wind shells is narrow, which implies that only a small
fraction of wind kinetic energy would be converted to internal energy which can
be radiated from the fireball.

Thus, the clustering of break energies at ∼ 1 MeV is naturally accounted for,
provided that the variability time scale satisfies Δt ≤ 10−2 s, which implies an
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upper limit on the source size, since Δt ≥ r0/c. We note, that a large fraction of
bursts detected by BATSE show variability on the shortest resolved time scale,
∼ 10 ms [33]. In addition, a natural consequence of the model is the existence
of low luminosity bursts with low, 1 keV to 10 keV, break energies [44]. Such
“X-ray bursts” may have recently been identified [45].

For internal collisions, the observed γ-ray variability time, ∼ ri/Γ 2c � Δt,
reflects the variability time of the underlying source, and the GRB duration
reflects the duration over which energy is emitted from the source. Since the
wind Lorentz factor is expected to fluctuate on time scales ranging from the
shortest variability time r0/c to the wind duration TGRB, internal collisions will
take place over a range of radii, r ∼ Γ 2r0 to r ∼ Γ 2cTGRB.

2.7 Afterglow Emission

Let us consider the radiation emitted from the reverse shocks, during the tran-
sition to self-similar expansion. The characteristic electron Lorentz factor (in
the plasma rest frame) is γm � ξe(Γ/Γtr.)mp/me, where the internal energy
per proton in the shocked ejecta is � (Γ/Γtr.)mpc

2. The energy density U is
E � 4πr2cTΓ 2

tr.U , and the number of radiating electrons is Ne � E/Γmpc
2. Us-

ing Eq. (14) and r = 4Γ 2
tr.cT , the characteristic (or peak) energy of synchrotron

photons (in the observer frame) is [46]

εγm � h̄Γtr.γ
2
m

eB

mec
= 2ξ2

e,−1ξ
1/2
B,−1n

1/2
0 Γ 2

2.5 eV, (17)

and the specific luminosity, Lε = dL/dεγ , at εγm is

Lm � 1
2πh̄

Γtr.
e3B

mec2 Ne � 1061ξ
1/2
B,−1E

5/4
53 T

−3/4
1 Γ−1

2.5 n
1/4
0 s−1, (18)

where ξe = 0.1ξe,−1, and ξB = 0.1ξB,−1.
Here too, we expect a power law energy distribution, dNe/dγe ∝ γ−p

e for
γe > γm, with p � 2. Since the radiative cooling time of electrons in the reverse
shock is long compared to the ejecta expansion time, the specific luminosity
extends in this case to energy εγ > εγm as Lε = Lm(εγ/εγm)−1/2, up to photon
energy εγc. Here εγc is the characteristic synchrotron frequency of electrons for
which the synchrotron cooling time, 6πmec/σT γeB

2, is comparable to the ejecta
(rest frame) expansion time, ∼ Γtr.T . At energy εγ > εγc,

εγc � 0.1ξ
−3/2
B,−1n

−1
0 E

−1/2
53 T

−1/2
1 keV, (19)

the spectrum steepens to Lε ∝ ε−1
γ .

The shock driven into the ISM continuously heats new gas, and produces
relativistic electrons that may produce the delayed afterglow radiation observed
on time scales t � T , typically of order days to months. As the shock-wave
decelerates, the emission shifts to lower frequency with time. Since we are in-
terested in proton acceleration to high energy and in the production of high
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energy neutrinos, which take place primarily in the internal and reverse shocks
(see Sect.4, Sect.6), we do not discuss in detail the theory of late-time afterglow
emission.

3 Some Implications of Afterglow Observations

Afterglow observations lead to the confirmation, as mentioned in the Introduc-
tion, of the cosmological origin of GRBs [4], and confirmed [47,48] standard
model predictions [49,50,51,52] of afterglow that results from synchrotron emis-
sion of electrons accelerated to high energy in the highly relativistic shock driven
by the fireball into its surrounding gas. Since we are interested mainly in the
earlier, internal collision phase of fireball evolution, we do not discuss afterglow
observations in detail. We note, however, several implications of afterglow ob-
servations which are of importance for the discussion of UHECR production.

The following point should be clarified in the context of afterglow obser-
vations. The distribution of GRB durations is bimodal, with broad peaks at
TGRB = 0.2 s and TGRB = 20 s [1]. The majority of bursts belong to the long
duration, TGRB ∼ 20 s, class. The detection of afterglow emission was made pos-
sible thanks to the accurate GRB positions provided on hour time scale by the
BeppoSAX satellite [53]. Since the detectors on board this satellite trigger only
on long bursts, afterglow observations are not available for the sub-population
of short, TGRB ∼ 0.2 s, bursts. Thus, while the discussion of the fireball model
presented in Sect.2, based on γ-ray observations and on simple phenomenological
arguments, applies to both long and short duration bursts, the discussion below
of afterglow observations applies to long duration bursts only. It should therefore
be kept in mind that short duration bursts may constitute a different class of
GRBs, which, for example, may be produced by a different class of progenitors
and may have a different redshift distribution than the long duration bursts.

Prior to the detection of afterglows, it was commonly assumed that the far-
thest observed GRBs lie at redshift z ∼ 1. Following the detection of afterglows
and the determination of GRB redshifts, it is now clear that most GRB sources
lie within the redshift range z ∼ 0.5 to z ∼ 2, with some bursts observed at
z > 3. For the average GRB γ-ray fluence, 1.2× 10−5erg/cm2 in the 20 keV to
2 MeV band, this implies characteristic isotropic γ-ray energy and luminosity
Eγ ∼ 1053 erg and Lγ ∼ 1052 erg/s (in the 20 keV to 2 MeV band), about an
order of magnitude higher than the values assumed prior to afterglow detec-
tion (Here, and throughout the paper we assume a flat universe with Ω = 0.3,
Λ = 0.7, and H0 = 65km/s Mpc). These estimates are consistent with more de-
tailed analyses of the GRB luminosity function and redshift distribution. Mao
& Mo, e.g., find, for the cosmological parameters we use, a median GRB energy
of � 0.6× 1053erg in the 50keV to 300keV band [54], corresponding to a median
GRB energy of � 2× 1053erg in the 20 keV to 2 MeV band.

The determination of GRB redshifts also lead to a modification of GRB rate
estimates. Since most observed GRB sources lie within the redshift range z ∼ 0.5
to z ∼ 2, observations essentially determine the GRB rate per unit volume at
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z ∼ 1. The observed rate of 103/yr implies RGRB(z = 1) � 3/Gpc3yr. The
present, z = 0, rate is less well constrained, since available data are consistent
with both no evolution of GRB rate with redshift, and with strong evolution
(following, e.g., star formation rate), in which RGRB(z = 1)/RGRB(z = 0) ∼ 10
[55,56]. Detailed analyses, assuming RGRB is proportional to star formation rate,
lead to RGRB(z = 0) ∼ 0.5/Gpc3yr [4]. The implied local (z = 0) γ-ray energy
generation rate by GRBs in the 20 keV to 2 MeV band is therefore

ε̇γ(z = 0) = 1044ζ erg/Mpc3yr, (20)

with ζ in the range of ∼ 10−0.5 to ∼ 100.5. Note, that ε̇γ is independent of the
fireball geometry. If fireballs are conical jets of solid angle ΔΩ, then the total
energy released by each burst is smaller by a factor ΔΩ/4π than the isotropic
energy, and the GRB rate is larger by the same factor.

Due to present technical limitations of the experiments, afterglow radiation
is observed in most cases only on time scale � 10 s. At this stage, radiation is
produced by the external shock driven into the surrounding gas, and afterglow
observations therefore do not provide direct constraints on plasma parameters
at the internal and reverse shocks, where protons are accelerated to ultra-high
energy. In one case, however, that of GRB 990123, optical emission has been
detected on ∼ 10 s time scale [57]. The most natural explanation of the observed
optical radiation is synchrotron emission from electrons accelerated to high en-
ergy in the reverse shocks driven into fireball ejecta at the onset of interaction
with the surrounding medium [58,59], as explained in Sect.2.7. This observation
provides therefore direct constraints on the fireball ejecta plasma. First, it pro-
vides strong support for one of the underlying assumptions of the dissipative
fireball scenario described in Sect.2.2, that the energy is carried from the under-
lying source in the form of proton kinetic energy. This is due to the fact that
the observed radiation is well accounted for in a model where a shock propa-
gates into fireball plasma composed of protons and electrons (rather than, e.g.,
pair plasma). Second, comparison of the observed flux with model predictions,
Eqs. (17) and (18), implies ξe ∼ ξB ∼ 10−1.

Afterglow observations imply that a significant fraction of the energy initially
carried by the fireball is converted into γ-rays, i.e. that the observed γ-ray en-
ergy provides a rough estimate of the total fireball energy. This has been demon-
strated for one case, that of GRB970508, by a comparison of the total fireball
energy derived from long term radio observations with the energy emitted in
γ-rays [60,61], and for a large number of bursts by a comparison of observed γ-
ray energy with the total fireball energy estimate based on X-ray afterglow data
[62]. In the context of the fireball model described in Sect.2, the inferred high
radiative efficiency implies that a significant fraction of the wind kinetic energy
must be converted to internal energy in internal shocks, and that electrons must
carry a significant fraction of the internal energy, i.e. that ξe should be close to
unity. We have already shown, see Sect.2.6, that ξe values not far below unity
are required to account for the observed γ-ray emission. Conversion in internal
shocks of a large fraction of fireball kinetic energy to internal energy is possibly
provided the variance in the Lorentz factors of fireball shells is large [44].
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In accordance with the implications of afterglow observations, we assume in
the discussion below of UHECR and neutrino production in GRB fireballs, that
the fraction of fireball energy converted to internal energy carried by electrons,
and hence to γ-rays, is large. For discussion of UHECR production under the
assumption that only a negligible fraction, ∼ me/mp, of the fireball energy is
converted to radiation see ref. [63].

4 UHECRs from γ−Ray Burst Fireballs

4.1 Fermi Acceleration in γ−Ray Bursts

In the fireball model, the observed radiation is produced, both during the GRB
and the afterglow, by synchrotron emission of shock accelerated electrons. In
the region where electrons are accelerated, protons are also expected to be shock
accelerated. This is similar to what is thought to occur in supernovae remnant
shocks, where synchrotron radiation of accelerated electrons is the likely source of
non-thermal X-rays (recent ASCA observations give evidence for acceleration of
electrons in the remnant of SN1006 to 1014eV [64]), and where shock acceleration
of protons is believed to produce cosmic rays with energy extending to ∼ 1015eV
(see, e.g., [37] for review). Thus, it is likely that protons, as well as electrons, are
accelerated to high energy within GRB fireballs. Let us consider the constraints
that should be satisfied by the fireball parameters in order to allow acceleration
of protons to ∼ 1020 eV.

We consider proton Fermi acceleration in fireball internal shocks, which take
place as the fireball expands over a range of radii, r ∼ Γ 2r0 to r ∼ Γ 2cTGRB,
and at the reverse shocks driven into fireball ejecta due to interaction with
surrounding medium at r ∼ Γ 2cT ∼ Γ 2cTGRB (see Sect.2.2, Sect.2.4). Both
internal and reverse shocks are, in the wind rest-frame, mildly relativistic, i.e.
characterized by Lorentz factors Γi − 1 ∼ 1. Moreover, since reverse shocks
do not cause strong deceleration of fireball plasma, see Sect.2.4, the expansion
Lorentz factor Γtr. of fireball plasma shocked by reverse shocks is similar to
the fireball Lorentz factor Γ prior to interaction with the surrounding medium.
Thus, plasma parameters, e.g. energy and number density, in the reverse shocks
are similar to those obtained in internal shocks due to variability on time scale
Δt ∼ T . Results obtained below for internal shocks are therefore valid also for
reverse shocks, provided Δt is replaced with T .

Since the shocks we are interested in are mildly relativistic, we expect results
related to particle acceleration in sub-relativistic shocks (see [37] for review)
to be valid for our scenario. The predicted energy distribution of accelerated
protons is therefore dnp/dεp ∝ ε−2

p [38,39,40], similar to the predicted electron
energy spectrum, which is consistent with the observed photon spectrum (see
Sect.2.6).

The most restrictive requirement, which rules out the possibility of acceler-
ating particles to energy ∼ 1020 eV in most astrophysical objects, is that the
particle Larmor radius rL should be smaller than the system size [65]. In our
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scenario we must apply a more stringent requirement, namely that rL should be
smaller than the largest scale l over which the magnetic field fluctuates, since
otherwise Fermi acceleration may not be efficient. We may estimate l as follows.
The comoving time, i.e. the time measured in the wind rest frame, is t = r/Γc.
Thus, regions separated by a comoving distance larger than r/Γ are causally
disconnected, and the wind properties fluctuate over comoving length scales up
to l ∼ r/Γ . We must therefore require rL < r/Γ . A somewhat more stringent
requirement is related to the wind expansion. Due to expansion the internal
energy is decreasing and therefore available for proton acceleration (as well as
for γ-ray production) only over a comoving time t ∼ r/Γc. The typical Fermi
acceleration time is ta = frL/cβ2 [65,37], where βc is the Alfvén velocity and
f ∼ 1 [66]. In our scenario β � 1 leading to the requirement frL < r/Γ . This
condition sets a lower limit to the required comoving magnetic field strength.
Using the relations rL = ε′

p/eB = εp/ΓeB, where ε′
p = εp/Γ is the proton energy

measured in the fireball frame, and 4πr2cΓ 2B2/8π = ξBLγ/ξe, the constraint
frL < r/Γ may be written as [67],

ξB

ξe
> 0.02f2Γ 2

2.5ε
2
p,20L

−1
γ,52, (21)

where εp = 1020εp,20 eV is the accelerated proton energy. Note, that this con-
straint is independent of r, the internal collision radius.

The accelerated proton energy is also limited by energy loss due to syn-
chrotron radiation and interaction with fireball photons. As discussed in Sect.6,
the dominant energy loss process is synchrotron cooling. The condition that the
synchrotron loss time, tsy = (6πm4

pc
3/σT m2

e)ε
−1
p B−2, should be smaller than

the acceleration time sets an upper limit to the magnetic field strength. Since
the equipartition field decreases with radius, Be.p. ∝ r−2, the upper limit on the
magnetic field may be satisfied simultaneously with Eq. (21) provided that the
internal collisions occur at large enough radius [67],

r > 1012f2Γ−2
2.5 ε3p,20cm. (22)

Since collisions occur at radius r � Γ 2cΔt, the condition Eq. (22) is equivalent
to a lower limit on Γ

Γ > 130f1/2ε
3/4
p,20Δt

−1/4
−2 . (23)

From Eqs. (21) and (23), we infer that a dissipative ultra-relativistic wind,
with luminosity and variability time implied by GRB observations, satisfies the
constraints necessary to allow the acceleration of protons to energy > 1020 eV,
provided that the wind bulk Lorentz factor is large enough, Γ > 100, and that
the magnetic field is close to equipartition with electrons. The former constraint,
Γ > 100, is remarkably similar to that inferred based on the γ-ray spectrum,
and Γ ∼ 300 is the “canonical” value assumed in the fireball model. The latter
constraint, magnetic field close to equipartition, must be satisfied to account for
both γ-ray emission (see Sect.2.6) and afterglow observations (see Sect.3).

Finally, two points should be clarified. First, it has recently been claimed
that ultra-high energy protons would lose most of their energy adiabatically, i.e.
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due to expansion, before they escape the fireball [68]. This claim is based on the
assumptions that internal shocks, and therefore proton acceleration, occur at
r ∼ Γ 2r0 only, and that subsequently the fireball expands adiabatically. Under
these assumptions, protons would lose most their energy by the time they escape.
However, as emphasized both in this section and in Sect.2.2, internal shocks are
expected to occur over a wide range of radii, and in particular at r ∼ Γ 2cT during
the transition to self-similar expansion. Thus, proton acceleration to ultra-high
energy is expected to operate over a wide range of radii, from r ∼ Γ 2r0 up to
r ∼ Γ 2cT , where ultra-high energy particles escape.

Second, it has recently been claimed in [69] that the conditions at the external
shock driven by the fireball into the ambient gas are not likely to allow proton
acceleration to ultra-high energy. Regardless of the validity of this claim, it
is irrelevant for the acceleration in internal shocks, the scenario considered for
UHECR production in GRBs in both [67] and [70]. Moreover, it is not at all clear
that UHECRs can not be produced at the external shock, since the magnetic field
may be amplified ahead of the shock by the streaming of high energy particles.
For discussion of high energy proton production in the external shock and its
possible implications see ref. [71].

4.2 UHECR Flux and Spectrum

Fly’s Eye [72,73] and AGASA [74,75,76] results confirm the flattening of the
cosmic-ray spectrum at ∼ 1019 eV, evidence for which existed in previous ex-
periments with weaker statistics [77]. Fly’s Eye data is well fitted in the energy
range 1017.6 eV to 1019.6 eV by a sum of two power laws: A steeper component,
with differential number spectrum J ∝ E−3.50, dominating at lower energy, and
a shallower component, J ∝ E−2.61, dominating at higher energy, E > 1019 eV.
The flattening of the spectrum, combined with the lack of anisotropy and the
evidence for a change in composition from heavy nuclei at low energy to light
nuclei (protons) at high energy [77,72,73,78,79], suggest that a Galactic compo-
nent of heavy nuclei, J ∝ E−3.50, dominates the cosmic-ray flux at low energy,
while an extra-Galactic component of protons, J ∝ E−2.61, dominates the flux
at high energy, > 1019 eV.

The GRB energy observed in γ-rays reflects the fireball energy in accelerated
electrons. If accelerated electrons and protons carry similar energy, as indicated
by afterglow observations [62] (see Sect.3), then the GRB cosmic-ray production
rate is [see Eq. (20)]

ε2p
dṅp

dεp

∣∣∣∣
z=0

� 1044erg/Mpc3yr. (24)

In Fig. 1 we compare the UHECR spectrum, reported by the Fly’s Eye [73],
the Yakutsk [80], and the AGASA experiments [81], with that expected from a
homogeneous cosmological distribution of sources, each generating a power law
differential spectrum of high energy protons dn/dεp ∝ ε−2

p . The absolute flux
measured at 3× 1018 eV differs between the various experiments, corresponding
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Fig. 1. The UHECR flux expected in a cosmological model, where high-energy protons
are produced at a rate (ε2pdṅp/dεp)z=0 = 0.8 × 1044erg/Mpc3yr as predicted by the
GRB model [Eq. (24)], solid line, compared to the Fly’s Eye [73], Yakutsk [80] and
AGASA [81] data. 1σ flux error bars are shown. The highest energy points are derived
assuming the detected events represent a uniform flux over the energy range 1020 eV–
3 × 1020 eV. The dashed line is the sum of the GRB model flux and the Fly’s Eye fit
to the Galactic heavy nuclei component, J ∝ ε−3.5 [73] (with normalization increased
by 25%).

to a systematic � 10% (� 20%) over-estimate of event energies in the AGASA
(Yakutsk) experiment compared to the Fly’s Eye experiment (see also [75]). In
Fig. 1, the Yakutsk energy normalization is used. For the model calculation,
a flat universe, Ω = 0.3, Λ = 0.7 and H0 = 65km/Mpc s were assumed. The
calculation is similar to that described in [82]. The generation rate of cosmic-
rays (per unit comoving volume) was assumed to evolve rapidly with redshift
following the luminosity density evolution of QSOs [83], which is also similar to
that describing the evolution of star formation rate [84,85]: ṅCR(z) ∝ (1 + z)α

with α � 3 [86] at low redshift, z < 1.9, ṅCR(z) = Const. for 1.9 < z < 2.7,
and an exponential decay at z > 2.7 [87]. The cosmic-ray spectrum at energy
> 1019 eV is little affected by modifications of the cosmological parameters or of
the redshift evolution of cosmic-ray generation rate. This is due to the fact that
cosmic-rays at this energy originate from distances shorter than several hundred
Mpc. The spectrum and flux at εp > 1019 eV is mainly determined by the present
(z = 0) generation rate and spectrum, which in the model shown in Fig. 1 is
ε2p(dṅp/dε)z=0 = 0.8× 1044erg/Mpc3yr.

The suppression of model flux above 1019.7 eV is due to energy loss of high
energy protons in interaction with the microwave background, i.e. to the “GZK



138 Eli Waxman

cutoff” [88,89]. The available data do not allow to determine the existence (or
absence) of the “cutoff” with high confidence. The AGASA results show an
excess (at a ∼ 2.5σ confidence level) of events compared to model predictions
above 1020eV. This excess is not confirmed, however, by the other experiments.
Moreover, since the 1020eV flux is dominated by sources at distances < 100 Mpc,
over which the distribution of known astrophysical systems (e.g. galaxies, clus-
ters of galaxies) is inhomogeneous, significant deviations from model predictions
presented in Fig. 1 for a uniform source distribution are expected at this energy
[82]. Clustering of cosmic-ray sources leads to a standard deviation, σ, in the ex-
pected number, N , of events above 1020 eV, given by σ/N = 0.9(d0/10Mpc)0.9

[90], where d0 is the unknown scale length of the source correlation function and
d0 ∼ 10 Mpc for field galaxies.

Thus, GRB fireballs would produce UHECR flux and spectrum consistent
with that observed, provided the efficiency with which the wind kinetic energy is
converted to γ-rays, and therefore to electron energy, is similar to the efficiency
with which it is converted to proton energy, i.e. to UHECRs [67]. There is,
however, one additional point which requires consideration [67]. The energy of
the most energetic cosmic ray detected by the Fly’s Eye experiment is in excess
of 2×1020eV, and that of the most energetic AGASA event is ∼ 2×1020eV. On
a cosmological scale, the distance traveled by such energetic particles is small:
< 100Mpc (50Mpc) for the AGASA (Fly’s Eye) event (e.g., [91]). Thus, the
detection of these events over a ∼ 5yr period can be reconciled with the rate of
nearby GRBs, ∼ 1 per 100 yr to ∼ 1 per 1000 yr out to 100Mpc, only if there is
a large dispersion, ≥ 100yr, in the arrival time of protons produced in a single
burst (This implies that if a direct correlation between high energy CR events
and GRBs, as suggested in [92], is observed on a ∼ 10yr time scale, it would be
strong evidence against a cosmological GRB origin of UHECRs).

The required dispersion is likely to occur due to the combined effects of
deflection by random magnetic fields and energy dispersion of the particles [67].
Consider a proton of energy εp propagating through a magnetic field of strength
B and correlation length λ. As it travels a distance λ, the proton is typically
deflected by an angle α ∼ λ/rL, where rL = εp/eB is the Larmor radius. The
typical deflection angle for propagation over a distance d is θs � (2d/9λ)1/2λ/rL.
This deflection results in a time delay, compared to propagation along a straight
line,

τ(εp, d) � θ2
sd/4c � 107ε−2

p,20d
2
100λMpcB

2
−8 yr, (25)

where d = 100d100Mpc, λ = 1λMpc Mpc and B = 10−8B−8 G (see also Sect. in
this volume). Here, we have chosen numerical values corresponding to the cur-
rent upper bound on the inter-galactic magnetic field, Bλ1/2 ≤ 10−8G Mpc1/2

[93,94]. The upper bound on the (systematic increase with redshift of the)
Faraday rotation measure of distant, z ≤ 2.5, radio sources, RM < 5rad/m2,
implies an upper bound B ≤ 10−11(h/0.75)(Ωbh

2)−1 G on an inter-galactic
field coherent over cosmological scales [94]. Here, h is the Hubble constant in
units of 100km/s Mpc and Ωb is the baryon density in units of the closure
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density. For a magnetic field coherent on scales ∼ λ, this implies Bλ1/2 ≤
10−8(h/0.65)1/2(Ωbh

2/0.04)−1G Mpc1/2.
The random energy loss UHECRs suffer as they propagate, owing to the

production of pions, implies that at any distance from the observer there is some
finite spread in the energies of UHECRs that are observed with a given fixed
energy. For protons with energies > 1020eV the fractional RMS energy spread is
of order unity over propagation distances in the range 10 − 100Mpc (e.g. [91]).
Since the time delay is sensitive to the particle energy, this implies that the
spread in arrival time of UHECRs with given observed energy is comparable to
the average time delay at that energy τ(εp, d) (This result has been confirmed
by numerical calculations in [95]). Thus, the required time spread, τ > 100 yr,
is consistent with the upper bound, τ < 107 yr, implied by the present upper
bound to the inter-galactic magnetic field.

5 γ−Ray Burst Model Predictions
for UHECR Experiments

5.1 The Number and Spectra of Bright Sources

The initial proton energy, necessary to have an observed energy εp, increases
with source distance due to propagation energy losses. The rapid increase of the
initial energy after it exceeds, due to electron-positron production, the threshold
for pion production effectively introduces a cutoff distance, dc(εp), beyond which
sources do not contribute to the flux above εp. The function dc(εp) is shown in
Fig. 3 (adapted from [96]). Since dc(εp) is a decreasing function of εp, for a given
number density of sources there is a critical energy εc, above which only one
source (on average) contributes to the flux. In the GRB model εc depends on
the product of the burst rate RGRB and the time delay. The number of sources
contributing, on average, to the flux at energy εp is [96]

N(εp) =
4π

5
RGRBdc(εp)3τ [εp, dc(εp)] , (26)

and the average intensity resulting from all sources is

J(εp) =
1
4π

RGRB
dnp

dεp
dc(εp) , (27)

where dnp/dεp is the number per unit energy of protons produced on average
by a single burst (this is the formal definition of dc(εp)). The critical energy εc

is given by
4π

5
RGRBdc(εc)3τ [εc, dc(εc)] = 1 . (28)

εc, the energy beyond which a single source contributes on average to the
flux, depends on the unknown properties of the inter-galactic magnetic field,
τ ∝ B2λ. However, the rapid decrease of dc(εp) with energy near 1020eV implies
that εc is only weakly dependent on the value of B2λ, as shown in Fig. 2. In The
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Fig. 2. εc, the energy beyond which a single GRB contributes on average to the UHECR
flux, as a function of the product of GRB rate, RGRB � 1/Gpc3, and the time delay
of a 1020 eV proton originating at 100 Mpc distance. The time delay depends on
the unknown inter-galactic field, τ ∝ B2λ. Dashed lines show the allowed range of
B2λ: The lower limit is set by the requirement that at least a few GRB sources be
present at d < 100 Mpc, and the upper limit by the Faraday rotation bound Bλ1/2 ≤
10−8G Mpc1/2 [94], see Eq. (25) and the discussion the follows it.

GRB model, the product RGRBτ(d = 100Mpc, εp = 1020eV) is approximately
limited to the range 10−6 Mpc−3 to 10−2 Mpc−3 [The lower limit is set by the
requirement that at least a few GRB sources be present at d < 100 Mpc, and
the upper limit by the Faraday rotation bound Bλ1/2 ≤ 10−8G Mpc1/2 [94], see
Eq. (25), and RGRB ≤ 1/ Gpc3yr]. The corresponding range of values of εc is
1020eV ≤ εc < 4× 1020eV.

Fig. 3 presents the flux obtained in one realization of a Monte-Carlo simula-
tion described by Miralda-Escudé & Waxman [96] of the total number of UHE-
CRs received from GRBs at some fixed time. For each realization the positions
(distances from Earth) and times at which cosmological GRBs occurred were ran-
domly drawn, assuming an intrinsic proton generation spectrum dnp/dεp ∝ ε−2

p ,
and εc = 1.4× 1020eV. Most of the realizations gave an overall spectrum similar
to that obtained in the realization of Fig. 3 when the brightest source of this
realization (dominating at 1020eV) is not included. At εp < εc, the number of
sources contributing to the flux is very large, and the overall UHECR flux re-
ceived at any given time is near the average (the average flux is that obtained
when the UHECR emissivity is spatially uniform and time independent). At
εp > εc, the flux will generally be much lower than the average, because there
will be no burst within a distance dc(εp) having taken place sufficiently recently.
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Fig. 3. Results of a Monte-Carlo realization of the bursting sources model, with εc =
1.4 × 1020 eV: Thick solid line- overall spectrum in the realization; Thin solid line-
average spectrum, this curve also gives dc(εp); Dotted lines- spectra of brightest sources
at different energies.

There is, however, a significant probability to observe one source with a flux
higher than the average. A source similar to the brightest one in Fig. 3 appears
∼ 5% of the time.

At any fixed time a given burst is observed in UHECRs only over a narrow
range of energy, because if a burst is currently observed at some energy εp then
UHECRs of much lower energy from this burst have not yet arrived, while higher
energy UHECRs reached us mostly in the past. As mentioned above, for energies
above the pion production threshold, εp ∼ 5× 1019eV, the dispersion in arrival
times of UHECRs with fixed observed energy is comparable to the average delay
at that energy. This implies that the spectral width Δεp of the source at a given
time is of order the average observed energy, Δεp ∼ εp. Thus, bursting UHECR
sources should have narrowly peaked energy spectra, and the brightest sources
should be different at different energies. For steady state sources, on the other
hand, the brightest source at high energies should also be the brightest one at low
energies, its fractional contribution to the overall flux decreasing to low energy
only as dc(εp)−1. A detailed numerical analysis of the time dependent energy
spectrum of bursting sources is given in [97,98] (see also the contribution by
G. Sigl on propagation issues and interactions of UHECRs with extra-galactic
magnetic fields).
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5.2 Spectra of Sources at εp < 4 × 1019eV

The detection of UHECRs above 1020eV imply that the brightest sources must
lie at distances smaller than 100Mpc. UHECRs with εp ≤ 4 × 1019eV from
such bright sources will suffer energy loss only by pair production, because at
εp < 5 × 1019 eV the mean-free-path for pion production interaction (in which
the fractional energy loss is ∼ 10%) is larger than 1Gpc. Furthermore, the energy
loss due to pair production over 100Mpc propagation is only ∼ 5%.

In the case where the typical displacement of the UHECRs due to deflections
by inter-galactic magnetic fields is much smaller than the correlation length,
λ � dθs(d, εp) � d(d/λ)1/2λ/rL, all the UHECRs that arrive at the observer
are essentially deflected by the same magnetic field structures, and the absence
of random energy loss during propagation implies that all rays with a fixed
observed energy would reach the observer with exactly the same direction and
time delay. At a fixed time, therefore, the source would appear mono-energetic
and point-like. In reality, energy loss due to pair production results in a finite
but small spectral and angular width, Δεp/εp ∼ δθ/θs ≤ 1% [99].

In the case where the typical displacement of the UHECRs is much larger
than the correlation length, λ  dθs(εp, d), the deflection of different UHECRs
arriving at the observer are essentially independent. Even in the absence of any
energy loss there are many paths from the source to the observer for UHECRs
of fixed energy εp that are emitted from the source at an angle θ ≤ θs relative to
the source-observer line of sight. Along each of the paths, UHECRs are deflected
by independent magnetic field structures. Thus, the source angular size would
be of order θs and the spread in arrival times would be comparable to the
characteristic delay τ , leading to Δεp/εp ∼ 1 even when there are no random
energy losses. The observed spectral shape of a nearby (d < 100Mpc) bursting
source of UHECRs at εp < 4 × 1019eV was derived for the case λ  dθs(d, εp)
in [99], and is given by

dN

dεp
∝

∞∑
n=1

(−1)n+1 n2 exp
[
−2n2π2ε2

ε20(t, d)

]
, (29)

where ε0(t, d) = de(2B2λ/3ct)1/2. For this spectrum, the ratio of the RMS
UHECR energy spread to the average energy is 30%

Figure 4 shows the line θsd = λ in the B−λ plane, for a source at a distance
d = 30Mpc observed at energy εp � 1019eV. Since the θsd = λ line divides the
allowed region in the plane at λ ∼ 1Mpc, measuring the spectral width of bright
sources would allow to determine if the field correlation length is much larger,
much smaller, or comparable to 1Mpc.

6 High-Energy Neutrinos

6.1 Internal Shock (γ−Ray Burst) Neutrinos

Neutrinos at Energies ∼ 1014 eV. Protons accelerated in the fireball to
high energy lose energy through photo-meson interaction with fireball photons.
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Fig. 4. The line θsd = λ for a source at 30Mpc distance observed at energy εp � 1019eV
(dot-dash line), shown with the Faraday rotation upper limit Bλ1/2 ≤ 10−8G Mpc1/2

(solid line), and with the lower limit Bλ1/2 ≥ 10−10G Mpc1/2 required in the GRB
model [see Eq. (25)].

The decay of charged pions produced in this interaction, π+ → μ+ + νμ →
e+ + νe + νμ + νμ, results in the production of high energy neutrinos. The key
relation is between the observed photon energy, εγ , and the accelerated proton’s
energy, εp, at the threshold of the Δ-resonance. In the observer frame,

εγ εp = 0.2 GeV2 Γ 2 . (30)

For Γ � 300 and εγ = 1 MeV, we see that characteristic proton energies ∼
1016 eV are required to produce pions. Since neutrinos produced by pion decay
typically carry 5% of the proton energy (see below), production of ∼ 1014 eV
neutrinos is expected [100,101].

The fractional energy loss rate of a proton with energy ε′
p = εp/Γ measured

in the wind rest frame due to pion production is

t−1
π (ε′

p) ≡ −
1
ε′
p

dε′
p

dt

=
1

2γ2
p

c

∫ ∞

ε0

dε σπ(ε)ξ(ε)ε
∫ ∞

ε/2Γp

dx x−2 dnγ

dεγ
(εγ = x) , (31)

where γp = ε′
p/mpc

2, σπ(ε) is the cross section for pion production for a photon
with energy ε in the proton rest frame, ξ(ε) is the average fraction of energy lost
to the pion, ε0 = 0.15GeV is the threshold energy, and dnγ/dεγ is the photon
density per unit photon energy in the wind rest frame. In deriving Eq. (31) we
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have assumed that the photon distribution in the wind rest frame is isotropic.
The GRB photon spectrum is well fitted in the BATSE detector range, 20 keV
to 2 MeV, by a combination of two power-laws, dnγ/dεγ ∝ ε−β

γ , with β � 1 at
εγ < εγb, β � 2 at εγ > εγb and εγb ∼ 1MeV [25]. Thus, the second integral in
Eq. (31) may be approximated by∫ ∞

ε

dx x−2 dnγ

dεγ
(εγ = x) � 1

1 + β

Uγ

2ε′3
γb

(
ε

ε′
γb

)−(1+β)

, (32)

where Uγ is the photon energy density (in the range corresponding to the ob-
served BATSE range) in the wind rest-frame, β = 1 for ε < ε′

γb and β = 2
for ε > ε′

γb. ε′
γb is the break energy measured in the wind frame, ε′

γb = εγb/Γ .
The main contribution to the first integral in Eq. (31) is from photon energies
ε ∼ εpeak = 0.3GeV, where the cross section peaks due to the Δ resonance.
Approximating the integral by the contribution from the resonance we obtain

t−1
π (ε′

p) �
Uγ

2ε′
γb

cσpeakξpeak
Δε

εpeak
min(1, 2γpε

′
γb/εpeak) . (33)

Here, σpeak � 5×10−28cm2 and ξpeak � 0.2 are the values of σ and ξ at ε = εpeak,
and Δε � 0.2GeV is the peak width.

The energy loss of protons due to pion production is small during the ac-
celeration process. Once accelerated, the time available for proton energy loss
by pion production is comparable to the wind expansion time as measured in
the wind rest frame, tco ∼ r/Γc. Thus, the fraction of energy lost by protons to
pions is fπ � r/Γctπ. The energy density in the BATSE range, Uγ , is related
to the luminosity Lγ by Lγ = 4πr2Γ 2cUγ . Using this relation in Eq. (33), and
r = 2Γ 2cΔt, fπ is given by [100]

fπ(εp) � 0.1
Lγ,52

εγb,MeVΓ 4
2.5Δt−2

×
{

1, if εp > εpb;
εp/εpb, otherwise. (34)

The proton break energy is

εpb � 1016Γ 2
2.5(εγb,MeV)−1 eV . (35)

The value of fπ, Eq. (34), is strongly dependent on Γ . It has recently been
pointed out [102] that if the Lorentz factor Γ varies significantly between bursts,
with burst to burst variations ΔΓ/Γ ∼ 1, then the resulting neutrino flux will
be dominated by a few neutrino bright bursts, and may significantly exceed the
flux implied by Eq. (34), derived for typical burst parameters. This may strongly
enhance the detectability of GRB neutrinos by planned neutrino telescopes [103].
However, as explained in Sect.2.6, the Lorentz factors of fireballs producing
observed GRBs can not differ significantly from the minimum value allowed by
Eq. (5), Γ � 250, for which the fireball pair production optical depth, Eq. (4),
is � 1 for εγ = 100 MeV: Lower Lorentz factors lead to optically thick fireballs,
while higher Lorentz factors lead to low luminosity X-ray bursts (which may
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have already been identified). Thus, for Lorentz factors consistent with observed
GRB spectra, for which τγγ(εγ = 100MeV) � 1), we find

fπ(εp) � 0.2
L

1/3
γ,52

εγb,MeVΔt
1/3
−2

×
{

1, if εp > εpb;
εp/εpb, otherwise. (36)

A detailed analysis, using Monte-Carlo simulations of the internal shock model,
confirms that for fireball parameter range consistent with observed GRB char-
acteristics, fπ at εp > εpb is limited to the range of ∼ 10% to 30% [104].

Thus, for parameters typical of a GRB producing wind, a significant fraction
of the energy of protons accelerated to energies larger than the break energy,
∼ 1016eV, would be lost to pion production. Roughly half of the energy lost
by protons goes into π0 ’s and the other half to π+ ’s. Neutrinos are produced
by the decay of π+’s, π+ → μ+ + νμ → e+ + νe + νμ + νμ [the large optical
depth for high energy γ’s from π0 decay, Eq. (4), would not allow these photons
to escape the wind]. The mean pion energy is 20% of the energy of the proton
producing the pion. This energy is roughly evenly distributed between the π+

decay products. Thus, approximately half the energy lost by protons of energy
εp is converted to neutrinos with energy ∼ 0.05εp. Equation (34) then implies
that the spectrum of neutrinos above ενb = 0.05εpb follows the proton spectrum,
and is harder (by one power of the energy) at lower energy.

If GRBs are the sources of UHECRS, then using Eq. (24) the expected GRB
neutrino flux is [101]

ε2νΦνμ
� ε2νΦν̄μ

� ε2νΦνe
� c

4π

fπ

8
ε2p(dṅp/dεp)tH

� 1.5× 10−9 fπ(εpb)
0.2

min{1, εν/ενb}GeV cm−2s−1sr−1, (37)

where tH � 1010 yr is the Hubble time. The factor of 1/8 is due to the fact that
charged pions and neutral pions are produced with roughly equal probabilities
(and each neutrino carries ∼ 1/4 of the pion energy).

The GRB neutrino flux can also be estimated directly from the observed
gamma-ray fluence. The BATSE detectors measure the GRB fluence Fγ over two
decades of photon energy, ∼ 0.02MeV to ∼ 2MeV, corresponding to a decade
of radiating electron energy (the electron synchrotron frequency is proportional
to the square of the electron Lorentz factor). If electrons carry a fraction ξe

of the energy carried by protons, then the muon neutrino fluence of a single
burst is ε2νdNν/dεν � 0.25(fπ/ξe)Fγ/ ln(10). The average neutrino flux per unit
time and solid angle is obtained by multiplying the single burst fluence with
the GRB rate per solid angle, � 103 bursts per year over 4π sr. Using the
average burst fluence Fγ = 10−5erg/cm2, we obtain a muon neutrino flux ε2νΦν �
3×10−9(fπ/ξe)GeV/cm2s sr. Thus, the neutrino flux estimated directly from the
gamma-ray fluence agrees with the estimate Eq. (37) based on the cosmic-ray
production rate.
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Neutrinos at Energy > 1016 eV. The neutrino spectrum Eq. (37) is modified
at high energy, where neutrinos are produced by the decay of muons and pions
whose life time τμ,π exceeds the characteristic time for energy loss due to adi-
abatic expansion and synchrotron emission [100,105,101]. The synchrotron loss
time is determined by the energy density of the magnetic field in the wind rest
frame. For the characteristic parameters of a GRB wind, the muon energy for
which the adiabatic energy loss time equals the muon life time, εa

μ, is comparable
to the energy εs

μ at which the life time equals the synchrotron loss time, τ s
μ. For

pions, εa
π > εs

π. This, and the fact that the adiabatic loss time is independent
of energy and the synchrotron loss time is inversely proportional to energy, im-
ply that synchrotron losses are the dominant effect suppressing the flux at high
energy. The energy above which synchrotron losses suppress the neutrino flux is

εs
νμ(ν̄μ,νe)

ενb
�
(

ξB

ξe
Lγ,52

)−1/2

Γ 2
2.5Δt−2εγb,MeV ×

{
10, for ν̄μ, νe;
100, for νμ . (38)

The efficiency of neutrino production in internal collisions decreases with Δt,
fπ ∝ Δt−1 [see Eq. (34)], since the radiation energy density is lower at larger
collision radii. However, at larger radii synchrotron losses cut off the spectrum
at higher energy, εs(Δt) ∝ Δt [see Eq. (38)]. Collisions at large radii therefore
result in extension of the neutrino spectrum of Eq. (37) to higher energy, beyond
the cutoff energy Eq. (38),

ε2νΦν ∝ ε−1
ν , εν > εs

ν . (39)

Comparison with Other Authors We note, that the results presented above
were derived using the Δ-approximation, i.e. assuming that photo-meson inter-
actions are dominated by the contribution of the Δ-resonance. It has recently
been shown [106], that for photon spectra harder than dnγ/dεγ ∝ ε−2

γ , the
contribution of non-resonant interactions may be important. Since in order to
interact with the hard part of the photon spectrum, εγ < εγb, the proton energy
must exceed the energy at which neutrinos of energy ενb are produced, signifi-
cant modification of the Δ-approximation results is expected only for εν � ενb,
where the neutrino flux is strongly suppressed by synchrotron losses.

The neutrino flux from GRBs is small above 1019eV, and a neutrino flux
comparable to the γ-ray flux is expected only below ∼ 1017eV, in agreement
with the results of Ref. [105]. Our result is not in agreement, however, with that
of ref. [107], where a much higher flux at ∼ 1019eV is obtained based on the
equations of ref. [100], which are the same equations as used here1.

1 The parameters chosen in [107] are Lγ = 1050erg/s, Δt = 10s, and Γ = 100. Using
equation (4) of ref. [100], which is the same as Eq. (34) of the present paper, we
obtain for these parameters fπ = 1.6×10−4, while the author of [107] obtains, using
the same equation, fπ = 0.03.
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6.2 Reverse Shock (Afterglow) Neutrinos, ∼ 1018 eV

Let us now consider neutrino emission from photo-meson interactions of pro-
tons accelerated to high energies in the reverse shocks driven into the fireball
ejecta at the initial stage of interaction of the fireball with its surrounding gas,
which occurs on time scale T ∼ 10 s, comparable to the duration of the GRB
itself (see Sect.2.4). Optical–UV photons are radiated by electrons accelerated
in shocks propagating backward into the ejecta (see Sect.2.7), and may inter-
act with accelerated protons. The interaction of these low energy, 10 eV–1 keV,
photons and high energy protons produces a burst of duration ∼ T of ultra-
high energy, 1017–1019 eV, neutrinos [as indicated by Eq. (30)] via photo-meson
interactions [110].

Afterglows have been detected in several cases; reverse shock emission has
only been identified for GRB 990123 [57]. Both the detections and the non-
detections are consistent with shocks occurring with typical model parame-
ters [46,59,58], suggesting that reverse shock emission may be common. The
predicted neutrino emission depends, however, upon parameters of the surround-
ing medium that can only be estimated once more observations of the prompt
optical afterglow emission are available. We first consider the case where the
density of gas surrounding the fireball is n ∼ 1cm−3, a value typical to the
inter-stellar medium and consistent with GRB 990123 observations.

The photon density in Eq. (31) is related to the observed specific luminosity
by dnγ/dεγ(x) = Lε(Γx)/(4πr2cΓx). For proton Lorentz factor ε0/2ε′

γc  γp <
ε0/2ε′

γm, where primed energies denote rest frame energies (e.g. ε′
γm = εγm/Γtr.),

photo-meson production is dominated by interaction with photons in the energy
range εγm < εγ  εγc, where Lε ∝ ε

−1/2
γ (see Sect.2.7). For this photon spec-

trum, the contribution to the first integral of Eq. (31) from photons at the
Δ-resonance is comparable to that of photons of higher energy, and we obtain

t−1
π (ε′

p) �
25/2

2.5
Lm

4πr2Γtr.

(
εpeak

γpε′
γm

)−1/2
σpeakξpeakΔε

εpeak
. (40)

Γtr. is the expansion Lorentz factor of plasma shocked by the reverse shocks,
given by Eq. (14). The time available for proton energy loss by pion production is
comparable to the expansion time as measured in the wind rest frame, ∼ r/Γtr.c.
Thus, the fraction of energy lost by protons to pions is

fπ(εp) � 0.1
(

Lm

1061s−1

)(
Γtr.

250

)−5

T−1
1 × (εγm,eVεp,20)1/2. (41)

Equation (41) is valid for protons in the energy range

4× 1018
(

Γtr.

250

)2

(εγc,keV)−1eV < εp < 4× 1021
(

Γtr.

250

)2

(εγm,eV)−1eV . (42)

Such protons interact with photons in the energy range εγm to εγc, where the
photon spectrum Lε ∝ ε

1/2
γc and the number of photons above interaction thresh-

old is ∝ ε
1/2
p . At lower energy, protons interact with photons of energy εγ > εγc,

where Lε ∝ ε−1 rather then Lε ∝ ε−1/2. At these energies therefore fπ ∝ εp.
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Since approximately half the energy lost by protons of energy εp is con-
verted to neutrinos with energy ∼ 0.05εp, Eq. (42) implies that the spectrum
of neutrinos below ενb � 1017(Γtr./250)2(εγc,keV)−1eV is harder by one power
of the energy then the proton spectrum, and by half a power of the energy
at higher energy. For a power law differential spectrum of accelerated protons
dnp/dεp ∝ ε−2

p , the differential neutrino spectrum is dnν/dεν ∝ ε−α
ν with α = 1

below the break and α = 3/2 above the break. Assuming that GRBs are indeed
the sources of ultra-high energy cosmic rays, then Eqs. (41,42) and (24) imply
that the expected neutrino intensity is

ε2νΦνμ
� ε2νΦν̄μ

� ε2νΦνe

� 10−10 f
[19]
π

0.1

( εν

1017eV

)β

GeV cm−2s−1sr−1, (43)

where f
[19]
π ≡ fπ(εp,20 = 2) and β = 1/2 for εν > 1017eV and β = 1 for

εν < 1017eV.
Some GRBs may result from the collapse of a massive star, in which case

the fireball is expected to expand into a pre-existing wind (e.g. [108,109]). For
typical wind parameters, the transition to self-similar behavior takes place at a
radius where the wind density is n � 104cm−3 � 1cm−3. The higher density
implies a lower Lorenz factor of the expanding plasma during the transition
stage, and a larger fraction of proton energy lost to pion production. Protons of
energy εp ≥ 1018 eV lose all their energy to pion production in this case. If most
GRBs result from the collapse of massive stars, then the predicted neutrino flux
is [110,111]

ε2νΦν � 10−8 min{1, εob.
ν /1017eV}GeV cm−2s−1sr−1. (44)

The neutrino flux is expected to be strongly suppressed at energy εν >
1019 eV, since protons are not expected to be accelerated to energy εp � 1020 eV.
If protons are accelerated to much higher energy, the νμ (ν̄μ, νe) flux may extend
to ∼ 1021n

−1/2
0 ξ

−1/2
B,−1 eV (∼ 1020n

−1/2
0 ξ

−1/2
B,−1 eV). At higher energy, synchrotron

losses of pions (muons) will suppress the neutrino flux.

6.3 Inelastic p-n Collisions

The acceleration, γ ∝ r, of fireball plasma emitted from the source of radius r0
(see Sect.2.2) is driven by radiation pressure. Fireball protons are accelerated
through their coupling to the electrons, which are coupled to fireball photons.
Fireball neutrons, which are expected to exist in most progenitor scenarios, are
coupled to protons by nuclear scattering as long as the comoving p-n scattering
time is shorter than the comoving wind expansion time r/γc = r0/c. As the
fireball plasma expands and accelerates, the proton density decreases, np ∝
r−2γ−1, and neutrons may become decoupled. For η > ηpn, where

ηpn � 400L
1/4
52 r

−1/4
0,7 , (45)
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neutrons decouple from the accelerating plasma prior to saturation, γ = η, at
Γ = η

4/3
pn η−1/3 [112,113]. In this case, relativistic relative velocities between

protons and neutrons arise, which lead to pion production through inelastic
nuclear collisions. Since decoupling occurs at a radius where the collision time
is similar to wind expansion time, each n leads on average to one pair of νν̄.
The typical comoving neutrino energy, ∼ 50 MeV, implies an observed energy
∼ 10 GeV. A typical burst, E = 1053 erg at z = 1, with significant neutron
to proton ratio and η > 400 will therefore produce a fluence F (νe + ν̄e) ∼
0.5F (νμ + ν̄μ) ∼ 10−4cm−2 of ∼ 10 GeV neutrinos.

Relativistic relative p-n velocities, leading to neutrino production through
inelastic collisions, may also result from diffusion of neutrons between regions
of the fireball wind with large difference in Γ [114]. If, for example, plasma
expanding with very high Lorentz factor, Γ > 100, is confined to a narrow jet
surrounded by a slower, Γ ∼ 10 wind, internal collisions within the slower wind
can heat neutrons to relativistic temperature, leading to significant diffusion of
neutrons from the slower wind into the faster jet. Such process may operate for
winds with η < 400 as well as for η > 400, and may lead, for certain (reasonable)
wind parameter values, to ∼ 10 GeV neutrino flux similar to that due to p-n
decoupling in a η > 400 wind.

6.4 Implications

The high energy neutrinos predicted in the dissipative wind model of GRBs
may be observed by detecting the Cerenkov light emitted by high energy muons
produced by neutrino interactions below a detector on the surface of the Earth
(see [115] for a recent review). The probability Pνμ that a neutrino would produce
a high energy muon in the detector is approximately given by the ratio of the high
energy muon range to the neutrino mean free path. For the neutrinos produced in
internal shocks, εν ∼ 1014 eV, Pνμ � 1.3× 10−6(εν/1TeV) [115]. Using Eq. (37),
the expected flux of neutrino induced muons is

Jμ � 10
fπ(εpb)

0.2
km−2yr−1 . (46)

The rate is almost independent of ενb, due to the increase of Pνμ with energy.
The rate Eq. (46) is comparable to the background expected due to atmospheric
neutrinos [115]. However, neutrino bursts should be easily detected above the
background, since the neutrinos would be correlated, both in time and angle,
with the GRB γ-rays. A km2 neutrino detector should detect each year ∼ 10
neutrinos correlated with GRBs. Note, that at the high energies considered,
knowledge of burst direction and time will allow to discriminate the neutrino
signal from the background by looking not only for upward moving neutrino
induced muons, but also by looking for down-going muons.

The predicted flux of ∼ 1017 eV neutrinos, produced by photo-meson in-
teractions during the onset of fireball interaction with its surrounding medium,
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Eqs. (43,44), may be more difficult to detect. For the energy range of after-
glow neutrinos, the probability Pνμ that a neutrino would produce a high en-
ergy muon with the currently required long path within the detector is Pνμ �
3×10−3(εν/1017eV)1/2 [115,116]. This implies, using Eq. (43), an expected detec-
tion rate of muon neutrinos of ∼ 0.06/km2yr (over 2π sr), assuming fireballs ex-
plode in and expand into typical inter-stellar medium gas. If, on the other hand,
most GRB progenitors are massive stars and fireballs expand into a pre-existing
stellar wind, Eq. (44) implies a detection of several muon induced neutrinos per
year in a 1km3 detector. We note, that GRB neutrino detection rates may be
significantly higher than derived based on the above simple arguments, because
the knowledge of neutrino direction and arrival time may relax the requirement
for long muon path within the detector.

Air-showers could be used to detect ultra-high energy neutrinos (see the
contribution by P. Billoir in this volume). The neutrino acceptance of the planned
Auger detector, ∼ 104km3sr [18], seems too low. The effective area of proposed
space detectors [19,20] may exceed ∼ 106km2 at εν > 2 × 1019 eV, detecting
several tens of GRB correlated events per year, provided that the neutrino flux
extends to εν > 2 × 1019 eV. Since, however, the GRB neutrino flux is not
expected to extend well above εν ∼ 1019 eV, and since the acceptance of space
detectors decrease rapidly below ∼ 1019 eV, the detection rate of space detectors
would depend sensitively on their low energy threshold.

Detection of high energy neutrinos will test the shock acceleration mechanism
and the suggestion that GRBs are the sources of ultra-high energy protons, since
≥ 1014 eV (≥ 1018 eV) neutrino production requires protons of energy ≥ 1016 eV
(≥ 1019 eV). The dependence of ∼ 1017 eV neutrino flux on fireball environment
imply that the detection of high energy neutrinos will also provide constraints
on GRB progenitors.

Inelastic p-n collisions may produce ∼ 10 GeV neutrinos with a fluence of
∼ 10−4cm−2 per burst, due to either p-n decoupling in a wind with high neutron
fraction and high, > 400, Lorentz factor [112,113], or to neutron diffusion in a
wind with, e.g., strong deviation from spherical symmetry [114]. The predicted
number of events in a 1km3 neutrino telescope is ∼ 10yr−1. Such events may be
detectable in a suitably densely spaced detector. Detection of ∼ 10 GeV neutri-
nos will constrain the fireball neutron fraction, and hence the GRB progenitor.

Detection of neutrinos from GRBs could be used to test the simultaneity of
neutrino and photon arrival to an accuracy of ∼ 1 s (∼ 1 ms for short bursts),
checking the assumption of special relativity that photons and neutrinos have
the same limiting speed. These observations would also test the weak equivalence
principle, according to which photons and neutrinos should suffer the same time
delay as they pass through a gravitational potential. With 1 s accuracy, a burst
at 100 Mpc would reveal a fractional difference in limiting speed of 10−16, and
a fractional difference in gravitational time delay of order 10−6 (considering
the Galactic potential alone). Previous applications of these ideas to supernova
1987A (see [117] for review), where simultaneity could be checked only to an
accuracy of order several hours, yielded much weaker upper limits: of order
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10−8 and 10−2 for fractional differences in the limiting speed and time delay
respectively.

The model discussed above predicts the production of high energy muon and
electron neutrinos. However, if the atmospheric neutrino anomaly has the expla-
nation it is usually given, oscillation to ντ ’s with mass ∼ 0.1 eV [118,119,120],
then one should detect equal numbers of νμ’s and ντ ’s. Up-going τ ’s, rather than
μ’s, would be a distinctive signature of such oscillations. Since ντ ’s are not ex-
pected to be produced in the fireball, looking for τ ’s would be an “appearance
experiment.” To allow flavor change, the difference in squared neutrino masses,
Δm2, should exceed a minimum value proportional to the ratio of source dis-
tance and neutrino energy [117]. A burst at 100 Mpc producing 1014eV neutrinos
can test for Δm2 ≥ 10−16eV2, 5 orders of magnitude more sensitive than solar
neutrinos.
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Abstract. The Ultra High Energy Cosmic Ray (UHECR) and Gamma Ray Burst
(GRB) fields are very similar in many respects. Both have gone through a burst of
activity in source modeling, both have a history of “repeaters” and, for both, the
discovery of isotropy in arrival directions mean a fundamental change of current views
and ideas. As in the case of gamma ray bursts (GRB), one can expect that the next
significant step in our understanding of the UHECR problem will come when some
source is finally identified as data accumulates from the new large exposure experiments
under construction. However, UHECR are most likely charged particles, and so there is
probably not such a thing as an easily identifiable optical counterpart, as there turned
out to be with GRBs. Intervening galactic and intergalactic magnetic fields can affect
propagation at energies of hundreds of EeV in a very significant way. This coupling
means that both, cosmic magnetic fields and UHECR will have to be tackled together.
UHECR will be, at the same time, the object of study and an invaluable diagnostic tool
for magnetic fields inside the 100 Mpc sphere defined by the Greisen-Zatsepin-Kuzmin
cut-off. The prospects for the future will be discussed.

1 General Considerations

Cosmic rays (CR) span an enormous interval in energy: more than 11 orders
of magnitude. Several are the production, acceleration, and propagation mech-
anisms, as well as the experimental techniques, involved over this huge energy
range encompassing a plummeting flux that goes down from 104 m−2 s−1 at ∼ 1
GeV to 1 (100 km2)−1 yr−1 at ∼ 100 EeV, the highest energies ever detected;
see the introduction by P. Biermann and G. Sigl in this volume.

The spectrum is remarkably regular over this energy interval, and can be
described by a succession of power laws separated by a few breaks: the knee at
a few PeV, the second knee at ∼ 0.75 EeV and the ankle at ∼ 5 − 10 EeV. Of
particular relevance to the study UHECR is the tale-telling GZK cut-off, long
ago postulated at ∼> 40 EeV [1,2] but apparently not present according to current
data.

Figure 1 shows an economical way of getting an insight into the general
characteristics of CR over their whole energy range. There, the gyroradius of
charged nuclei (p-O-Fe) as a function of energy for two fiducial magnetic fields
values, 10−6 and 10−9 Gauss respectively, representative of the galactic magnetic
field (GMF) and intergalactic magnetic field (IGMF), are given.

It can be seen that, at energies below 1018 eV, CR particles have gyroradii
much smaller than the thickness of the galactic disk. At these relatively low
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energies CR propagate diffusively and are effectively confined inside the disk.
However, at energies above ∼ 1018 eV, the gyroradii are much larger than the
typical Galaxy thickness, and the diffusive approximation breaks down. Further-
more, for an average IGMF of ∼ 10−9 Gauss [3] the gyroradius of the lightest
nuclei in the intergalactic medium are in excess of 100 Mpc at E > 1020 eV.

Fig. 1. Gyroradii of CR nuclei as a function of energy for typical GMF and IGMF
values

Up to energies around the knee, CR are undisputedly galactic and, very likely,
accelerated by first order Fermi processes at galactic supernova remnant (SNR)
shock waves [4,5,6,7,8]. At energies between the knee and the ankle the origin of
the particles is more uncertain though still galactic. SNR propagating through
the wind of its progenitor star could play an important role in accelerating these
nuclei, explaining also the observed gradual change to a heavier component [9].
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Beyond the ankle, the increase in the maximum depth of air showers points
to a change back to a lighter (proton dominated?) component [10]. At the
same time, the arrival directions of UHECR seem remarkably isotropic [11,12],
showing no evidence of correlation with either the galactic or the Supergalactic
planes [13]. As light nuclei don’t propagate diffusively inside the galactic plane
at these energies, the previous observations point strongly to particle sources
outside the galactic disk, either located in an extended galactic halo or extra-
galactic.

As for the identity of the UHECR particles and their sources, a wide spec-
trum of possibilities is allowed by the scarce available data. Deeply penetrating
primaries seem to be ruled out by Fly’s Eye [14] and AGASA [15] data with
an upper limit (at the 90% CL) 10 times smaller than the observed UHECR
flux above 1019.5 eV [10]. There is no indication either in the AGASA, Hav-
erah Park [16] or Fly’s Eye [17] data set, that the primaries above 1020 eV are
gamma-rays, as generally favored by top-down UHECR production mechanisms.
Therefore, so far, observations leave hadrons as the most likely primaries.

Neutrons, even at the highest energies detected, have a Lorentz factor Γ ∼
1011 and, therefore, decay into protons after a free fly of only ∼ 1 Mpc. Thus,
UHECR are probably charged hadrons. Heavy nuclei, on the other hand, interact
strongly with the infrared (IR) background and photodisintegrate, which severely
limit their travel distance. Although definite conclusions are critically dependent
on the IR background flux assumed [18,19,20,21], it is likely that UHECR are
mainly light nuclei, possibly protons.

Protons also interact with the all-pervading cosmic microwave background ra-
diation (CMBR) via photo-pion production interactions. The interaction length
is ∼ 6 Mpc at E ∼ 1019.6 eV, with an inelasticity ΔE ∼ 20 % per interaction
[22,23,24]. Therefore, unless the particles have unreasonably high energy at the
sources, the flux at Earth should originate in a relatively small volume of nearby
universe, the GZK-sphere, with a radius of the order of 50 − 100 Mpc [25,26].
Furthermore, the energy spectrum resulting from a homogeneous distribution of
sources should present a distinguishable GZK-cut-off at E > 1019.5 eV [22,23,27].
Since the latter cut-off is apparently not present in the available data [28,29] there
is probably some kind of clustering or even a local enhancement in the UHECR
source density distribution.

Beyond these “facts”, rather few things can be confidently ascertain about
UHECR, and the way is open even for new physics to come into play at some
level. The problem looks, in many respects, very similar to the GRB problem
before the Beppo-Sax-era: few data, an essentially unknown distance scale, un-
known particle source, unknown powering mechanism and possibly even un-
known particles involved. Chances are, therefore, that further advancement in
the UHECR field will come when particle sources are identified (or not!) with as-
trophysical counterparts. There is, however, a potentially fundamental difference
at this point: we may be dealing with charged particles in the case of UHECR.
This means that the particle trajectories are coupled, in principle, to an un-
known extent to the intervening magnetic fields, both galactic and intergalactic.
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Unfortunately, our knowledge of the topology and intensity of the large scale
magnetic fields in the local universe and galactic halo is deficient; it resumes,
mainly, to upper limits or rotation measurement constraints to the product of
the magnetic field intensity times the square root of the coherence length aver-
aged along some few lines of sight [3]. The implicit assumption of a particular
field model with rather low IGMF intensities, combined with the high energy
of particles beyond the GZK cut-off, has led to the notion of a random walk
propagation scenario [30,25,31,32] where small particle deflections,

θ(d, E) � 0.025o
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allow for an easy identification of the sources. Here, d is the distance to the
source, and λ and B are coherence length and strength of the magnetic field (see
also Sect. 5 of the contribution by Sigl in this volume). Nevertheless, the prop-
agation character of UHECR can be strongly dependent on the model assumed
for the magnetic fields inside the propagation region, the GZK-sphere.

2 Magnetic Scenarios

Figure 2 shows, schematically, the UHECR propagation region. The main re-
gions to distinguish are: (a) the source and its immediate, probably magnetized,
environment, (b) the intergalactic medium, (c) the galactic halo, (d) the galactic
disk, (e) the heliosphere and (f) the Earth magnetosphere.

The sources and their environments are essentially unknown. Magnetic fields,
if present, are probably relevant to the acceleration mechanism and/or escape
probability of the particles. However, we can always redefine the size of the
source to include this environment and, consequently, we will not make such a
distinction in what follows.

The heliosphere and Earth magnetosphere, despite their relatively large co-
herent magnetic fields, have length scales small enough to produce only minute
deflections and, from the point of view of propagation can be neglected. The
latter does not mean, however, that these magnetic fields cannot play a relevant
role in other phenomena related to UHECR [33,34].

The main components of the problem are then, at least from the point of
view of the magnetic field, the IGMF and GMF (both halo and disk field).

2.1 The Galactic Magnetic Field

The grand design of the Galactic magnetic field is difficult to observe from our
position inside the system. However, a global picture exists, particularly reliable
within 2 − 3 kpc from the Sun [35], based on Zeeman splitting of radio and
maser lines, and Faraday rotation measurements from pulsars and extragalac-
tic sources, complemented with frequency dependent time delay measurements
of pulsar signals. Several parametrizations are available [36,37] for the regular
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Fig. 2. Schematical representation of the UHECR propagation region

component of the GMF. Radio polarization observations (see Fig. 3) of other
phase-on and edge-on spiral galaxies confirm the existence of such a large scale
ordered magnetic component, encompassing the visible spiral disk structure, and
possibly extending into the galaxy halo. These polarization observations of other
spiral galaxies represent an important test, since rotation measures of the GMF
sample mainly the warm component of the interstellar medium, which has a fill-
ing factor of only ∼ 20 %, rising doubts about the global relevance of the latter
results.

Furthermore, the large scale magnetic field structures in the few tens of spi-
ral galaxies studied so far, present a narrow spectrum of topologies. Basically,
in the plane of the galaxy the field is either axisymmetric or bisymmetric while
in the direction perpendicular to the galaxy plane the horizontal component has
either quadrupolar (horizontal field even in z and perpendicular field odd in z)
or dipolar (horizontal field odd in z and perpendicular field even in z) symmetry,
and mode mixing can also occur [35]. It is not clear which of these symmetries
actually applies to our own galaxy. Some authors favor an axisymmetric model
[40,41], while others prefer a bisymmetric one [42,37]. The symmetry of the
horizontal component with respect to the midplane is somehow masked by lo-
cal fluctuations in the vicinity of the Sun, therefore, claims exist for both, odd
and even symmetries, although the latter probably agrees better with the ob-
servations. The perpendicular component is very small near the midplane and is
difficult to disentangle from local inhomogeneities. At least one reversal in the
field direction exist internal to the solar circle at 0.2−0.3 kpc in the direction of
the Sagitarius arm and there is widespread controversy regarding the existence
of either one or two additional inner and one outer reversals. In any case, the
Sun is too close to a reversal and, therefore, the local GMF intensity may not
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Fig. 3. The regular component of the magnetic field in spiral galaxies [38,39]

be representative of the Galaxy as a whole, where typical values might run as
high as 4–6 μG.

Superimposed on the regular component is a random component of compa-
rable, or even larger intensity. Its origin and maintenance mechanism are poorly
known. The strength of the rms random magnetic field, however, seems to reflect
equipartition with the kinetic energy in the turbulence. A comprehensive study
of Faraday rotation measurement differences between pairs of pulsars points to
an rms amplitude of 4 – 6 μG and coherence length between 10 and 100 pc [43].
A plausible mechanism to produce the random field component is the small scale
dynamo, which would produce magnetic flux ropes with a length of about 50–100
pc, thickness of ∼ 5–10 pc and a filling factor of ∼ 1% embedded in the warm
phase of the ISM [44]. Some kind of consensus seems to exist around a model in
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which the strength of the regular field is 1.8± 0.3 μG and the total local field is
∼ 5 μG probably increasing towards the Galactic center [45].

Therefore, even if the present uncertainties preclude the exact knowledge of
the GMF, a limited spectrum of possible configurations exists which can be used
to check different UHECR propagation scenarios. Furthermore, in the future,
whenever better statistics on UHECR are available, these data could be used to
further improve our knowledge on the GMF.

Given a parameterization for the GMF, particles arriving at Earth from any
direction in the sky can be back-tracked through the galactic disk and halo
indexmagnetic field!galactic halo to the border of the halo where the IGMF
starts. This procedure defines a mapping between the arrival directions at the
border of the halo and the arrival directions at the position of the Earth inside
the Galaxy. In this way, the intrinsic angular error boxes due to the existence of
a GMF can be estimated as a function of arrival direction. A couple of examples
of such calculation are given, in galactic coordinates, in Fig. 4 [46,47] for an
axisymmetric, quadrupolar, without a z (perpendicular to the galactic plane )
component (ASS-S) model of GMF [48]. Two maps are shown for incoming (a)
protons and (b) iron nuclei at 2.5 × 1020 eV. It can be seen that, for protons
in this particular GMF model, the intrinsic error boxes due to the GMF are
< 1o for most of the sky; the exception are those lines of sight that cross the
central region of the Galaxy and first quadrant at low galactic latitudes, where
the angular uncertainty can grow rapidly beyond 4o. It must be kept in mind,
however, that it is in the central regions of the Galaxy where our knowledge of
the GMF is poorer. Iron nuclei, on the other hand, suffer very large deflections
over most of the observable sky even at energies as high as 2.5× 1020 eV.

In a recent series of papers, Harari, Mollerach and Roulet [49,50,51] have
studied the propagation of UHECR with a particular emphasis on lensing effects.
Both, more “standard” GMF models as the ones described above, and a GMF
model including a galactic magnetized wind (as in Ahn et al. [52]) were analyzed.
They show that multiple images from a single source can occur quite frequently,
complicating the unambiguous identification of individual UHECR sources and
allowing the formation of spurious clusters of events. If the exposures are large
enough to allow the arrival to the detector of several events coming from a
single source, then flux magnification effects can also be expected in the vicinity
of caustic curves. These phenomena are, in general, energy dependent and should
also distort the observed energy spectrum.

2.2 The Intergalactic Magnetic Field

Luminous matter, as traced by galaxies, as well as dark matter, as traced by
galaxies and clusters large scale velocity fields, is distributed inhomogeneously
in the universe. Groups, clusters, superclusters, walls, filaments and voids are
known to exist at all observed distances and are very well mapped in the lo-
cal universe. Hence, the distribution of matter inside the GZK-sphere is highly
inhomogeneous and so is, very likely, the distribution of UHECR sources.
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Fig. 4. Angular error box as a function of arrival direction in galactic coordinates for
UHECR of E = 2.5×1020 eV. The incoming particles are (a) protons and (b) Fe nuclei.
ASS-S GMF model

Synchrotron emission and multi-wavelength radio polarization measurements
show that magnetic fields are widespread in the Universe. But how do they
encompass the structure seen in the distribution of matter we do not yet know [3].

The available limits on the IGMF come from Faraday rotation measurements
in clusters of galaxies and suggest that BIGM × λ1/2 < 10−9 G × Mpc1/2 [3],
where λ is the field reversal scale. Note, however, that this kind of measurement
doesn’t set an actual limit to the intensity of the magnetic field unless the reversal
scale is known along a particular line of sight. The latter means that, depending
on the structure of the IGMF, substantially different scenarios can be envisioned
that are able to satisfy the rotation measurement constraints.

To complicate things further, the rotation measure is not just a measure of
the integral of the component of BIGM projected along the line of sight. In fact,

RM ∝
∫ s

0
ne(s)BIGM.ds (2)
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and the electron density, ne, along the line of sight plays as important a role as
the magnetic field in defining the observed value of the Faraday rotation mea-
sure. In the past, oversimplified models of the electron density have been used,
usually assuming a homogeneous distribution scaled with redshift. It has been
shown recently [53], that those estimates can be up to one order of magnitude
smaller than models assuming a inhomogeneous electron density distribution
which follows the observed Lyman-α forest distribution, i.e., ∼ 10−8 vs. 10−9 G.
Furthermore, the scatter among different lines of sight seems to be too large to
determine a significant limit.

Unfortunately, we do not know what is the actual large scale structure of
the IGMF. Nevertheless, we can imagine two extreme scenarios that are likely
to bound the true IGMF structure. In Fig. 5 calculations of large scale structure
formation by Ryu and co-workers [54] have been modified by hand to exemplify
these scenarios. The top frame displays Ryu’s IGMF simulation results in the
background showing how, by z = 0, the magnetic field has been convected to-
gether with the accretion flows into walls, filaments and clusters, depleting the
voids from field. According to these calculations, the magnetic field is confined
in high density, small filling factor regions, bounded by a rather thin skin of
rapidly decreasing intensity, surrounded by large volumes of negligible IGMF.
As suggested by the free-hand lines on top of Fig. 5, the IGMF inside structures
is highly correlated in scales of up to tens of pc. Furthermore, in order to com-
ply with the rotation measurement constraints mentioned before, the intensity
of the magnetic field inside the density structures should be correspondingly
higher. Therefore, a plausible upper limit could range from 0.1 to 1 μG, i.e.,
from comparable to, to several times larger than, a field in equipartition with
the thermal energy of the plasma in filaments and sheets. Notably, this is also
comparable with GMF values within the interstellar medium. We will call the
latter scenario laminar-structure .

The second model, that we will call cellular-structure , is depicted in the
bottom panel of Fig. 5. We imagine the space divide into adjacent cells, each
one with a uniform magnetic field randomly oriented. We identify the size of a
cell with the magnitude of the local reversal scale. Furthermore, one can assume
that the intensity of the magnetic field scales as some power of the local mat-
ter (electron) density and, consequently, the rotation measurement constraint
BIGM × λ1/2 < 10−9 G × Mpc1/2 tells how the reversal scale, i.e., the size of
the cells, should be scaled. A convenient reference, such as the IGMF in the
Virgo [55] or Coma [56] cluster can be used for normalization. The cellular-
structure scenario leads to a more widespread IGMF, filling even the voids. The
observational constraints imply then that the IGMF varies much more smoothly,
from 10−10G inside voids to a few times 10−9–10−8G inside walls and filaments,
only reaching high values, 0.1− 1 μG, inside and around clusters of galaxies.

Observations are not enough at present to distinguish between these two
scenarios, but we can still try to asses what are their implications for UHECR
propagation.
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Fig. 5. two possible extreme models for the IGMF structure: (top) laminar structure
and (bottom) cellular structure. These schematic plots are adaptations by hand made
on top of IGMF and density calculations by Ryu, Kang, and Biermann [54]

2.3 UHECR Propagation in a Laminar IGMF

This is the most difficult scenario to dealt with because it does not accept a
statistical treatment and results are very dependent on details about the exact
magnetic field configuration inside the GZK-sphere, which is beyond our present
knowledge.

A simpler approach is to study the UHECR emissivity of a single wall sur-
rounded by a void [58,57]. Figure 6 shows the corresponding model for a wall
immersed in a void; the magnetic field inside the wall has two components, o
uniform field along the z-axis of intensity 0.1 μG and a random component with
a Kolmogorov power law spectrum of amplitude equal to 30% of the regular
component. One hundred UHECR sources are included inside the wall, and each
one of them injects protons at the same rate and with the same power low energy
spectrum, dNinj/dE ∝ E−2. Pair production and photo-pion production losses
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Fig. 6. Simplified model of a wall, or slab, containing UHECR sources and surrounded
by a void. The magnetic field configuration is representative of the laminar model [57]

in interactions with the IR and microwave backgrounds respectively are also in-
cluded. The wall has a radius of 20 Mpc, a thickness of 5 Mpc and is sandwiched
by a transition layer 5 Mpc in thickness where the magnetic field decreases ex-
ponentially up to negligible values inside the surrounding void. Once the system
reaches steady state, a detector can be shifted around the wall to simulate ob-
servers at arbitrary positions with respect to the wall. In a real situation, this
system could be representative, for example, of the Supergalactic plane (SGP);
in that case the Milky Way, i.e. we, the observers, should be located at some
point on the x-z plane (but we don’t know at what angle with respect to the
z-axis). The simulations show that the UHECR flux measured can vary by three
orders of magnitude depending of the relative orientation between the wall, the
field and the observer. At the same time, almost all directional information is
lost, and the strength of the GZK-cut-off would vary considerably as a function
of orientation [57].

The previous effects can be intuitively understood by looking at Fig. 7, which
shows a cross section of the wall in Fig. 6 at the plane z = 0. Several particles
trajectories are shown for proton injection at E = 100 EeV, with different az-
imuthal angles and a slight elevation with respect to the x-y plane. It can be seen
that there is nothing like a random walk: particles tend to be trapped inside the
wall and move in a systematic way. Most of the particles drift perpendicularly to
the regular field while their guiding centers bounce along the field. It can also be
seen how the gyroradii decrease as the particles lose energy in interactions with
the radiation backgrounds. Even the few particles that do escape from the wall,
do so in an non-isotropic manner (e.g., predominantly to the right for y > 0).
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over ∼ 4 orders of magnitude in thermal gas density. This view [70] is, however,
still controversial [3]. In fact, magnetic fields in galaxy clusters are roughly ∼ 1
μG, which is of the order of interstellar magnetic fields; furthermore, supracluster
emission around the Coma cluster suggests μG fields in extended regions beyond
cluster cores. The latter could indicate that the IGMF cares little about the
density of the associated thermal gas density, having everywhere an intensity
close to the microwave background-equivalent magnetic field strength, BBGE �
3× 10−6 G.

Taking the view that a power law scaling exist, a model can be devised in
which the IGMF correlates with the distribution of matter as traced, for example,
by the distribution of galaxies. A high degree of non-homogeneity should then be
expected, with relatively high values of BIGMF over small regions (< 1 Mpc) of
high matter density. These systems should be immersed in vast low density/low
BIGMF regions with BIGMF < 10−9 G. Furthermore, in accordance with rotation
measurements, the topology of the field should be such that it is structured
coherently on scales of the order of the coherence length λ which, in turn, scales
with IGMF intensity: λ ∝ B−2

IGMF(r). BIGMF should be independently oriented
at distances > λ. Therefore, a 3D ensemble of cells can be constructed, with
cell size given by the coherence length, λ, and such that: λ ∝ B−2

IGMF(r), while
BIGMF ∝ ρ0.35

gal (r) [70] or ∝ ρ
2/3
gal (r) (for frozen-in field compression), where ρgal is

the galaxy density, and the IGMF is uniform inside cells of size λ and randomly
oriented with respect to adjacent cells [65,69]. The observed IGMF value at some
given point, like the Virgo cluster, can be used as the normalization condition
for the magnetic field intensity. The density of galaxies, ρgal, is estimated using
either redshift catalogs [like the CfA Redshift Catalogue [66,27] or the PSCz [72]],
or large scale structure formation simulations [69]. The latter is a convenient way
to cope with, or at least to assess the importance of, the several biases involved
in the use of galaxy redshift surveys to sample the true spatial distribution of
matter in 3D space.

The relevant energy losses for UHECR during propagation are: pair pro-
duction via γ–γ with CMB for photons, redshift, pair production and pho-
topion production in interactions with the CMB for nucleons and, for heavy
nuclei, also photodisintegration in interactions with the IR background. All of
these can be appropriately included [73,74,75,76]. The spatial distribution of the
sources of UHECR is tightly linked to the nature of the main particle acceler-
ation/production mechanism involved. However, in most models, particles will
either be accelerated at astrophysical sites that are related to baryonic matter,
or produced via decay of dark matter particles. In both cases the distribution
of galaxies (luminous matter) should be an acceptable, if certainly not optimal,
tracer of the sources.

Once the previously described scenario is built, test particles can be injected
at the sources and propagated through the intergalactic medium and intervening
IGMF to the detector at Earth.

Figure 8a-b show the arrival probability distribution of UHECR protons as
a function of galactic coordinates for a distribution of sources following the
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Fig. 8. Arrival probability distribution of protons (linear scale) as a function of galactic
coordinates for a distribution of sources following the distribution of luminous matter
inside 100 Mpc. dNinj/dE ∝ E−2, with (a) Einj > 4 × 1019 eV and (b) Einj > 1020 eV.
The fiducial IGMF of Sect. 2.4 is used

distribution of luminous matter inside 100 Mpc (CfA2 catalog). A power law
injection energy spectrum at the sources is assumed, dNinj/dE ∝ E−2, with (a)
Einj > 4× 1019 eV and (b) Einj > 1020 eV respectively.

It can be seen that, in contrast to the laminar IGMF case, in this scenario
information regarding the large scale distribution of the sources inside the GZK-
sphere can be easily recoverable. The SGP and the Virgo cluster, in particular,
are clearly visible between l � 0–−100. It can also be appreciated the increase in
resolution as the energy reaches the 100 EeV range and the gyroradii of UHECR
protons become comparable to the size of the GZK-sphere. It is also in the
cellular model that the deflection angle of the incoming particle with respect
to the true angular position of the source (see Fig. 9) is small enough for an
UHECR astronomy to develop at the largest energies.

3 Theory versus Data

From the astrophysical point of view, there are at present two elementary obser-
vations that can be used to constraint the production and propagation models
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Fig. 9. Median and 63% and 95% C.L. for the deflection angle of an incoming UHECR
proton with respect to the true angular position of the source for the example in Fig. 8.
All sky average

of UHECR: arrival energy and arrival direction of the individual particles, which
are statistically encoded as spectral energy distribution and angular distribution
respectively.

The extension of the UHECR spectrum beyond the GZK cut-off has long been
hinted by the extreme high energy events of Volcano Ranch [77,78], Haverah
Park [79,80], Fly’s Eye [81] and AGASA [82], and recently confirmed by the
latter experiment [28,83].

It is not clear, however, whether the available data (461 events for E > 1019

eV, and only 6 events for E > 1020 eV) is sufficient to support any conjecture
about the actual shape of the spectrum above 1020 eV. Furthermore, it is the
nearby sources that are expected to be responsible for this region of the spectrum
and their distribution is far from isotropic or homogeneous. Therefore, it is not
clear either what is the influence that the differential exposure in declination,
peculiar to the AGASA experiment, has on the deduced spectral shape at the
highest energies.

Figure 10 [27] try to assess both, the statistical significance of the AGASA
result [28] at the very end of the energy spectrum, and the degree to which it is
compatible with a non-homogeneous distribution of sources that follows closely





Magnetic Fields and UHECR Propagation 171

Fig. 11. Expected arrival probability distribution (contour lines in the background)
for the same UHECR source and IGMF cellular model as above compared with the
actual published data above 4 × 1019 eV from AGASA, Haverah Park, Yakutsk, and
Volcano Ranch. The fiducial IGMF of Sect. 2.4 is used

can be specially severe when different redshift surveys are combined in a single
catalog. Blanton, Blasi, and Olinto [72], for example, taking into account flux
limits for an older version of the CfA2 catalog (only 17% sky coverage) and the
IRAS PSCz survey [84], argue for a lower local over density, which makes even
worst the disagreement between observations and expectations. Face to these
inherent uncertainties, we stress that the result expressed in Fig. 10b must be
interpreted more as a word of caution than as a closed result.

Figure 11 shows an Aitoff (equal area) projection, in galactic coordinates, of
the expected arrival probability distribution (contour lines in the background)
for the same UHECR source and IGMF cellular model as above compared with
the actual published data above 4 × 1019 eV from AGASA (47 events [11]),
Haverah Park (27 [85]), Yakutsk (24 [86]) and Volcano Ranch [87]). The mask
covers the plane of the galaxy, where the actual distribution of galaxies is not
well known due to obscuration by dust. The curved, thick line is the celestial
equator.

The arrival probability contours trace quite well the local large scale struc-
tures. The SGP, in particular, can be easily distinguished running from North
to South approximately along the l = 135 galactic meridian. It is apparent from
Fig. 11 that, despite some conspicuous clusters in the vicinity of the SGP, the
actual observed distribution of UHECR is much more isotropic than what one
would expect if their sources aggregate like the luminous matter. Unfortunately,
given the non-uniform exposure in declination of the various experiments and
the low number statistics involved, it is not trivial to quantify this statement.

The view of the AGASA group [11] is that supra-GZK events arrive isotrop-
ically at Earth. However, this picture is further complicated by the detection of
three doublets and a triplet within a separation angle of 2.5o.
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Fig. 12. (a) Arrival directions (right ascension) of UHECR above 4 × 1019 eV for
the LLMD (shaded regions) and homogeneous models (lines), as well as the observed
AGASA data (squares). 68% and 95% confidence levels are shown for both models.
Confidence levels are calculated for each individual bin after 1000 independent exper-
iments (with 47 events each - same number as the AGASA sample) were performed.
(b) Amplitude and phase of the first harmonic calculated for 103 samples drawn form
the isotropic (circles) and anisotropic (LLMD - crosses) distributions. The size of in-
dividual samples is 47 protons, as in AGASA. The hatched region is the (1σ) error
box calculated from AGASA observations, while the thick horizontal bars are the 1σ
error bars for the phases of Volcano Ranch, Haverah Park and Yakutsk experiments.
In both cases, (a) and (b), samples are selected with the same declination distribution
expected for the AGASA experiment [88]

Further insight can be gained, as in the case of the energy spectrum, by
comparing the data with what should be expected from a homogeneous and
from an inhomogeneous distribution of sources that follows closely the local
luminous matter spatial distribution (LLMD).

The most elemental analysis that can be made regarding isotropy is one-
dimensional, in right ascension (RA), where other complicating factors like non-
uniform exposure in declination and low number statistics are more easily dealt
with. Figures 12a and 12b show different forms of visualizing the distribution of
events in RA. The shaded bands (Fig. 12a) in the background correspond to the
68% and 95% confidence levels of the expected distribution of events in RA for
a sample of size 47 protons originated in the LLMD scenario. Despite the small
size of the samples some features are clearly seen. The largest peak is the signal
from the Virgo-Coma line of sight towards the North galactic pole. The opposite
half of the SGP (towards the second quadrant in galactic latitude) is responsible
for the smaller peak around 30o. The deep depressions surrounding the Virgo
peak correspond to the Orion (left) and Local (right) voids, the most prominent
structures in our immediate neighborhood, combined with the spurious effect of
obscuration of the galaxy distribution due to the galactic plane.
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The thick continuous lines in Fig. 12a correspond to the 68% and 95% confi-
dence levels of the distribution in RA when the incident UHECR flux is isotropic.
We can see that, even with so few events, both limits should be distinguishable.

The heavy squares represent the AGASA data (same bin size as for the
models above) and are consistent with an isotropic distribution. No signature is
seen from the Virgo peak and, furthermore, the most populated bins fall in a
region corresponding to the Local Void.

A more quantitative treatment to characterize the anisotropy in RA is the
first harmonic analysis [89]. Thus, given a data sample, the amplitude r1h =√

a2
1h + b2

1h and phase Ψ1h = tan−1 (b1h/a1h) are calculated, where
a1h = 2

N

∑N
i=1 cos αi, b1h = 2

N

∑N
i=1 sinαi and αi is the right ascension of an

individual event.
r1h and Ψ1h are calculated for 103 samples drawn form the isotropic and

anisotropic (LLMD) distributions and the results are shown in Fig. 12b with
small dots and crosses respectively. Both cases are very well discriminated in the
r1h-Ψ1h plane. The error box for the first harmonic of AGASA data (calculated
by [90]) is also displayed (hatched region), and is completely consistent with an
isotropic UHECR flux. Moreover, the AGASA result by itself, seems completely
inconsistent with the LLMD scenario. However, when the phase and amplitudes
obtained from other major experiments are considered (large, thick horizontal
bars in Fig. 12b for Haverah Park -HP- Volcano Ranch -VR- Yakutsk -YK-; see
[90]) the picture looks suggestively different, since all the phase observations are
clustered inside the same quadrant in RA, covering the right wing of the Virgo
peak. That is, despite the fact that every isolated measurement is consistent
with isotropy, the observed phases seem to show a systematic enhancement in
the direction of the interface between the SGP and the large adjacent Local
void. It must also be noted that Haverah Park and Volcano Ranch data behave
more like a transition between the isotropic and LLMD scenarios. Three out of
four first harmonic phases (HP, YK and VR) include the North galactic pole
within one S.D. level, while the forth (AGASA) include it within two S.D.. The
exclusion of the observed UHECR events inside the obscuration band, b < 10o,
changes the phase of the AGASA result by only 6o (from 258o to 252o) and,
therefore, previous conclusions are unchanged by this effect.

Clearly, a two-dimensional analysis of the data would be highly desirably
in order to answer questions as simple as whether the data is isotropic or uni-
modal. One way of doing this, given the small number of events involved and
the non-uniformity of the distribution of events in declination due to experi-
mental limitations, is to analyze the normalized eigenvalues τ1, τ2 and τ3 of
the orientation matrix T of the data. Defining Ti,j = ΣN

k=1v
k
i v

k
j , where vk are

the N unit vectors representing the data over the celestial sphere and assum-
ing 0 ≤ τ1 ≤ τ2 ≤ τ3 ≤ 1, the shape, γ = log10(τ3/τ2)/ log10(τ2/τ1), and the
strength parameter, ζ = log10(τ3/τ1), can be built [91]. The shape criterion γ
is useful in discriminating girdle-type distributions from clustered distributions.
The larger the value of γ the more clustered is the distribution. Uniform, nearly
isotropic, distributions have ζ ∼ 0. Because of the nature of the experimental





Magnetic Fields and UHECR Propagation 175

Fig. 14. Radio ghosts could act as scattering centers of UHECR in the intergalac-
tic medium, giving rise to a diffuse particle flux besides the direct, anisotropic, flux
component. Thus, the observer (dot) would see the source (star) immersed in a CR
background. For details see Ref. [69]

2. The sources involve bottom-up mechanisms associated with luminous matter
but there is a large local magnetic structure, like a magnetized Galactic wind,
which isotropize the UHECR flux upon traversing the galactic halo [52,93]. As
the energy of the particles increases, and as long as they all have the same
mass, the degree of isotropization should decrease making the galactic pole vis-
ible. Figure 16 shows schematically how such a focusing effect could take place
inside an hypothetical Galactic wind, in the context of our nearby universe. Fig-
ure 15 shows the backtracking of the real data above 1020 eV to the border of the
Galactic halo (from Ahn et al. [52]) when no random field component is included
in the wind model. Although not shown, reasonable levels of MHD turbulence
do not change the qualitative nature of the result. Clustering could also be a
natural consequence of the Galactic magnetized wind scenario due to lensing ef-
fects [51]. In any case, this scenario should produce a strong asymmetry between
the observable UHECR flux at the Northern and Southern Earth hemispheres.
Consequently, this represents an ideal theoretical ground to be tested by the
next generation Pierre Auger observatory in Malargüe, Argentina.
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Fig. 15. Mapping of UHECR data onto the border of a magnetized Galactic wind [52].
The thick band represents the position of the Supergalactic plane, the most prominent
large scale structure

3. The sources involve top-down mechanisms associated with dark matter whose
distribution roughly associates with the LLMD. In this case, the observed flux
is the combination of an extragalactic component, whose signature is not very
different from that of the LLMD, and a component originated in the halo of our
own galaxy [90,94,95]. It has been claimed [96] that, under general conditions,
the halo component should dominate the extragalactic flux by at least two or-
ders of magnitude. This is only true, however, in the unrealistic case of dark
matter uniformly distributed in intergalactic space. Nevertheless, dark matter
aggregates strongly and tends to be overabundant, by factors of ∼ 102, in the
center of galaxy clusters when compared to its abundance in the halos of isolated
galaxies. It can therefore be shown that, in a sample of 50 events, and assuming
Virgo as the only source of extragalactic events, 3–7 events should originate in
Virgo and arrive inside a solid angle of approximately the size of the cluster.
This could give rise to a slight anisotropy that correlates with the SGP when
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Fig. 16. Schematic view of UHECR focusing by a magnetized Galactic wind in the
local universe

combined with the almost isotropic flux originated in a large galactic halo. Note,
however, that the solid angle does not need to point exactly in the direction of
Virgo, depending on the large-scale structure of the intervening magnetic field.
Furthermore, the present data is not even enough to constraint theoretical halo
models, being able to rule out only the most unlikely (very flattened or very
small) halos [90].
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4 Conclusions

UHECR are most likely charged particles; therefore, there is probably not such a
thing as an easily identifiable optical counterpart to these extremely high energy
events. Intervening galactic and intergalactic magnetic fields can affect propa-
gation at energies of hundreds of EeV in a very significant way depending on
the intensity and topology of the fields. This means that both, cosmic magnetic
fields and UHECR are probably strongly coupled and will have to be tackled
simultaneously as different aspects of the same problem. We will have to increase
our knowledge on cosmic fields to better understand UHECR and, conversely,
as soon as we go through a some threshold in our understanding of UHECR
astrophysics, an invaluable and badly needed new diagnostic tool for probing
magnetic fields inside the GZK-sphere will be available.
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Abstract. The detection of ultra high energy cosmic ray (UHECR) events beyond the
cutoff expected from proton interactions with the microwave background has continued
to defy an explanation on simple terms. Assuming that powerful radio galaxies are
the source of UHECR’s at E ≥ 1019 eV, and that these are protons, susceptible to
photon interactions over propagation paths longer than � 30 Mpc, we present a possible
solution that explains both the puzzling lack of a GZK cutoff due to photon interactions
and the observed energy-independent isotropy of UHECR arrival directions. Our model
has three essential ingredients: a) The highest energy particles come from the nearest
powerful radio galaxy M87, b) they are isotropized in the magnetic field of a halo-
wind of our Galaxy, and c) this isotropization can be naturally explained by a k−2

wavenumber spectrum of magnetic irregularities in the halo wind, which makes the
bending of particle orbits independent of energy. All three concepts are well established,
and in essence we have combined them. At progressively lower energies near 5 × 1019

eV, some UHECR arrivals from additional radio galaxies at moderate distances will
also get mixed in. Of all proposed solutions to the challenge presented by the high
energy CR events this is the simplest one, and is it based on known physical processes.

1 Introduction

Very high energy events have now been detected for four decades, and their
energy determination has become increasingly certain, although of course each
new experiment needs to verify once again, that our understanding of the in-
teractions in the air shower development is sufficient. Recent discoveries are in
[1,2,3,4,5,6,7], and [8,9]; the most recent review of the experimental uncertainties
is in [10], see also the contributions by P. Billoir and S. Yoshida on experimental
detection methods.

After the first evidence appeared of events with an energy near 1020 eV, the
microwave background, originally predicted in the late 1940ies, was discovered,
and it was immediately realized, that high energy protons would interact.This
interaction would be at the pion production threshold, and so a cutoff in the
observed cosmic ray spectrum should be visible near 5 × 1019 eV [11,12], com-
monly referred to as the GZK-cutoff.All subsequent reanalyses of this expected
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cutoff have only deepened the difficulty (e.g., [13,14]). On the one hand, we have
now events with energies up to 6 times the GZK-cutoff energy, and several dozen
events beyond 1020 eV, already a factor of two beyond the GZK-cutoff energy. So
even uncertainties of a factor of 2 would not change the problem. The history es-
pecially of the Fly’s Eye experiment has clearly shown [15,16,17,18,19,20,21,22],
when taken together with the Haverah Park and AGASA data, that these ex-
treme energies are unavoidable [10]; fluorescence data are a very important part
of the argument in favor of very energetic protons. On the other hand, any
calculation with a spatially homogeneous source population finds the same re-
sult: there should be a very clear cutoff. However, if the source distribution is
not homogeneous, then the situation does improve, but cannot be solved either
[23,24,25] easily.

Here we focus on the what may be the oldest suggestion, due to Ginzburg
[26,27,28].

Basic arguments on cosmic rays and especially high energy cosmic rays and
their physics have been reviewed in, e.g., various review articles [29,30,31,32,33],
[34,35], and in books [26,36,37].

If we accept that there is a single specific source in the nearby universe
responsible for the highest energy events, then immediately we are faced with
the question, why the events do not come from that source in direction on the
sky?

And here we explore the possibility that the paths of the particles, assumed
to be protons, may be bent by the magnetic fields in our halo, in a Galactic
wind, interpreted in analogy to the Parker magnetic field structure of the solar
wind.

And then such a solution immediately leads to the third problem, and that
is why do the particles come here at any appreciable flux, and at energies well
below that energy at which the bending is important. The analogy with the
solar wind would imply that at an energy somewhat below where bending is
relevant, all external flux is cut off altogether, clearly in conflict with many
previous arguments on extragalactic sources. Here we focus on the spectrum
of the magnetic irregularities expected in the halo-wind, and show that a k−2

spectrum (isotropic, energy per volume, per wavenumber k) influences charged
particles independently of energy; so there is no specific cutoff at all. And in
fact, such a spectrum has been predicted for the halo wind (A. Bykov, 2000,
priv. comm.).

Finally, we will focus on predictions in such a model, which will be testable
with upcoming data, and arrays such as HiRes, Pierre Auger, EUSO and OWL.

This model has been briefly described in [38] and [39,40]. Related calculations
have been done by [41,42].
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2 Radiogalaxy Hot Spots and Jets

The radio galaxy M87 has long been suspected to produce very high energy
events, with Ginzburg probably the first to identify it as a plausible source in
the early 1960’s [26,27,28].

Radio galaxy hotspots specifically have been suggested by [29], and were
worked out in detail using observations of radio quasars and their jets by [43].
The key argument is that the nonthermal spectra of radio galaxy hotspots, and
also sometimes jets and compact flat spectrum radio sources sometimes show a
cutoff at or below 3 × 1014 Hz. Such a cutoff, seen in sources of very different
properties, can readily be interpreted as due to the limiting energy of electrons
going back and forth across a shock in the process of their acceleration, subject
to losses from synchrotron emission and photon interactions. The electrons are
scattered in the magnetic irregularities of a wavefield in the magnetic plasma
which has cascaded down from large scale waves excited by similarly accelerated
protons [44]. In such a case it has been shown [43] that the maximum emission
frequency is approximately

νmax � 0.01
c

r0

(
me

mp

)2

(1)

where r0 is the classical electron radius, c is the speed of light, me and mp are
of course the masses of the electron and proton, and the numerical factor in
front has several powers of π and 2, so as to give a maximum frequency near
3 × 1014 Hz. This result is independent of the local parameters such as the
magnetic field, and the reason is that both electrons and protons move in the
same disturbed magnetic field fluctuations, but of course, in different parts of
the wave-number spectrum. The basic and key idea is that the protons excite the
waves in the magnetic plasma on the large wavelength scale, and the wave energy
then cascades down to those wavelengths which resonate with the electron’s
Larmor motion. Here it can be shown from the observed spectral behaviour of the
emission region behind the shock, that a Kolmogorov spectrum is appropiate [45],
and this has been used. Putting in photon interaction losses modifies this result
only slightly. Therefore we have here a general and rather simple explanation for
the ubiquitous optical cutoff in the spectrum of Active Galactic Nuclei (AGN)
and their jets, observed since the mid 1970’s (for references see [43]). Using
numbers for the knot A in the jet of the active galactic nucleus in the radio
galaxy M87 gives then a suggested maximum proton energy of 1021 eV.

This is the only site, radio galaxy hotspots and knots in jets, of all proposed,
in which protons of such energy are required in the source by other independent
observations.

The magnetic field in jets scales with jet- and so disk power [46,47] as L
1/2
jet .

Since the maximum particle energy as derived from losses scales as 1/B1/2, this
leads to a limit in the maximum energy of protons, which cuts off the highest
energies with larger source power, due to synchrotron and photon interaction
losses:

Emax � 1021 L
−1/4
disk,46 eV . (2)
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The losses limit the maximum energy of a charged particle, but of course
the spatial limitation can be more relevant: One can then proceed to estimate
analogously the maximum energy in other powerful radio galaxy jets and hot
spots, disregarding the distance to us: This then leads to a scaling of maximum
energy with jet- and so disk power [47], which is analogous to that derived by
Lovelace [46], but here with more certain numbers:

Emax � 5× 1020 L
1/2
disk,46 eV (3)

Using the most powerful radio galaxy in the sample considered by [47], and
allowing for some boosting in a weakly relativistic boundary shock we obtain

Emax = 1022eV . (4)

This is a serious upper limit; the more plausible maximum energy for protons
should be below this number.

An important aspect is here, that in order to be able to produce particles
anywhere near 1020 to 1021 eV at all, the source must have appreciable power.
This eliminates sources such as Centaurus A; Centaurus A is too weak.

It is possible to go through this argument [43] again in order to bring out
the possible relevance of heavier nuclei, following [44].

Putting acceleration [48] and loss rates due to synchrotron emission equal
yields for the maximum energy

γA,max A =
[
27
80

b(β − 1)
]1/2 (

e

r2
0B

)1/2 (
Ush

c

) (
mp

me

)
A2

Z3/2 . (5)

Here b is the energy density of the turbulence integrated over all wavenum-
bers, relative to the energy density in the overall magnetic field, so b ≤ 1. Ush is
the upstream shock speed, and β is the spectral index of the turbulence i.e. 5/3
for a Kolmogorov spectrum. A is the number of nucleons in the nucleus consid-
ered, and Z is its charge number. For Ush/c = 0.1, B = 10−4 Gauss, b = 1, and
β = 5/3 this means that

γA,max A mp c2 = 4× 1011 A2

Z3/2 GeV . (6)

In this example the synchrotron time scale is

τA,syn = 5× 107 A3

Z4 yrs (7)

showing, that Helium nuclei lose energy more slowly to synchrotron emission
than protons. This corresponds to a mean free path of loss of about 50 Mpc. The
mean free path for spallation due to photon interaction [49,50] is very much less,
and so will dominate. The energy loss of Helium nuclei due to spallation in photon
encounters has a mean path of interaction in the microwave background of about
1 Mpc [50]. However, since the cross-section for Helium-photon interaction has a



Nearby Origin of Highest-Energy Cosmic Rays 185

strong threshold at 20 MeV in the nucleus frame [50], there must a strong cutoff
in the observable Helium contribution somewhere near 1020 eV. A survival of an
appreciable flux of Helium nuclei well above 1020 eV coming from a source such
as M87 appears unlikely at present.

The general flux at about 1019 eV can easily be accounted for with very
modest assumptions about radio galaxies, and the spectrum up to about 5×1019

eV can be completely understood in flux and shape [13,14].
The main difficulty is, again as noted, that there are very few radio galaxies in

our cosmic neighborhood. M87 is the only one with sufficient power, Centaurus
A is too weak, and NGC315 is too far. M87 is close enough and also powerful
enough, and as such the only serious candidate radio galaxy. The main problem,
prima facie, with M87 is the near isotropy of the arriving events.

3 A Galactic Wind Model

Here we explore the concept that our Galaxy has a wind akin to the solar
wind [51,52,53]; the notion of galactic winds is quite old by now [54,55,56]. In
such a wind the dominant magnetic field can be approximated by an Archime-
dian spiral, with

Bφ ∼ sin
(

θ

r

)
(8)

in polar coordinates, while Br ∼ 1/r2, and Bθ = 0. We adopt the nomenclature
that index 0 refers to a reference radius r0, and the values of all parameters,
such as density ρ0, magnetic field B0 at r0. The Ulysses data show very clearly,
e.g. [57], that the real solar wind is dominated by irregularities as one goes
towards the poles, and so the θ-dependence of the Parker field is clearly a poor
approximation for the overall field strength.

What drives such a wind, and what are its properties?

3.1 Power

The Galactic wind clearly needs driving, and the most powerful source available
is the energy of supernovae and of normal cosmic rays LCR, about <∼3 × 1041

erg/s. Of course, it is commonly taken for granted that cosmic rays derive their
energy from supernova explosions; cosmic rays have the advantage that their
energy can be transported relative to the gas with velocities up to the local
Alfvén velocity; that is, cosmic rays’ energy deposition rate into the wind is
comparable with that of the thermal Galactic wind:

2πρ0r
2
0V

3
W � LCR . (9)

3.2 Rotation Measure

The line of sight integral of electron density multiplied with the line-of-sight
component of the magnetic field through this wind cannot exceed what the data
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show, about 30 rad/m2 [58,59]. This gives the constraint

B0r0n0 <∼ 1.2× 1014 Gauss cm−2 (10)

(using the cgs system here as everywhere else). The density has to match one of
the hotter phases of the gas, either that seen by ASCA and RXTE [60,61], or
by ROSAT [62,63], as implied by the power-requirement condition above: The
density and temperature found by ROSAT was 3×10−3 cm−3, and 4×106 K, re-
spectively, while the other two missions found evidence for an even hotter phase,
with a temperature around 3×107 K possible, suggesting at pressure equilibrium
a density of around 4 × 10−4 cm−3. Any density and temperature combination
with approximately the same pressure in between these two extremes may well
be also possible.

3.3 Alfvén Velocity

The wind driving needs coupling from the relativistic fluid, the cosmic rays, to
the gas, and this can be achieved best via magnetic fields, as proposed for WR
stars [64], and this suggests that the wind may be only slightly super-Alfvénic:

B0√
4πρ0

<∼ VW . (11)

3.4 Potential

Then the wind of velocity VW has to escape the gravitational potential of the
Galaxy, and so has to be faster than about 500 km/s.

VW
>∼ 5× 107 cm/s . (12)

3.5 Mass Balance

The mass loss in the wind should be less than the total gaseous mass turnover
in the Galactic disk, and so less than about 10 M	/yr [65]. Here Ṁgas is the
mass loss in the wind, and Ṁstars is the star formation mass turnover.

4πρ0r
2
0VW = Ṁgas <∼ Ṁstars . (13)

We assume here that the accretion time scale in the disk is the same as
the star formation time scale in normal galaxies [66,67,68]. Accretion can be
dominated either by angular momentum loss or by angular momentum transport,
and we are using here the notion that the latter is a limit for the first.
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3.6 Angular Momentum Loss

And, finally, the angular momentum loss in the wind should be less than the
angular momentum transport in the Galactic disk, and so its time scale cannot
be shorter than the star formation time scale. Using the Alfvén radius rA (i.e.
that radius out to which the angular velocity is constant, giving the lever arm
for angular momentum loss) we then have the condition

Ṁgas r2
A < Ṁstarsr

2 , (14)

where now r is the typical radius for the gas in the disk. This means, if we fix our
attention on the solar neighborhood in the Galaxy, that the lever arm for losing
angular momentum can be larger than the local radius itself by just the factor by
which the mass loss in the wind is smaller than the mass transport rate through
disk viscosity, which in turn has to be equal to the local star formation rate.
Or, to turn the argument around, if the mass transport in the wind becomes
comparable to the star formation rate, then the lever arm for losing angular
momentum cannot be larger than the local radius, and this then forces the wind
to assume the asymptotic state, a tightly wound spiral pattern, very close to its
starting region.

This says, if
Ṁgas � Ṁstars . (15)

then
rA � r (16)

and then indeed the magnetic field has to approximate the true state of the wind
already close to the disk, an Archimedian spiral.

3.7 Wind Zone Size

The ram pressure falls off rapidly with radius r, and is

Pwind = 4π ρ0

(r0

r

)2
V 2

W . (17)

We first need to estimate the parameters plausible for the local intergalactic
medium, a density of 10−6 cm−3 and a temperature of 107 K. These fiducial
values correspond to a transition through an accretion shock in a local cosmo-
logical filament [69], an increase from an outside temperature of about 3 × 105

K [70]. We can thus estimate the wind size to about 1 Mpc, as long as no other
galactic wind is encountered. The next galaxy is M31, but its cosmic ray out-
put can be estimated through the far-infrared emission [65,71], since cosmic ray
production and thermal dust emission directly scale with each other; the next
galaxy which is equivalent to ours in expected wind power is M81, at about 3
Mpc. This implies that the wind size is less than about 1.5 Mpc.
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3.8 Wind Parameters

To make matters simple at first, we assume the wind to be fairly close to its
asymptotic state early on, at small radii. Obviously, we take as reference radius
the galactocentric radius of the Sun, of about 8 kpc. These five conditions suggest
a magnetic field of 5 - 7 microGauss at the wind-base consistent with the numbers
derived for the solar neighborhood [72], and a density of 5 × 10−4 cm−3, as
reference values at the wind-base. This rather low density is consistent with the
high ASCA and RXTE temperatures [60,61], and asuming pressure equilibrium
with the hot gas detected by ROSAT [62,63]. A related wind has been described
in the starburst galaxy M82 by [73]. The key result is that there is a unique set
of values at all, that is consistent with all the above observational constraints.

3.9 Other Models

Comparing such a wind model with those by Breitschwerdt et al. [74,75,76,77,78],
we note that our wind is consistent with their approach, but just has a much
higher sustained magnetic field, since we use the asymptotic regime from small
radii on, following [64]. Also, they did not incorporate all of the conditions which
we have used, such as the RM-limit, and the mass flow limit.

4 Transport of Charged Particles through the Wind

In the following we endeavour to describe the transport of charged particles
through the wind from the outside: there are several conditions to be met, 1)
the near isotropy of arriving events, 2) the smooth transition from galactic to
extragalactic cosmic rays at about 3 × 1018 eV, and 3) the observed smooth
continuation of the flux all the way through the events beyond 5 × 1019 eV,
the expected GZK-cutoff. We start from the premise that at the highest energy
we have a single source responsible, here the radio galaxy M87. This implies a
specific sign of the dominant magnetic field, which is a fourth condition.

Here we refer to the basic information [59,72,79,80,81,82,83] and understand-
ing [84,85,86,87,88] about cosmic magnetic fields. The transport not just in the
halo wind, but also in the local supergalactic sheet connecting the Virgo cluster
[89,90,91,92,93] and [94,95,96,97,98] and us, as well as the propagation in our
own Galaxy [99] should be considered in a final analysis. Here we focus on the
halo wind and its effects, since that may be the key difficulty.

4.1 Magnetic Field Symmetry

There is an important point as regards the sign of the magnetic field: In the
Galactic disk the azimuthal component changes sign every now and then [100],
[101,102], and so one might expect that this sign change carries over into the
wind; these sign changes would then nullify to first order all systematic bending.
However, the obervations of [103] of disk galaxies show, that the sign of the
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magnetic field and its pattern have a very clear symmetry: the magnetic field is
spiral-like, and the dominant component always points along the spiral pattern
inwards. This means that there is a dominant sign, and is consistent actually
with the local sign of the magnetic field measured near the Sun in our Galaxy.
This also means that, different from the solar wind, the azimuthal component
does not change sign in mid-plane. In order to satisfy ∇B = 0 and at the same
time follow a consistent spiral pattern, the radial component must change sign
at higher Galactic latitude. This pattern entails that all very high energy events
observed at Earth, if interpreted as protons, point ultimately upwards, when
traced backwards through the halo wind.

4.2 Magnetic Irregularities

The irregularities are strong in the magnetic field of the solar wind [57], and do
not decay towards the poles with the azimuthal component, therefore in the pole
regions the irregularities do dominate over the regular systematic component.

The wind is ultimately driven by the energy from supernova explosions, and
the cosmic rays accelerated in them; this entails that strong shocks propagating
into the nearby thick disk of the hot gas and into the wind dominate the irregu-
larities. And a multitude of shocks implies a turbulence spectrum of I(k) ∼ k−2.
Such a spectrum of irregularities has the consequence that the diffusion coeffi-
cient becomes independent of energy:

κ =
1
3

rg c
B2/8π

I(k)k
, (18)

where I(k) is the spectrum of the magnetic irregularities, here I(k) ∼ k−2, and
k = 2π/rg, where rg in turn is the Larmor radius of a particle in resonant
Larmor motion. We take k0 to be the smallest wave number, corresponding to
the largest Larmor radius. Here of course we have that 8πI(k0)k0/B2 ≤ 1, and
is taken itself to be independent of radius. In such a case κ becomes independent
of the particle’s energy, and proportional to the radial distance in the halo-wind
of the Galaxy.

4.3 The Bending of Particle Paths by the Magnetic Field

Such a wind bends orbits of energetic particles fairly close by, and so does not
add substantially to the travel distance for the particle. The Archimedian spiral
also has the advantage that the bending, which is really an integral over the
Lorentz-force, gives a logarithmic divergence, and so the bending is considerably
more - by the logarithm of the ratio of the outer and inner radius of the wind -
than if just trivially estimated.

This wind as the key bending agent has the disadvantage that it is a priori
not clear how to avoid extreme anisotropies [41], and how to let lower energy
particles through from the outside, down to the disk. The analogy with solar
wind modulation of cosmic rays below a few hundred MeV would suggest that,
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below a critical energy no particles get through down to the bottom of the
wind anymore. And this critical energy cannot be very different from that where
bending becomes important.

However, the solar wind also provides tentative answers to these problems:
The irregularities are strong in the magnetic field of the solar wind, and they
do not decay towards the poles with the azimuthal component [57], therefore
in the pole regions the irregularities do dominate over the regular systematic
component. This means that the transport downwards of lower energy particles
is more diffusive, and not on straight line orbits, and what we need to require
is that the diffusive time scale is actually shorter than the convective time scale
on which particles would be carried outwards again by the wind. This condition
should hold over the energy range from below 3 1018 eV through to above 1020

eV, where diffusive transport surely has changed over to a direct path-bending.
This is a condition on the irregularities, the dependence on zenith distance angle,
and their spectrum.

Therefore, the condition is that at any radius R we have that

τconv =
R

VW
> τdiff =

R2

κW
. (19)

This requires a) that the scaling of the two time scales with radius R is about
the same, that b) the condition is independent of energy, c) that we can do this
over a large range of 4π, and d) that we meet the condition that at the largest
energy the bending is strong. Putting in numbers as given earlier we see that
these conditions are all met, assuming I(k) to be independent of polar angle θ
as suggested by the solar wind data: Taking the inner radius and wind velocity
as a beginning we see that

τconv = 1.5× 107 yrs . (20)

The turbulence in the wind can be written as

I(k) = I0

(
k

k0

)−β

(21)

here with β = 2, and k0 and kmax the minimum and maximum wavenumbers.
The energy contained in the turbulence can be parametrized as

b =
∫ kmax

k0

I(k)dk

B2/8π
=

8πI0k0

(β − 1)B2 (22)

for kmax  k0. The diffusion coefficient is then given for parallel shocks (i.e.
where the shock normal is parallel to the flow on both sides) by

κW � c

3
rg

b

(
rg,max

rg

)
� c

3
rg,max

b
(23)
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which is independent of the energy of the particle. Obviously, b can be esti-
mated to be near unity, but less than unity, and the maximum Larmor radius in
resonance with turbulence can at most be the radius itself, and so (with b = 1/3)

κW
>∼ 1.× 1033 cm2s−1 . (24)

Here we use the notion that energetic particles transport the information
of the turbulence around the halo in the poloidal direction, and so effectively
guarantee that the relevant lengths scale with R, while shocks transport the
information radially of course. This entails a diffusion time scale of

τdiff <∼
R2

κW
= 3× 104 yrs (25)

just obeying the limit that

τdiff >
R

c
. (26)

We also need to check that the radial dependence of the two time scales is
the same, so that the statement is true for all radii, once it is true for one radius,
here the innermost radius.

The convective time scale scales with R. The diffusion coefficient is derived
from the maximum particle energy relevant and so scales inversely with the
magnetic field, which in turn scales inversely with the radius R. Therefore the
diffusive time scale scales also linearly with radius R, since we are using here
approximately a Parker field. And so we argue that the the two time scales
indeed scale both linearly with radius R.

This means then, that indeed

τconv > τdiff (27)

and so the conditions are obeyed, that no particles are kept out, at any energy.
Therefore, there is no systematic exclusion, the orbits are just bent in a statistical
way. At all energies, particles can come in, and do so with the same time scale,
transmitting the same flux down as comes in from outside. Hence we expect the
flux at Earth to be derivable just from scrambling the orbits at the boundary of
the halo wind, and so there should be no flux diminuition. There is no spectral
distortion due to this turbulence.

Now, the estimates have been made here using the equatorial values for
the magnetic field; the Ulysses data for the solar wind [57] suggest that the
irregularities in the solar wind are nearly independent of zenith angle θ, and so
this may be expected to be similar in the Galactic wind. Therefore, the Parker
field θ-dependence cannot adequately describe the true state of such a wind, and
we actually use the irregularities here.

5 Tests and Predictions

At very high statistics of arriving events, such as soon expected from Pierre
Auger, the caustics of propagation may become visible, where different paths to
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the observer become possible: This happens when the underlying smoothed-out
field causes the orbits to loop back across the observer as a function of energy.
These caustics are stripes in the sky in terms of arrival directions, and of course
are shifting around with energy. One critical test then is the possibility to explain
the fair number of pair and triplet events with very different particle energies:
These would occur where caustics at different energies overlap or join.

Also, the highest energy particles should show some preference for the north-
ern hemisphere of the sky, while the southern sky would be expected to be
depleted at the highest energies, at least in the most simple version of this
model. Therefore the Southern sky promises to be the most fruitful for finding
events which require less mundane physics, such as expected from the decay of
supermassive relic particles.

Ultimately, we may detect neutrinos from sites such as M87, and other similar
sites, with higher optical depth for hadronic interactions.

6 Conclusions - Future

We are beginning to be able to ask much more specific questions now about
cosmic rays at all energies, and we may expect to obtain answers in the next 10
- 20 years.

The effects of the magnetic fields, with their pronounced asymmetries, should
clearly be visible, if these particles are normal protons.

The scenario in which M87 is the source for all the most energetic particles,
suggests that any extremely energetic particle population detected in the deep
southern hemisphere must be a different type of population. In this case AUGER
will probably reveal some new physics, or physical processes which are beyond
the very simple concept discussed here.

The existing data base, such as from Haverah Park, and all the arrays,
Yakutsk, AGASA, HiRes, Pierre Auger, in the mid-term future, EUSO,and in
the long-term future, OWL, will clearly allow us to test all the models proposed;
they may be all wrong. By Occams razor, we should eliminate the simple models
first. The deep South, Auger and EUSO, will give the strongest tests yet for new
physics.

Acknowledgements

We have learnt a lot from talking extensively with P. Blasi, D. Breitschwerdt,
A. Bykov, J. Cronin, T. Enßlin, H. Falcke, G. Farrar, T.K. Gaisser, G. Gelmini,
R. Jokipii, K.-H. Kampert, H. Kang, T. Kephardt, A. Kusenko, K. Mannheim,
W. Matthaeus, U. Mebold, H. Meyer, A. Olinto, R.J. Protheroe, V. Ptuskin,
J. Rachen, L. Resvanis, W. Rhode, D. Ryu, G. Schatz, E.-S. Seo, G. Sigl, S.
Ter-Antonyan, Y. Wang, A.A. Watson, T. Weiler and many others.



Nearby Origin of Highest-Energy Cosmic Rays 193

References

1. M. Ave, et al.: Proc. 26th International Cosmic Ray Conference, Salt Lake City
(USA), eds. D. Kieda, et al., vol. 1, p. 365 (1999)

2. M. Ave, J.A. Hinton, R.A. Vazquez, A.A. Watson, E. Zas: Phys. Rev. Lett. 85,
2244 (2000)

3. M. Takeda, et al.: Phys. Rev. Lett. 81, 1163 (1998)
4. M. Takeda, et al.: Astrophys. J. 522, 225 (1999)
5. N. Hayashida, et al.: Astrophys. J. 522, 225 (1999)
6. E.E. Antonov, et al.: JETP Lett. 69, 650 (1999)
7. A.A. Ivanov, et al.: Proc. 26th International Cosmic Ray Conference, Salt Lake

City, eds. D. Kieda, et al., vol.1, 403 (1999)
8. M. Ave, et al.: Astropart. Phys. 14, 109 (2000)
9. Y. Uchihori, et al.: Astropart. Phys. 13, 151 (2000)

10. M. Nagano, A.A. Watson: Rev. Mod. Phys. 72, 689 (2000)
11. K. Greisen: Phys. Rev. Lett. 16, 748 (1966)
12. G. T. Zatsepin, V. A. Kuzmin: Sov. Phys. JETP Lett. 4, 78 (1966)
13. V. S. Berezinsky, S. I. Grigor’eva: Astron. Astrophys. 199, 1 (1988)
14. J.P. Rachen, T. Stanev, P. L. Biermann: Astron. Astrophys. 273, 377 (1993)
15. D. J. Bird, et al.: Phys. Rev. Lett. 71, 3401 (1993)
16. T. K. Gaisser, et al.: Phys. Rev. D 47, 1919 (1993)
17. D. J. Bird, et al.: Astrophys. J. 424, 491 (1994)
18. D. J. Bird, et al.: Astrophys. J. 441, 144 (1995)
19. J. W. Elbert, P. Sommers: Astrophys. J. 441, 151 (1995)
20. L. K. Ding, et al.: Astrophys. J. 474, 490 (1997)
21. T. O’Halloran, P. Sokolsky, S. Yoshida: Physics Today 51, 31 (1998)
22. D. J. Bird, et al.: Astrophys. J. 511, 739 (1999)
23. G. A. Medina Tanco: Astrophys. J. Lett. 510, L91 (1999)
24. G. A. Medina-Tanco: Astrophys. J. 549, 711 (2001)
25. M. Blanton, P. Blasi, A. V. Olinto: Astropart. Phys. 15, 275 (2001)
26. V. L. Ginzburg S. I. Syrovatskii: The origin of cosmic rays, Pergamon Press,

Oxford (1964), Russian edition (1963).
27. G. Cunningham, et al.: Astrophys. J. 236, L71 (1980)
28. A. A. Watson: Proc. Cosmology and Particles - 16th Rencontres de Moriond, eds.

J. Audouze, et al., Editions Frontieres, p.49 (1981)
29. A. M. Hillas: Ann. Rev. Astron. Astrophys. 22, 425 (1984)
30. P. L. Biermann: Proc. Cosmic winds and the Heliosphere, eds. J. R. Jokipii, et

al., Univ. of Arizona Press, p. 887 (1997)
31. B. Wiebel-Sooth, P. L. Biermann: Landolt-Börnstein, vol. VI/3c, Springer Publ.

Comp., p. 37 (1999)
32. T. Piran: Phys. Rep. 314, 575 (1999)
33. P. Bhattacharjee, G. Sigl: Phys. Rep. 327, 109 (2000)
34. A. V. Olinto: David Schramm Memorial Volume, Phys. Rep. 333-334, 329 (2000)
35. J. G. Learned, K. Mannheim: Ann. Rev. Nucl. Part. Sci. 50, 679 (2000)
36. V. S. Berezinskii, et al.: Astrophysics of Cosmic Rays, North-Holland, Amsterdam

(especially chapter IV) (1990).
37. T. K. Gaisser: Cosmic Rays and Particle Physics, Cambridge Univ. Press (1990)
38. E.-J. Ahn, G. Medina-Tanco, P. L. Biermann, T. Stanev, (1999), astro-

ph/9911123



194 Peter L. Biermann et al.

39. P. L. Biermann, E.-J. Ahn, G. Medina-Tanco, T. Stanev: Proc. TAUP99, eds. J.
Dumarchez, M. Froissart, D. Vignaud, Nucl. Phys. B (Proc. Suppl.) 87B, p. 417
(2000)

40. P. L. Biermann, E.-J. Ahn, G. Medina-Tanco, T. Stanev: Proc. Erice school (Dec.
1999): Current Topics in Astrofundamental Physics: The Cosmic Microwave back-
ground, ed. N. Sánchez, p. 515 (2001)

41. P. Billoir, A. Letessier-Selvon: astro-ph/0001427
42. D. Harari, S. Mollerach, E. Roulet, E.: Proc. International Workshop on Observing

Ultra High Energy Cosmic Rays from Space and Earth, (Puebla, Mexico, Aug.
2000), astro-ph/0010068

43. P. L. Biermann, P. A. Strittmatter: Astrophys. J. , 322, 643 (1987)
44. P. L. Biermann: Proc. Erice school (Nov. 2000), eds. T. Stanev, et al., Kluwer

(2001)
45. P. L. Biermann: Proc. Cosmic Gamma Rays, neutrinos, and related Astrophysics,

eds. M. M. Shapiro and J. P. Wefel, NATO ASI ser. C, vol. 270, Kluwer Acad.
Publ., p. 21 (1988)

46. R. V. E. Lovelace: Nature 262, 649 (1976)
47. H. Falcke, M. A. Malkan, P. L. Biermann: Astron. Astrophys. 298, 375 (1995)
48. J. R. Jokipii: Astrophys. J. 313, 842 (1987)
49. J.-L. Puget, F. W. Stecker, J. H. Bredekamp: Astrophys. J. 205, 638 (1976)
50. J. P. Rachen: PhD thesis, Univ. Bonn (1996)
51. L. Biermann: Zeitschr. für Astrophys. 29, 274 (1951)
52. E. N. Parker: Astrophys. J. 128, 664 (1958)
53. E. J. Weber, L. Davis Jr.: Astrophys. J. 148, 217 (1967)
54. J. A. Burke: Mon. Not. R. Astron. Soc. 140, 241 (1968).
55. H. E. Johnson, W. I. Axford: Astrophys. J. 165, 381 (1971).
56. W. G. Mathews, J. C. Baker: Astrophys. J. 170, 241 (1971).
57. R. J. Forsyth, T. S. Horbury, A. Balogh, E. J. Smith: Geophys. Res. Lett. 23,

595 (1996)
58. M. Simard-Normandin, P. P. Kronberg: Nature 279, 115 (1979)
59. P. P. Kronberg: Rep. Prog. Phys. 57, 325 (1994)
60. H. Kaneda, K. Makishima, S. Yamaguchi, K. Koyama, K. Matsuzaki, N. Y. Ya-

masaki: Astrophys. J. 491, 638 (1997)
61. A. Valinia, F. E. Marshall: Astrophys. J. 505, 134 (1998)
62. S. L. Snowden, et al.: Astrophys. J. 485, 125 (1997)
63. J. Pietz, J. Kerp, P. M. W. Kalberla, W. B. Burton, D. Hartmann, U. Mebold,

U.: Astron. Astrophys. 332, 55 (1998).
64. H. Seemann, P. L. Biermann: Astron. Astrophys. 327, 273 (1997)
65. P. G. Mezger, W. J. Duschl, R. Zylka: Astron. Astrophys. Rev. 7, 289 (1996)
66. D. N. C. Lin, J. E. Pringle: Astrophys. J. Lett. 320, L87 (1987)
67. Y.-P. Wang, P. L. Biermann: Astron. Astrophys. 334, 87 (1998)
68. W. J. Duschl, P. A. Strittmatter, P. L. Biermann: Astron. Astrophys. 357, 1123

(2000)
69. T. Enßlin, et al.: Astrophys. J. Lett. 549, L39 (2001)
70. B. B. Nath, P. L. Biermann: Mon. Not. R. Astron. Soc. 265, 241 (1993)
71. S. Niklas: Astron. Astrophys. 322, 29 (1997)
72. R. Beck, A. Brandenburg, D. Moss, A. Shukurov, A., D. Sokoloff: Ann. Rev. As-

tron. Astrophys. 34, 155 (1996)
73. H. Reuter, et al.: Astron. Astrophys. 256, 10 (1992)
74. D. Breitschwerdt, J. F. McKenzie, H. J. Völk: Astron. Astrophys. 245, 79 (1991)



Nearby Origin of Highest-Energy Cosmic Rays 195

75. D. Breitschwerdt, J. F. McKenzie, H. J. Völk: Astron. Astrophys. 269, 54 (1993)
76. V. N. Zirakashvili, D. Breitschwerdt, V. S. Ptuskin, H. J. Völk: Astron. Astrophys.

311, 113 (1996)
77. V. S. Ptuskin, H. J. Völk, H.J., D. Breitschwerdt, V. N. Zirakashvili, V.N.: As-

tron. Astrophys. 321, 434 (1997)
78. D. Breitschwerdt, S. Komossa: Proc. Astrophysical Dynamics, eds. D. Berry, et

al., Astrophys. Sp. Sc. 272, 3 (2000)
79. K. T. Kim, et al.: Nature 341, 720 (1989)
80. J. P. Vallée: Astron. J. 99, 459 (1990)
81. P. P. Kronberg, H. Lesch, U. Hopp: Astrophys. J. 511, 56 (1999)
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Propagation of Ultra-High-Energy Radiation

Günter Sigl

Institut d’Astrophysique de Paris, 98bis Boulevard Arago, CNRS
75014 Paris, France

Abstract. A systematic account is given of interactions and propagation of nucleons,
nuclei, γ−rays, and neutrinos of energies above a few hundred MeV between production
and detection.

1 Introduction

Since implications and predictions of the spectrum especially of ultra high en-
ergy cosmic rays above 1018 eV (UHECRs) depend on their composition which is
uncertain, we will in this chapter review the propagation of all types of particles
that could play the role of UHECRs. We start with the hadronic component, and
continue with a discussion on electromagnetic cascades initiated by ultra high
energy (UHE) photons in extragalactic space, as well as UHE neutrinos which
are searched for independent on whether they are secondaries or primaries of
UHECRs. We also discuss more speculative options such as new neutral par-
ticles predicted in certain supersymmetric models of particle physics. We then
discuss how propagation can be influenced by cosmic magnetic fields and what
constraints on the location of UHECR sources are implied. The role played by
these constraints in the search for sources of extremely high energy cosmic rays
(EHECRs) beyond 1020 eV is discussed. Finally, the formal description of cosmic
ray (CR) propagation by transport equations is briefly reviewed, with an account
of the literature on analytical and numerical approaches to their solution. We
close with a short discussion of more exotic effects such as anomalous kinematics
and violation of Lorentz invariance. We use units in which c = h̄ = 1 in this
contribution.

Before proceeding, we set up some general notation. The interaction length
l(E) of a CR of energy E and mass m propagating through a background of
particles of mass mb is given by

l(E)−1 =
∫

dεnb(ε)
∫ +1

−1
dμ

1− μββb

2
σ(s) , (1)

where nb(ε) is the number density of the background particles per unit energy
at energy ε, βb = (1 −m2

b/ε2)1/2 and β = (1 −m2/E2)1/2 are the velocities of
the background particle and the CR, respectively, μ is the cosine of the angle
between the incoming momenta, and σ(s) is the total cross section of the relevant
process for the squared center of mass (CM) energy

s = m2
b + m2 + 2εE (1− μββb) . (2)

Martin Lemoine, Günter Sigl (Eds.): LNP 576, pp. 196–254, 2001.
c© Springer-Verlag Berlin Heidelberg 2001



Propagation of Ultra-High-Energy Radiation 197

The most important background particles turn out to be photons with energies
in the infrared and optical (IR/O) range or below, so that we will usually have
mb = 0, βb = 1. A review of the universal photon background has been given in
Ref. [1].

It proves convenient to also introduce an energy attenuation length lE(E)
that is obtained from Eq. (1) by multiplying the integrand with the inelasticity,
i.e. the fraction of the energy transferred from the incoming CR to the recoiling
final state particle of interest. The inelasticity η(s) is given by

η(s) ≡ 1− 1
σ(s)

∫
dE′E′ dσ

dE′ (E′, s) , (3)

where E′ is the energy of the recoiling particle considered in units of the incoming
CR energy E. Here by recoiling particle we usually mean the “leading” particle,
i.e. the one which carries most of the energy.

If one is mostly interested in this leading particle, the detailed transport
equations (see Sect. 8.1) for the local density of particles per unit energy, n(E),
are often approximated by the simple “diffusion equation”

∂tn(E) = −∂E [b(E)n(E)] + Φ(E) (4)

in terms of the energy loss rate b(E) = E/lE(E) and the local injection spectrum
Φ(E). Equation (4) applies to a particle which loses energy at a rate dE/dt =
b(E), and is often referred to as the continuous energy loss (CEL) approximation.
The CEL approximation is in general good if the non-leading particle is of a
different nature than the leading particle, and if the inelasticity is small, η(s)
1. For an isotropic source distribution Φ(E, z) in the matter-dominated regime
for a flat Universe (Ω0 = 1), Eq. (4) yields a differential flux today at energy E,
j(E), as

j(E) =
3
8π

t0

∫ zi,max

0
dzi(1 + zi)−11/2 dEi(E, zi)

dE
Φ[Ei(E, zi), zi] , (5)

where t0 is the age of the Universe, Ei(E, zi) is the energy at injection redshift
zi in the CEL approximation, i.e. the solution of dE/dt = b(E) (with b(E)
including loss due to redshifting), Ei(E, 0) = E with t = t0/(1 + z)3/2. The
maximum redshift zi,max corresponds either to an absolute cutoff of the source
spectrum at Emax = Ei(E, zi,max) or to the earliest epoch when the source
became active, whichever is smaller. For a homogeneous production spectrum
Φ(E), this simplifies to

j(E) � 1
4π

lE(E)Φ(E) , (6)

if lE(E) is much smaller than the horizon size such that redshift and evolution
effects can be ignored. Equations (5) and (6) are often used in the literature for
approximate flux calculations.
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Fig. 1. The total photo-pion production cross section for protons (solid line) and neu-
trons (dashed line) as a function of the photon energy in the nucleon rest frame, Elab

Fig. 2. The nucleon interaction length (dashed line) and attenuation length (solid line)
for photo-pion production and the proton attenuation length for pair production (thin
solid line) in the combined CMB and the estimated total extragalactic radio background
intensity shown in Fig. 3 below
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2 Nucleons, Nuclei,
and the Greisen-Zatsepin-Kuzmin Cutoff

Shortly after its discovery, it was pointed out by Greisen [2] and by Zatsepin and
Kuzmin [3] that the cosmic microwave background (CMB) radiation field has
profound consequences for UHECRs: With respect to the rest frame of a nucleon
that has a sufficiently high energy in the cosmic rest frame (CRF, defined as the
frame in which the CMB is isotropic), a substantial fraction of the CMB photons
will appear as γ−rays above the threshold energy for photo-pion production,
Elab,thr

γ ≡ mπ + m2
π/(2mN ) � 160 MeV. The total cross section for this process

as a function of the γ−ray energy in the nucleon rest frame, Elab
γ , is shown in

Fig. 1. Near the threshold the cross section exhibits a pronounced resonance
associated with single pion production, whereas in the limit of high energies it
increases logarithmically with s = m2

N + 2mNElab
γ [4]. The long tail beyond

the first resonance is essentially dominated by multiple pion production, Nγb →
N(nπ), n > 1 (γb stands for the background photon). For a background photon of
energy ε in the CRF, the threshold energy Elab,thr

γ translates into a corresponding
threshold for the nucleon energy,

Eth =
mπ(mN + mπ/2)

ε
� 6.8× 1016

( ε

eV

)−1
eV . (7)

Typical CMB photon energies are ε ∼ 10−3 eV, leading to the so called Greisen-
Zatsepin-Kuzmin (GZK) “cutoff” at a few tens of EeV where the nucleon interac-
tion length drops to about 6 Mpc as can be seen in Fig. 2. Detailed investigations
of differential cross sections, extending into the multiple pion production regime,
have been performed in the literature, mainly for the purpose of calculating sec-
ondary γ−ray and neutrino production; for recent discussions and references to
earlier literature see, e.g., Refs. [5,6,8].

Below this energy range, the dominant loss mechanism for protons is pro-
duction of electron-positron pairs on the CMB, pγb → pe+e−, down to the
corresponding threshold

Eth =
me(mN + me)

ε
� 4.8× 1014

( ε

eV

)−1
eV . (8)

Therefore, pair production by protons (PPP) in the CMB ensues at a proton
energy E ∼ 5×1017 eV. The first detailed discussion of PPP in astrophysics was
given by Blumenthal [9]. PPP is very similar to triplet pair production by elec-
trons, eγb → ee+e− (see Sect. 3), where “electron”, e, means either an electron
or a positron in the following. Away from the threshold the total cross section for
a nucleus of charge Z is well approximated by the one for triplet pair production,
multiplied by Z2. Parametric fits to the total cross section and the inelasticity
for PPP over the whole energy range were given in Ref. [10]. The resulting pro-
ton attenuation length is shown in Fig. 2. Inverse Compton scattering (ICS)
of CMB photons by protons can play a certain role for nucleon propagation in
the energy range 1015− 1017 eV [11]. The next important loss mechanism which
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starts to dominate near and below the PPP threshold is redshifting due to the
cosmic expansion. Indeed, all other loss processes are negligible, except possibly
in very dense central regions of galaxies: The interaction length due to hadronic
processes which have total cross sections of the order of 0.1 barn in the en-
ergy range of interest, for example, is l � 3 × 105(Ωbh

2)−1 Mpc >∼ 107 Mpc,
where 0.009 <∼ Ωbh

2 <∼ 0.02 [12], with Ωb the average cosmic baryon den-
sity in units of the critical density, and h the Hubble constant H0 in units
of 100 km sec−1Mpc−1.

For neutrons, β−decay (n → pe−ν̄e) is the dominant loss process for E <∼
1020 eV. The neutron decay rate Γn = mN/(τnE), with τn � 888.6± 3.5 sec the
laboratory lifetime, implies a neutron range of propagation

Rn = τn
E

mN
� 0.9

(
E

1020 eV

)
Mpc . (9)

The dominant loss process for nuclei of energy E >∼ 1019 eV is photodisinte-
gration [13,14,15,16] in the CMB and the IR background due to the giant dipole
resonance. Early calculations [14] suggested a loss length of a few Mpc. Recent
observations of multi-TeV γ−rays from the BL Lac objects Mrk 421 and Mrk
501 suggest [17,18], however, an IR background roughly a factor 10 lower than
previously assumed, which is also consistent with recent independent calcula-
tion [19] of the intensity and spectral energy distribution of the IR background
based on empirical data primarily from IRAS galaxies. This tends to increase
the loss length for nuclei [20]. Recent detailed Monte Carlo simulations [21,22,23]
indicate that, with the reduced IR background, the CMB becomes the dominant
photon background responsible for photodisintegration and, for example, leads
to a loss length of � 10 Mpc at 2× 1020 eV. This loss length plays an important
role for scenarios in which the highest energy events observed are heavy nuclei
that have been accelerated to UHE (see, e.g., Ref. [24]): The accelerators can
not be much further away than a few tens of Mpc. Specific flux calculations for
the source NGC 253 have been performed in Ref. [25]. Apart from photodisin-
tegration, nuclei are subject to the same loss processes as nucleons, where the
respective thresholds are given by substituting mN by the mass of the nucleus
in Eqs. (7) and (8).

3 UHE Photons and Electromagnetic Cascades

As in the case of UHE nucleons and nuclei, the propagation of UHE photons (and
electrons/positrons) is also governed by their interaction with the cosmic photon
background. The dominant interaction processes are the attenuation (absorp-
tion) of UHE photons due to pair production (PP) on the background photons
γb: γγb → e+e− [26], and ICS of the electrons (positrons) on the background
photons. Early studies of the effect of PP attenuation on the cosmological UHE
γ-ray flux can be found, e.g., in Refs. [27].
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The γ−ray threshold energy for PP on a background photon of energy ε is

Eth =
m2

e

ε
� 2.6× 1011

( ε

eV

)−1
eV , (10)

whereas ICS has no threshold. In the high energy limit, the total cross sections
for PP and ICS are

σPP � 2σICS � 3
2

σT
m2

e

s
ln

s

2m2
e

(s� m2
e) . (11)

For s  m2
e, σICS approaches the Thomson cross section σT ≡ 8πα2/3m2

e (α
is the fine structure constant), whereas σPP peaks near the threshold Eq. (10).
Therefore, the most efficient targets for electrons and γ−rays of energy E are
background photons of energy ε � m2

e/E. For UHE this corresponds to ε <∼
10−6 eV � 100 MHz. Thus, radio background photons play an important role in
UHE γ-ray propagation through extragalactic space.

Fig. 3. Contributions of normal galaxies (dotted curves), radio galaxies (long dashed
curve), and the cosmic microwave background (short dashed curve) to the extragalactic
radio background intensity (thick solid curves) with pure luminosity evolution for all
sources (upper curves), and for radio galaxies only (lower curves), from Ref. [28]. Dot-
ted band gives an observational estimate of the total extragalactic radio background
intensity [29] and the dot-dash curve gives an earlier theoretical estimate [30] (From
Protheroe and Biermann [28])
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Unfortunately, the universal radio background (URB) is not very well known
mostly because it is difficult to disentangle the Galactic and extragalactic com-
ponents. Observational estimates have been given in Ref. [29], and an early
theoretical estimate was given in Ref. [30]. Recently, an attempt has been made
to calculate the contribution to the URB from radio galaxies and Active Galac-
tic Nuclei (AGNs) [28], and also from clusters of galaxies which tends to give
higher estimates. The issue does not seem to be settled, however. At frequencies
somewhere below 1 MHz the URB is expected to cut off exponentially due to
free-free absorption. The exact location of the cut-off depends on the abundance
and clustering of electrons in the intergalactic medium and/or the radio source
and is uncertain between about 0.1 − 2 MHz. Figure 3 compares results from
Ref. [28] with Ref. [30] and the observational estimate from Ref. [29].

Fig. 4. Interaction lengths (dashed lines) and energy attenuation lengths (solid lines)
of γ−rays in the CMB (thin lines) and in the total low energy photon background
spectrum shown in Fig. 3 with the observational URB estimate from Ref. [29] (thick
lines), respectively. The interactions taken into account are single and double pair
production

In the extreme Klein-Nishina limit, s � m2
e, either the electron or the

positron produced in the process γγb → e+e− carries most of the energy of
the initial UHE photon. This leading electron can then undergo ICS whose in-
elasticity (relative to the electron) is close to 1 in the Klein-Nishina limit. As a
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Fig. 5. Energy attenuation lengths of electrons for various processes: Solid lines are for
triplet pair production, and dashed lines for inverse Compton scattering in the CMB
(thin lines) and in the total low energy photon background spectrum shown in Fig. 3
with the observational URB estimate from Ref. [29] (thick lines). The dotted lines are
for synchrotron emission losses in a large-scale extragalactic magnetic field of r.m.s.
strength of 10−11 G (upper curve) and 10−10 G (lower curve), respectively

consequence, the upscattered photon which is now the leading particle after this
two-step cycle still carries most of the energy of the original γ−ray, and can ini-
tiate a fresh cycle of PP and ICS interactions. This leads to the development of
an electromagnetic (EM) cascade which plays an important role in the resulting
observable γ−ray spectra. An important consequence of the EM cascade devel-
opment is that the effective penetration depth of the EM cascade, which can be
characterized by the energy attenuation length of the leading particle (photon or
electron/positron), is considerably greater than just the interaction lengths [31];
see Figs. 4 and 5). As a result, the predicted flux of UHE photons can be con-
siderably larger than that calculated by considering only the absorption of UHE
photons due to PP.

EM cascades play an important role particularly in some exotic models of
UHECR origin such as collapse or annihilation of topological defects (see con-
tribution by P. Bhattacharjee and G. Sigl in this volume) in which the EHECR
injection spectrum is predicted to be dominated by γ-rays [35]. Even if only UHE
nucleons and nuclei are produced in the first place, for example, via conventional
shock acceleration (see contribution by G. Pelletier in this volume), EM cascades
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can be produced by the secondaries coming from the decay of pions which are
created in interactions of UHE nucleons with the low energy photon background.

The EM cascading process and the resulting diffuse γ-ray fluxes in the con-
ventional acceleration scenarios of UHECR origin were calculated in the 1970s;
see, e.g., Refs. [32,33,34]. The EM cascades initiated by “primary” γ-rays and
their effects on the diffuse UHE γ-ray flux in the topological defect scenario of
UHECRs were first considered in Ref. [35]. All these calculations were performed
within the CEL approximation which, as described above, deals with only the
leading particle. However, the contribution of non-leading particles to the flux
can be substantial for cascades that are not fully developed. A reliable calcu-
lation of the flux at energies much smaller than the maximal injection energy
should therefore go beyond the CEL approximation, i.e., one should solve the
relevant Boltzmann equations for propagation; this is discussed in Sect. 8.

Cascade development accelerates at lower energies due to the decreasing
interaction lengths (see Figs. 4 and 5) until most of the γ−rays fall below
the PP threshold on the low energy photon background at which point they
pile up with a characteristic E−1.5 spectrum below this threshold [36,37,38,39].
The source of these γ−rays are predominantly the ICS photons of average en-
ergy 〈Eγ〉 = Ee(1 − 4 〈s〉 /3m2

e) arising from interactions of electrons of energy
Ee with the background at average squared CM energy 〈s〉 in the Thomson
regime. The relevant background for cosmological propagation is constituted
by the universal IR/O background, corresponding to ε <∼ 1 eV in Eq. (10), or
Eth � 1011 eV. Therefore, most of the energy of fully developed EM cascades
ends up below � 100 GeV where it is constrained by measurements of the dif-
fuse γ−ray flux by EGRET on board the CGRO [40] and other effects. For an
injection rate ∝ t−p in cosmic age t, the EGRET measurement implies the limit
Q0

EM <∼ 2.2×10−23 h(3p−1) eV cm−3 sec−1 on the electromagnetic injection rate
at zero redshift. Constraints from limits on CMB distortions and light element
abundances from 4He-photodisintegration are comparable to the bound from the
directly observed diffuse GeV γ-rays [41].

Flux predictions involving EM cascades are therefore an important source of
constraints of UHE energy injection on cosmological scales.

It should be mentioned here that the development of EM cascades depends
sensitively on the strength of the extragalactic magnetic fields (EGMFs) which
is rather uncertain. The EGMF typically inhibits cascade development because
of the synchrotron cooling of the e+e− pairs produced in the PP process. For
a sufficiently strong EGMF the synchrotron cooling time scale of the leading
electron (positron) may be small compared to the time scale of ICS interaction,
in which case, the electron (positron) synchrotron cools before it can undergo
ICS, and thus cascade development stops. In this case, the UHE γ-ray flux
is determined mainly by the “direct” γ-rays, i.e., the ones that originate at
distances less than the absorption length due to PP process. The energy lost
through synchrotron cooling does not, however, disappear; rather, it reappears
at lower energies and can even initiate fresh EM cascades there depending on
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the remaining path length and the strength of the relevant background photons.
Thus, the overall effect of a relatively strong EGMF is to deplete the UHE γ-ray
flux above some energy and increase the flux below a corresponding energy in
the “low” (typically few tens to hundreds of GeV) energy region. These issues
are further discussed in Sect. 5.1.

The lowest order cross sections, Eq. (11), fall off as ln s/s for s� m2
e. There-

fore, at EHE, higher order processes with more than two final state particles
start to become important because the mass scales of these particles can enter
into the corresponding cross section which typically is asymptotically constant
or proportional to powers of ln s.

Double pair production (DPP), γγb → e+e−e+e−, is a higher order QED
process that affects UHE photons. The DPP total cross section is a sharply
rising function of s near the threshold that is given by Eq. (10) with me → 2me,
and quickly approaches its asymptotic value [42]

σDPP � 172α4

36πm2
e

� 6.45 μbarn (s� m2
e) . (12)

DPP begins to dominate over PP above ∼ 1021 − 1023 eV, where the higher
values apply for stronger URB (see Fig. 4).

For electrons, the relevant higher order process is triplet pair production
(TPP), eγb → ee+e−. This process has been discussed in some detail in Refs. [43]
and its asymptotic high energy cross section is

σTPP � 3α

8π
σT

(
28
9

ln
s

m2
e

− 218
27

)
(s� m2

e) , (13)

with an inelasticity of

η � 1.768
(

s

m2
e

)−3/4

(s� m2
e) . (14)

Thus, although the total cross section for TPP on CMB photons becomes com-
parable to the ICS cross section already around 1017 eV, the energy attenuation
is not important up to ∼ 1022 eV because η <∼ 10−3 (see Fig. 5). The main effect
of TPP between these energies is to create a considerable number of electrons
and channel them to energies below the UHE range. However, TPP is domi-
nated over by synchrotron cooling (see Sect. 5.1), and therefore negligible, if the
electrons propagate in a magnetic field of r.m.s. strength >∼ 10−12 G, as can be
seen from Fig. 5.

Various possible processes other than those discussed above — e.g., those in-
volving the production of one or more muon, tau, or pion pairs, double Compton
scattering (eγb → eγγ), γ− γ scattering (γγb → γγ), Bethe-Heitler pair produc-
tion (γX → Xe+e−, where X stands for an atom, an ion, or a free electron), the
process γγb → e+e−γ, and photon interactions with magnetic fields such as mag-
netic pair production (γB → e+e−) — are in general negligible in EM cascade
development. The total cross section for the production of a single muon pair
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(γγb → μ+μ−), for example, is smaller than that for electron pair production by
about a factor 10 and thus does not play a significant role in the resulting EM
fluxes. Muon and pion pair production by photons, however, could lead to an ob-
servable “bump” in the neutrino spectrum around 1017 eV [44]. A rough estimate
implies that the process γγb → π0 → γγ is at most as imoprtant as DPP, but the
author is not aware of a detailed discussion of this process in the literature. En-
ergy loss rate contributions for TPP involving pairs of heavier particles of mass
m are suppressed by a factor � (me/m)1/2 for s� m2. Similarly, DPP involving
heavier pairs is also negligible [42]. The cross section for double Compton scat-
tering is of order α3 and must be treated together with the radiative corrections
to ordinary Compton scattering of the same order. Corrections to the lowest
order ICS cross section from processes involving mγ additional photons in the
final state, eγb → e+(mγ +1)γ, mγ ≥ 1, turn out to be smaller than 10% in the
UHE range [45]. A similar remark applies to corrections to the lowest order PP
cross section from the processes γγb → e+e− + mγγ, mγ ≥ 1. Photon−photon
scattering can only play a role at redshifts beyond � 100 and at energies below
the redshift-dependent pair production threshold given by Eq. (10) [46,47,48]. A
similar remark applies to Bethe-Heitler pair production [47]. Photon interactions
with magnetic fields of typical galactic strength, ∼ 10−6 G, are only relevant for
E >∼ 1024 eV [49]. For EGMFs the critical energy for such interactions is even
higher.

4 Propagation and Interactions of Neutrinos
and “Exotic” Particles

4.1 Neutrinos

Neutrino Propagation

The propagation of UHE neutrinos is governed mainly by their interaction with
the relic neutrino background (RNB). In this section we give a short overview
over the relevant interactions within the general framework for particle prop-
agation used in the present contribution. A more detailed presentation of the
resulting neutrino fluxes can be found in the contribution by S. Yoshida on
neutrino cascades in this volume.

The average squared CM energy for interaction of an UHE neutrino of energy
E with a relic neutrino of energy ε is given by

〈s〉 � (45 GeV)2
( ε

10−3 eV

)( E

1015 GeV

)
. (15)

If the relic neutrino is relativistic, then ε � 3Tν(1 + ηb/4) in Eq. (15), where
Tν � 1.9(1 + z) K = 1.6 × 10−4(1 + z) eV is the temperature at redshift z and
ηb <∼ 50 is the dimensionless chemical potential of relativistic relic neutrinos. For
nonrelativistic relic neutrinos of mass mν <∼ 20 eV, ε � max [3Tν , mν ]. Note that
Eq. (15) implies interaction energies that are typically smaller than electroweak
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energies even for UHE neutrinos, except for energies near the Grand Unification
scale, E >∼ 1015 GeV, or if mν >∼ 1 eV. In this energy range, the cross sections are
given by the Standard Model of electroweak interactions which are well confirmed
experimentally. Physics beyond the Standard Model is, therefore, not expected
to play a significant role in UHE neutrino interactions with the low energy relic
backgrounds.

The dominant interaction mode of UHE neutrinos with the RNB is the ex-
change of a W± boson in the t-channel (νi+ν̄j → li+l̄j), or of a Z0 boson in either
the s-channel (νi + ν̄i → ff̄) or the t-channel (νi + ν̄j → νi + ν̄j) [50,51,52,53].
Here, i, j stands for either the electron, muon, or tau flavor, where i �= j for
the first reaction, l denotes a charged lepton, and f any charged fermion. If the
latter is a quark, it will, of course, subsequently fragment into hadrons. As an
example, the differential cross section for s-channel production of Z0 is given by

dσνi+ν̄j→Z0→ff̄

dμ∗ =
G2

Fs

4π

M4
Z

(s−M2
Z)2 + M2

ZΓ 2
Z

[
g2

L(1 + μ∗)2 + g2
R(1− μ∗)2

]
,

(16)
where GF is the Fermi constant, MZ and ΓZ are mass and lifetime of the Z0,
gL and gR are the usual dimensionless left- and right-handed coupling constants
for f , and μ∗ is the cosine of the scattering angle in the CM system.

The t-channel processes have cross sections that rise linearly with s up to
s �M2

W , with MW the W± mass, above which they are roughly constant with a
value σt(s >∼ MW ) ∼ G2

FM2
W ∼ 10−34 cm2. Using Eq. (15) this yields the rough

estimate

σt(E, ε) ∼ min
[
10−34, 10−44

(
s

MeV2

)]
cm2 (17)

∼ min
[
10−34, 3× 10−39

( ε

10−3 eV

)( E

1020 eV

)]
cm2 .

In contrast, within the Standard Model neutrino-nucleon cross sections roughly
behave as

σνN (E) ∼ 10−31
(

E

1020 eV

)0.4

cm2 (18)

for E >∼ 1015 eV, see Eq. (19) below. Interactions of UHE neutrinos with nucleons
are, however, still negligible compared to interactions with the RNB because the
RNB particle density is about ten orders of magnitude larger than the baryon
density. The only exception could occur near Grand Unification scale energies
and at high redshifts and/or if contributions to the neutrino-nucleon cross section
from physics beyond the Standard Model dominate at these energies (see at end
of Sect. 4.1 below).

It has recently been pointed out [54] that above the threshold for W± produc-
tion the process ν+γ → lW+ becomes comparable to the νν processes discussed
above. Figure 6 compares the cross sections relevant for neutrino propagation
at CM energies around the electroweak scale. Again, for UHE neutrino inter-
actions with the RNB the relevant CM energies can only be reached if (a) the
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Fig. 6. Various cross sections relevant for neutrino propagation as a function of
s [51,54]. The sum

∑
j
fj f̄j does not include fj = νi , li , t , W , or Z. (From Ref. [54])

UHE neutrino energy is close to the Grand Unification scale, or (b) the RNB
neutrinos have masses in the eV regime, or (c) at redshifts z >∼ 103. Even then
the νγ process never dominates over the νν process.

At lower energies there is an additional νγ interaction that was recently
discussed as potentially important besides the νν processes: Using an effec-
tive Lagrangian derived from the Standard Model, Ref. [55] obtained the re-
sult σγ+ν→γ+γ+ν(s) � 9 × 10−56 (s/MeV2)5 cm2, supposed to be valid at least
up to s <∼ 10 MeV2. Above the electron pair production threshold the cross
section has not been calculated because of its complexity but is likely to level
off and eventually decrease. Nevertheless, if the s5 behavior holds up to s � a
few hundred MeV2, comparison with Eq. (17) shows that the process γ + ν →
γ + γ + ν would start to dominate and influence neutrino propagation around
E ∼ 3× 1017

(
ε/10−3 eV

)
eV, as was pointed out in Ref. [56].

For a given source distribution, the contribution of the “direct” neutrinos
to the flux can be computed by integrating Eq. (5) up to the interaction red-
shift z(E), i.e. the average redshift from which a neutrino of present day energy
E could have propagated without interacting. This approximation neglects the
secondary neutrinos and the decay products of the leptons created in the neu-
tral current and charged current reactions of UHE neutrinos with the RNB
discussed above. Similarly to the EM case, these secondary particles can lead to
neutrino cascades developing over cosmological redshifts [52] (see contribution
by S. Yoshida on neutrino cascades in this volume for more details).

Approximate expressions for the interaction redshift for the processes dis-
cussed above have been given in Refs. [36,57] for CM energies below the elec-
troweak scale, assuming relativistic, nondegenerate relic neutrinos, mν <∼ Tν , and
ηb  1. Approaching the electroweak scale, a resonance occurs in the interaction
cross section for s-channel Z0 exchange at the Z0 mass, s = M2

Z � (91 GeV)2,
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see Eq. (16). The absorption redshift for the corresponding neutrino energy,
E � 1015 GeV(ε/10−3 eV)−1 drops to a few (or less for a degenerate, relativistic
RNB) and asymptotically approaches constant values of a few tens at higher
energies.

Fig. 7. Fluxes of neutrinos (dashed and dashed-dotted, as indicated), γ−rays (solid),
and nucleons (dotted) predicted by the Z-burst mechanism for mνe = 0.1 eV, mνμ =
mντ = 1 eV, for homogeneously distributed sources emitting neutrinos with an E−1

spectrum (equal for all flavors) up to 1022 eV and an E−2 γ−ray spectrum of equal
power up to 100 TeV. Injection rates were assumed comovingly constant up to z = 2.
The relic neutrino overdensity was assumed to be 200 over 5 Mpc. The calculation
used the code described in Ref. [58] and assumed the lower limit of the URB [28]
(see Fig. 3) and a vanishing extragalactic magnetic field. 1 sigma error bars are the
combined data from the Haverah Park [59], the Fly’s Eye [60], and the AGASA [61]
experiments above 1019 eV. Also shown are piecewise power law fits to the observed
charged CR flux (thick solid line) and the EGRET measurement of the diffuse γ−ray
flux between 30 MeV and 100 GeV [40] (solid line on left margin). Upper limits on the
γ−ray flux below 1017 eV and on neutrino fluxes above 1017 eV (except for AMANDA)
from various experiments are as indicated (see text and Ref. [62] for more details)

An interesting situation arises if the RNB consists of massive neutrinos with
mν ∼ 1 eV: Such neutrinos would constitute hot dark matter which is expected
to cluster [63], for example, in galaxy clusters. This would potentially increase
the interaction probability for any neutrino of energy within the width of the
Z0 resonance at E = M2

Z/2mν = 4 × 1021(eV/mν) eV. Recently it has been
suggested that the stable end products of the “Z-bursts” that would thus be
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induced at close-by distances (<∼ 50 Mpc) from Earth may explain the highest
energy cosmic rays [64,65] and may also provide indirect evidence for neutrino
hot dark matter. These end products would be mostly nucleons and γ−rays
with average energies a factor of � 5 and � 40 lower, respectively, than the
original UHE neutrino. As a consequence, if the UHE neutrino was produced
as a secondary of an accelerated proton, the energy of the latter would have
to be at least a few 1022 eV [64], making Z-bursts above GZK energies more
likely to play a role in the context of non-acceleration scenarios (see contribution
by P. Bhattacharjee and G. Sigl in this volume). Moreover, it has subsequently
been pointed out [66] that Z production is dominated by annihilation on the non-
clustered massive RNB compared to annihilation with neutrinos clustering in the
Galactic halo or in nearby galaxy clusters. As a consequence, for a significant
contribution of neutrino annihilation to the observed EHECR flux, a new class of
neutrino sources, unrelated to UHECR sources, seems necessary. This has been
confirmed by more detailed numerical simulations [67] where it has, however,
also been demonstrated that the most significant contribution could come from
annihilation on neutrino dark matter clustering in the Local Supercluster by
amounts consistent with expectations. In the absence of any assumptions on the
neutrino sources, the minimal constraint comes from the unavoidable production
of secondary γ−rays contributing to the diffuse flux around 10 GeV measured
by EGRET : If the Z-burst decay products are to explain EHECR, the massive
neutrino overdensity fν over a length scale lν has to satisfy fν >∼ 20 (lν/5 Mpc)−1,
provided that only neutrinos leave the source, a situation that may arise in top-
down models if the X particles decay exclusively into neutrinos (see Ref. [58] for a
model involving topological defects and Ref. [68] for a scenario involving decaying
superheavy relic particles). If, instead, the total photon source luminosity is
comparable to the total neutrino luminosity, as in most models, the EGRET
constraint translates into the more stringent requirement fν >∼ 103(lν/5 Mpc)−1.
This bound can only be relaxed if most of the EM energy is radiated in the TeV
range where the Universe is more transparent [67]. Figure 7 shows an example
of this situation.

Furthermore, the Z-burst scenario requires sources that are optically thick
for accelerated protons with respect to photo-pion production because otherwise
the observable proton flux below the GZK cutoff would be comparable to the
neutrino flux [70,66]. This argument can be generalized: If neutrinos are pro-
duced as secondaries of protons accelerated in astrophysical sources and if these
protons are not absorbed in the sources, but rather contribute to the UHECR
flux observed, then the energy content in the neutrino flux can not be higher than
the one in UHECRs, leading to the so called Waxman-Bahcall bound [71,72,73]
(shown in Fig. 8 below). If one of these assumptions does not apply, such as for
acceleration sources that are opaque to nucleons or in the top-down scenarios
where X particle decays produce much fewer nucleons than γ−rays and neutri-
nos, the Waxman-Bahcall bound does not apply, but the neutrino flux is still
constrained by the observed diffuse γ−ray flux in the GeV range. This is true as
long as the energy fluences produced in γ−rays and neutrinos are comparable,
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which follows from isospin symmetry if neutrinos are produced by pion produc-
tion, because γ−rays injected above the pair production threshold on the CMB
will cascade down to the GeV regime (see Sect. 3 above).

A systematic parameter study of RNB overdensities required in the Z-burst
scenario, based on analytical flux estimates, has been performed in Ref. [74].
Recently it has been noted that a degenerate relic neutrino background would
increase the interaction probability and thereby make the Z-burst scenario more
promising [75]. A neutrino asymmetry of order unity is not excluded phenomeno-
logically [76] and can be created in the early Universe, for example, through the
Affleck-Dine baryogenesis mechanism [77] or due to neutrino oscillations. The
authors of Ref. [75] pointed out that for a neutrino mass mν � 0.07 eV, a value
suggested by the Super-Kamiokande experiment [78], and for sources at redshifts
of a few, the flux of secondary Z-decay products is maximal for a RNB density
parameter Ων � 0.01. Such neutrino masses, however, require the sources to
produce neutrinos at least up to 1022 eV.

UHE neutrinos from the decay of pions, that are produced by interactions of
accelerated protons in astrophysical sources, must have originated within red-
shifts of a few. Moreover, in most conventional models their flux is expected
to fall off rapidly above 1020 eV. Examples are production in AGNs within
hadronic models [79,80,81,82,83,71], and “cosmogenic” neutrinos from interac-
tions of UHECR nucleons (near or above the GZK cutoff ) with the CMB (see,
e.g.,Refs. [84,85]). The latter source is the only one that is guaranteed to exist
due to existence of UHECRs near the GZK cutoff, but the fluxes are generally
quite small. Therefore, interaction of these UHE neutrinos with the RNB, that
could reveal the latter’s existence, can, if at all, be important only if the relic
neutrinos have a mass mν >∼ 1 eV [50]. Due to the continuous release of UHE
neutrinos up to much higher redshifts, most top-down scenarios would imply
substantially higher fluxes that also extend to much higher energies [57]. Cer-
tain features in the UHE neutrino spectrum predicted within such top-down
scenarios, such as a change of slope for massless neutrinos [52] or a dip structure
for relic neutrino masses of order 1 eV [53,65], have therefore been proposed as
possibly the only way to detect the RNB. However, some of the scenarios at
the high end of neutrino flux predictions have recently been ruled out based
on constraints on the accompanying energy release into the EM channel (see
contribution by P. Bhattacharjee and G. Sigl in this volume).

The recent claim that the Z-burst mechanism can explain the EHECR flux
even without overdensity, fν = 1, and even allows to determine the neutrino
mass mν ∼ 1 eV [86] was based on assumptions that we characterized here as
highly unrealistic: Sources accelerating nuclei to >∼ 1023 eV while being com-
pletely opaque to both the primaries and the secondary photons. The energy
fluence of the latter, however, after possibly being reprocessed to lower energies
by EM cascading, must be comparable to the neutrino energy fluence by simple
isospin symmetry in the production of charged and neutral pions.

Since in virtually all models UHE neutrinos are created as secondaries from
pion decay, i.e. as electron or muon neutrinos, τ−neutrinos can only be pro-
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duced by a flavor changing W± t-channel interaction with the RNB. The flux
of UHE τ−neutrinos is therefore usually expected to be substantially smaller
than the one of electron and muon neutrinos, if no neutrino oscillations take
place at these energies. However, the recent evidence from the Superkamiokande
experiment for nearly maximal mixing between muon and τ−neutrinos with
|Δm2| = |m2

νμ
−m2

ντ
| � 5 × 10−3 eV2 [78] would imply an oscillation length of

Losc = 2E/|Δm2| = 2.6× 10−6(E/PeV)(|Δm2|/5× 10−3 eV2)−1 pc and, there-
fore, a rough equilibration between muon and τ−neutrino fluxes from any source
at a distance larger than Losc [88]. Turning this around, one sees that a source
at distance d emitting neutrinos of energy E is sensitive to neutrino mixing with
|Δm2| = 2E/d � 1.3 × 10−16 (E/PeV)(d/100 Mpc)−1 eV2 [89,90]. Under cer-
tain circumstances, resonant conversion in the potential provided by the RNB
clustering in galactic halos may also influence the flavor composition of UHE
neutrinos from extraterrestrial sources [91]. In addition, such huge cosmological
baselines can be sensitive probes of neutrino decay [92].

Neutrino Detection

We now turn to a discussion of UHE neutrino interactions with matter rele-
vant for neutrino detection. UHE neutrinos can be detected by detecting the
muons produced in ordinary matter via charged current reactions with nucle-
ons; see, e.g., Refs. [93,94,95] for recent discussions. Corresponding cross sections
are calculated by folding the fundamental Standard Model quark-neutrino cross
section with the distribution function of the partons in the nucleon. These cross
sections are most sensitive to the abundance of partons of fractional momen-
tum x �M2

W /2mNE, where E is the neutrino energy. For the relevant squared
momentum transfer, Q2 ∼ M2

W , these parton distribution functions have been
measured down to x � 0.02 [96]. (It has been suggested that observation of
the atmospheric neutrino flux with future neutrino telescopes may probe parton
distribution functions at much smaller x currently inaccessible to colliders [97]).
Currently, therefore, neutrino-nucleon cross sections for E >∼ 1014 eV can be
obtained only by extrapolating the parton distribution functions to lower x.
Above 1019 eV, the resulting uncertainty has been estimated to be a factor 2 [94],
whereas within the dynamical radiative parton model it has been claimed to be at
most 20 % [95]. An intermediate estimate of the charged current neutrino-nucleon
cross section using the CTEQ4-DIS distributions can roughly be parameterized
by [94]

σνN (E) � 2.36× 10−32
(

E

1019 eV

)0.363

cm2 (1016 eV <∼ E <∼ 1021 eV) . (19)

The neutral current cross sections are a factor 2–3 smaller than this. Improved
calculations including non-leading logarithmic contributions in 1/x have recently
been performed in Ref. [98]. The results for the neutrino-nucleon cross section
differ by less than a factor 1.5 with Refs. [94,95] even at 1021 eV.
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However, more recently it has been argued that the neutrino-nucleon cross-
section calculated within the Standard Model becomes unreliable for E >∼ 2 ×
1017 eV: the authors of [99] used the O(g2) expression for the elastic forward
scattering amplitude to derive via the optical theorem the bound σνN ≤ 9.3 ×
10−33 cm2 for the total cross-section. Current parton distribution functions
(pdf’s) predict a violation of this unitarity bound above E >∼ 2 × 1017 eV. The
authors of [99] argue that the large O(g4) corrections to the forward scatter-
ing amplitude necessary to restore unitarity signal a breakdown of electroweak
perturbation theory. Alternatively, large changes in the evolution of the parton
distribution functions have to set in soon after the kinematical range probed by
HERA. A large O(g4) correction to the forward scattering amplitude and cross
section is, however, not surprising because the O(g2) amplitude contains no res-
onant contribution and is real. In particular, the total cross-section is therefore
not only bounded by a constant but zero at O(g2), and the imaginary part of
the box diagram of O(g4) is the first contribution to the total neutrino-nucleon
cross-section [100].

Interestingly, it has been shown that the increasing target mass provided by
the Earth for increasing zenith angles below the horizontal implies that the rate
of up-going air showers in UHECR detectors does not decrease with decreasing
neutrino-nucleon cross section but may even increase [101]. Thus, cross sections
smaller than Eq. (19) do not lead to reduced event rates in UHECR detectors and
can be measured from the angular distribution of events. UHECR and neutrino
experiments can thus contribute to measure cross sections at energies inaccessible
in accelerator experiments!

Neutral current neutrino-nucleon cross sections are expected to be a factor 2-3
smaller than charged current cross sections at UHE and interactions with elec-
trons only play a role at the Glashow resonance, ν̄ee→ W , at E = 6.3×1015 eV.
Furthermore, cross sections of neutrinos and anti-neutrinos are basically iden-
tical at UHE. Radiative corrections influence the total cross section negligibly
compared to the parton distribution uncertainties, but may lead to an increase
of the average inelasticity in the outgoing lepton from � 0.19 to � 0.24 at
E ∼ 1020 eV [102], although this would probably hardly influence the shower
character.

Neutrinos propagating through the Earth start to be attenuated above �
100 TeV due to the increasing Standard Model cross section as indicated by
Eq. (19). Detailed integrations of the relevant transport equations for muon
neutrinos above a TeV have been presented in Ref. [98], and, for a general cold
medium, in Ref. [103]. In contrast, τ−neutrinos with energy up to � 100 PeV
can penetrate the Earth due to their regeneration from τ decays [90]. As a result,
a primary UHE τ−neutrino beam propagating through the Earth would cascade
down below � 100 TeV and in a neutrino telescope could give rise to a higher
total rate of upgoing events as compared to downgoing events for the same beam
arriving from above the horizon. As mentioned above, a primary τ−neutrino
beam could arise even in scenarios based on pion decay, if νμ− ντ mixing occurs
with the parameters suggested by the Super-Kamiokande results [88]. In the PeV
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range, τ−neutrinos can produce characteristec “double-bang” events where the
first bang would be due to the charged current production by the τ−neutrino of a
τ whose decay at a typical distance � 100 m would produce the second bang [89].
These effects have also been suggested as an independent astrophysical test of
the neutrino oscillation hypothesis. In addition, isotropic neutrino fluxes in the
energy range between 10 TeV and 10 PeV have been suggested as probes of the
Earth’s density profile, whereby neutrino telescopes could be used for neutrino
absorption tomography [104].

New Interactions

It has been suggested that the neutrino-nucleon cross section, σνN , can be en-
hanced by new physics beyond the electroweak scale in the center of mass (CM)
frame, or above about a PeV in the nucleon rest frame [105,106,107]. Neutrino
induced air showers may therefore rather directly probe new physics beyond the
electroweak scale.

The lowest partial wave contribution to the cross section of a point-like par-
ticle is constrained by unitarity to be not much larger than a typical electroweak
cross section [108]. However, at least two major possibilities allowing consider-
ably larger cross sections have been discussed in the literature for which unitarity
bounds need not be violated. In the first, a broken SU(3) gauge symmetry dual to
the unbroken SU(3) color gauge group of strong interaction is introduced as the
“generation symmetry” such that the three generations of leptons and quarks
represent the quantum numbers of this generation symmetry. In this scheme,
neutrinos can have close to strong interaction cross sections with quarks. In ad-
dition, neutrinos can interact coherently with all partons in the nucleon, resulting
in an effective cross section comparable to the geometrical nucleon cross section.
This model lends itself to experimental verification through shower development
altitude statistics [105].

The second possibility consists of a large increase in the number of degrees
of freedom above the electroweak scale [109]. A specific implementation of this
idea is given in theories with n additional large compact dimensions and a quan-
tum gravity scale M4+n ∼TeV that has recently received much attention in
the literature [110] because it provides an alternative solution (i.e., without su-
persymmetry) to the hierarchy problem in grand unifications of gauge interac-
tions. The cross sections within such scenarios have not been calculated from
first principles yet. Within the field theory approximation which should hold
for squared CM energies s <∼ M2

4+n, the spin 2 character of the graviton pre-
dicts σg ∼ s2/M6

4+n [111]. For s� M2
4+n, several arguments based on unitarity

within field theory have been put forward. The emission of massive Kaluza-Klein
(KK) graviton modes associated with the increased phase space due to the extra
dimensions leads to the rough estimate (derived for n = 2) [111]

σg � 4πs

M4
4+n

� 10−27
(

M4+n

TeV

)−4(
E

1020 eV

)
cm2 , (20)
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where in the last expression we specified to a neutrino of energy E hitting a
nucleon at rest. A more detailed calculation taking into account scattering on
individual partons leads to similar orders of magnitude [107]. Note that a neu-
trino would typically start to interact in the atmosphere for σνN >∼ 10−27 cm2,
i.e. in the case of Eq. (20) for E >∼ 1020 eV, assuming M4+n � 1 TeV. For cross
sections such large the neutrino therefore becomes a primary candidate for the
observed EHECR events. However, since in a neutral current interaction the
neutrino transfers only about 10% of its energy to the shower, the cross sec-
tion probably has to be at least a few 10−26 cm2 to be consistent with observed
showers which start within the first 50 g cm−2 of the atmosphere [112,113]. A
specific signature of this scenario would be the absence of any events above the
energy where σg grows beyond � 10−27 cm2 in neutrino telescopes based on
ice or water as detector medium [114], and a hardening of the spectrum above
this energy in atmospheric detectors such as the Pierre Auger Project [115] and
the proposed space based AirWatch type detectors [118,119,120]. Furthermore,
according to Eq. (20), the average atmospheric column depth of the first in-
teraction point of neutrino induced air showers in this scenario is predicted to
depend linearly on energy. This should be easy to distinguish from the loga-
rithmic scaling of the elongation rate expected for nucleons, nuclei, and γ−rays.
To test such scalings one can, for example, take advantage of the fact that the
atmosphere provides a detector medium whose column depth increases from
∼ 1000 g/cm2 towards the zenith to ∼ 36000 g/cm2 towards horizontal arrival
directions. This probes cross sections in the range ∼ 10−29 − 10−27 cm2. Due
to the increased column depth, water/ice detectors would probe cross sections
in the range ∼ 10−31 − 10−29 cm2 [121] which could be relevant for TeV scale
gravity models [122].

From a perturbative point of view within string theory, σνN can be esti-
mated as follows: Individual amplitudes are expected to be suppressed exponen-
tially above the string scale Ms which again for simplicity we assume here to be
comparable to M4+n. This can be interpreted as a result of the finite spatial ex-
tension of the string states. In this case, the neutrino nucleon cross section would
be dominated by interactions with the partons carrying a momentum fraction
x ∼M2

s /s, leading to [112]

σνN � 4π

M2
s

ln
(

s

M2
s

)(
s

M2
s

)0.363

� 6× 10−29
(

Ms

TeV

)−4.726(
E

1020 eV

)0.363

×
[
1 + 0.08 ln

(
E

1020 eV

)
− 0.16 ln

(
Ms

TeV

)]2
cm2 (21)

This is probably too small to make neutrinos primary candidates for the highest
energy showers observed, given the fact that complementary constraints from
accelerator experiments result in Ms >∼ 1 TeV [133]. On the other hand, general
arguments on the production of “string balls” or small black holes from two point
particles represented by light strings [134] leads to the asymptotic scaling σ �
(s/M2

s )1/(n+1) for s >∼ M2
s for the fundamental neutrino-parton cross section.

This could lead to values for σνN larger than Eq. (21) [135]. Some other recent
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Fig. 8. Various neutrino flux predictions and experimental upper limits or projected
sensitivities. Shown are upper limits from the Frejus underground detector [123], the
Fly’s Eye experiment [124], the Goldstone radio telescope [127], and the Antarctic
Muon and Neutrino Detector Array (AMANDA) neutrino telescope [128], as well as
projected neutrino flux sensitivities of ICECUBE, the planned kilometer scale extension
of AMANDA [129], the Pierre Auger Project [130] (for electron and tau neutrinos sep-
arately) and the proposed space based OWL [118] concept. Neutrino fluxes are shown
for the atmospheric neutrino background [131] (hatched region marked “atmospheric”),
for EHECR interactions with the CMB [132] (“Nγ”, dashed range indicating typical
uncertainties for moderate source evolution), and for the “top-down” model (marked
“SLBY”), where EHECR and neutrinos are produced by decay of superheavy relics
(see Ref. [58] and contribution by P. Bhattacharjee and G. Sigl in this volume for more
details). The top-down fluxes are shown for electron-, muon, and tau-neutrinos sep-
arately, assuming no (lower ντ -curve) and maximal νμ − ντ mixing (upper ντ -curve,
which would then equal the νμ-flux), respectively. The Waxman-Bahcall bound in the
version of Mannheim, Protheroe, and Rachen [72] (“WB/MPR-bound”) for sources
optically thin for the proton primaries, and the γ−ray bound (“γ−bound”) are also
shown

work seems to imply that in TeV string models cross sections, if not sufficient to
make neutrinos UHECR primary candidates, could at least be significantly larger
than Standard Model cross sections [136,137]. Thus, an experimental detection
of the signatures discussed in this section [138] could lead to constraints on some
string-inspired models of extra dimensions.

There are, however, severe astrophysical and cosmological constraints on
M4+n which result from limiting the emission of bulk gravitons into the extra
dimensions. The strongest constraints in this regard come from the production
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due to nucleon-nucleon bremsstrahlung in type II supernovae [139] and their sub-
sequent decay into a diffuse background of γ−rays in the MeV range [140]. The
latter read M6 >∼ 84 TeV, M7 >∼ 7 TeV, for n = 2, 3, respectively, and, therefore,
n ≥ 5 is required if neutrino primaries are to serve as a primary candidate for
the EHECR events observed above 1020 eV. This assumes a toroidal geometry
of the extra dimensions with equal radii given by

rn �M−1
4+n

(
MPl

M4+n

)2/n

� 2× 10−17
(

TeV
M4+n

)(
MPl

M4+n

)2/n

cm , (22)

where MPl denotes the Planck mass. The above lower bounds on M4+n thus
translate into the corresponding upper bounds r2 <∼ 0.9× 10−4 mm, r3 <∼ 0.19×
10−6 mm, respectively. Still stronger but somewhat more model dependent
bounds result from the production of KK modes during the reheating phase
after inflation. For example, a bound M6 >∼ 500 TeV has been reported [141]
based on the contribution to the diffuse γ−ray background in the 100 MeV
region. We note, however, that all astrophysical and cosmological bounds are
changed in more complicated geometries of extra dimensions [142].

The neutrino primary hypothesis of EHECR together with other astrophys-
ical and cosmological constraints thus provides an interesting testing ground
for theories involving large compact extra dimensions representing one possible
kind of physics beyond the Standard Model. In this context, we mention that
in theories with large compact extra dimensions mentioned above, Newton’s law
of gravity is expected to be modified at distances smaller than the length scale
given by Eq. (22). Indeed, there are laboratory experiments measuring gravita-
tional interaction at small distances (for a recent review of such experiments see
Ref. [143]), which also probe these theories. Thus, future EHECR experiments
and gravitational experiments in the laboratory together have the potential of
providing rather strong tests of these theories. These tests would be complemen-
tary to constraints from collider experiments [133].

Independent of theoretical arguments, the EHECR data can be used to put
constraints on cross sections satisfying σνN (E >∼ 1019 eV) <∼ 10−27 cm2. Particles
with such cross sections would give rise to horizontal air showers. The Fly’s
Eye experiment established an upper limit on horizontal air showers [124]. The
non-observation of the neutrino flux expected from pions produced by EHECRs
interacting with the CMB the results in the limit [144,121]

σνN (1017 eV) <∼ 1× 10−29/ȳ1/2 cm2

σνN (1018 eV) <∼ 8× 10−30/ȳ1/2 cm2

σνN (1019 eV) <∼ 5× 10−29/ȳ1/2 cm2 , (23)

where ȳ is the average energy fraction of the neutrino deposited into the shower
(ȳ = 1 for charged current reactions and ȳ � 0.1 for neutral current reactions).
Neutrino fluxes predicted in various scenarios are shown in Fig. 8. The projected
sensitivity of future experiments such as the Pierre Auger Observatories and the
AirWatch type satellite projects indicate that the cross section limits Eq. (23)
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could be improved by up to four orders of magnitude, corresponding to one
order of magnitude in Ms or M4+n. This would close the window between cross
sections allowing horizontal air showers, σνN (E >∼ 1019 eV) <∼ 10−27 cm2, and
the Standard Model value Eq. (19).

We note in this context that, only assuming 3 + 1 dimensional field theory,
consistency of the UHE νN cross section with data at electroweak energies does
not lead to very stringent constraints: Relating the cross section to the νN elastic
amplitude in a model independent way yields [145]

σ(E) <∼ 3× 10−24
(

E

1019 eV

)
cm2 . (24)

However, it has been argued [99] (see discussion above), that cross sections σνN >∼
9.3× 10−33 cm2 could signal a breakdown of perturbation theory.

In the context of conventional astrophysical sources, the relevant UHE neu-
trino primaries could, of course, only be produced as secondaries in interactions
with matter or with low energy photons of protons or nuclei accelerated to ener-
gies of at least 1021 eV. This implies strong requirements on the possible sources.
In addition, neutrino primaries with new interactions would predict a significant
correlation of UHECR arrival directions with high redshift objects. Indeed, pos-
sible correlations of that type have recently been discussed (see Sect. 7).

4.2 Supersymmetric Particles

Certain supersymmetric particles have been suggested as candidates for the
EHECR events. For example, if the gluino is light and has a lifetime long com-
pared to the strong interaction time scale, because it carries color charge, it
will bind with quarks, anti-quarks and/or gluons to form color-singlet hadrons,
so-called R-hadrons. This can occur in supersymmetric theories involving gauge-
mediated supersymmetry (SUSY) breaking [146] where the resulting gluino mass
arises dominantly from radiative corrections and can vary between ∼ 1 GeV and
∼ 100 GeV. In these scenarios, the gluino can be the lightest supersymmetric par-
ticle (LSP). There are also arguments against a light quasi-stable gluino [147],
mainly based on constraints on the abundance of anomalous heavy isotopes of
hydrogen and oxygen which could be formed as bound states of these nuclei and
the gluino. However, the case of a light quasi-stable gluino does not seem to be
settled.

In the context of such scenarios a specific case has been suggested in which
the gluino mass lies between 0.1 and 1 GeV [148]. The lightest gluino-containing
baryon, udsg̃, denoted S0, could then be long-lived or stable, and the kinematical
threshold for γb – S0 “GZK” interaction would be higher than for nucleons,
at an energy given by substituting the S0 mass MS0 for the nucleon mass in
Eq. (7) [150]. Furthermore, the cross section for γb – S0 interaction peaks at an
energy higher by a facor (mS0/mN )(m∗ −mS0)/(mΔ −mN ) where the ratio of
the mass splittings between the primary and the lowest lying resonance of the S0

(of mass m∗) and the nucleon satisfies (m∗−mS0)/(mΔ−mN ) >∼ 2. As a result



Propagation of Ultra-High-Energy Radiation 219

of this and a somewhat smaller interaction cross section of S0 with photons, the
effective GZK threshold is higher by factors of a few and sources of events above
1019.5 eV could be 15-30 times further away than for the case of nucleons. The
existence of such events, whose arrival directions should be correlated with their
sources, as for the case of neutrino primaries discussed in the previous section,
was therefore proposed as a signal of supersymmetry [150] (see Sect. 7 for a
discussion of angular correlation studies).

Meanwhile, however, accelerator constraints have become more stringent (see
Refs. [151,152]) and seem to be inconsistent with the scenario from Ref. [148].
However, the scenario with a “tunable” gluino mass [146] still seems possible
and suggests either the gluino–gluon bound state gg̃, called glueballino R0, or
the isotriplet g̃− (uū− dd̄)8, called ρ̃, as the lightest quasi-stable R-hadron. For
a summary of scenarios with light gluinos consistent with accelerator constraints
see Ref. [153].

Similar to the neutrino primary hypothesis in the context of acceleration
sources (see Sect. 4.1), a specific difficulty of this scenario is the fact that,
of course, the neutral R-hadron can not be accelerated, but rather has to be
produced as a secondary of an accelerated proton interacting with the ambi-
ent matter. As a consequence, protons must be accelerated to at least 1021 eV
at the source in order for the secondary S0 particles to explain the EHECR
events. Furthermore, secondary production would also include neutrinos and es-
pecially γ−rays, leading to fluxes from powerful discrete acceleration sources
that may be detectable in the GeV range by space-borne γ−ray instruments
such as EGRET and GLAST, and in the TeV range by ground based γ−ray
detectors such as HEGRA and WHIPPLE and the planned VERITAS, HESS,
and MAGIC projects. At least the latter three ground based instruments should
have energy thresholds low enough to detect γ−rays from the postulated sources
at redshift z ∼ 1. Such observations in turn imply constraints on the required
branching ratio of proton interactions into the R-hadron which, very roughly,
should be larger than ∼ 0.01. These constraints, however, will have to be inves-
tigated in more detail for specific sources. It was also suggested to search for
heavy neutral baryons in the data from Čerenkov instruments in the TeV range
in this context [154].

A further constraint on new, massive strongly interacting particles in general
comes from the character of the air showers created by them: The observed
EHECR air showers are consistent with nucleon primaries and limits the possible
primary rest mass to less than � 50 GeV [155]. With the statistics expected from
upcoming experiments such as the Pierre Auger Project, this upper limit is likely
to be lowered down to � 10 GeV.

It is interesting to note in this context that in case of a confirmation of the
existence of new neutral particles in UHECRs, a combination of accelerator,
air shower, and astrophysics data would be highly restrictive in terms of the
underlying physics: In the above scenario, for example, the gluino would have
to be in a narrow mass range, 1–10 GeV, and the newest accelerator constraints
on the Higgs mass, mh >∼ 90 GeV, would require the presence of a D term of an
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anomalous U(1)X gauge symmetry, in addition to a gauge-mediated contribution
to SUSY breaking at the messenger scale [146].

The possibility of new axion-like and supersymmetric primaries has been
recently discussed from a more general point of view, with the sgoldstino, the
superpartner of the fermion associated with supersymmetry breaking, as a spe-
cific example [156]: The requirement of avoiding strong interactions with the
CMB and thus the GZK effect and at the same time assuring sufficiently large,
almost hadronic strength interactions with air nuclei to explain observed air
showers causes a tension that rules out basically all of the available parameter
space.

Finally, SUSY could also play a role in top-down scenarios where it would
modify the spectra of particles resulting from the decay of the X particles (see
contribution by P. Bhattacharjee and G. Sigl in this volume).

4.3 Other Particles

Recently it was suggested that QCD instanton induced interactions between
quarks can lead to a stable, strong bound state of two Λ = uds particles, a so
called uuddss H-dibaryon state with a mass MH � 1700 MeV [157]. This particle
would have properties similar to the sypersymmetric S0 particle discussed in the
previous section, i.e. it is neutral and its spin is zero. Its effective GZK cutoff
would, therefore, also be considerably higher than for nucleons, at approximately
7.3× 1020 eV, according to Ref. [157]. It would thus also be a primary candidate
for the observed EHECR events that could be produced at high redshift sources.

Finally, extended field configurations, called topological defects, that are clas-
sical solutions of the equations describing the fundamental forces in Nature,
could in some cases also propagate unattenuated and thus be UHECR primary
candidates or produce “ordinary” particles by decay. The latter possibility is
usually subsummed under “top-down” scenarios and we refer the reader to the
contribution by P. Bhattacharjee and G. Sigl in this volume.

5 Signatures of Galactic and Extragalactic Magnetic
Fields in UHECR Spectra and Images

Cosmic magnetic fields can have several implications for UHECR propagation
that may leave signatures in the observable spectra which could in turn be used
to constrain or even measure the magnetic fields in the halo of our Galaxy and/or
the EGMF.

5.1 Synchrotron Radiation and Electromagnetic Cascades

As already mentioned in Sect. 3, the development of EM cascades strongly de-
pends on presence and strength of magnetic fields via the synchrotron loss of its
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electronic component: For a particle of mass m and charge Ze (e is the electron
charge) the energy loss rate in a field of squared r.m.s. strength B2 is

dE

dt
= −4

3
σT

B2

8π

(
Zme

m

)4(
E

me

)2

. (25)

For UHE protons this is negligible, whereas for UHE electrons the synchrotron
losses eventually dominate over their attenuation (due to interaction with the
background photons) above some critical energy Etr ∼ 1020(B/10−10 G)−1 eV
that depends somewhat on the URB (see Fig. 5). Cascade development above
that energy is essentially blocked because the electrons lose their energy through
synchrotron radiation almost instantaneously once they are produced. In this
energy range, γ−ray propagation is therefore governed basically by absorption
due to PP or DPP, and the observable flux is dominated by the “direct” or “first
generation” γ−rays, and their flux can be calculated by integrating Eq. (5) up
to the absorption length (or redshift). Since this length is much smaller than the
Hubble radius, for a homogeneous source distribution this reduces to Eq. (6),
with lE(E) replaced by the interaction length l(E).

Thus, for a given injection spectrum of γ−rays and electrons for a source
beyond a few Mpc, the observable cascade spectrum depends on the EGMF. As
mentioned in Sect. 3, the hadronic part of UHECRs is a continuous source of
secondary photons whose spectrum may therefore contain information on the
large scale magnetic fields [158]. This spectrum should be measurable down to
� 1019 eV if γ−rays can be discriminated from nucleons at the ∼ 1% level. In
more speculative models of UHECR origin such as the topological defect scenario
that predict domination of γ−rays above ∼ 1020 eV, EGMFs can have even more
direct consequences for UHECR fluxes and constraints on such scenarios (see
contribution by P. Bhattacharjee and G. Sigl in this volume).

The photons coming from the synchrotron radiation of electrons of energy E
have a typical energy given by

Esyn � 6.8× 1013
(

E

1021 eV

)2(
B

10−9 G

)
eV , (26)

which is valid in the classical limit, Esyn  E. Constraints can arise when this
energy falls in a range where there exist measurements of the diffuse γ−ray
flux, such as from EGRET around 1 GeV [40], or upper limits on it, such as
at 50 − 100 TeV from HEGRA [159], and between � 6 × 1014 eV and � 6 ×
1016 eV from CASA-MIA [160]. For example, certain strong discrete sources of
UHE γ−rays such as massive topological defects with an almost monoenergetic
injection spectrum in a 10−9 G EGMF would predict γ−ray fluxes that are larger
than the charged cosmic ray flux for some energies above � 1016 eV and can
therefore be ruled out [132].

5.2 Deflection and Delay of Charged Hadrons

Whereas for electrons synchrotron loss is more important than deflection in the
EGMF, for charged hadrons the opposite is the case. A relativistic particle of
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charge Ze and energy E has a Larmor radius rL � E/(ZeB⊥) where B⊥ is the
field component perpendicular to the particle momentum. If this field is constant
over a distance d, this leads to a deflection angle

θ(E, d) � d

rL
� 0.52◦Z

(
E

1020 eV

)−1(
d

1 Mpc

)(
B⊥

10−9 G

)
. (27)

Magnetic fields beyond the Galactic disk are poorly known and include a
possible extended field in the halo of our Galaxy and a large scale EGMF. In
both cases, the magnetic field is often characterized by an r.m.s. strength B and
a correlation length λ, i.e. it is assumed that its power spectrum has a cut-off in
wavenumber space at kc = 2π/λ and in real space it is smooth on scales below
λ which is often also called coherence length. If we neglect energy loss processes
for the moment, then the r.m.s. deflection angle over a distance d in such a field
is θ(E, d) � (2dλ/9)1/2/rL, or

θ(E, d) � 0.8◦ Z

(
E

1020 eV

)−1(
d

10 Mpc

)1/2(
λ

1 Mpc

)1/2(
B

10−9 G

)
, (28)

for d >∼ λ, where the numerical prefactors were calculated from the analytical
treatment in Ref. [161]. There it was also pointed out that there are two different
limits to distinguish: For dθ(E, d)  λ, particles of all energies “see” the same
magnetic field realization during their propagation from a discrete source to the
observer. In this case, Eq. (28) gives the typical coherent deflection from the
line-of-sight source direction, and the spread in arrival directions of particles of
different energies is much smaller. In contrast, for dθ(E, d) � λ, the image of
the source is washed out over a typical angular extent again given by Eq. (28),
but in this case it is centered on the true source direction. If dθ(E, d) � λ, the
source may even have several images, similar to the case of gravitational lensing.
Therefore, observing images of UHECR sources and identifying counterparts in
other wavelengths would allow one to distinguish these limits and thus obtain
information on cosmic magnetic fields. If d is comparable to or larger than the
interaction length for stochastic energy loss due to photo-pion production or
photodisintegration, the spread in deflection angles is always comparable to the
average deflection angle.

Deflection also implies an average time delay of τ(E, d) � dθ(E, d)2/4, or

τ(E, d) � 1.5× 103 Z2
(

E

1020 eV

)−2(
d

10 Mpc

)2(
λ

1 Mpc

)(
B

10−9 G

)2

yr

(29)
relative to rectilinear propagation with the speed of light. It was pointed out in
Ref. [162] that, as a consequence, the observed UHECR spectrum of a bursting
source at a given time can be different from its long-time average and would
typically peak around an energy E0, given by equating τ(E, d) with the time of
observation relative to the time of arrival for vanishing time delay. Higher energy
particles would have passed the observer already, whereas lower energy particles
would not have arrived yet. Similarly to the behavior of deflection angles, the
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width of the spectrum around E0 would be much smaller than E0 if both d is
smaller than the interaction length for stochastic energy loss and dθ(E, d) λ.
In all other cases the width would be comparable to E0.

Constraints on magnetic fields from deflection and time delay cannot be
studied separately from the characteristics of the “probes”, namely the UHECR
sources, at least as long as their nature is unknown. An approach to the general
case is discussed in Sect. 8.2.

6 Constraints on EHECR Source Locations

Nucleons, nuclei, and γ−rays above a few 1019 eV cannot have originated much
further away than � 50 Mpc. For nucleons this follows from the GZK effect
(see Fig. 2, the range of nuclei is limited mainly by photodisintegration on the
CMB (see Sect. 2), whereas photons are restricted by PP and DPP on the CMB
and URB (see Fig. 4). Together with Eq. (28) this implies that above a few
1019 eV the arrival direction of such particles should in general point back to
their source within a few degrees [163]. This argument is often made in the
literature and follows from the Faraday rotation bound on the EGMF and a
possible extended field in the halo of our Galaxy, which in its original form
reads Bλ1/2 <∼ 10−9 G Mpc1/2 [164,165], as well as from the known strength and
scale height of the field in the disk of our Galaxy, Bg � 3× 10−6 G, lg <∼ 1 kpc.
Furthermore, the deflection in the disk of our Galaxy can be corrected for in order
to reconstruct the extragalactic arrival direction: Maps of such corrections as a
function of arrival direction have been calculated in Refs. [166,167] for plausible
models of the Galactic magnetic field. The deflection of UHECR trajectories in
the Galactic magnetic field may, however, also give rise to several other important
effects [168] such as (de)magnification of the UHECR fluxes due to the magnetic
lensing effect mentioned in the previous section (which can modify the UHECR
spectrum from individual sources), formation of multiple images of a source, and
apparent “blindness” of the Earth towards certain regions of the sky with regard
to UHECRs. These effects may in turn have important implications for UHECR
source locations. In fact, it was recently claimed [169] that, assuming a certain
model of the magnetic fields in the Galactic winds, the highest energy cosmic ray
events could all have originated in the Virgo cluster or specifically in the radio
galaxy M87, However, as was subsequently pointed out in Ref. [170], this Galactic
wind model leads to focusing of all positively charged highest energy particles
to the North Galactic pole and, consequently, this can not be interpreted as
evidence for a point source situated close to the North Galactic pole.

However, important modifications of the Faraday rotation bound on the
EGMF have recently been discussed in the literature: The average electron den-
sity which enters estimates of the EGMF from rotation measures, can now be
more reliably estimated from the baryon density Ωbh

2 � 0.02, whereas in the
original bound the closure density was used. Assuming an unstructured Universe
and Ω0 = 1 results in the much weaker bound [171,172]
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B <∼ 7× 10−7
(

Ωbh
2

0.02

)−1(
h

0.65

)(
λ

Mpc

)−1/2

G , (30)

which suggests much stronger deflection. However, taking into account the large
scale structure of the Universe in the form of voids, sheets, filaments etc., and
assuming flux freezing of the magnetic fields whose strength then approximately
scales with the 2/3 power of the local density, leads to more stringent bounds:
Using the Lyman α forest to model the density distribution yields [171]

B <∼ 10−9 − 10−8 G (31)

for the large scale EGMF for coherence scales between the Hubble scale and 1
Mpc. This estimate is closer to the original Faraday rotation limit. However,
in this scenario the maximal fields in the sheets and voids can be as high as a
μG [173,171,172].

Therefore, according to Eq. (28) and (31), deflection of UHECR nucleons is
still expected to be on the degree scale if the local large scale structure around the
Earth is not strongly magnetized. However, rather strong deflection can occur if
the Supergalactic plane is strongly magnetized, for particles originating in nearby
galaxy clusters where magnetic fields can be as high as 10−6 G [164,165,174] (see
Sect. 8.2) and/or for heavy nuclei such as iron [24]. In this case, magnetic lensing
in the EGMF can also play an important role in determining UHECR source
locations [175,176].

7 Source Search for EHECR Events

The identification of sources of EHECR has been attempted in it least two
different ways: First, it has been tried to associate some of the EHE events with
discrete sources. For the 300 EeV Fly’s Eye event, potential extragalactic sources
have been discussed in Ref. [24]. Prominent objects that are within the range of
nuclei and nucleons typically require strong magnetic bending, such as Centaurus
A at � 3 Mpc and � 136◦ from the arrival direction (see Fig. 17 below for an
explicit simulation), Virgo A (13− 26 Mpc, � 87◦), and M82 (3.5 Mpc, � 37◦).
The Seyfert galaxy MCG 8-11-11 at 62 − 124 Mpc and the radio galaxy 3C134
of Fanaroff-Riley (FR) class II are within about 10◦ of the arrival direction.
Due to Galactic obscuration, the redshift (and thus the distance) of the latter
is, however, not known with certainty, and estimates range between 30 and
500 Mpc [177]. A powerful quasar, 3C147, within the Fly’s Eye event error box
at redshift z � 0.5 has been suggested as a neutrino source [178]. Recall, however,
the problems associated with explaining EHECRs by powerful neutrino sources
as discussed in Sect. 4.1. For the highest energy AGASA event [61], a potential
source for the neutrino option is the FR-II galaxy 3C33 at � 300 Mpc distance,
whereas the FR-I galaxy NGC 315 at � 100 Mpc is a candidate in case of a
nucleon primary. A Galactic origin for both the highest energy Fly’s Eye and
AGASA event seems only possible in case of iron primaries and an extended
Galactic halo magnetic field [179].
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Second, identification of UHECR sources with classes of astrophysical objects
has been attempted by testing statistical correlations between arrival directions
and the locations of such objects. The Haverah park data set and some data from
the AGASA, the Volcano Ranch, and the Yakutsk experiments were tested for
correlation with the Galactic and Supergalactic plane, and positive result at a
level of almost 3σ was found for the latter case for events above 4×1019 eV [180].
An analysis of the SUGAR data from the southern hemisphere, however, did not
give significant correlations [181]. More recently, a possible correlation of a sub-
set of about 20% of the events above 4 × 1019 eV among each other and with
the Supergalactic plane was reported by the AGASA experiment, whereas the
rest of the events seemed consistent with an isotropic distribution [182,183].
Results from a similar analysis combining data from the Volcano Ranch, the
Haverah Park, the Yakutsk, and the Akeno surface arrays in the northern hemi-
sphere [184], as well as from these and the Fly’s Eye experiment [185] were found
consistent with that, although no final conclusions can be drawn presently yet.
These findings give support to the hypothesis that at least part of the EHE-
CRs are accelerated in objects associated with the Supergalactic plane. How-
ever, it was subsequently pointed out [186] that the Supergalactic plane corre-
lation at least of the Haverah Park data seems to be too strong for an origin
of these particles in objects associated with the large-scale galaxy structure be-
cause, within the range of the corresponding nucleon primaries, galaxies beyond
the Local Supercluster become relevant as well. As a possible resolution it was
suggested [187,177] that the possible existence of strong magnetic fields with
strengths up to μG and coherence lengths in the Mpc range, aligned along the
large-scale structure [173], could produce a focusing effect of UHECRs along the
sheets and filaments of galaxies. A recent study claims, however, consistency of
the arrival directions of UHECRs with the distribution of galaxies within 50 Mpc
from the Cfa Redshift Catalog [188]. The case of UHECR correlations with the
large scale structure of galaxies, therefore, does not seem to be settled yet.

Correlations between arrival directions of UHECRs above 4 × 1019 eV and
γ−ray burst (GRB) locations have also been investigated. Although the arrival
directions of the two highest energy events are within the error boxes of two
strong GRBs detected by BATSE [189], no significant positive result was found
for the larger UHECR sample [190]. This may be evidence against an association
of UHECRs with GRBs if their distance scale is Galactic, but not if they have an
extragalactic origin because of the implied large time delays of UHECRs relative
to GRB photons (see contribution by E. Waxman in this volume). Furthermore,
whereas no enhancement of the TeV γ−ray flux has been found in the direction
of the Fly’s Eye event in Ref. [191], a weak excess was recently reported in
Ref. [192].

Recently various claims occured in the literature for significant angular cor-
relations of UHECRs with certain astrophysical objects at distances too large for
the primaries to be nucleons, nuclei, or γ−rays. Farrar and Biermann reported
a possible correlation between the arrival direction of the five highest energy
CR events and compact radio quasars at redshifts between 0.3 and 2.2 [193]
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Undoubtedly, with the present amount of data the interpretation of such evi-
dence for a correlation remains somewhat subjective, as is demonstrated by the
criticism of the statistical analysis in Ref. [193] by Hoffman [194] and the reply
by Farrar and Biermann [195]). Also, a new analysis with the somewhat larger
data set now available did not support such correlations [196]. This is currently
disputed since another group claims to have found a correlation on the 99.9%
confidence level [197]. Most recently, a correlation between UHECRs of energy
E >∼ 4× 1019 eV and BL Lacertae objects at redshifts z > 0.1 was claimed [198].
None of these claims are convincing yet but confirmation or refutation should
be possible within the next few years by the new experiments. Clearly, a confir-
mation of one of these correlations would be exciting as it would probably imply
new physics such as neutrinos with new interactions or new neutral particles
discussed in Sect. 4.

Finally, a statistically significant correlation between the arrival directions of
UHECR events in the energy range (0.8—4)×1019 eV and directions of pulsars
along the Galactic magnetic field lines has been claimed for the Yakutsk air
shower data in Ref. [199]. It would be interesting to look for similar correlations
for the data sets from other UHECR experiments.

8 Detailed Calculations
of Ultra-High-Energy Cosmic Ray Propagation

In order to obtain accurate predictions of observable CR spectra for given pro-
duction scenarios, one has to solve the equations of motion for the total and
differential cross sections for the loss processes discussed in Sects. 2−5. If devi-
ations from rectilinear propagation are unimportant, for example, if one is only
interested in time averaged fluxes, one typically solves the coupled Boltzmann
equations for CR transport in one spatial dimension either directly or by Monte
Carlo simulation. In contrast, if it is important to follow 3-dimensional trajec-
tories, for example, to compute images of discrete UHECR sources in terms
of energy and time and direction of arrival in the presence of magnetic fields,
the only feasible approach for most purposes is a Monte Carlo simulation. We
describe both cases briefly in the following.

8.1 Average Fluxes and Transport Equations in One Dimension

Computation of time averaged fluxes from transport equations or one-dimen-
sional Monte Carlo simulation is most relevant for diffuse fluxes from many
sources and for spectra from discrete sources that emit constantly over long
time periods. This is applicable at sufficiently high energies such that deflection
angles in potential magnetic fields are much smaller than unity. Formally, the
Boltzmann equations for the evolution of a set of species with local densities per
energy ni(E) are given by

∂ni(E)
∂t

= Φi(E)− ni(E)
∫

dεnb(ε)
∫ +1

−1
dμ

1− μβbβi

2

∑
j

σi→j |s=εE(1−μβbβi)
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+
∫

dE′
∫
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(32)

for an isotropic background distribution (here assumed to be only one species)
with our notation, see Eqs. (7 and (8), extended to several species. We briefly
summarize work on solving these equations for the propagation of nucleons,
nuclei, γ−rays, electrons, and neutrinos in turn.

Nucleons and Nuclei

Motivated by conventional acceleration models (see contribution by G. Pelletier
in this volume), many studies on propagation of nucleons and nuclei have been
published in the literature. Approximate analytical solutions of the transport
equations can only be found for very specific situations, for example, for the prop-
agation of nucleons near the GZK cutoff (e.g., [200,201,202,203]) and/or under
certain simplifying assumptions such as the CEL approximation Eqs. (4)−(6) for
nucleons (e.g., [204,205]) and γ−rays (e.g., [35]). The CEL approximation is
excellent for PPP because of its small inelasticity. For pion production, due to its
stochastic nature implied by its large inelasticity, the CEL approximation tends
to produce a sharper pile-up right below the GZK cutoff compared to exact solu-
tions [206]. It still works reasonably well as long as many pion production events
take place on average, i.e. for continuous source distributions and for distant
discrete sources. Numerical solutions for nucleons solve the transport equations
either directly [207,206,6] or through Monte Carlo simulation [208,24,209,210].
Monte Carlo studies of the photodisintegration histories of nuclei have first been
performed in Ref. [14] and subsequently in Refs. [24,21,23].

Electromagnetic Cascades

Numerical calculations of average γ−ray fluxes from EM cascades beyond the an-
alytical CEL approximation are more demanding due to the exponential growth
of the number of electrons and photons and are usually not feasible within a
pure Monte Carlo approach. Such simulations have been performed mainly in
the context of topological defect models of UHECR origin (see contribution
by P. Bhattacharjee and G. Sigl in this volume). Calculations of the photon
flux between � 100 MeV and � 1016 GeV (the Grand Unification Scale ) have
been presented in Ref. [132,211] where a hybrid Monte Carlo matrix doubling
method [212] was used, and in Ref. [6,67,58] where the transport equations are
solved by an implicit numerical method. Such calculations play an important role
in deriving constraints on top-down models from a comparison of the predicted
and observed photon flux down to energies of � 100 MeV (see contribution by
P. Bhattacharjee and G. Sigl in this volume). EM cascade simulations are also
relevant for the secondary γ−ray flux produced from interactions of primary
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hadrons [206] and its dependence on cosmic magnetic fields [158]. Under cer-
tain circumstances, this secondary flux can become comparable to the primary
flux [39].

Analytical calculations have been performed for saturated EM cascades [37].
These calculations show that the cascade spectrum below the pair production
threshold has a generic shape. As mentioned above in Sect. 3 this has also been
used to derive constraints on energy injection based on direct observation of this
cascade flux or on a comparison of its side effects, for example, on light element
abundances, with observations.

Fig. 9. Effective penetration depth of EM cascades, as defined in the text, for the
strongest theoretical URB estimate (solid lines), and the observational URB estimate
from Ref. [29] (dashed lines), as shown in Fig. 3, and for an EGMF � 10−11 G (thick
lines), and 10−9 G (thin lines), respectively

As a first application of numerical transport calculations we present the ef-
fective penetration depth of EM cascades, which we define as the coefficient
lE(E) in Eq. (6), where j(E) is the γ−ray flux resulting after propagating a
homogeneous injection flux Φ(E). Figure 9 shows results computed for the new
estimates of the IR background from Ref. [17], and for some combinations of the
URB and the EGMF.

Neutrino Fluxes

Accurate predictions for the UHE neutrino flux have become more relevant re-
cently due to studies and proposals for the detection of UHE neutrinos [213,126].
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Fluxes of secondary neutrinos from photo-pion production by UHECRs have
been calculated numerically, e.g., in Refs. [206,53,6], by solving the full transport
equations for nucleons. Because of the small redshifts involved, the neutrinos can
be treated as interaction-free, and the main uncertainties come from the poorly
known injection history of the primary nucleons. In top-down scenarios, neutri-
nos are continuously produced up to very high redshifts and secondaries pro-
duced in neutrino interactions can enhance the UHE neutrino fluxes compared
to the simple absorption approximation used in Refs. [57,214]. By solving the
full Boltzmann equations for the neutrino cascade, unnormalized spectral shapes
of neutrino fluxes from topological defects have been calculated in Ref. [52], and
absolute fluxes in Ref. [53]. Semianalytical calculations of γ−ray, nucleon, and
neutrino fluxes for a specific class of cosmic string models predicting an absolute
normalization of the UHECR injection rate (see contribution by P. Bhattacharjee
and G. Sigl in this volume) have been performed in Ref. [215].

Recently an integrated code has been developed which solves the coupled full
transport equations for all species, i.e, nucleons, γ−rays, electrons, and neutrinos
concurrently [67,58]. This allows, for example, to make detailed predictions for
the spectra of the nucleons and γ−rays produced by resonant Z0 production of
UHE neutrinos on a massive RNB which could serve as a signature of hot dark
matter [64,65] (see Sect. 4.1).

8.2 Angle-Time-Energy Images
of Ultra-High-Energy Cosmic Ray Sources

In Sect. 5 we gave simple analytical estimates for the average deflection and
time delay of nucleons propagating in a cosmic magnetic field. Here we review
approaches that have been taken in the literature to compute effects of magnetic
fields on both spectra and angular images (and their time dependence) of sources
of UHE nucleons.

Strong Deflection

An exact analytical expression for the distribution of time delays that applies
in the limit dθ(E, d) � λ for E <∼ 4 × 1019 eV where photo-pion production
is negligible has been given in Ref. [161]. The consequences for the spectra in
this energy range and their temporal behavior, especially for the possibility of
bursting sources such as cosmological GRBs (see contribution by E. Waxman in
this volume), have been discussed there.

Indications for rather strong magnetic fields in the range between 10−8 G up
to 10−6 G have been observed near large mass agglomerations such as clusters
of galaxies or even the filaments and sheets connecting them [164,165]. UHECR
deflection in such regions could be strong enough for the diffusion approxima-
tion to become applicable. The uncertainties in strength and spectrum of the
magnetic fields translate directly into a corresponding uncertainty in the energy
dependent diffusion coefficient D(E) which is often obtained by simply fitting



230 Günter Sigl

calculated fluxes to the data. At ∼ 1019 eV estimated values of D(E) range be-
tween � 5 × 1033 cm2 sec−1 and � 3 × 1035 cm2 sec−1, and energy dependence
like D(E) ∝ Eα with α in the range 1/3 and 2 have been suggested [36,216].
This is confirmed by numerical simulations (see below).

Several approximate treatments for calculations of fluxes in the diffusion ap-
proximation have been pursued in the literature: If pion production is treated
in the CEL approximation, the problem reduces to solving Eq. (4) with an ad-
ditional, in general location and energy dependent diffusion coefficient D(r, E):

∂tn(r, E) = −∂E [b(E)n(r, E)] + ∇ [D(r, E)∇n(r, E)] + Φ(E) . (33)

If D(r, E) is independent of r, an analytical solution of this “energy loss-diffusion
equation” given by Syrovatskii [217] can be employed. This solution or approx-
imations to it have been used in Refs. [216,36,218] to compute the expected
spectra from discrete sources in an EGMF of a few 10−8 G for energies up to
� 1020 eV (the typical range of validity of the diffusion approximation ). In some
sense a complementary approach has been taken in Ref. [208] where the effects of
diffusion were taken into account by using an average propagation time roughly
given by τ(E) � d2/D(E) and treating pion production exactly by Monte Carlo.
Ref. [219] improved on that by representing the EGMF (assumed to be homo-
geneous) by a finite number of modes and following trajectories explicitly. This
paper did, however, not present any spectra directly.

Once Eq. (33) has been solved, the anisotropy defined by

|δ| = Imax − Imin

Imax + Imin
, (34)

where Imin and Imax are the minimum and maximum CR intensity as a function
of arrival direction, can be calculated from the relation [36]

δ(E) = 3
D(r, E)
n(r, E)

|∇n(r, E)| . (35)

Equation (33) and its generalization to an anisotropic diffusion tensor plays a
prominent role also in models of Galactic CR propagation. We stress here that
while this equation provides a good description of the propagation of Galactic
CR for energies up to the knee, it has rather limited applicability in studying
UHECR propagation which often takes place in the transition regime between
diffusion and rectilinear propagation (see below).

Small Deflection

For small deflection angles and if photo-pion production is important, one has
to resort to numerical Monte Carlo simulations in 3 dimensions. Such simu-
lations have been performed in Ref. [220] for the case dθ(E, d) � λ and in
Refs. [221,209,210] for the general case.

In Refs. [221,209,210] the Monte Carlo simulations were performed in the
following way: The magnetic field was represented as Gaussian random field
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Fig. 10. Contour plot of the UHECR image of a bursting source at d = 30Mpc,
projected onto the time-energy plane, with B = 2×10−10 G, λ = 1Mpc, from Ref. [221].
The contours decrease in steps of 0.2 in the logarithm to base 10. The dotted line
indicates the energy-time delay correlation τ(E, d) ∝ E−2 as would be obtained in
the absence of pion production losses. Clearly, dθ(E, d) � λ in this example, since for
E < 4×1019 eV, the width of the energy distribution at any given time is much smaller
than the average (see Sect. 5). The dashed lines, which are not resolved here, indicate
the location (arbitrarily chosen) of the observational window, of length Tobs = 5yr

with zero mean and a power spectrum with
〈
B2(k)

〉 ∝ knH for k < kc and〈
B2(k)

〉
= 0 otherwise, where kc = 2π/λ characterizes the numerical cut-off

scale and the r.m.s. strength is B2 =
∫∞
0 dk k2

〈
B2(k)

〉
. The field is then calcu-

lated on a grid in real space via Fourier transformation. For a given magnetic
field realization and source, nucleons with a uniform logarithmic distribution of
injection energies are propagated between two given points (source and observer)
on the grid. This is done by solving the equations of motion in the magnetic field
interpolated between the grid points, and subjecting nucleons to stochastic pro-
duction of pions and (in case of protons) continuous loss of energy due to PP.
Upon arrival, injection and detection energy, and time and direction of arrival
are recorded. From many (typically 40000) propagated particles, a histogram of
average number of particles detected as a function of time and energy of arrival is
constructed for any given injection spectrum by weighting the injection energies
correspondingly. This histogram can be scaled to any desired total fluence at the
detector and, by convolution in time, can be constructed for arbitrary emission
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Fig. 11. Energy spectra for a continuous source (solid line), and for a burst (dashed
line), from Ref. [221]. Both spectra are normalized to a total of 50 particles de-
tected. The parameters corresponding to the continuous source case are: TS = 104 yr,
τ100 = 1.3 × 103 yr, and the time of observation is t = 9 × 103 yr, relative to recti-
linear propagation with the speed of light. A low energy cutoff results at the energy
ES = 4 × 1019 eV where τES = t. The dotted line shows how the spectrum would
continue if TS � 104 yr. The case of a bursting source corresponds to a slice of the
image in the τ(E)−E plane, as indicated in Fig. 10 by dashed lines. For both spectra,
d = 30Mpc, and γ = 2

time scales of the source. An example for the distribution of arrival times and
energies of UHECRs from a bursting source is given in Fig. 10.

We adopt the following notation for the parameters: τ100 denotes the time
delay due to magnetic deflection at E = 100 EeV and is given by Eq. (29) in
terms of the magnetic field parameters; TS denotes the emission time scale of
the source; TS  1yr correspond to a burst, and TS � 1yr (roughly speaking) to
a continuous source; γ is the differential index of the injection energy spectrum;
N0 denotes the fluence of the source with respect to the detector, i.e., the total
number of particles that the detector would detect from the source on an infinite
time scale; finally, L is the likelihood, function of the above parameters.

By putting windows of width equal to the time scale of observation over these
histograms one obtains expected distributions of events in energy and time and
direction of arrival for a given magnetic field realization, source distance and
position, emission time scale, total fluence, and injection spectrum. Examples of
the resulting energy spectrum are shown in Fig. 11. By dialing Poisson statistics
on such distributions, one can simulate corresponding observable event clusters.
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Conversely, for any given real or simulated event cluster, one can construct
a likelihood of the observation as a function of the time delay, the emission
time scale, the differential injection spectrum index, the fluence, and the dis-
tance. In order to do so, and to obtain the maximum of the likelihood, one
constructs histograms for many different parameter combinations as described
above, randomly puts observing time windows over the histograms, calculates
the likelihood function from the part of the histogram within the window and
the cluster events, and averages over different window locations and magnetic
field realizations.

In Ref. [209] this approach has been applied to and discussed in detail for the
three pairs observed by the AGASA experiment [182], under the assumption that
all events within a pair were produced by the same discrete source. Although the
inferred angle between the momenta of the paired events acquired in the EGMF
is several degrees [222], this is not necessarily evidence against a common source,
given the uncertainties in the Galactic field and the angular resolution of AGASA
which is � 2.5◦. As a result of the likelihood analysis, these pairs do not seem to
follow a common characteristic; one of them seems to favor a burst, another one
seems to be more consistent with a continuously emitting source. The current
data, therefore, does not allow one to rule out any of the models of UHECR
sources. Furthermore, two of the three pairs are insensitive to the time delay.
However, the pair which contains the 200 EeV event seems to significantly favor
a comparatively small average time delay, τ100 <∼ 10 yr, as can be seen from
the likelihood function marginalized over TS and N0 (see Fig. 12). According
to Eq. (29) this translates into a tentative bound for the r.m.s. magnetic field,
namely,

B <∼ 2× 10−11
(

λ

1 Mpc

)−1/2(
d

30 Mpc

)−1

G , (36)

which also applies to magnetic fields in the halo of our Galaxy if d is replaced by
the lesser of the source distance and the linear halo extent. If confirmed by future
data, this bound would be at least two orders of magnitude more restrictive than
the best existing bounds which come from Faraday rotation measurements, see
Eq. (31), and, for a homogeneous EGMF, from CMB anisotropies [223]. UHECRs
are therefore at least as sensitive a probe of cosmic magnetic fields as other
measures in the range near existing limits such as the polarization [224] and the
small scale anisotropy [225] of the CMB.

More generally, confirmation of a clustering of EHECR would provide signif-
icant information on both the nature of the sources and on large-scale magnetic
fields [226]. This has been shown quantitatively [210] by applying the hybrid
Monte Carlo likelihood analysis discussed above to simulated clusters of a few
tens of events as they would be expected from next generation experiments [117]
such as the High Resolution Fly’s Eye [227], the Telescope Array [228], and
most notably, the Pierre Auger Project [115], provided the clustering recently
suggested by the AGASA experiment [182,183] is real. The proposed AirWatch
type satellite observatory concepts [118,119,120] might even allow one to detect
clusters of hundreds of such events.
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Fig. 12. The logarithm of the likelihood, log10 L, marginalized over TS and N0 as a
function of the average time delay at 1020 eV, τ100, assuming a source distance d =
30Mpc. The panels are for pair # 3 through # 1, from top to bottom, of the AGASA
pairs [182] (see Sect. 7). Solid lines are for γ = 1.5, dotted lines for γ = 2.0, and dashed
lines for γ = 2.5

Five generic situations of the time-energy images of UHECRs were discussed
in Ref. [210], classified according to the values of the time delay τ(E) induced by
the magnetic field, the emission timescale of the source TS, as compared to the
lifetime of the experiment. The likelihood calculated for the simulated clusters in
these cases presents different degeneracies between different parameters, which
complicates the analysis. As an example, the likelihood is degenerate in the ratios
N0/TS, or N0/Δτ100, where N0 is the total fluence, and Δτ100 is the spread in
arrival time; these ratios represent rates of detection. Another example is given
by the degeneracy between the distance d and the injection energy spectrum
index γ. Yet another is the ratio [dτ(E)]1/2/λ, that controls the size of the
scatter around the mean of the τ(E)−E correlation. Therefore, in most general
cases, values for the different parameters cannot be pinned down, and generally,
only domains of validity are found. In the following the reconstruction quality
of the main parameters considered is summarized.

The distance to the source can be obtained from the pion production signa-
ture, above the GZK cut-off, when the emission time scale of the source domi-
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nates over the time delay. Since the time delay decreases with increasing energy,
the lower the energy EC, defined by τ(EC) � TS, the higher the accuracy on
the distance d. The error on d is, in the best case, typically a factor 2, for one
cluster of � 40 events. In this case, where the emission time scale dominates
over the time delay at all observable energies, information on the magnetic field
is only contained in the angular image, which was not systematically included in
the likelihood analysis of Ref. [210] due to computational limits. Qualitatively,
the size of the angular image is proportional to B(dλ)1/2/E, whereas the struc-
ture of the image, i.e., the number of separate images, is controlled by the ratio
d3/2B/λ1/2/E. Finally, in the case when the time delay dominates over the emis-
sion time scale, with a time delay shorter than the lifetime of the experiment,
one can also estimate the distance with reasonable accuracy.

Some sensitivity to the injection spectrum index γ exists whenever events
are recorded over a sufficiently broad energy range. At least if the distance d is
known, it is in general comparatively easy to rule out a hard injection spectrum
if the actual γ >∼ 2.0, but much harder to distinguish between γ = 2.0 and 2.5.

If the lifetime of the experiment is the largest time scale involved, the strength
of the magnetic field can only be obtained from the time-energy image because
the angular image will not be resolvable. When the time delay dominates over
the emission time scale, and is, at the same time, larger than the lifetime of the
experiment, only a lower limit corresponding to this latter time scale, can be
placed on the time delay and hence on the strength of the magnetic field. When
combined with the Faraday rotation upper limit Eq. (31), this would nonetheless
allow one to bracket the r.m.s. magnetic field strength within a few orders of
magnitude. In this case also, significant information is contained in the angular
image. If the emission time scale is larger then the delay time, the angular image
is obviously the only source of information on the magnetic field strength.

The coherence length λ enters in the ratio [dτ(E)]1/2/λ that controls the
scatter around the mean of the τ(E)− E correlation in the time-energy image.
It can therefore be estimated from the width of this image, provided the emission
time scale is much less than τ(E) (otherwise the correlation would not be seen),
and some prior information on d and τ(E) is available.

An emission time scale much larger than the experimental lifetime may be
estimated if a lower cut-off in the spectrum is observable at an energy EC,
indicating that TS � τEC . The latter may, in turn, be estimated from the angular
image size via Eq. (29), where the distance can be estimated from the spectrum
visible above the GZK cut-off, as discussed above. An example of this scenario
is shown in Fig. 13. For angular resolutions Δθ, time scales in the range

3× 103
(

Δθ

1◦

)2(
d

10 Mpc

)
yr <∼ TS � τ(E) <∼ 104 · · · 107

(
E

100 EeV

)−2

yr

(37)
could be probed. The lower limit follows from the requirement that it should
be possible to estimate τ(E) from θE , using Eq. (29), otherwise only an up-
per limit on TS, corresponding to this same number, would apply. The upper
bound in Eq. (37) comes from constraints on maximal time delays in cosmic
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Fig. 13. (a) Arrival time-energy histogram for γ = 2.0, τ100 = 50 yr, TS = 200 yr,
λ � 1Mpc, d = 50Mpc, corresponding to B � 3 × 10−11 G. Contours are in steps of a
factor 100.4 = 2.51; (b) Example of a cluster in the arrival time-energy plane resulting
from the cut indicated in (a) by the dashed line at τ � 100 yr; (c) The likelihood
function, marginalized over N0 and γ, for d = 50Mpc, λ � Mpc, for the cluster shown
in (b), in the TS−τ100 plane. The contours shown go from the maximum down to about
0.01 of the maximum in steps of a factor 100.2 = 1.58. Note that the likelihood clearly
favors TS � 4τ100. For τ100 large enough to be estimated from the angular image size,
TS 	 Tobs can, therefore, be estimated as well
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magnetic fields, such as the Faraday rotation limit in the case of cosmological
large-scale field (smaller number) and knowledge on stronger fields associated
with the large-scale galaxy structure (larger number). Equation (37) constitutes
an interesting range of emission time scales for many conceivable scenarios of
UHECRs. For example, the hot spots in certain powerful radio galaxies that
have been suggested as UHECR sources [202], have a size of only several kpc
and could have an episodic activity on time scales of ∼ 106 yr.

A detailed comparison of analytical estimates for the distributions of time de-
lays, energies, and deflection angles of nucleons in weak random magnetic fields
with the results of Monte Carlo simulations has been presented in Ref. [229]. In
this work, deflection was simulated by solving a stochastic differential equation
and observational consequences for the two major classes of source scenarios,
namely continuous and impulsive UHECR production, were discussed. In agree-
ment with earlier work [162] it was pointed out that at least in the impulsive pro-
duction scenario and for an EGMF in the range 0.1−1×10−9 G, as required for
cosmological GRB sources, there is a typical energy scale Eb ∼ 1020.5−1021.5 eV
below which the flux is quasi-steady due to the spread in arrival times, whereas
above which the flux is intermittent with only a few sources contributing. A
similar code including secondary production has been developed in Ref. [230]
and has subsequently been applied to propagation of UHE protons in regular
EGMFs associated with the Supergalactic plane [231].

General Case

Unfortunately, neither the diffusive limit nor the limit of nearly rectilinear prop-
agation is likely to be applicable to the propagation of UHECRs around 1020 eV
in general. This is because in magnetic fields in the range of a few 10−8 G, val-
ues that are realistic for the Supergalactic plane [187,177], the Larmor radii of
charged particles is of the order of a few Mpc which is comparable to the dis-
tance to the sources. An accurate, reliable treatment in this regime can only be
achieved by numerical simulation.

To this end, the Monte Carlo simulation approach of individual trajectories
developed in Refs. [209,210] has recently been generalized to arbitrary deflec-
tions [175]. The Supergalactic plane was modeled as a sheet with a thickness of
a few Mpc and a Gaussian density profile. The same statistical description for the
magnetic field was adopted as in Refs. [209,210], but with a field power law index
nH = −11/3, representing a turbulent Kolmogorov type spectrum, and weighted
with the sheet density profile. It should be mentioned, however, that other spec-
tra, such as the Kraichnan spectrum [232], corresponding to nH = −7/2, are
also possible. The largest mode with non-zero power was taken to be the largest
turbulent eddy whose size L is roughly the sheet thickness. For a Kolmogorov
spectrum, it also roughly corresponds to the coherence length. In addition, a
coherent field component Bc is allowed that is parallel to the sheet and varies
proportional to the density profile.

When CR backreaction on the magnetic field is neglected, the diffusion coeffi-
cient of CR of energy E is dominated by the magnetic field power on wavelenghts
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Fig. 14. The distribution of time delays τ(E) and energies E for a burst with spectral
index γ = 2.4 at a distance d = 10Mpc, similar to Fig. 10, but for the Supergalactic
plane scenario discussed in the text. The turbulent magnetic field component in the
sheet center is B = 3 × 10−7 G. Furthermore, a vanishing coherent field component
is assumed. The inter-contour interval is 0.25 in the logarithm to base 10 of the dis-
tribution per logarithmic energy and time interval. The regimes discussed in the text,
τ(E) ∝ E−2 in the rectilinear regime E >∼ 200EeV, τ(E) ∝ E−1 in the Bohm diffusion
regime 60EeV <∼ E <∼ 200EeV, and τ(E) ∝ E−1/3 for E <∼ 60EeV are clearly visible

comparable to the particle Larmor radius, and in the literature is often approx-
imated by [233,234]

D(E) � 1
3

rL(E)
B2∫∞

1/rL(E) dk k2 〈B2(k)〉 . (38)

However, more detailed studies combining analytical and numerical techniques
[235] (see also contribution by G. Pelletier in this volume) demonstrate that
this approximation is in general not correct. For example, in the absence of a
coherent field component, Bc = 0, the energy dependent diffusion coefficient D
can be parametrized for Kolmogorov turbulence by (in units of Mpc2/Myr)

D(E) � 0.02
(

E

1020 eV

)7/3(
B

μG

)−7/3(
L

Mpc

)−4/3

,
[
Ecr <∼ E

]
,

� 0.03
(

E

1020 eV

)(
B

μG

)
,
[
0.1Ecr <∼ E <∼ Ecr

]
, (39)

� 0.004
(

E

1020 eV

)1/3(
B

μG

)−1/3(
L

Mpc

)−2/3

,
[
E <∼ 0.1Ecr

]
.
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In this expression, Ecr = 1.45×1020(B/μG)(L/Mpc) eV corresponds to the con-
dition rL = L/2π, where the Larmor radius rL = 0.11(E/1020 eV)(B/
μG)−1 Mpc. Note the difference of the above result with the formula given in
Ref. [218], for which D(E) ∝ E1/3 for E <∼ Ec, and D(E) ∝ E for E > Ecr. The
dependence of D(E) for 0.1Ecr <∼ E <∼ Ecr in Eq. (39) above agrees very well with
the phenomenological Bohm diffusion coefficient DB � rL. This is reflected in
the dependence of the time delay τ(E) on energy E: From the rectilinear regime,
τ(E) <∼ d, hence at the largest energies, where τ(E) ∝ E−2, Eq. (29), it changes
rather smoothly to τ(E) ∝ E−7/3 for E >∼ Ecr, then switches to τ ∝ E−1 in the
regime which is often called Bohm diffusion, and, for E <∼ 0.1Ecr, eventually to
τ(E) ∝ E−1/3 at the smallest energies, or largest time delays. Indeed, all these
regimes can be seen in Fig. 14 which shows an example of the distribution of
arrival times and energies of UHECRs from a bursting source.

In a steady state situation, diffusion leads to a modification of the injection
spectrum by roughly a factor τ(E), at least in the absence of significant energy
loss and for a homogeneous, infinitely extended medium that can be described
by a spatially constant diffusion coefficient. Since in the non-diffusive regime
the observed spectrum repeats the shape of the injection spectrum, a change
to a flatter observed spectrum at high energies is expected in the transition
region [216]. Ignoring for the moment the question about the resulting angular
distribution, this suggests the possibility of explaining the observed UHECR
flux above � 10 EeV including the highest energy events with only one discrete
source [218].

The more detailed Monte Carlo simulations reveal the following refinements
of this qualitative picture: The presence of a non-trivial geometry where the
magnetic field falls off at large distances, such as with a sheet, tends to deplete the
flux in the diffusive regime as compared to the case of a homogeneous medium.
This is the dominant effect as long as particles above the GZK cutoff do not
diffuse, this being the case, for example, for an r.m.s. field strength of B <∼
5× 10−8 G, d � 10 Mpc. The simple explanation is that the fixed total amount
of particles injected over a certain time scale is distributed over a larger volume
in case of a non-trivial geometry due to faster diffusion near the boundary of
the strong field region. With increasing field strengths the diffusive regime will
extend to energies beyond the GZK cutoff and the increased pion production
losses start to compensate for the low energy suppression from the non-trivial
geometry. For very strong fields, for example, for B >∼ 10−7 G, d � 10 Mpc, the
pion production effect will overcompensate the geometry effect and reverse the
situation: In this case, the flux above the GZK cutoff is strongly suppressed due
to the diffusively enhanced pion production losses and the flux at lower energies
is enhanced. Therefore, there turns out to be an optimal field strength that
depends on the source distance and provides an optimal fit to the data above
10 EeV. The optimal case for d = 10 Mpc, with a maximal r.m.s. field strength
of Bmax = 10−7 G in the plane center is shown in Fig. 15.

Furthermore, the numerical results indicate an effective Larmor radius that
is roughly a factor 10 higher than the analytical estimate, with a correspondingly
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Fig. 15. The average (solid histogram) and standard deviation (dashed lines) with
respect to 15 simulated magnetic field realizations of the best fit spectrum to the data
above 1019 eV for the scenario of a single source in a magnetized Supergalactic plane.
This best fit corresponds to a maximal magnetic field in the plane center, Bmax =
10−7 G, with all other parameters as in Fig. 14. 1 sigma error bars are the combined
data from the Haverah Park [59], the Fly’s Eye [60], and the AGASA [61] experiments
above 1019 eV

larger diffusion coefficient compared to Eq. (38). In addition, the fluctuations of
the resulting spectra between different magnetic field realizations can be sub-
stantial, as can be seen in Fig. 15. This is a result of the fact that most of the
magnetic field power is on the largest scales where there are the fewest modes.
These considerations mean that the applicability of analytical flux estimates of
discrete sources in specific magnetic field configurations is rather limited.

Angular images of discrete sources in a magnetized Supercluster in principle
contain information on the magnetic field structure. For the recently suggested
field strengths between ∼ 10−8 G and � 1μG the angular images are large
enough to exploit that information with instruments of angular resolution in the
degree range. An example where a transition from several images at low energies
to one image at high energies allows one to estimate the magnetic field coherence
scale is shown in Fig. 16.

The newest AGASA data [183], however, indicate an isotropic distribution
of EHECR. To explain this with only one discrete source would require the
magnetic fields to be so strong that the flux beyond 1020 eV would most likely be
too strongly suppressed by pion production, as discussed above. The recent claim
that the powerful radio galaxy Centaurus A at a distance of 3.4 Mpc from Earth
can explain both observed flux and angular distributions of UHECRs above
1018.7 eV for an extragalactic magnetic field of strength � 0.3μG [236] was based
on the diffusive approximation which is clearly shown by numerical simulations
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Fig. 17. Predictions for the scenario where Centaurus A at RA = 201.3o, δ = −43.0o in
equatorial coordinates at a distance of 3.4 Mpc is the only source of UHECRs injecting
a E−2 spectrum up to 1021 eV. Top panel: The distribution of arrival declination on
Earth, averaged over many realizations, for E ≥ 40EeV (dotted line) and E ≥ 100EeV
(solid line). The dash-dotted line represents an isotropic distribution. The pixel size
is 1◦ and the image has again been convolved with an angular resolution of 2.4◦.
Bottom panel: The realization averaged differential energy spectrum multiplied by E2

in eV/cm2s sr. The solid line represents the spectrum that would have been detected by
AGASA, and has been obtained by folding the simulated distributions with the AGASA
exposure function. The dashed line indicates the spectrum uniformly averaged over the
whole sky. The dotted line is the spectrum predicted by an AGASA type experiment
in the Southern hemisphere. The one sigma error bars indicate the AGASA data [183].
The various spectra have been normalized to optimally fit the AGASA flux
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generalize analytical considerations on correlations of UHECR arrival directions
with the large scale structure of galaxies [241] to scenarios involving significant
magnetic deflection. Furthermore, such studies should be generalized to include
nuclei of arbitrary mass and their interactions discussed in Sect. 2 (the latter
have been studied numerically in general in absence of deflection).

Intriguingly, scenarios in which a diffuse source distribution follows the den-
sity in the Supergalactic plane within a certain radius, can accomodate both
the large scale isotropy and the small scale clustering revealed by AGASA if a
magnetic field of strength B >∼ 0.05μG permeates the Supercluster [176].

Figure 18 shows the distribution of arrival times and energies, the solid angle
integrated spectrum, and the angular distribution of arrival directions in Galactic
coordinates in such a scenario where the UHECR sources with spectral index
γ = 2.4 are distributed according to the matter density in the Local Supercluster,
following a pancake profile with scale height of 5 Mpc and scale length 20 Mpc.
The r.m.s. magnetic field has a Kolmogorov spectrum with a maximal field
strength Bmax = 5 × 10−7 G in the plane center, and also follows the matter
density. The observer is within 2 Mpc of the Supergalactic plane whose location
is indicated by the solid line in the lower panel and at a distance d = 20 Mpc
from the plane center. The absence of sources within 2 Mpc from the observer
was assumed. The transition discussed above from the diffusive regime below
� 2× 1020 eV to the regime of almost rectilinear propagation above that energy
is clearly visible.

Detailed Monte Carlo simulations performed on these distributions reveal
that the anisotropy decreases with increasing magnetic field strength due to
diffusion and that small scale clustering increases with coherence and strength
of the magnetic field due to magnetic lensing. Both anisotropy and clustering
also increase with the (unknown) source distribution radius. Furthermore, the
discriminatory power between models with respect to anisotropy and clustering
strongly increases with exposure [176].

As a result, a diffuse source distribution associated with the Supergalactic
plane can explain most of the currently observed features of UHECRs at least
for field strengths close to 0.5 μG. The large-scale anisotropy and the clustering
predicted by this scenario will allow strong discrimination against other models
with next generation experiments such as the Pierre Auger Project.

9 Anomalous Kinematics, Quantum Gravity Effects,
Lorentz Symmetry Violations

The existence of UHECRs beyond the GZK cutoff has prompted several sug-
gestions of possible new physics beyond the Standard Model. We have already
discussed some of these suggestions in Sect. 4 in the context of propagation of
UHECRs in the extragalactic space. Further, the contribution by P. Bhattachar-
jee and G. Sigl in this volume will discuss suggestions regarding possible new
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sources of EHECR that also involve postulating new physics beyond the Stan-
dard Model. In the present section, to end our discussions on the propagation
and interactions of UHE radiation, we briefly discuss some examples of possible
small violations or modifications of certain fundamental tenets of physics (and
constraints on the magnitude of those violations/modifications) that have also
been discussed in the literature in the context of propagation of UHECRs.

For example, as an interesting consequence of the very existence of UHECRs,
constraints on possible violations of Lorentz invariance (VLI) have been pointed
out [242]. These constraints rival precision measurements in the laboratory: If
events observed around 1020 eV are indeed protons, then the difference between
the maximum attainable proton velocity and the speed of light has to be less
than about 1 × 10−23, otherwise the proton would lose its energy by Čerenkov
radiation within a few hundred centimeters. Possible tests of other modes of
VLI with UHECRs have been discussed in Ref. [243], and in Ref. [244] in the
context of horizontal air showers generated by cosmic rays in general. Gonzalez-
Mestres [243], Coleman and Glashow [245], and earlier, Sato and Tati [246] and
Kirzhnits and Chechin [247] have also suggested that due to modified kinemat-
ical constraints the GZK cutoff could even be evaded by allowing a tiny VLI
too small to have been detected otherwise. Aloisio et al. [248] have shown that
a reliable experimental determination of source distances and primary composi-
tion could determine the mass scale associated with such symmetry violations or
constrain it possibly more strongly than accelerator experiments [248]. Similar
consequences apply to other energy loss processes such as pair production by
photons above a TeV with the low energy photon background [249]. It seems
to be possible to accomodate such effects within theories involving generalized
Lorentz transformations [250] or deformed relativistic kinematics [251]. Further-
more, it has been pointed out [252] that violations of the principle of equivalence
(VPE), while not dynamically equivalent, also produce the same kinematical ef-
fects as VLI for particle processes in a constant gravitational potential, and so
the constraints on VLI from UHECR physics can be translated into constraints
on VPE such that the difference between the couplings of protons and photons
to gravity must be less than about 1 × 10−19. Again, this constraint is more
stringent by several orders of magnitude than the currently available laboratory
constraint from Eötvös experiments.

As a specific example of VLI, we consider an energy dependent photon group
velocity ∂E/∂k = c[1−χE/E0 +O(E2/E2

0)] where c is the speed of light in the
low energy limit, χ = ±1, and E0 denotes the energy scale where this modifica-
tion becomes of order unity. This corresponds to a dispersion relation

c2k2 � E2 + χ
E3

E0
, (40)

which, for example, can occur in quantum gravity and string theory [253]. The
kinematics of electron-positron pair production in a head-on collision of a high
energy photon of energy E with a low energy background photon of energy ε
then leads to the constraint
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ε � E

4

(
m2

e

E1E2
+ θ1θ2

)
+ χ

E2

4E0
, (41)

where Ei and θi ∼ O(m/Ei) are respectively the energy and outgoing momen-
tum angle (with respect to the original photon momentum) of the electron and
positron (i = 1, 2). For the case considered by Coleman and Glashow [242] in
which the maximum attainable speed ci of the matter particle is different from
the photon speed c, the kinematics can be obtained by substituting c2

i − c2 for
χE/E0 in Eq. (41).

Let us define a critical energy Ec = (m2
eE0)1/3 � 15(E0/mPl)1/3 TeV in the

case of the energy dependent photon group velocity, and Ec = me/|c2
i − c2|1/2 in

the case considered by Coleman and Glashow. If χ < 0, or ci < c, then ε becomes
negative for E >∼ Ec. This signals that the photon can spontaneously decay
into an electron-positron pair and propagation of photons across extragalactic
distances will in general be inhibited. The observation of extragalactic photons
up to � 20 TeV [254,255] therefore puts the limits E0 >∼ MPl or c2

i − c2 >∼−2× 10−17. In contrast, if χ > 0, or ci > c, ε will grow with energy for E >∼ Ec

until there is no significant number of target photon density available and the
Universe becomes transparent to UHE photons. A clear test of this possibility
would be the observation of >∼ 100 TeV photons from distances >∼ 100 Mpc [256].

In addition, the dispersion relation Eq. (40) implies that a photon signal at
energy E will be spread out by

Δt �
(

d

c

)(
E

E0

)
� 1
(

d

100 Mpc

)(
E

TeV

)(
E0

MPl

)−1

s.

The observation of γ−rays at energies E >∼ 2 TeV within � 300 s from the
BL Lac object Markarian 421 therefore puts a limit (independent of χ) of E0 >∼
4×1016 GeV, whereas the possible observation of γ−rays at E >∼ 200 TeV within
� 200 s from a GRB by HEGRA might be sensitive to E0 � MPl [257]. For a
recent detailed discussion of these limits see Ref. [258].

A related proposal originally due to Kostelecký in the context of CR suggests
the electron neutrino to be a tachyon [259]. This would allow the proton in a
nucleus of mass m(A, Z) for mass number A and charge Z to decay via p →
n + e+ + νe above the energy threshold Eth = m(A, Z)[m(A, Z ± 1) + me −
m(A, Z)]/|mνe

| which, for a free proton, is Eth � 1.7 × 1015/(|mνe
|/eV) eV.

Ehrlich [260] claims that by choosing m2
νe
� −(0.5 eV)2 it is possible to explain

the knee and several other features of the observed CR spectrum, including the
high energy end, if certain assumptions about the source distribution are made.
The experimental best fit values of m2

νe
from tritium beta decay experiments are

indeed negative [261], although this is most likely due to unresolved experimental
issues. In addition, the values of |m2

νe
| from tritium beta decay experiments are

typically larger than the value required to fit the knee of the CR spectrum. This
scenario also predicts a neutron line around the knee energy [262].
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Neutrino Cascades: The Byproducts
of Propagation of Ultra-High-Energy Neutrinos

Shigeru Yoshida

Institute for Cosmic Ray Research, University of Tokyo, 5-1-5 Kashiwa-no-Ha,
Kashiwa City, Chiba 277-8582, Japan

Abstract. Ultra high energy cosmic neutrinos may not propagate unattenuated in
space over cosmological distances because they can interact with the relic cosmological
neutrino background. This process initiates neutrino cascades which provide a possible
signature of the background neutrinos and could give rise to the observed cosmic ray
flux beyond the GZK cutoff. We discuss high energy neutrino propagation in space with
special focus on generation and development of neutrino cascades. Analytical estimates
as well as numerical investigations are presented to show how this byproduct of high
energy neutrino propagation can cause various interesting phenomena in the Universe.

1 Why Neutrinos matter?

We have seen that some of the observational results on ultra high energy cosmic
rays above 1018 eV (UHECRs) seem difficult to reconcile with the consequences
of the GZK effect (see the introduction by P. Biermann and G. Sigl). At least
the existence of super-GZK particles with energies beyond the GZK threshold
energy requires explanation. Moreover, if the event clusters observed by the
AGASA experiment are real [1], it may be necessary to introduce completely
new ideas to circumvent the GZK effect and explain why there appear to be
no nearby astronomical counterparts in the directions of the clusters. The most
straightforward idea to circumvent the necessity of nearby sources of the observed
UHECRs would be to consider cosmic particles which do NOT interact with
the cosmic microwave background (CMB) photons. Among the known particles
in our elementary particle catalog, the only candidate which is stable or very
long lived and whose existence is firmly established is the neutrino. This is the
motivation to study the behavior of ultra high energy (UHE) neutrinos.

Observations of UHE neutrinos would also provide unique informations on
the Universe which we could not obtain otherwise because neutrinos can pen-
etrate cosmological distances in the Universe and their trajectories are not de-
flected because they have no electric charge. They carry information about ex-
tremely high energy particle production processes, even in the early Universe.

In the ultra high energy range, the unique feature of cosmic neutrinos is their
possible interactions with the relic neutrino background (RNB), which are relics
from the Big Bang [2]. Under certain circumstances the Universe becomes opaque
to UHE neutrinos due to the interactions. If the energies of UHE neutrinos
are high enough, the collision energy can reach the mass of the Z0 boson, and
the cross section rapidly increases due to the resonance effect. The secondary
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products of muons, taus, and pions emit neutrinos through their decays and
further contribute to the neutrino “cascade” [3].This cascade phenomenon could
explain the UHECR observations and may even lead to a road to “search” for
the RNB, which are firmly believed to exist but extremely difficult to detect.
It is, therefore, very interesting to study the detailed behavior of propagation
of UHE neutrinos in the RNB field which is at the heart of UHE neutrino
astrophysics. In this review we discuss the UHE neutrino propagation in detail
for both negligible-mass and massive neutrinos. We start our discussion with a
brief introduction to the RNB as a relic of the early Universe. Then we discuss
the interactions of UHE neutrinos during their propagation. We also focus on
the interesting possibility that the secondary produced particles in the neutrino
cascades supply the observed bulk of super-GZK particles. We use natural units
in which h̄ = c = kB = 1 in this contribution unless otherwise noted.

2 The Cosmic Neutrino Background

In the Standard Hot Big Bang Model the early Universe was radiation domi-
nated. The radiation was in thermal equilibrium in the hot universe. The fun-
damental laws that govern the evolution of the radiation-dominated Universe
are the Einstein equation which couples the radiation energy density to the
space-time topology, the energy-momentum conservation law, and entropy con-
servation. For our purposes, these laws read [4]:

Ḣ(t)2 +
k

R(t)2
=

8πG

3
ρrad(t), (1)

H(t) ≡ Ṙ(t)
R(t)

, (2)

ρrad(t) = ρrad(t0)
[
R(t0)
R(t)

]4
= ρ0(1 + z)4, (3)

S =
4
3

R(t)3

T
ρrad(t) ∝

[
R(t)
T

]3
= constant. (4)

Here ρrad is the total radiation energy density, z is the redshift value at a given
epoch, S is the radiation entropy, and T is the equilibrium temperature. Fur-
thermore, H(t) is the expansion rate of the Universe at cosmic time t, t0 is the
age of the present Universe, R(t) is the scale factor (radius) of the Universe, and
G is Newton’s cosntant.

Let us start our tour of the history of the Universe when electrons, photons,
and neutrinos are in thermal equilibrium. The temperature was ∼ 1012 Kelvin
which is below the muon’s mass, but much above the mass of an electron. e±

production and annihilation with photons and neutrinos occurred so frequently
that electrons and neutrinos were a significant part of the thermal radiation.
Thermal electrons and neutrinos follow the Fermi distribution while thermal
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photons follow the Bose distribution. Energy and number density of the thermal
equilibrium particles are then given by the energy integral of these distributions,

ργ =
π2

15(h̄c)3
(kBT )4 ≡ aT 4 , a = 7.56× 10−10erg cm−3K−4

nγ =
2ζ(3)
π2

(
kBT

h̄c

)3

≡ 2bT 3 , b = 1013cm−3K−3

sγ =
4
3
ργ =

4
3
aT 4 (5)

ρe =
7
8
aT 4 , ne =

3
2
bT 3 , se =

4
3

7
8
aT 3 =

7
6
aT 3

ρν =
7
16

aT 4 , nν =
3
4
bT 3 , sν =

4
3

7
16

aT 4 =
7
12

aT 4

The quantities in the third line are for electrons only (with an equal contribu-
tion for positrons) and the neutrino densities refer to one flavor (with an equal
contribution for anti-neutrinos), and s is the entropy density. The total energy
density of relativistic particles (e±,νe,νμ,ντ , ν̄e,ν̄μ,ν̄τ ,γ) is given by

ρrad = aT 4
(

1 + 2× 7
8

+ 6× 7
16

)
=

11
4

aT 4 +
21
8

aT 4, (6)

where the second term of the righthand side is the contribution from the neutri-
nos showing that their energy density is comparable with that of electrons and
photons. The entropy of the radiation is given by Eq. (4),

Srad =
4
3

R(t)3

T
ρrad =

11
3

a [R(t)T ]3 +
7
2
a [R(t)T ]3 . (7)

Collisions involving neutrinos occur only via weak interactions and their
cross section is much smaller than for electromagnetic interactions. Thus as
the Universe expands and the density of neutrinos decreases, the neutrino in-
teraction probability becomes too small to keep them in thermal equilibrium.
Neutrino decouple and fall out of thermal equilibrium eventually. Decoupling
takes place when the interaction rate becomes smaller than the expansion rate
of the Universe. The cross section of neutrino interactions is of order G2

Fs where
GF = 1.166 × 10−5 GeV−2 is the Fermi coupling constant and s is the Lorentz
invariant center of mass (CM) energy squared. Because s is of order E2

ν ∼ T 2,
the total cross section is approximately given by

σν ∼ G2
Fs ∼ G2

FT 2 ∼ 4× 10−44
(

T

1010K

)2

cm2 . (8)

The number density of the neutrinos is given by Eq. (5) and the interaction
mean free time is thus

τν ≡ (nνcσν)−1 � 50
(

T

1010K

)−5

sec . (9)
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The expansion rate of the Universe is given by H(t) as expressed in Eq. (2). Its
evolution is given by the Einstein equation, Eq. (1), yielding

H(t) �
[
8πG

3
ρrad(t)

]1/2

. (10)

From Eq. (6),

H(t) ∼ 5× 10−1
(

T

1010K

)2

sec−1 . (11)

The neutrinos decouple when H(t)τν >∼ 1 which leads to(
T

1010K

)3

<∼ 25 . (12)

Thus the neutrino decoupling temperature is

Tdec � 3× 1010 K . (13)

From the entropy conservation Eq. (4), the equilibrium temperature must be
inversely proportional to R(t) and hence the redshift at neutrino decoupling is
(1 + zdec) ∼ (Tdec/2.7 K) 1∼ 1010. Also, according to Eq. (11), neutrino de-
coupling took place about 1 sec after the Big Bang. Since then, the decoupled
neutrinos have been “free” particles playing no role in the evolution of the Uni-
verse except for contributing to its energy density which has been decreasing
as the Universe further expanded. Their temperature has been redshifted with-
out any significant influence from interactions with other particles. These cold
neutrinos now constitute a thermal relic cosmological background (RNB) with
temperature Tν . The neutrino temperature at present is related to Tdec by

R(tdec)Tdec = R0Tν , (14)

as derived from Eq. (4). Here R(tdec) is the scale factor at decoupling and R0 is
the present scale factor.

The total (conserved) entropy of the electrons and photons in equilibrium is
(11/3)a (R(t)T )3 as expressed in Eq. (7). When the equilibrium temperature fur-
ther cooled down to well below the electron mass ∼ 109 K, electron-positron pair
production could no longer occur and e± simply annihilated into photons. From
the electromagnetically interacting particles only photons survived in the ther-
mal radiation component of the Universe, since then forming the CMB photons
in the present Universe. Because the photon entropy is given by (4/3)a [R(t)T ]3,
as given in Eq. (5), whereas at temperatures above the electron mass the elec-
tromagnetic entropy is given by (11/3)a [R(t)T ]3, see Eq. (7), the entropy con-
servation law, Eq. (4), leads to

11
3

[R(tdec)Tdec]
3 =

4
3
(R0T0)3, (15)

1 (1 + zdec) � (Tdec/1.9K) is a more accurate estimate taking into account photon
heating by e± annihilation as we will see in the next paragraph.
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where T0 = 2.7 K is the black body temperature of the CMB photons. From
Eq. (14), the neutrino background temperature Tν is obtained as

Tν =
(

4
11

) 1
3

T0 � 1.9 K . (16)

The number density of the RNB per flavor is consequently, see Eq. (5),

nν + nν̄ =
3
2
bT 3

ν =
6
11

bT 3
0 � 108 cm−3 . (17)

The present total radiation energy density of the CMB photons and background
neutrinos is calculated to be

ρrad = aT 4
0 + 6× 7

16
aT 4

ν = aT 4 +
21
8

(
4
11

) 4
3

aT 4 � 1.68aT 4
0 . (18)

The background neutrinos are still responsible for 40 % of the whole radiation en-
ergy density in the Universe. It should be remarked that taking into account this
contribution, we can now estimate when the radiation density becomes equiva-
lent to that of matter. We find

1 + zeq ∼ ρmatter/ρrad ∼ 2.4× 104h2. (19)

Here the Hubble constant was written as H0 = 100h km sec−1Mpc−1.

3 The Neutrino Dark Matter

Invoking a small mass for the RNB would supply a hot dark matter compo-
nent. It has been pointed out that its admixture with cold dark matter (CDM)
matches better with the data of galaxy group properties such as the number
density of clusters [5]. Since the recent neutrino oscillation measurement by the
SuperKamiokande detector indeed indicates that neutrinos have masses [6], the
RNB may be more likely to form a bulk of nonrelativistic massive neutrinos. The
massive neutrino case has even more important ramifications for UHE cosmic
neutrinos because their interactions with the massive RNB become especially
significant if the relic neutrinos have masses mν in the eV range because the Z
boson resonance then occurs in the UHE energy range relevant for the highest
energy cosmic rays observed.

We can put an upper bound on RNB masses because their energy density is
constrained by cosmological considerations if the neutrinos are stable [7]. The
energy density of the nonrelativistic neutrinos with masses mν is given by

ρν =
∑

i=νe,νμ,ντ

mi
ν(ni

ν + ni
ν̄) , (20)
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where the suffix i denotes the neutrino flavor. Comparing the cosmological crit-
ical density and the neutrino energy density above gives a constraint on the
masses of stable neutrinos as∑

i=νe,νμ,ντ

mi
ν

<∼ 92Ω0h
2 eV , (21)

where Ω0 is the total cosmological mass density normalized by the critical density
of the Universe. Neither h nor Ω0 is very well known. The age of the Universe
t0 can constrain the allowed region of h and Ω0, however. The relation between
t0, H0, and Ω0 is given as follows:

H0t0 =

⎧⎪⎨
⎪⎩
− 1

Ω0−1 + Ω0
(Ω0−1)3/2 tan−1√Ω0 − 1 Ω0 > 1,

− 1
Ω0−1 − Ω0

(1−Ω0)3/2 tanh−1√1−Ω0 Ω0 < 1,
2
3 Ω0 = 1

(22)

The age of the Universe can be estimated from measured ages of star clusters
which is � 13− 17 Gyr [8]. Requiring t0 >∼ 13 Gyr, we get from Eq. (22)

Ω0h
2 <∼ 0.4 . (23)

Then Eq. (21) gives the conservative bound∑
i=νe,νμ,ντ

mi
ν

<∼ 37 eV . (24)

The scenario of neutrino dark matter with mν in the eV range is not excluded
by this limit, nor is it by other limits. Parametrizing all three neutrino masses
by mν for simplicity, we have

Ων = 0.03
(mν

eV

)
h−2 (25)

for the ratio of the massive neutrino density to the cosmological critical density
Ων . The cosmological neutrino dark matter with ∼ eV masses would thus not
be a majority of the total mass in the Universe.

4 Neutrino Cascades: Massless Neutrinos

The possibility of producing UHE particles by the annihilation or collapse of
topological defects (TDs) such as monopoles, cosmic strings, etc., has been pro-
posed already in the 1980s [9] (see Ref. [10] for a recent detailed review). The
maximum energy of the particles such as neutrinos produced by TDs can reach
the typical GUT energy scale � 1016 GeV. If cosmic neutrino energies indeed
exceed 1014 GeV even at high redshifts of z >∼ 100, as expected in the TD sce-
nario, significant interactions of these superhigh energy neutrinos with the RNB
should occur because the cross section rapidly increases due to the Z0 boson
resonance.
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Fig. 1. A diagram that contributes to the neutrino interactions via the Z0 exchange
in the s-channel.

The most important interaction channel for UHE neutrinos is the coupling
of neutrinos and anti-neutrinos through Z0 in the s-channel, which has resonant
behavior. Schematically,

νeν̄e → e+e−, μ+μ−, τ+τ−, νν̄, qq̄
νμν̄μ → ....
ντ ν̄τ → ....

The Feynman diagram of this channel is shown in Fig. 1. In this channel an
UHE neutrino with energy Eν couples a cosmological background anti-neutrino
with energy kb via an exchange of a Z0 boson producing a fermion pair ff̄ . The
differential cross section is calculated to be

dσ

d cos θ∗ =
G2

Fs

4π

M4
z

(s−M2
z )2 + M2

z Γ 2
z

[
g2

L(1 + cos θ∗)2 + g2
R(1− cos θ∗)2

]
, (26)

where θ∗ is the rotation angle of the collision in the CM system as schematically
illustrated in Fig. 3. Furthermore, Mz is the mass of the Z0, Γz is the decay
width of the Z0, and gL and gR are the left-handed and right-handed coupling
constants, respectively. The squared CM energy s can be written in the UHECR
lab system as

s = 2Eνkb(1 + cos θ) , (27)

where θ is the collision angle between the RNB and UHE neutrino in the lab
system.

The t-channel W± exchange also produces leptons. Its Feynman diagram is
shown in Fig. 2. This interaction is the most important channel for the coupling
of neutrinos with different flavors and becomes significant at energies beyond
and below the Z0-peak.

Muons and tauons produced by these processes emit neutrinos through their
decays. Quarks produced by s-channel Z0 exchange fragment and produce jets
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Fig. 2. A diagram that contributes to the neutrino interactions via the W± exchange
in the t-channel.

of hadrons. Most of the hadrons in the jets are pions which emit secondary UHE
neutrinos. The neutrino cascade hence develops during UHE neutrino propa-
gation. The profile of the cascade is calculated by the appropriate transport
equations in a manner analogous to the approach presented in Sect. 8.1 of the
contribution by G. Sigl in this volume. Adapted to the case of neutrinos these
equations describe the rate of change of the neutrino number density per energy
Ni(Eν,i, z) at redshift z and read [3]

dNi

dL
(Eν,i, z) =

∑
j=νe,νμ,ντ

∫ Emax
ν,i

Eν,i

dE
′
ν,jNj(E

′
ν,j , z)

dNj→i(E
′
ν,j , Eν,i, z)

dEν,idL

−Ni(Eν,i, z)
λi(Eν,i, z)

+
∂

∂Eν,i
[H0(1 + z)

3
2 Eν,iNi(Eν,i, z)] , (28)

for i = νe, νμ, ντ . Here λi is the interaction length of a neutrino of flavor i,
and dNj→i/dEν,idL is the number of neutrinos with flavor i produced from a
primary neutrino with flavor j per unit length per unit energy of the produced.
The collision term is given by

dNj→i

dEν,idL
=
∫

dErec
dn

dEν,i
(Eν,i, Erec)

∫
ds

dσ

dErec
(s)

1
4π

∫
dΩ(1+cos θ)

dnνb

dEνb

dEνb

ds
.

(29)
Here νb denotes the background neutrino, and Erec is its recoil energy, i.e. the
energy transfered by the primary neutrino in the collision with the RNB. The
RNB energy distribution dnνb

/dEνb
is given by the Fermi distribution. Because

the black-body temperature of the RNB changes with redshift as Eq. (14), the
dependence on the cosmological evolution scales as

dNj→i

dEν,idL
(Eν,i, Eν,j , z) = (1 + z)2

dNj→i

dEν,idL
(Eν,i/(1 + z), Eν,j/(1 + z), 0) . (30)

This scaling implies that collisions occur more frequently and with a lower thresh-
old energy at high redshifts. From Eq. (27), we find that the Z bosons are reso-
nantly produced by neutrinos of energy
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Fig. 3. Collision of an UHE neutrino and a neutrino of the RNB in the CM system.

Eres � 4× 1025(1 + z)−1
(

kb

10−4 eV

)
eV (31)

which thus scales as (1 + z)−1.
In Eq. (29) dn/dEν,i is the energy distribution of the secondary neutrinos

produced by the interaction. For elastic collisions, these will be delta-functions,
and for the produced muons and taus, they can be derived from the decay
matrix elements. When quarks are produced, they fragment (“hadronize”) and
produce jets of hadrons which emit neutrinos through their decays, so the distri-
bution dn/dEν,i for the hadrons can be obtained by convolution of the hadronic
fragmentation spectrum with the parton decay spectrum. The differential cross
section dσ/dErec can be obtained from the corresponding quantity dσ/d cos θ∗

in the CM system. We have

Erec =
Eν,i

2
(1 + cos θ∗), (32)

The collision in the CM system is illustrated in Fig. 3. It is convenient to express
the equations above in dimensionless energies,

dNj→i

dην,idL
=

1∫
ην,i

dηrec

ηrec

dn

d( ην,i

ηrec
)

∫
ds

dσ

dηrec
(s)

1
4π

∫
dΩ(1 + cos θ)

dnνb

ds
, (33)

where the dimensionless η ≡ E/Eν,j is normalized by the primary neutrino
energy Eν,j . As seen in Eq. (32), ηrec is equal to (1+cos θ∗)/2. For example, the
contribution to νμ production via pion decay in the hadronic jets generated by
νν collisions by s-channel Z0 exchange is given by

dNj→μ

dηνμ
dL

=

1∫
ηνμ

(1−rπ)

dx

x

1
1− rπ

1∫
x

dηrec

ηrec

dnh

d( x
ηrec

)

∫
ds

dσ

dηrec
(s)

1
4π

∫
dΩ(1+cos θ)

dnνb

ds
,

(34)
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Fig. 4. The neutrino horizon of the Universe as a function of present-day neutrino
energies [3]. The primary energies are 1015 GeV (thin lines) and 1016 GeV (thick lines).
The solid lines show electron-neutrinos and the dashed lines show muon-neutrinos. The
dotted lines show the upper bounds of the horizon taking into account only the energy
loss due to redshift.

where rπ = m2
μ/M2

π and dnh/dy is the hadronic fragmentation spectrum with
y ≡ Eπ/Ejet.

To illustrate the effect of the neutrino cascade on the propagation of UHE
neutrinos, let us determine the maximum redshift up to which neutrinos are
not attenuated in their propagation (referred to as the “neutrino horizon of the
Universe” ). For a monochromatic primary energy spectrum at a given epoch za

represented by dNi/dEν,i(za) = N0δ(Eν,i−E0), the present-day energy distribu-
tion of neutrinos after propagation, dNi/dEν,i(0), is calculated by the transport
equation Eq. (28). The effective cutoff energy k is defined by∫ E0

k

dEν,i
dNi

dEν,i
(0) =

1
e
N0 . (35)

We consider the redshift za as the horizon of the Universe for neutrinos with
present-day energy k for a primary energy E0. Fig. 4 shows the curves of the
horizon as a function of the present-day neutrino energies. The primary energies
are 1015 GeV and 1016 GeV, respectively. The upper bounds of the horizon de-
termined from the redshift energy loss only are also shown for comparison. It is
found that the energy loss effect due to the interactions with the RNB contracts
the horizon. This means that the distant sources at very high redshift epoch do
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not contribute to the bulk of UHE neutrinos. These UHE neutrinos are absorbed.
However, the bulk of the secondary neutrinos moderate the absorption effect for
the propagation from a high redshift epoch when the neutrino cascade develops
significantly as expected from the scaling law Eq. (30). As seen in Fig. 4, the
cascading effect expands the horizon for neutrinos below 1012 GeV compared
with that obtained by extrapolation from the higher energy region in which the
cascade does not develop significantly during propagation. Twice as many muon
neutrinos are produced as electron neutrinos by the pion decay processes, and
the cascade expands the horizon for muon neutrinos further. The expansion of
the horizon due to the cascade leads to an enhancement of the superhigh energy
neutrino flux.

5 Neutrino Cascades: Massive Neutrinos

If neutrinos are massive and the RNB is non-relativistic, the cascading is initiated
at much lower energies because the squared CM energy s is now given by

s � 2Eνmν , (36)

and the hadronic decay of Z bosons resonantly produced occurs with neutrinos
of energy

Eres = M2
z /2mν = 4× 1021

( mν

1eV

)−1
eV, (37)

which, for neutrino masses in the eV range, is four orders of magnitude lower
than for the massless case expressed by Eq. (31). Thus cascading would be more
likely to take place.

Let us see how the energy spectrum of UHE neutrinos would be modified after
their propagation in the massive RNB field. The collision term of the transport
equation, Eq. (33) simplifies in case of massive neutrinos because the RNB has
now a non-relativistic approximately monochromatic energy distribution. We
find [11]

dNj→i

dην,idL
= (1 + z)3

1∫
ην,i

dηrec

ηrec

dn

d( ην,i

ηrec
)
nνb

dσ

dηrec

∣∣∣∣
s=2mνEν

, (38)

where the number density of the RNB, nνb
, is given by Eq. (17), ηrec ≡ Erec/Eν,j ,

and ην,i ≡ Eν,i/Eν,j . The mean collision free path is obtained to be

λ(Eν , z) � (1 + z)−3 [n0σ|s=2mνEν ]−1
, (39)

and is shown in Fig. 5. It exhibits a clear resonance structure around Eres. Nu-
merical integration of the transport equation then shows the energy distribution
of UHE neutrinos after propagation. The simple case when a single source emits
UHE neutrinos with a E−2 spectrum is shown in Fig. 6. The sharp dip appears
because of the Z0 resonance behavior, as described above. We also find a slight
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Fig. 5. Interaction length of UHE neutrinos in the massive RNB field at zero redshift.

enhancement of the flux in the energy region below the dip. This enhancement
created by the bulk of the secondary neutrinos is drastically increased when UHE
neutrinos are emitted at very high redshift epochs because of the (1+z)3 depen-
dence of the interaction length as expressed in Eq. (39). Figure 7 shows the UHE
neutrino spectrum in a TD scenario when the topological defects distributed up
to z >∼ 1000 decay into UHE neutrinos exclusively [12]. It is found that the spec-
trum is strongly modified below E= 3× 1019 eV due to the secondary neutrinos
produced in the cascades. This case provides the most prominent signatures of
the massive background neutrinos via UHE neutrino fluxes, which is one of the
“visible” effects of the existence of the cosmological relic neutrinos.

6 The Neutrino Cascades and Super-GZK Particles

We have seen that collisions of UHE cosmic neutrinos with the RNB could ini-
tiate neutrino cascades. It should be remarked that the cascades also produce
electrons and photons via pion and muon decay processes, and via the direct pro-
duction of leptons by νν collisions. Moreover, the hadronic jets contain a small
fraction of nucleons. These nucleonic and electromagnetic particles may consti-
tute the observed population of UHECRs with energies beyond the GZK cutoff.
This is called the “Z-burst” scenario [13], the attempt to explain the observa-
tion without invoking new physics beyond the standard model except neutrino
mass. The energy distribution of the produced secondary nucleons, photons, and
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Fig. 6. The energy spectra of UHE neutrinos propagating in the massive cosmological
background neutrino field. The primary spectra are assumed to be ∝ E−2. All ντ shown
here are secondaries produced in the neutrino cascade.

electrons can be calculated from an expanded version of the transport equation,
Eq. (28) which includes propagation of the nucleonic and electromagnetic com-
ponents [14] (see also Sect. 8.1 of the contribution by G. Sigl in this volume).
Figure 8 shows energy distributions of particles in the neutrino cascade after 1
Mpc propagation of an electron neutrino of original energy E = Eres. The νμ,
ντ , e, γ, and nucleons are produced as secondaries in the cascades. These distri-
butions were determined quite accurately because all the interactions involved
in the cascades occur in the well-measured LEP2 energy range. For example, the
proton energy distribution drawn in the figure was in fact measured with great
accuracy by studying e+e− collisions at the Z boson resonance energy by several
experiments at CERN. Thus the calculation is quite solid in terms of particle
physics. The produced protons, electrons, and photons are subject to the GZK
effect and lose energy forming a “low” energy population of cosmic rays below
the cutoff. The super-GZK component can be generated by the particle produc-
tion in the cascade which occurs in our neighborhood where the propagation
distances are too short for the particles to lose a significant fraction of their
energies by the GZK mechanism. An illustration of this “Z-burst” mechanism is
2 The Large Electron Positron Collider at CERN. The world largest e± collider began

its operation in the summer of 1989 and for six years the collision energy of the
electrons and positrons was tuned exactly to the value needed to produce the Z0.
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Fig. 8. Energy distribution of particles in the neutrino cascade after propagation of 1
Mpc. Primary input spectrum is monochromatic energy distribution of Eres electron
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shown in Fig. 9. In fact, nearby particle production may be higher than average
because the massive background neutrinos are expected to cluster by gravita-
tional interactions. The Fermi distribution with a velocity dispersion v limits the
overdensity to
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fν <∼
v3m3

ν

(2π)3/2n̄ν
� 330

( v

500 km sec−1

)3 (mν

eV

)3
(40)

over the uniform RNB. If clustering occurs on a scale lν comparable to the local
Supercluster (∼ 5 Mpc), nucleons and γ−rays around 1020 eV produced in the
neutrino cluster can make significant contributions to the UHECR flux. The
required intensity of primary UHE neutrinos to account for the observed super
GZK particle flux can be approximately estimated as follows: Based on Eq. (38)
we find that the number of produced γ−rays per unit length per UHE neutrino
is roughly given by

dNν→γ

dηγdL
=

4
3

1∫
ηγ

dy

y

1∫
y

dηrec

ηrec

dnh

d
(

y
ηrec

)nνb

dσ

dηrec

∣∣∣∣
s=2mνEν

, (41)

where y ≡ Eπ/Eν , ηrec ≡ Eq/Eν , ηγ ≡ Eγ/Eν . The hadron fragmentation
spectrum dnh/dx can be approximated by the power law form ∼ ax−δ (δ ∼
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1.4) in the range of interest here. The factor of 4/3 approximately accounts for
contributions of both γ’s from π0 and e± from π±. The cross section of the s
channel Z0 exchange is given by Eq. (26). We find

dσ

dηrec
=

2G2
F

π
M4

z

s

(s−M2
z )2 + M2

z Γ 2
z

[
g2

Lη2
rec + g2

R(1− ηrec)2
]

≡ 2G2
F

π
M2

z F (s)
[
g2

Lη2
rec + g2

R(1− ηrec)2
]

(42)

σ =
2G2

F

3π
M2

z F (s)(g2
L + g2

R) = σresΓ
2
z F (s) . (43)

As gL is much larger than gR for hadronic Z0 decay, all the integrations in
Eq. (41) can be approximated to give

dNν→γ

dηγdL
=

4
δ(δ + 2)

nνb
σ|s=2mνEν

aη−δ
γ . (44)

Then the number of photons per unit length is obtained as

dNγ

dEγdL
=
∫

dEν
dNν→γ

dηγdL

dNν

dEν

1
Eν

, (45)

where dNν/dEν is the primary energy spectrum of UHE neutrinos which follows
the power law ∼ E−γ

ν . Using the fact that the power law index of the fragmen-
tation spectrum δ is close to that of the UHE neutrino spectrum γ, we finally
obtain

dNγ

dEγdL
� 4

δ(δ + 2)

√
2π

Γz

Mz

1
λz

dNν

dEν

∣∣∣∣
Eν=Eres

.
dnh

dx

∣∣∣∣
x=Eγ/Eres

, (46)

where λz = (nνb
σres)−1 is the interaction length of UHE neutrinos at the Z

boson resonance energy Eres. Then the UHE γ−ray flux produced within the
neutrino dark matter cluster over the distance scale lν is obtained by

dNγ

dEγ
� 4

δ(δ + 2)

√
2π

Γz

Mz

fν lν
λz

dNν

dEν

∣∣∣∣
Eν=Eres

.
dnh

dx

∣∣∣∣
x=Eγ/Eres

. (47)

If we approximate dnh/dx by the Hill formula [15]

dnh

dx
∼ 0.3

15
16

x−1.5(1− x)2 , (48)

we get

dNγ

dEγ

∣∣∣∣
Eγ=1020eV

= 0.26
(

fν

300

)(
lν

5Mpc

)
dNν

dEν

∣∣∣∣
Eν=Eres=4×1021eV

(49)

if mν � 1 eV. The produced photon intensity should be comparable to the
observed UHECR flux given by

E2
γ

dNγ

dEγ

∣∣∣∣
Eγ=1020eV

� 1eV cm−2sr−1sec−1 . (50)
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Then we obtain that the required neutrino energy intensity at Eres is

E2
res

dNν

dEres

∣∣∣∣
Eres=4×1021eV

� 6× 103
(

fν

300

)−1(
lν

5Mpc

)−1

eV cm−2sr−1sec−1.

(51)
An observational upper bound on the UHE neutrino flux was obtained by the
Fly’s Eye measurement around 1018 eV. Recent observations have slightly im-
proved this limit and have extended it up to a few 1021 eV [16]. Roughly, this
limit can be written as

E2
ν

dNν

dEν

<∼ 3× 104eV cm−2sr−1sec−1 for 1017 eV <∼ Eν <∼ 1021 eV . (52)

Future experiments will have considerably higher sensitivities, see Fig. 7 in the
contribution by G. Sigl in this volume.

Consistency of the required intensity of UHE neutrinos with existing upper
limits therefore requires an overdensity fν >∼ 60 over several Mpc. This is at least
consistent with the phase space bound Eq. (40) as long as mν >∼ 1 eV.

It is also necessary to compute the differential spectrum of the secondary
particles to see whether they are consistent with the observed UHECR spectrum
and the diffuse γ−ray flux measured at lower energies. Thus solving the transport
equations is inevitable for an accurate evaluation of the consequences of this
scenario. In Fig. 10 we show numerically calculated spectra for a typical case
where a homogeneous distribution of sources radiating UHE neutrinos with a
constant differential spectrum ∝ E−1 (assuming flavor ratios resulting from pion
decay in the absence of neutrino mixing) and a luminosity per comoving volume
that scales as (1+z)3 between z = 0 and z = 3 [14]. And an intermediate strength
for the (poorly known) universal radio background relevant for UHE γ−ray
interactions and an extragalactic magnetic field of 10−9 Gauss were assumed.
The neutrino parameters were chosen as mνe

= mνμ
= mντ

= 1 eV, fν � 20, and
lν = 5 Mpc. It can be seen that for this parameter combination the predicted
fluxes are consistent with the measurement of the diffuse γ−ray flux by EGRET
in the GeV range, and with upper limits on neutrino fluxes, Eq. (52), the latter
in accord with the analytical estimate given above in Eqs. (51) and (52). This
also shows that the UHE part of the secondary γ−rays and protons possibly
constitute a hard component of the observed UHECRs without a pronounced
GZK cutoff.

The electromagnetic component produced in the neutrino cascades at cos-
mological distances forms a diffuse γ−ray flux in the MeV-GeV region as their
energies are recycled down due to the interactions with the CMB photons and
synchrotron cooling (for a detailed discussion of electromagnetic cascades see
the contribution by G. Sigl in this volume). The ratio of this diffuse component
to the UHECR component produced in the local neutrino overdense region is
indirectly proportional to the product of the overdensity fν and the length scale
of neutrino clustering lν . This follows from the fact that the diffuse GeV γ−ray
flux is insensitive to neutrino clustering whereas the produced UHECR flux is
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Fig. 10. Energy spectra of nucleons, γ−rays and neutrinos for the scenario described
in the text. 1 sigma error bars are the combined data from the Haverah Park [17], Fly’s
Eye [18] and the AGASA [19] experiments above 1019 eV. Also shown are piecewise
power law fits to the observed charged CR flux below 1019 eV, the EGRET measure-
ment of the diffuse γ−ray flux between 30 MeV and 100 GeV [20]. Experimental upper
limits on neutrino fluxes are shown from the Fly’s Eye experiment [21], the Goldstone
radio telescope [16], and the AMANDA neutrino telescope [22]. Upper limits on the
γ−ray flux below 1017 eV and on neutrino fluxes above 1017 eV (except for AMANDA)
from various experiments are as indicated (see Ref. [10] for more details)

given by Eq. (47). Consequently the EGRET bound in the GeV region leads to
a lower bound of fν >∼ 20 [14]. Otherwise the secondary produced electromag-
netic component would give rise to a diffuse γ−ray flux that is higher than the
EGRET limit.

The results obtained lead to the following relevant points in the scenario
where the cascades initiated by UHE cosmic neutrino beams are at the origin of
UHECRs in the highest energy region:

• Neutrino cascades could contribute to the observed cosmic ray flux above
3× 1019 eV, regardless of the nature of the neutrino sources if the maximum
neutrino energy reaches to the Z0 boson pole region and the massive back-
ground neutrinos are clustered on the Supercluster scale. Neutrino emitters
at cosmological distances can be responsible for the UHECR flux we are ob-
serving. Thus this mechanism is indeed a loophole of the GZK mechanism.
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• Super-GZK particles should consist of protons and γ−rays according to this
scenario.

• The intensity of the diffuse MeV-GeV photon background produced by the
neutrino cascade is below the EGRET bound as long as the background neu-
trinos are sufficiently strongly clustered in our local neighborhood, satisfying
(fν/20)(lν/5 Mpc) >∼ 1. A similar bound follows from the requirement that the
required primary neutrino flux be smaller than existing upper limits, Eq. (52).
Figure 10 demonstrates this limiting case.

• If the UHE neutrino emitters involved in the model radiate not only neu-
trinos but also γ−rays with comparable power, this bound strengthens to
(fν/103)(lν/5 Mpc) >∼ 1. This requires neutrino masses in the eV range in
order to satisfy the phase space bound Eq. (40).

• How to generate UHE neutrinos with E ∼ Eres remains a problem. If these
neutrinos are produced from the conventional mechanism invoking photopion
production by accelerated protons, the protons must be accelerated up to
∼ 20Eres ∼ 1023(mν/1eV)−1 eV which seems difficult to realize in the usual
astronomical environments (see contribution by G. Pelletier in this volume).
Furthermore, the sources would need a dense photon target to absorb these
protons and to produce a sufficiently high neutrino luminosity. The optical
depth for protons in the sources must be high also because otherwise the
observed nucleon flux below the GZK cutoff would be comparable to the neu-
trino flux, and thus inconsistent with the observed cosmic ray flux in the ankle
region (see Fig. 10).

• The required energy luminosity of UHE neutrinos in this model is

Lν � 4π

c
H0Iν = 2.41046h

(
Iν

1.2104 eV/cm2sec sr

)(
fν

300

)−1

erg/Mpc3yr.

(53)
The required primary proton luminosity to produce UHE neutrinos via pho-
topion production at the source is thus Lp ∼ 1047 erg/Mpc3yr. This is about
three orders of magnitude lower than the total luminosity of the Universe, but
extremely high. Among the existing astronomical objects, the Gamma Ray
Bursts (GRBs) may be a candidate in terms of the energetics, if the total
energy of a fireball is Eiso(ΔΩ/4π) ∼ 1056(ΔΩ/4π) erg as suggested in the
proton-synchrotron model of GRBs [23], where ΔΩ/4π is the beaming factor.
The energy luminosity of GRBs is estimated to be

LGRB = 7× 1047
(

Eiso

1056erg

)(
Riso

7× 10−9Mpc−3yr−1

)
erg/Mpc3yr. (54)

This may be large enough to supply Lp required in the model. Production
of neutrinos with E >∼ Eres in GRBs faces difficulties, however. Acceleration
of protons to ∼ 20Eres and significant synchrotron cooling of photoproduced
pions [24] would be challenging for UHE neutrino production. See the con-
tribution by E. Waxman in this volume for a detailed prediction of the UHE
neutrino flux from GRBs.
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Extreme-Energy Cosmic Rays: Hints to New
Physics Beyond the Standard Model?
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Abstract. The observed extreme energy cosmic ray (EECR) events above 1020 eV
are difficult to explain within the standard scenario of origin of cosmic rays in which
charged particles are accelerated in magnetized shocks in powerful astrophysical sources
and their interaction is governed by the Standard Model of particle physics. Several
ideas involving possible new physics beyond the Standard Model have been suggested
in order to explain these events. Here we review some of the major proposed new
physics solutions of EECR origin and discuss how the up-coming and future EECR
experiments will be able to probe some possible forms of physics beyond the Standard
Model otherwise not possible in terrestrial accelerators.

1 Introduction

The origin of the observed cosmic ray (CR) events of Extremely High Energy
(EHE)1 – those with energy >∼ 1020 eV [1,2,3,4,5,6] – is one of the major unsolved
problems in contemporary astrophysics [7,8]. About 20 of these Extreme Energy
Cosmic Ray (EECR) events have been reported in published literature so far,
with more expected in the near future from the ongoing experiments. The highest
energy event reported so far – the one detected by the Fly’s Eye group [5] – is
at energy 3+0.36

−0.54 × 1020 eV.
The energies and nature of the primary EECR particles are inferred from the

properties of the extensive air showers (EAS) of secondary particles initiated by
the primary EECR particles in the Earth’s atmosphere. Because of the relatively
small number of EECR events detected so far, the nature of the primary EECR
particles is not known with certainty. The current data are consistent with EECR
primaries being mainly nucleons, although photon primaries cannot be ruled out
at this time. The flux of EECR at ∼ 1020 eV is <∼ 1particle/ km2/century which
exemplifies the difficulty in detecting these events and necessitates construc-
tion of ground-based detectors with large area coverage such as the Auger [9],
HiRes [10], Telescope Array [11], and the proposed space-based detectors such
as OWL/AirWatch [12,13] and EUSO [14] for studying the nature and origin of
these particles. The present data, while not sufficient to measure the spectrum
1 We shall use the abbreviation EHE to specifically denote energies E >∼ 1020 eV,

while the abbreviation UHE for “Ultra-High Energy” will sometimes be used to
denote E >∼ 1EeV ≡ 1018 eV. Clearly UHE includes EHE but not vice versa.

Martin Lemoine, Günter Sigl (Eds.): LNP 576, pp. 275–299, 2001.
c© Springer-Verlag Berlin Heidelberg 2001
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of the EECR accurately, already give indications of a spectrum above 1020 eV
that seems to be significantly harder than the one below it (see Fig. 1), probably
signifying a new component of the spectrum above 1020 eV different in origin
than the one below it.

Fig. 1. Energy spectrum of UHECR measured by the AGASA experiment. The dashed
curve represents the spectrum expected for extragalactic sources distributed uniformly
in the Universe. The numbers attached to the data points are the number of events
observed in the corresponding energy bins (From Ref. [6])

The existence of these EECR events at the detected flux level poses a serious
challenge for the conventional scenario of origin of CR in which charged CR
particles are accelerated in moving magnetized shocks in powerful astrophysical
objects and their propagation in the Universe is governed by the physics of the
Standard Model (SM) of particle physics. The associated problems have been
widely discussed in literature. In addition to the articles in this volume, a number
of recent reviews discuss the relevant issues in detail. The detailed review in [15]
contains an extensive list of references to original literature as well as to earlier
reviews and monographs on the subjects of cosmic rays in general and UHE CR
in particular. In addition see, e.g., the reviews in Ref. [16,17,18,19,20,21,7,8]. For
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reviews of various experiments and experimental issues, see, e.g., Ref. [22] and
references therein.

Briefly, there are two basic difficulties encountered in explaining the existence
of EECR events within the conventional scenario:

First, the problem of energetics: It is extremely difficult [23,24] to accelerate
particles to energies above 1020 eV even in the most powerful known astrophysical
objects by means of the standard diffusive shock acceleration mechanism [25].

Second, the absence of candidate astrophysical sources: Too small a number of
suitably powerful candidate sources are found in our cosmological neighborhood
within a distance of <∼100 Mpc, the limiting source distance beyond which the
flux of nucleons, nuclei or even photons of requisite energies would be severely
attenuated due to their interaction with the cosmic background radiation fields
during their propagation from the source to Earth.

The sources of the EECR particles are widely believed to be extragalactic
because the arrival directions of the observed EECR events do not show any sig-
nificant anisotropy associated with the Galactic disk that would be expected if
these particles were accelerated in Galactic sources. Indeed, the observed large-
scale isotropy of arrival directions of the EECR events, and the fact that these
energetic particles are commonly believed not to be bent significantly by the reg-
ular extragalactic as well as Galactic magnetic fields (for scenarios entertaining
strong bending see contributions by G. Medina Tanco, by P. Biermann et al.,
and by G. Sigl in this volume), call for several (rather than a few) extragalactic
sources of these particles.

There are, however, strong restrictions on the distance of the sources of the
EECR particles from Earth. As first pointed out by Greisen and independently
by Zatsepin and Kuzmin [26], nucleons above a threshold energy of ∼ 6×1019 eV
produce pions by interacting with the cosmic microwave background (CMB)
photons. The mean free path for this photo-pion production process on CMB
for nucleons above ∼ 1020 eV is roughly energy independent and ∼ 6 Mpc, and
the nucleon losses on average about one-fifth of its energy in each interaction.
This means that after traveling a distance of D Mpc, the energy of the nu-
cleon is reduced by a factor of ∼ exp(−0.22D/6). Thus a nucleon of initial
energy well above 1020 eV will have its energy reduced by about one order of
magnitude after traveling a distance of ∼ 60 Mpc. More detailed calculations
show [27] that the observed energy of a nucleon at Earth, from a source at a
distance >∼ 100 Mpc, will always be less than 1020 eV , irrespective of the energy
(≥ 1020 eV ) at the source. Heavy nuclei as well as photons above 1020 eV are
also not immuned to the destructive effects of background radiation fields: Nu-
clei are photo-dissociated by CMB as well the infrared background photons [28],
while photons are absorbed due to e+e− pair production off the Universal Ra-
dio Background (URB) photons [29], both on length scales <∼ 10 − 20 Mpc.
For detailed discussions and review of propagation of EECR particles, see, e.g.,
Ref. [15] and the contribution by G. Sigl in this volume. It is thus clear that
if the EECR particles are “standard” particles such as nucleons, nuclei and/or
photons, then their sources must lie in our cosmological neighborhood within
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a distance of <∼ 100 Mpc. However, most of the powerful extragalactic objects,
such as some radio galaxies with powerful jets and/or hotspots and gamma ray
bursts (GRBs), which may marginally be able to accelerate particles to energies
beyond 1020 eV – albeit with optimistic assumptions on various parameters (see
contributions by G. Pelletier and by E. Waxman in this volume)– are generally
too far away at distances � 100 Mpc. The few cosmologically nearby powerful
radio galaxies, such as M87 at ∼ 18 Mpc or Centaurus A at ∼ 3.4 Mpc, are not in
the direction of any of the observed EECR events, and one needs rather strong
and special configuration of the extragalactic magnetic fields to bend the tra-
jectories of EHE charged particles from these objects to reproduce the observed
large-scale isotropic distribution of the EECR events.

The absence of any suitable sources within the “GZK limiting distance” of
∼ 100 Mpc should imply a steep decline, generally referred to as the “GZK
cutoff”, of the EECR spectrum beginning somewhere in the energy region of
5 × 1019 eV. The GZK cutoff is expected if the extragalactic sources of EECR,
with typical source particle spectra as expected in standard shock acceleration
mechanism, are uniformly distributed in the Universe. The apparent absence of
such a cutoff, as indicated by the significant number of detected events above
1020 eV (see Fig. 1), is, therefore, a major puzzle.

Actually, the GZK cutoff may or may not be a complete cutoff – rather it is
more likely to be a GZK “dip” preceded in energy by a “pile-up” and followed
by a “recovery”. The “strengths” of these various predicted features of the UHE
CR spectrum depend on several parameters such as the maximum energy and
the spectral index of the CR particles at the source, the inhomogeneity of the
distribution of the sources, maximum distance (redshift) of the sources, as well
as possible evolution (with cosmological epoch) of the production rate of the
CR particles; see, e.g., Ref. [30,31,32,33]. The present EECR data (see Fig. 1)
are rather too sparse to allow one to tell, with any high degree of statistical
confidence, whether the predicted pile-up and dip structures are present in the
spectrum. But with more data expected from up-coming experiments, confirma-
tion of the presence or absence of one or more of these features in the EECR
spectrum and the measurements of the parameters characterizing the strengths
of these features may be possible, which may have important implications for
distinguishing between various proposed solutions of the EECR problem (see
below).

The difficulties of explaining the origin of EECR within the conventional
scenario have prompted several suggestions of possible “new physics” solutions
of the EECR enigma. Almost all of these proposed solutions involve some kinds
of physics beyond the SM in one form or another. These suggestions generally
fall into two broad classes:

In one class are proposals which attempt to evade the GZK distance limit on
source locations or avoid the GZK cutoff effect on the spectrum by postulating
new physics. Among these are suggestions involving small violation of Lorentz
invariance, supersymmetry, a small neutrino mass, new interactions of neutrinos
with matter, and so on.
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The other class of proposals addresses the problem of energetics itself by do-
ing away with the question of acceleration of particles in astrophysical objects.
Instead, the EECR particles are hypothesized to arise simply from decay of some
supermassive particles (of mass > 1021 eV) originating from fundamental pro-
cesses in the early Universe. This class of proposals generally goes by the name
of top-down scenario as opposed to the bottom-up scenario in which particles are
accelerated from lower energies to the requisite EECR energies in suitable as-
trophysical environments. In some models of the top-down scenario, the relevant
massive particles may be decaying at large cosmological distances beyond the
normal GZK limit in which case some GZK limit evading mechanism may have
to be invoked in addition.

In this article we review some of the major proposals of these new physics
solutions, emphasizing how the highest energy end of the cosmic ray spectrum
can be used as a probe of possible new fundamental physics.

In Sect. 2, we discuss possible new physics ways of avoiding the GZK cutoff
and source distance limits. The top-down scenario that obviates the need to
accelerate particles is discussed in Sect. 3, with conclusions presented in Sect. 4.
In this contribution, we use natural units in which h̄ = c = kB = 1 unless
otherwise noted.

2 Avoiding the GZK Cutoff and Source Distance Limit

If one assumes that the EECR particles are somehow accelerated in astrophysical
objects to the requisite energies or are created in a top-down mechanism, then
there are several possible new physics ways of eliminating or extending the GZK
upper limit on the distance of the EECR sources. In this section we summarize
some of the major suggestions in this regard. Some of this is also discussed in
Sect. 4 of the contribution by G. Sigl in this volume, especially the possibility
of new interactions associated with neutrinos which are not covered in detail in
the present contribution. We will focus here mostly on the qualitative features
of these scenarios.

2.1 Violation of Lorentz Invariance

It has been pointed out by a number of authors [34,35] that the GZK effect may
be eliminated altogether by allowing violation of Lorentz invariance (VLI) by a
tiny amount that is consistent with all current experiments. At a purely theoreti-
cal level, several quantum gravity models including some based on string theories
do in fact predict non-trivial modifications of space-time symmetries that also
imply VLI at extremely short distances (or equivalently at extremely high ener-
gies); see e.g., Ref. [36] and references therein. These theories are, however, not
yet in forms definite enough to allow precise quantitative predictions of the exact
form of the possible VLI. Current formulations of the effects of a possible VLI
on high energy particle interactions relevant in the context of EECR, therefore,
adopt a phenomenological approach in which the form of the possible VLI is
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parametrized in various ways. VLI generally implies the existence of a universal
preferred frame which is usually identified with the frame that is comoving with
the expansion of the Universe, in which the CMB is isotropic.

A direct way of introducing VLI is through a modification of the standard
dispersion relation, E2 − p2 = m2, between energy E and momentum p = |p| of
particles, m being the invariant mass of the particle. Currently there is no unique
way of parametrizing the possible modification of this relation in a Lorentz non-
invariant theory. As a purely illustrative example of how certain forms of the
modified dispersion relation can allow one to completely evade the GZK limit,
consider the modified dispersion relation [37]

E2 − p2 � m2 − p3

M
, (1)

where M is some large mass scale, such that the standard Lorentz invariant
dispersion relation is recovered in the limit M →∞.

Now, consider the GZK photo-pion production process in which a nucleon
of energy E, momentum p and mass mN collides head-on with a CMB photon
of energy ε producing a pion and a recoiling nucleon. The threshold initial mo-
mentum of the nucleon for this process according to standard Lorentz invariant
kinematics is

pth,0 = (m2
π + 2mπmN )/4ε , (2)

where mπ and mN are the pion and nucleon masses, respectively. Assuming
exact energy-momentum conservation but using the modified dispersion relation
given above, it is easy to show after some tedious but straight forward algebra
that, in the ultra-relativistic regime m  p  M , and neglecting sub-leading
terms, the new nucleon threshold momentum pth under the modified dispersion
relation (1) satisfies the equation [37]

− αx3 + x− 1 = 0 , (3)

where x = pth/pth,0, and

α =
2p3

th,0

(m2
π + 2mπmN )M

mπmN

(mπ + mN )2
. (4)

It is easy to check that, for a fixed M = MPl, say, MPl being the Planck mass,
there is no real positive solution of (3), implying that the GZK process does not
take place and consequently the GZK cutoff effect disappears completely. It can
also be shown [37] that the same modified dispersion relation (1) also forbids
the absorption of high energy gamma rays through e+e− pair production on the
infrared, microwave or radio backgrounds. Thus EHE nucleons and/or photons
will be able to reach Earth from any distance. On the other hand, if future EECR
data confirm the presence of a GZK cutoff at some energy then that would imply
a lower limit on the mass scale M at which the VLI becomes important, thus
probing specific Lorentz non-invariant theories.
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It is to be mentioned here that if VLI is due to modification of the space-
time structure expected in some quantum gravity theory, for example, then the
strict energy-momentum conservation assumed in the above discussion, which
requires spacetime translation invariance, is not guaranteed in general, and then
the calculation of the modified particle interaction thresholds becomes highly
non-trivial and non-obvious. Also, it is possible that a Lorentz non-invariant
theory while giving a modified dispersion relation also imposes additional kine-
matical structures such as a modified law of addition of momenta. Indeed, [36]
gives an example of a so-called κ-Minkowski non-commutative space-time in
which the modified dispersion relation has the same form as in (1) but there
is also a modified momentum addition rule which compensates for the effect of
the modified dispersion relation on the particle interaction thresholds discussed
above leaving the threshold momentum unaffected and consequently the GZK
problem unsolved.

It should also be mentioned that VLI does not necessarily have to be asso-
ciated with quantum gravity and can even exist at the level of electrodynam-
ics [35,38]. Coleman and Glashow (CG) [35], for example, have studied a Lorentz
non-invariant gauge theory by explicitly adding a Lorentz non-invariant term in
the Lagrangian. In their analysis one possible parametrization of VLI is that the
maximum attainable speed is different for different particles, with the energy-
momentum relation for the particle a of rest mass ma being E2

a = m2
ac4

a + p2
ac2

a,
where ca is the limiting speed for the particle a. In this formulation, CG have
demonstrated how the GZK effect can be evaded for a certain range of values of
(cπ − cN ).

There are several other fascinating effects of allowing a small VLI, some of
which are relevant for the question of origin and propagation of EECR, and the
resulting constraints on VLI parameters from cosmic ray observations are often
more stringent than the corresponding laboratory limits; for more details, see
Ref. [35] and [15] and the contribution by G. Sigl in this volume for review and
further references.

2.2 Supersymmetric Particles as EECR Primaries

One possible way to increase the GZK limit on the source distance is to postu-
late a new as yet undiscovered particle species as the EECR primaries which,
according to (2), would have a higher “GZK threshold” for interaction with the
CMB if they were more massive than nucleons. In conformity with the assumed
hadronic character of the observed EECR shower events, the new particle species
would still have to be hadronic.

As one possible realization of this idea, certain supersymmetric particles have
been suggested as possible candidates for the EECR primaries [39]. The partic-
ular scenario of [39] involves a light and stable (or at least quasi-stable) neutral
particle (to avoid deflection by the intergalactic magnetic field), with a mass be-
tween 0.1 and 1 GeV [40]. The suggested primary EECR candidate is the light-
est gluino-containing baryonic bound state, udsg̃, denoted by S0, which could
be long-lived or stable. The kinematical threshold for the photo-pion production
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process S0 + γCMB → S0 + π would be higher than that for nucleon by a factor
� mS0/mN , where mS0 and mN are the masses of S0 and the nucleon, respec-
tively. Furthermore, as in the case of the nucleon, for which the total photo-pion
production cross section is dominated by the lowest-lying pion-nucleon resonance
Δ (of mass 1232 MeV) which occurs close to the threshold and at which the cross
section peaks, the cross section for photo-pion production by S0 may be expected
to peak at the invariant mass mS0∗ of the lowest-lying resonance, S0∗, of S0. Thus
the cross section for γCMB – S0 interaction would be expected to peak at an S0

energy higher by a factor (mS0/mN )(mS0∗ −mS0)/(mΔ −mN ) with respect to
that for the case of nucleon. It is expected that (mS0∗−mS0)/(mΔ−mN ) >∼ 2. As
a result of this, as well as a smaller interaction cross section of S0 with photons
and a smaller fractional energy loss of S0 relative to those in the case of nucleons,
the effective GZK threshold is higher by factors of a few, and sources of primary
S0 particles above 1019.5 eV could be 15-30 times further away compared to the
case of nucleon primaries. The existence of the EECR events was, therefore,
proposed [39] as a signal] of supersymmetry. Indeed, Farrar and Biermann [41]
reported a possible correlation between the arrival directions of the five highest
energy CR events and the directional locations of some compact radio quasars at
redshifts between 0.3 and 2.2, as might be expected if these quasars were sources
of massive neutral particles. However, with the present data, such “evidence” for
directional correlation remains a subject of debate [42].

A specific difficulty of this model within the general bottom-up acceleration
scenario is the fact that, of course, the neutral S0 cannot be accelerated, but
rather has to be produced as a secondary of an accelerated proton interacting
with the ambient matter. As a consequence, protons must be accelerated to at
least 1021 eV at the source in order for the secondary S0 particles to explain the
EECR events, which may be difficult. Furthermore, this scenario of a neutral
supersymmetric particle in the mass range required to be consistent with the
shower characteristics of the observed EECR events seems to be difficult to
reconcile with constraints from accelerator experiments [43]. For more details on
the nature of extensive air showers generated by gluino-containing hadrons and
the resulting constraints on their masses, see the recent work Ref. [44].

2.3 Massive Neutrinos and Z-Burst

The only particle in the SM that can propagate unattenuated with energies
above 1020 eV from sources at distances � 100 Mpc is the neutrino; however,
in the SM, the probability of neutrinos to directly initiate the observed EECR
air shower events is at least a factor of ∼ 10−6 smaller than the corresponding
probability in the case of nucleons. However, as first suggested in [45], neutrinos
of sufficiently high energy from cosmologically distant (� 100 Mpc ) sources can
indirectly give rise to the observed EECR events.

The idea hinges on allowing one of the most conservative deviations from
the SM, namely, that neutrinos have small masses in the eV range, which seems
to be supported by recent experimental evidence [46] of atmospheric neutrino
flavor oscillations. If some flavor of neutrino is assumed to have a small mass
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mν ∼ 1 eV, and if there are sources capable of producing neutrinos of suffi-
ciently high energy (>∼ 1022 eV), then interaction of those neutrinos with the
neutrinos (νb) constituting the cosmic thermal relic neutrino background (RNB)
can excite the Z boson resonance, ν + ν̄b → Z, at the EHE neutrino energy
Eν,res = (M2

Z/2mν) � 4 × 1021( eV/mν) eV, where MZ = 91 GeV is the Z-
boson mass. The decay of each Z (rest-frame life time ∼ 3× 10−25 sec) into qq̄,
the branching ratio for which is ∼ 70%, and the subsequent hadronization of
the quarks would produce about one nucleon-antinucleon pair, 10 neutral pions
and 17 charged pions [47] with neutral pions further decaying into photons and
charged pions into neutrinos, electrons and positrons. It has been suggested [45]
that the resulting EHE nucleons and photons from the decay of the Z bosons
produced within the GZK distance limit of ∼ 100 Mpc from Earth could be can-
didates for the observed EECR events. In this so-called Z-burst scenario, since
the final decay products of the Z are dominated by photons and neutrinos, the
EECR events are predicted to be mainly photons (like in the top-down scenario
in general; see below) rather than nucleons.

Note that for massless neutrinos, the required EHE neutrino energy would be
much higher: Eν,res(mν = 0) � 8×1024(4.8×10−4 eV/εν,b) eV, where εν,b � 3Tν

is the typical energy of the relic neutrino, Tν � 1.9K � 1.6 × 10−4 eV being
the effective temperature of the relic neutrino background. Such high energy
neutrinos are unlikely to be produced in any astrophysical sources.

The invariant energy-averaged cross section for the process ν + ν̄b → Z,
defined as 〈σ〉 ≡ ∫ dsσ(s)/M2

Z , with s the square of the energy in the center
of momentum frame, is 〈σ〉 � 4.2 × 10−32 cm2. The relative energy width of
the Z resonance at FWHM is ∼3%. So only EHE neutrinos with energy in a
small range around the resonant energy Eν,res are involved in producing the Z’s.
Because the target background neutrinos (of mass in the eV range) are essentially
nonrelativistic, the produced Z-boson has the energy EZ � Eν,res. The average
nucleon energy in the Z decay is 〈EN 〉 ∼ Eν,res/30 ∼ 1.3( eV/mν)×1020 eV while
the average photon energy 〈Eγ〉 ∼ 0.5〈EN 〉, since the total particle multiplicity in
the Z decay is about 30 and each pion decays into two photons. For mν <∼ 0.1 eV,
the produced nucleons and photons can be well above the GZK cutoff and can
in principle explain the observed EECR events.

Detailed calculations have been done examining the viability of and con-
straints on the Z-burst scenario; see e.g., Ref. [48,49,50,51]. The major con-
straints on the scenario are discussed below.

The probability for resonant annihilation of a EHE neutrino with a relic
(anti)neutrino of small but finite mass producing Z bosons within a distance
DGZK <∼ 100 Mpc is rather small, ∼ 2.5× 10−4, for a uniformly distributed neu-
trino background (see, e.g., Ref. [21]). The massive neutrinos would, however,
be expected to cluster, and depending on the length-scale and strength of the
clustering, the above probability can be somewhat larger, though perhaps not
larger than about 1% [21]. In general, because of the relatively small probability
of the process, a rather large EHE neutrino flux is required in order to success-
fully explain the EECR events. This neutrino flux, when extrapolated to lower
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energies of order 1017 eV with a spectrum going as E−2 expected from typical
astrophysical sources, generally conflict with the limit on neutrino flux [52] at
> 1017 eV obtained from non-observation of horizontal air showers that could be
initiated by the neutrinos. The conflict can be avoided [50] if the source neutrino
spectrum is rather hard, dNν/dEν ∝ E−γ

ν with spectral index γ <∼ 1.2 [50]. Such
hard spectra of neutrinos are, however, not usually expected from astrophysical
sources.

It has also been pointed out [48] that in the Z-burst scenario of EECR ori-
gin, in addition to the requirement of relatively hard spectrum neutrino sources,
significant local neutrino clustering is required to avoid generating a diffuse back-
ground of 30 MeV to 100 GeV photons in excess of that measured by the EGRET
experiment [53]. This comes about in the following way: While the contribution
to the observed EECR would come only from Z-bursts occurring in our cos-
mological neighborhood within <∼ 100 Mpc, the accompanying electromagnetic
(EM) energy injected into the Universe by the sources that produce the EHE
neutrinos as well as the EM component of the Z-bursts themselves at large cos-
mological distances (� 100 Mpc) would cascade down to lower energies through
the process of EM cascading in the cosmological radiation background fields (see,
e.g., Ref. [15] and contribution by G. Sigl in this volume for a review of the cos-
mological EM cascading process), and would thus give rise to a diffuse gamma
ray background peaking at around 10 GeV. A relatively lower flux of Z-burst-
initiating EHE neutrino flux, as would obtain in the case of a local clustering of
the relic neutrinos relative to the no-clustering case, would yield a correspond-
ingly lower level of the diffuse gamma ray background in the MeV–GeV region.
The analysis of [48] shows that in order for the Z-burst scenario of EECR origin
to be consistent with the EGRET bound on the diffuse gamma ray flux in the
30 MeV–100 GeV region, the relic neutrino overdensity fν over a length scale
lν has to satisfy fν >∼ 103(lν/5 Mpc)−1, if the total photon luminosity of the
sources is comparable to their total neutrino luminosity, as would be expected
in most source models.

Furthermore, if the EHE neutrinos causing the Z-bursts are produced in
astrophysical sources, where they would presumably be produced through inter-
action of accelerated protons with the dense matter and radiation in the source,
then those sources must be such as to trap the accelerated protons within the
sources because otherwise the observable proton flux below the GZK cutoff would
be comparable to the neutrino flux [54,55] in contradiction with observation. In
other words, in order for the Z-burst mechanism to contribute significantly to
the observed EECR flux, the existence of a new class of high energy neutrino
sources, possibly unrelated to the sources of > 1019 eV cosmic rays, may have
to be invoked. Moreover, it has been argued [55] that the energy generation rate
of these EHE neutrino sources would have to be comparable to the total photon
luminosity of the Universe.

In this context, it has been pointed out [56] that a degenerate relic neutrino
background with a finite neutrino chemical potential (implying an asymmetry
between ν and ν̄), produced, for example, through neutrino flavor oscillation in
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the early Universe, would allow a much larger density of the Fermi-degenerate
relic neutrinos than is predicted in the standard big bang model, and would
consequently increase the neutrino annihilation- and thus Z boson production
probability. The authors of [56] have argued that for mν � 0.07 eV, the value
suggested by the Super-Kamiokande experiment [46], and for a relic neutrino
density parameter Ων � 0.01, the resulting requirement on the source EHE
neutrino flux (in order to explain the observed EECR flux ) implies energy gen-
eration rate of the EHE neutrino sources well below the total photon luminosity
of the Universe.

If the EECR events are indeed due to the Z-burst mechanism, then it offers
the exciting possibility of determining the mass of the heaviest neutrino, as
pointed out in [57] and studied in more details in [51], by fitting the predictions
of the Z-burst scenario to the observed UHE CR data. The neutrino mass so
determined [51] from the present data is consistent with the value indicated by
the Super-Kamiokande experiment [46]. Note, however, that for such neutrino
masses, the sources are required to almost exclusively produce neutrinos at least
up to 1022 eV for the Z-burst mechanism to work. Such high energies are rather
difficult to obtain within conventional bottom-up models, but are easily obtained
in top-down models (see below), making the Z-burst scenario more likely to play
a role in the latter.

2.4 New Neutrino Interactions above the Electroweak Scale

The main idea here is that the neutrino-nucleon cross section at center of mass
(CM) energies

√
s � (2mNEν) � 430(Eν/1020 eV)1/2 TeV, relevant for interac-

tions in the detector medium, could be much larger than predicted by the Stan-
dard Model, possibly close to hadronic cross sections. This is not in conflict with
existing accelerator data which reach only up to CM energies of a few hundred
GeV. At the same time propagation of neutrinos would not be influenced because
the relevant CM energies are � 450(ε/eV)1/2(Eν/1020 eV)1/2 GeV, and thus in
the well known regime even for massive RNB neutrinos of energy ε ∼ 1 eV.
The possibility of non-standard neutrino-nucleon cross sections beyond a TeV is
discussed in more detail in Sect.4.1 of the contribution by G. Sigl in this volume.

3 Avoiding the Acceleration Problem:
The Top–Down Scenario

As already mentioned in the Introduction, it is extremely difficult to accelerate
particles to energies beyond 1020 eV by the standard diffusive shock acceleration
mechanism in known astrophysical objects. An alternative possibility is that
the enormous energies of the EECR particles are not due to any acceleration
process; instead, they could arise simply from decay of very massive particles of
mass � 1020 eV. Two possible realizations of this top-down scenario have been
suggested, both of which require physics beyond SM. Below we discuss them
briefly; for detailed review and references to original literature, see Ref. [15].
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3.1 EECR from Decays of Metastable Superheavy Relic Particles

It has been suggested [58,59] that EECR may be produced from the decay of
some metastable superheavy relic particles (MSRPs) of mass mX >∼ 1012 GeV
and lifetime larger than or comparable to the age of the Universe. The long
but finite lifetime of MSRPs could be due to slow decay of the MSRPs through
non-perturbative instanton effects or through quantum gravity effects, for ex-
ample. The MSRP “X” particles would typically decay into quarks and leptons.
The hadronization of the quarks produces a photon- and neutrino dominated
spectrum of particles with energy up to mX . The EECR are hypothesized to be
mainly the photons from these MSRP decays.

There are no MSRP candidates within the SM. Possible candidates for
MSRPs and their possible decay mechanisms giving them sufficiently long life-
time have been discussed in the context of specific particle physics models beyond
SM, by a number of authors; see, e.g., Ref. [60,61]. Several non-thermal mecha-
nisms of production of MSRPs in the post-inflationary epoch in the early Uni-
verse have also been studied; see, e.g, Ref. [62] for a review of these mechanisms.
Under certain circumstances MSRPs can exist in the Universe with sufficient
abundance so as to act as non-thermal superheavy dark matter.

Obviously, the flux of EECR produced by this mechanism depends on the
abundance as well as the lifetime of the MSRPs, neither of which is known
with much confidence. An interesting aspect of this scenario is that, like the
cold dark matter (CDM) particles, the MSRPs would gravitationally cluster, in
particular, on the scale of the Galactic Halo (GH). The flux of EECR photons
and nucleons will, therefore, be dominated by the contribution of MSRP decay
within the GH, which would naturally explain the absence of the GZK cutoff (see,
however, below), since the size of the GH is much less than the GZK distance
limit. Because of the general isotropic distribution of the MSRPs within the GH,
the scenario also naturally explains the observed isotropy of the EECR. There
will, however, be a small anisotropy associated with the off-center location of the
solar system in the GH [63], which will hopefully be detectable by the up-coming
detector such as the Pierre Auger, providing an important test of the scenario. It
has also been pointed out [64] that the model of decaying MSRPs in the GH (we
will denote it by GHMSRP hereafter) can also explain the possible small-scale
anisotropies (clustering) of the UHE CR events reported recently [65]2, provided
the MSRP distribution in the GH is suitably clumped. Recently, the possibility
that EECR may result from annihilation (rather than decay) of the MSRP X
particles in the GH has also been investigated [66]. The required annihilation
cross section, however, turns out to be uncomfortably large, much larger than
the unitarity limit.

Another important aspect of the top-down scenario in general, including the
MSRP decay model as well as the topological defect model discussed below, is
that the injection spectrum of the EECR particles is mainly determined by the
spectrum of the hadronization products of the quarks (and/or gluons) from the
2 The statistical significance of the reported small-scale clustering is, however, not very

strong with the present data.
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decay of the massive X particles, which in turn is determined by QCD. However,
since reliable measurements of QCD hadronization spectra of quarks/gluons are
available from current accelerator data only for center-of-mass energy up to ∼
100 GeV  mX , large extrapolations of the measured hadronization spectra are
required to predict the spectra of particles from X particles decay. This is beset
with uncertainties associated with possible but currently unknown new physics
effects beyond SM (such as supersymmetry, for example). Recently, the effects of
incorporating supersymmetry in the hadronization spectra of X decay products
have been studied in some details both semi-analytically [67] (by numerically
solving the so-called DGLAP evolution equation for QCD jet fragmentation
functions) as well through Monte Carlo simulations [68]. There are, however,
significant differences between the results of these studies, thus reflecting the
present degree of theoretical uncertainties in reliably determining the expected
spectra of the X decay products.

In spite of the uncertainties discussed above, one (hopefully) robust feature
of the spectra of the X particle decay products is that these spectra are generally
expected to be significantly harder than the generic particle spectra predicted in
the bottom-up (shock acceleration) scenario; see, e.g., Ref. [15] for more discus-
sion on this point. Since the spectra of EECR nucleons and photons are relatively
unaffected by cosmological propagation effects (since the EECR particles would
have to originate at rather close-by distances <∼ 100 Mpc), their observed spectra
would essentially mimic their injection spectra, which in the top-down model,
as already mentioned, is determined essentially by QCD. Thus, should the top-
down scenario of EECR origin be confirmed by future experiments, the measured
spectra of the EECR particles in those experiments would be a probe of QCD
at energies well beyond those currently accessible in particle colliders.

Coming back to the GHMSRP model, it may be mentioned that this model
predicts a complete absence of the GZK cutoff, whereas the current EECR data
(see, e.g., Fig. 1) may be interpreted (albeit without strong statistical signifi-
cance) to indicate the presence of only a GZK “dip” (rather than a complete
cutoff) followed by a “recovery”. Should such features be confirmed by future
data, they would seem to be more consistent with an extragalactic top-down
model than with the Galactic Halo based top-down model [69].

3.2 EECR from Collapse or Annihilation
of Cosmic Topological Defects

The X particles of the top-down model discussed above were required to be
metastable with lifetime comparable to the age of the Universe so that they
decay in the present epoch in order to produce the observed EECR parti-
cles. An alternative source of the supermassive X particles is possible in many
Grand Unified Theories (GUTs) which allow formation of cosmic Topological
Defects (TDs) such as magnetic monopoles, and cosmic strings during symmetry-
breaking phase transitions in the early Universe (see Ref. [70] for a review on
TDs). In this case, the candidate X particles (for a top-down model of EECR)
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are the superheavy gauge bosons, higgs bosons, fermions, etc., of the underly-
ing spontaneously broken gauge theory, which can have mass mX as high as a
typical GUT mass scale of ∼ 1016 GeV. TDs essentially represent topologically
non-trivial configurations of the classical fields representing these X particles.
Although in most GUT models the free X particles themselves have extremely
short lifetime, the X particles are prevented from decaying as long as they are
“trapped” inside TDs. On the other hand, the X particles can be emitted contin-
uously (on cosmological time scales) from collapsing and/or annihilating TDs.
Once released from TDs, the X particles would decay essentially instantaneously.
The decaying X particles released from TDs collapsing and/or annihilating in
the present cosmological epoch can be the sources of the EECR particles which
can have energies up to mX ∼ 1016 GeV.

The injection rate of X particles into the Universe due to a wide variety of
processes involving TDs can be written, on dimensional grounds, in the form [32]

ṅX(t) = κmp
Xt−4+p , (5)

where κ and p are dimensionless constants whose values depend on the specific
process involving specific kinds of TDs [32]. This form is expected to be valid for
any TD system for which there is no intrinsic time and energy scales involved
other than the Hubble time t and mass scale mX . This is the case in situations
in which the TDs under consideration evolve in a scale-independent way such
that the energy density of the TD network always scales in time with – and
thereby remains a fixed fraction of – the total energy density of the Universe.
This scaling is indeed a property of evolution of most of the interesting kinds
of TDs, for if it were not the case, then the energy density in the form of TDs
would either dominate the total energy density of the Universe at some epoch
or would become negligible3.

Processes involving specific TDs, such as collapsing cosmic string loops (p =
1), monopole-antimonopole annihilation (p = 1), collapsing necklaces (closed
loops of cosmic strings with monopole “beads” on them) (p = 1), current-
saturated superconducting cosmic string loops (generally p < 1), vorton de-
cay (p = 2), and so on, have been studied in the literature (see Ref. [15] for
references)4. Again, a photon and neutrino dominated injection spectrum, de-
termined mainly by QCD, is predicted, while the absolute flux depends on the
specific TD model and is rather uncertain.

Unlike the Galactic Halo MSRP decay case, however, the extragalactic TD
scenario is significantly constrained by the measured flux of the diffuse γ−ray
background in the several MeV to several GeV region, in addition to being con-
strained by the observed EECR flux. This is because, in most TD models, the
X particle production from TDs and their decay occur not only in the present
3 It is easy to see that similar arguments imply that the injection rate of X particles

due to decay of MSRPs discussed in the previous section must also be expressible in
the form of (5), in general, with p = 2.

4 See also the new possibilities raised for the cosmic string model by the recent work
of [71].
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epoch at small cosmological distances, but also at earlier epochs (or equivalently
at large cosmological distances). While those X particles produced and decaying
at small redshifts (z  1) would give rise to the observed EECR, the mainly
EM energy injected at ultrahigh energies at larger redshifts cascades down to
lower energies (in the MeV–GeV region) in the present epoch due to the de-
velopment of EM cascades on the background radiation fields. Whether or not
the resulting gamma ray background in the MeV–GeV region satisfies the ob-
servational constraints depends significantly on the strength of the URB, the
strength of the extragalactic magnetic field (EGMF), the mass mX of the X
particles released from the TDs, and so on [15]. In addition, it turns out that
TD processes with p < 1 (some processes of X particle production from super-
conducting cosmic strings, for example) generally lead to unacceptably high rate
of energy injection in the early cosmological epochs, which would cause excessive
4He photo-disintegration and CMB distortion [72], and are, therefore, currently
unfavored in the context of EECR.

Figure 2 shows an example of the spectra of nucleons, photons, and neutrinos
expected in a typical extragalactic TD model in which the TD sources are uni-
formly distributed in the Universe and produce X particles at a rate ∝ t−3, i.e.,
with p = 1, where t is the cosmic time. The absolute flux is normalized in the
standard way by maximizing the likelihood of explaining the observed UHECR
data, and the resulting spectra are then seen to be consistent with all other ob-
servational bounds such as those from gamma ray observations and upper limits
at lower energies.

The normalization procedure to the EECR flux described above imposes the
constraint Q0

EECR <∼ 10−22 eV cm−3 sec−1 within a factor of a few [85,49,86] for
the total energy release rate Q0 from TDs at the current epoch. In most TD mod-
els, because of the unknown values of the parameters involved, it is currently
not possible to calculate the exact value of Q0 from first principles, although it
has been shown that the required values of Q0 (in order to explain the EECR
flux) mentioned above are quite possible for certain kinds of TDs. Some cosmic
string simulations and the necklace scenario suggest that defects may lose most
of their energy in the form of X particles and estimates of this rate have been
given [87,88]. If that is the case, the constraint on Q0

EECR translates via Eq. (5)
into a limit on the mass mX of the X particle and hence on the symmetry break-
ing scale: mX <∼ 1013 GeV [89]. Independently of whether or not this scenario
explains EECR, the EGRET measurement of the diffuse GeV γ−ray background
leads to a similar bound, Q0

EM <∼ 2.2×10−23 h(3p−1) eV cm−3 sec−1, which leaves
the bound on mX practically unchanged. Furthermore, constraints from limits
on CMB distortions and light element abundances from 4He-photodisintegration
are comparable to the bound from the directly observed diffuse GeV γ−rays [72].
That these crude normalizations lead to values of η in the right range sug-
gests that defect models require less fine tuning than decay rates in scenarios of
metastable massive dark matter.

An important point to note from Fig. 2 is that, although the injection spec-
trum in the TD scenario is always dominated by photons over nucleons, the final
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Fig. 2. All particle spectra for a top-down model involving the decay into two quarks of
non-relativistic X particles of mass 1016 GeV, released from homogeneously distributed
topological defects. Lower panel: The fluxes of the “visible” particles, nucleons and
γ−rays. 1 sigma error bars are the combined data from the Haverah Park [3], the Fly’s
Eye [5], and the AGASA [6] experiments above 1019 eV. Also shown are piecewise power
law fits to the observed charged CR flux below 1019 eV, the measurement of the diffuse
γ−ray flux between 30 MeV and 100 GeV by the EGRET instrument [53], as well as
upper limits on the diffuse γ−ray flux at higher energies from the HEGRA [73], the
Utah-Michigan [74], and the CASA-MIA [75] experiments, as indicated (see Ref. [15]
for more details). Upper panel: Neutrino fluxes. Shown are experimental neutrino flux
limits from the Frejus underground detector [76], the Fly’s Eye [52], the Goldstone ra-
dio telescope [79], and the Antarctic Muon and Neutrino Detector Array (AMANDA)
neutrino telescope [80], as well as projected neutrino flux sensitivities of ICECUBE,
the planned kilometer scale extension of AMANDA [81], the Pierre Auger Project [82]
(for electron and tau neutrinos separately ) and the proposed space based OWL [12]
concept. For comparison also shown are the atmospheric neutrino background [83]
(hatched region marked “atmospheric”), and neutrino flux predictions for a model
of active galactic nuclei optically thick to nucleons (“AGN”), and for “cosmogenic”
UHECR interactions with the CMB [84] (“Nγ”, dashed range indicating typical un-
certainties for moderate source evolution). The top-down fluxes are shown for electron-,
muon, and tau-neutrinos separately, assuming no (lower ντ -curve) and maximal νμ −ντ

mixing (upper ντ -curve, which would then equal the νμ-flux), respectively
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evolved spectrum in the EHE region, for the assumed strengths of the URB and
the EGMF, is still dominated by nucleons over photons. The situation may, how-
ever, well be reversed for other assumptions on URB and EGMF strengths; see
Ref. [15] for examples. We emphasize this point here because it is often naively
stated in the literature that the TD scenario always predicts a photon dominated
evolved EECR spectrum, and so the TD scenario would be ruled out in the event
of confirmation of a nucleon dominated EECR spectrum by future data. Clearly,
this is not true because, in the TD scenario, the predicted composition of the
EECR depends significantly on the strengths of the URB and EGMF which are
rather uncertain at this time.

In some TD models — as in the case of monopole-antimonopole annihi-
lation through formation and subsequent collapse of metastable monopole-anti-
monopole bound states called monopolonia, or in the case of collapsing necklaces
— the relevant TDs would be clustered in the GH, giving rise to predicted EECR
spectra having properties similar to those in the MSRP decay model discussed
above, in which case the EECR would always be photon dominated because the
propagation and evolution of the spectra would then be unaffected by URB and
EGMF.

3.3 Neutrino Fluxes in the Top–Down Scenario

Perhaps, the most important aspect of the extragalactic top-down models in
general is the predicted dominant EHE neutrino flux whose possible detection
in the up-coming experiments would provide a clear signature of the top-down
scenario. As discussed in Sect. 3.1, in top-down scenarios most of the energy is
released in the form of EM particles and neutrinos. If the X particles decay into
a quark and a lepton, the quark hadronizes mostly into pions and the ratio of
energy release into the neutrino versus EM channel is r � 0.3.

In the absence of neutrino oscillations the electron neutrino and anti-neutrino
fluxes are about a factor of 2 smaller than the muon neutrino and anti-neutrino
fluxes, whereas the τ−neutrino flux is in general negligible. In contrast, if the
interpretation of the atmospheric neutrino deficit in terms of nearly maximal
mixing of muon and τ−neutrinos proves correct, the muon neutrino fluxes would
be maximally mixed with the τ−neutrino fluxes. Figure 2 shows that the TD
flux component clearly dominates above ∼ 1019 eV.

In order to translate neutrino fluxes into event rates, one has to fold in the in-
teraction cross sections with matter, i.e. with nucleons and nuclei. At UHEs these
cross sections are not directly accessible to laboratory measurements. Resulting
uncertainties therefore translate directly to bounds on neutrino fluxes derived
from, for example, the non-detection of UHE atmospheric muons produced in
charged current interactions. In the following, we will assume the estimate

σνN (E) � 2.36× 10−32
(

E

1019 eV

)0.363

cm2 (1016 eV <∼ E <∼ 1021 eV) . (6)

based on the Standard Model for the charged current muon-neutrino-nucleon
cross section σνN [90] if not indicated otherwise.
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For an (energy dependent) ice or water equivalent acceptance A(E) (in units
of volume times solid angle), one can obtain an approximate expected rate of
UHE muons produced by neutrinos with energy > E, R(E), by multiplying
A(E)σνN (E)nH2O (where nH2O is the nucleon density in water) with the in-
tegral muon neutrino flux � Ejνμ . This can be used to derive upper limits
on diffuse neutrino fluxes from a non-detection of muon induced events. Fig-
ure 2 shows bounds obtained from several experiments: The Frejus experiment
derived upper bounds for E >∼ 1012 eV from their non-detection of almost hor-
izontal muons with an energy loss inside the detector of more than 140 MeV
per radiation length [76]. The AMANDA neutrino telescope has established an
upper limit in the TeV-PeV range [80]. The Fly’s Eye experiment derived up-
per bounds for the energy range between ∼ 1017 eV and ∼ 1020 eV [52] from
the non-observation of deeply penetrating particles. The NASA Goldstone radio
telescope has put an upper limit from the non-observation of pulsed radio emis-
sion from cascades induced by neutrinos above � 1020 eV in the lunar regolith
(this quite strongly depends on systematic effects and the limit shown in Fig. 2
is an optimistic estimate). The AKENO group has published an upper bound
on the rate of near-horizontal, muon-poor air showers [91] (not shown in Fig. 2).
Horizontal air showerscreated by electrons, muons or tau leptons that are in turn
produced by charged current reactions of electron, muon or tau neutrinos within
the atmosphere have recently also been pointed out as an important method to
constrain or measure UHE neutrino fluxes [82] with next generation detectors.

Clearly, the TD model shown in Fig. 2 is not only consistent with observed
“visible” particle fluxes, but also with all existing neutrino flux limits within 2-3
orders of magnitude. What, then, are the prospects of detecting UHE neutrino
fluxes predicted by TD models? In a 1 km3 2π sr size detector, the scenario from
Fig. 2, for example, predicts a muon-neutrino event rate of � 0.08 yr−1, and an
electron neutrino event rate of � 0.05 yr−1 above 1019 eV, where “backgrounds”
from conventional sources should be negligible. Further, the muon-neutrino event
rate above 1 PeV should be � 0.6 yr−1, which could be interesting if conventional
sources produce neutrinos at a much smaller flux level. Moreover, the neutrino
flux around 1017 eV could have a slight enhancement due to neutrinos from
muons produced by interactions of UHE photons and electrons with the CMB
at high redshift [92], an effect that has not been taken into account in Figs. 2
and 3. Of course, above � 100 TeV, instruments using ice or water as detector
medium, have to look at downward going muon and electron events due to
neutrino absorption in the Earth. However, τ−neutrinos obliterate this Earth
shadowing effect due to their regeneration from τ decays [93]. The presence of
τ−neutrinos, for example, due to mixing with muon neutrinos, as suggested
by recent experimental results from Super-Kamiokande, can therefore lead to
an increased upward going event rate [94]. τ−neutrinos skimming the Earth
at small angles below the horizon can also lead to an increase of sensitivity of
fluorescence and ground array detectors [95,96,97].

For detectors based on the fluorescence technique such as the HiRes [10] and
the Telescope Array [11] (see Sect. 1), the sensitivity to UHE neutrinos is often
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expressed in terms of an effective aperture a(E) which is related to A(E) by
a(E) = A(E)σνN (E)nH2O. For the cross section of Eq. (6), the apertures given
in Ref. [10] for the HiRes correspond to A(E) � 3 km3×2π sr for E >∼ 1019 eV for
muon neutrinos. The expected acceptance of the ground array component of the
Pierre Auger project for horizontal UHE neutrino induced events is A(1019 eV) �
20 km3 sr and A(1023 eV) � 200 km3 sr [82], with a duty cycle close to 100%. We
conclude that detection of neutrino fluxes predicted by scenarios such as the
scenario shown in Fig. 2 requires running a detector of acceptance >∼ 10 km3 ×
2π sr over a period of a few years. Apart from optical detection in air, water,
or ice, other methods such as acoustical and radio detection [98] (see, e.g., the
RICE project [99] for the latter) or even detection from space [12,14,13] appear
to be interesting possibilities for detection concepts operating at such scales.
For example, the space based OWL/AirWatch satellite concept would have an
aperture of � 3 × 106 km2 sr in the atmosphere, corresponding to A(E) � 6 ×
104 km3 sr for E >∼ 1020 eV, with a duty cycle of � 0.08 [12]. The backgrounds
seem to be in general negligible [100,101]. As indicated by the numbers above
and by the projected sensitivities shown in Fig. 2, the Pierre Auger Project
and especially the space based AirWatch type projects should be capable of
detecting typical TD neutrino fluxes. This applies to any detector of acceptance
>∼ 100 km3 sr. Furthermore, a 100 day search with a radio telescope of the NASA
Goldstone type for pulsed radio emission from cascades induced by neutrinos
or cosmic rays in the lunar regolith could reach a sensitivity comparable to or
better than the Pierre Auger sensitivity above ∼ 1019 eV [79].

A more model independent estimate [86] for the average event rate R(E)
can be made if the underlying scenario is consistent with observational nu-
cleon and γ−ray fluxes and the bulk of the energy is released above the pair
production threshold on the CMB at � 3 × 1014 eV. Let us assume that the
ratio of energy injected into the neutrino versus EM channel is a constant
r. As discussed above, cascading effectively reprocesses most of the injected
EM energy into low energy photons whose spectrum peaks at � 10 GeV [102].
Since the ratio r remains roughly unchanged during propagation, the height
of the corresponding peak in the neutrino spectrum should roughly be r times
the height of the low-energy diffuse γ−ray peak, i.e., we have the condition
maxE

[
E2jνμ

(E)
] � r maxE

[
E2jγ(E)

]
. Imposing the observational upper limit

on the diffuse γ−ray flux around 10 GeV shown in Fig. 2, maxE

[
E2jνμ(E)

]
<∼

2× 103r eVcm−2sec−1sr−1, then bounds the average diffuse neutrino rate above
pair production threshold on the CMB, giving

R(E) <∼ 0.34 r

[
A(E)

1 km3 × 2π sr

] (
E

1019 eV

)−0.6

yr−1 (E >∼ 1015 eV) , (7)

assuming the Standard Model cross section Eq. (6). Comparing this with the
flux bounds shown in Fig. 2 results in an upper bound on r. For example, the
Fly’s Eye bound translates into r <∼ 20(E/1019 eV)0.1. We stress again that TD
models are not subject to the Waxman Bahcall bound which applies only to
neutrinos produced as secondaries of primary charged CRs (see Sect. 4.1 in the
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contribution by G. Sigl in this volume for more details). In contrast, in the top-
down scenarios the nucleons produced are considerably less abundant than and
are not the primaries of injected γ−rays and neutrinos.

Fig. 3. Flux predictions for a TD model characterized by p = 1, mX = 1014 GeV, with
X particles exclusively decaying into neutrino-antineutrino pairs of all flavors (with
equal branching ratio), assuming neutrino masses mνe = 0.1 eV, mνμ = mντ = 1 eV.
For neutrino clustering, an overdensity of � 50 over a scale of lν � 5Mpc was assumed.
The calculation assumed an intermediate URB estimate from Ref. [103] and an EGMF
� 10−11 G. Flux upper limits are as in Fig. 2

In typical TD models such as the one discussed above where primary neutri-
nos are produced by pion decay, r � 0.3. However, in TD scenarios with r � 1
neutrino fluxes are only limited by the condition that the secondary γ−ray flux
produced by neutrino interactions with the RNB be below the experimental
limits. In this case the observed EECR flux would be produced by the Z-burst
mechanism discussed in Sect. 3.1. An example for such a scenario is given by X
particles exclusively decaying into neutrinos (although this is not very likely in
most particle physics models, but see Ref. [49] and Fig. 3 for a scenario involving
topological defects and Ref. [104] for a scenario involving decaying superheavy
relic particles, both of which explain the observed EECR events as secondaries
of neutrinos interacting with the RNB). Such scenarios predict appreciable event
rates above ∼ 1019 eV in a km3 scale detector, but require unrealistically strong
clustering of relic neutrinos (a homogeneous relic neutrino overdensity would
make the EGRET constraint only more severe because neutrino interactions be-
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yond ∼ 50 Mpc contribute to the diffuse GeV γ−ray background but not to the
UHECR flux). A detection would thus open the exciting possibility to estab-
lish an experimental lower limit on r. Being based solely on energy conservation,
Eq. (7) holds regardless of whether or not the underlying TD mechanism explains
the observed EECR events.

The transient neutrino event rate could be much higher than Eq. (7) in the
direction to discrete sources which emit particles in bursts. Corresponding pulses
in the EHE nucleon and γ−ray fluxes would only occur for sources nearer than
� 100 Mpc and, in case of protons, would be delayed and dispersed by deflection
in Galactic and extragalactic magnetic fields [105,106]. The recent observa-
tion of a possible clustering of UHECR above � 4 × 1019 eV by the AGASA
experiment [65] might suggest sources which burst on a time scale tb  1 yr.
A burst fluence of � r

[
A(E)/1 km3 × 2π sr

]
(E/1019 eV)−0.6 neutrino induced

events within a time tb could then be expected. Associated pulses could also be
observable in the GeV−TeV γ−ray flux if the EGMF is smaller than � 10−15 G
in a significant fraction of extragalactic space [107].

In contrast to roughly homogeneous sources and/or mechanisms with branch-
ing ratios r � 1, in scenarios involving clustered sources such as metastable
superheavy relic particles decaying with r ∼ 1, the neutrino flux is comparable
to (not significantly larger than) the UHE photon plus nucleon fluxes and thus
comparable to the universal cosmogenic flux marked “Nγ” in Fig. 2. This can
be understood because the neutrino flux is dominated by the extragalactic con-
tribution which scales with the extragalactic nucleon and γ−ray contribution
in exactly the same way as in the unclustered case, whereas the extragalactic
contribution to the “visible” flux to be normalized to the EECR data is much
smaller in the clustered case. The resulting neutrino fluxes in these scenarios
would thus be much harder to detect even with next generation experiments.

4 Conclusion

The solution of the EECR enigma seems to require some kind of new physics
beyond the Standard Model, either to solve the problem of energetics or to
solve the problem of absence of sufficiently powerful identifiable astrophysical
sources in the nearby Universe. The future in this subject appears promising
and exciting because several on-going as well as up-coming and proposed large
EECR detectors will have the potential to probe some forms of possible new
physics beyond the Standard Model suggested in this context.
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Summary of the School: A Critical View on the
Origin of the Ultra-High-Energy Cosmic Rays
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Abstract. The Meudon UHECR2000 school gathered a large number of experts in the
various fields in relation with the sources of ultra high energy cosmic rays as well as
with the experiments and projects aiming at their observation. Many of the attendants
were the young physicists who, no doubt, will “unravel” the threads of the ultra-high
energy cosmic ray puzzle with the next generation of experiments.

The authors of this article were asked by the organizers of the School to write a
summary of what was said and discussed during these three full days of lectures and
debates. We shall do so by giving a short account of the various contributions.

1 Introduction – Overview and Open Questions

The origin of ultra-high energy cosmic rays (UHECR) is one of the outstanding
puzzles of modern astrophysics. Although some authors (including some among
the contributors to this volume) assert that there is nothing mysterious about
them, the innumerable articles written on the subject during these last few years,
the many models or theories advocated in favor of the mechanism that produces
them and the exciting but controversial debates going on about their nature and
origin are proof that nothing decisive has yet been said about the UHECR. The
problematics boils down to a few basic questions. Are there astrophysical engines
capable of accelerating particles to ZeV (= 1021 eV) energies? Are the sources at
cosmological distances, and if yes why is the Greisen-Zatsepin-Kuzmin (GZK)
cutoff violated? If they are in our neighborhood, why don’t we see some coun-
terparts of the necessarily remarkable accelerating mechanism? If the UHECR
are results of a top-down decay of some supermassive particle, how did such
particles survive from the Big Bang to the present epoch? If the sources are a
few and point-like, why do their images seem to be isotropic with no obvious
correlation with the local luminous mass distribution? If they are diffuse, why
do we see several multiplets in the incoming directions not compatible with a
chance coincidence? And so on.

Any of the questions listed above finds one or several answers provided by
one or several authors. However none of these answers finds a consensus of opin-
ion among the community. Moreover there is no single model answering all the
questions without calling on a few “small miracles”. No doubt we will have to
await the next generation of experiments (Pierre Auger Observatory, Telescope
Array, EUSO... ) and their high quality and high statistics data to decide on
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which paths should be abandoned and which should be explored further to have
(hopefully) a definitive answer.

The object of this school was to give an overview of some of these paths and
to bring the defenders of various models, experimentalists and theorists, to study
together some new ideas to be gone into thoroughly. The opening article of this
volume by P. Biermann and G. Sigl is a compact and comprehensive review of
what we know and what we don’t on cosmic rays over a large energy range (from
the TeV to the ZeV).

2 Nature and Propagation of UHECR

Physical effects governing the propagation of the cosmic rays are of paramount
importance in what we observe when we detect them. Energy loss processes,
propagation distances, deviations by galactic or extragalactic magnetic fields,
interactions with Earth’s environment (geomagnetic fields, atmosphere) are as
decisive on the parameters of the detected cosmic rays as the mechanism which
produced them. This is why we prefer to start by an overview of the propaga-
tion phenomena and especially of the detailed contribution by G. Sigl. In the
following, we use the definition given in this article for the acronym “UHECR”,
namely cosmic rays with detected energies above 1 EeV (1018 eV), and limit our
comments to them.

The chemical composition of the UHECR is unknown. However, the num-
ber of stable particles which can propagate over cosmological distances is quite
limited: heavy or light atomic nuclei, photons and neutrinos. Electrons are not
considered as potential UHECR because they radiate most of their energy while
crossing the cosmic magnetic fields. To these we should add a number of exotic
particles or interaction which will be briefly mentioned below.

2.1 Nucleons and Nuclei: The GZK Cutoff

Light or heavy atomic nuclei (with special emphasis on protons and the most
stable iron) are the favorite candidates for UHECR, at least for astrophysical
acceleration mechanisms. There is indeed some (weak) experimental indications
that one can interpret, in the relevant energy range, as showing a composition
which shifts from dominantly heavy (Fe) to dominantly light (p) nuclei (see [1]
for a review). However this result is not statistically compelling and its interpre-
tation is to some extent model dependent. A stronger empirical argument is that
in an astrophysical acceleration process (Fermi or shock acceleration, unipolar
mechanisms ...), all the other particles (conventional or exotic) are necessarily
secondaries, therefore less likely candidates in a situation where we have a strong
energy crisis.

The dominant energy loss process for UHE protons is the photo-production
of pions when the proton reaches the threshold energy (a few tens of EeV) in its
interactions with the 2.7 K cosmic microwave background (CMB) (see Sect. 2
of the contribution by G. Sigl). A relevant parameter to be considered is the
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energy attenuation length, lE = lη where l is the proton interaction length and
η is the inelasticity, i.e. the fraction of the initial energy transferred to the final
state leading particle. At the threshold energy, the attenuation length is less
than 10 Mpc. The conclusion is that unless the proton starts with extravagant
energies, its source must lie in a sphere of a few tens of Mpc at most: this is
the so-called GZK cutoff. Other processes such as e+e− pair production, in-
verse Compton scattering on the CMB or energy loss due to cosmic expansion
(redshift) are negligible above the cutoff. A recent article[2] gives a more de-
tailed account of the proton energy losses and concludes that a local (less than
30 Mpc) over density of sources of at least a factor of 30 (with respect to a
uniform distribution) is needed to suppress the GZK cutoff.

Neutrons, because of their β-decay, have ranges much shorter than protons
(less than 1 Mpc at 100 EeV) and cannot be accelerated directly by electro-
magnetic processes. Therefore they are usually not considered as likely UHECR
candidates.

Heavy nuclei are interesting since they are easier to accelerate and sometimes
necessary ingredients when the sources are at the limit of the energy budget:
neutron stars [3] or galactic γ−ray bursts [4]. They loose energy by photodisin-
tegration. The giant dipole resonance can be reached by their interaction on the
CMB or infrared (IR) background depending on the energy of the nucleus. The
IR background is not very well known but based on the most recent measure-
ments and simulations, it is likely that up to hundreds of EeV the attenuation
length is mainly due to interactions with the CMB, in which case it would be
comparable to that of the protons.

2.2 UHE Photons

Photons in the UHE range are of big interest as they would be (together with
neutrinos) an almost inescapable signature of superheavy particle decays. In such
a scenario, at the source, they are expected to dominate over ordinary hadrons
by about a factor of ten. Of course they can also be the secondary products of
the interaction of protons with the CMB (in which case they are usually called
“GZK photons or neutrinos”). High energy photons traveling through the Uni-
verse produce e+e− pairs when colliding with the Infrared/Optical (IR/O),CMB,
or Universal Radio Background (URB) photons. The threshold energy for pair
production on CMB photons is around 3×1014 eV with interaction lengths down
to � 10 kpc. However, one should keep in mind that the “interaction length” is
not the right parameter to measure the photon’s propagation properties. The
electron (positron) of the final state pair can produce a next generation photon
by inverse Compton scattering starting an iterative electromagnetic cascading
process. Following the leading particle of each generation, one ends up with
attenuation lengths much larger than the interaction length. The attenuation
length at the pair production threshold is quite small (tens of kpc at most) and
remains below 100 Mpc even at the highest energies (see Fig. 4, in the contribu-
tion by G. Sigl) where the (poorly known) URB interactions take over.
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This cascading process is very important in the sense that it will produce,
through successive collisions on the various photon backgrounds, lower and lower
energy cascades and pile up in the form of a diffuse photon background below
TeV energies with a typical power law spectrum of index α = 1.5. The mea-
surements of the diffuse γ−ray background in the 107 − 1011 eV range done for
example by EGRET [5] will impose limits on the photon production fluxes of
top-down mechanisms and consequently on the abundance of topological defects
(TDs) or relic superheavy particles.

2.3 Neutrinos

UHE neutrinos, like photons, are reliable signatures of top-down mechanisms.
Moreover, their propagation being governed mainly by their interactions with
the relic neutrino background (RNB), they can come from almost arbitrarily
remote sources. We shall say more later on the possibility of their detection by
ground based detectors. In the contributions by G. Sigl and S. Yoshida, a detailed
discussion is presented on the neutrino interaction and propagation properties
for various incident neutrino energies, neutrino masses and species. A few simple
conclusions can be mentioned.

• The RNB has a temperature of Tν = 1.9 K and a density of nν+nν̄ � 115 cm−3

per neutrino flavor.
• At all energies, neutrino-hadron interactions are always negligible (within the

Standard Model); above the W production threshold νγ interactions should
however be taken into account.

• In the UHE range with Eν <∼ 1024 eV (i.e. grand unification energies) and rea-
sonable RNB neutrino masses (<∼ 1 eV), the νν interactions are well described
by the Standard Model (SM). Under such conditions, the interaction length
of a 100 EeV neutrino substantially exceeds the size of the universe.

• The recently proposed “Z-burst” scenario [6] (UHECR produced in the decays
of Z◦ produced by UHE neutrino-RNB interactions) which circumvents the
GZK cutoff is most likely relevant only for top-down models (several tens of
ZeV energies needed at production).

2.4 New Particles or Interactions

A series of other possibilities have been envisaged to explain the apparent absence
of a cutoff at the highest energies. The neutrino obviously escapes the GZK crisis
and can reach Earth from sources gigaparsecs away. However the SM interactions
are not compatible with what we observe on the UHECR behavior penetrating
the atmosphere. The size at ground level of all observed UHECR showers as well
as the position of the shower maximum for a few of them seen by the Fluorescence
Detector (FD) technique are all compatible with hadronic or electromagnetic
interactions with the atmosphere.

An answer to this experimental contradiction would be that some new mech-
anism beyond the SM enhances the neutrino - nucleon cross sections and brings
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them close to hadronic values. Two such mechanisms were envisaged: a new bro-
ken SU(3) gauge symmetry or graviton exchanging interactions in the framework
of theories with n additional compact dimensions. In the case of an SU(3) flavor
symmetry the neutrino - nucleon cross section could have hadronic size, but even
if the future detectors such as Pierre Auger, the IceCube or EUSO provide the
high statistics that are missing at present, the hadron vs neutrino hypotheses
will not be easy to discriminate (e.g. by looking at the energy dependence of the
cross sections) unless we have a good knowledge of the fluxes at the source. In
the extra dimension models the cross sections are in general too small to make
the neutrino a primary candidate of the observed showers, but interesting con-
straints on its size could be derived from the observation of deeply penetrating
air showers.

A supersymmetric solution was also envisaged which moves the incident cos-
mic ray’s interaction threshold with the CMB to much higher values and makes
the propagation over distances larger than a gigaparsec possible (Sect. 4.2 of the
contribution by G. Sigl). The working hypothesis in this case is the existence of
a baryonic bound state including a light gluino and called the S◦. A mass larger
than the proton (hence a larger threshold energy) and γ−S◦ cross sections lower
than hadronic ones give to such a hypothetic particle the possibility to travel
over distances up to 30 times larger than a proton. However, stringent limits
coming from the accelerator data and the fact that the S◦ has to be a secondary
product of e.g. a proton accelerated to much higher -multi ZeV- energies are
constraints difficult to circumvent for such a model.

Some other non standard physics hypotheses may also allow the evading of
the GZK cutoff by protons. One such possibility is to postulate a yet undetected
violation of the Lorentz invariance, e.g. by the fact that the maximum attainable
velocity for a particle would not be the universal c but some value depending
on the particle species. Consequences of such models (substantial increase of the
cutoff energies, transparency of the universe to UHE photons) and a few other
similar attempts are described in Sect. 9 of the contribution by G. Sigl.

2.5 Galactic and Extragalactic Magnetic Fields –
Source/Image Relationship

Magnetic fields intersected by the cosmic rays on their journey from the source to
the detector are essential ingredients of UHECR phenomenology. As emphasized
in the contribution of G. Medina Tanco, magnetic fields and UHECR will have
to be tackled together.

Our present knowledge of cosmic magnetic fields is mainly based on Fara-
day rotation or Zeeman splitting measures. The common creed is of an average
value for the extragalactic magnetic field (EGMF) intensity much lower than
a nanogauss and galactic magnetic fields (GMF) of the order of a microgauss
with an exponential decrease in the halo. With such a model, UHECR astron-
omy should become possible with protons (and of course neutral particles). The
magnetic rigidity of a proton of 100 EeV is such that the image of a source 50
Mpc away should be blurred only with an angular size of a few degrees. Analytic
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formulae and detailed discussions are given in Sect. 5.2 of the contribution of
G. Sigl, and in Sect. 1 of the contribution by G. Medina Tanco.

However, and since the quoted values are based on a limited number of mea-
surements and some theoretical prejudice, things may be much more complicated
than that. Several contributions to this volume deal with this problematic (G.
Sigl, Sect. 5.2 and 8.2; P. Biermann et al.; G. Medina Tanco). We will attempt
a concise report on those very detailed discussions.

Up to a few PeV (knee region) cosmic rays are generally associated with a
galactic origin (Sect. 1 of the contribution by G. Medina Tanco), and especially
supernova remnants (SNR), because their confinement by GMF as well as their
acceleration by the first order Fermi mechanism to such energies are possible. At
higher energies, the situation is unclear, in particular beyond the ankle. There,
the incoming directions seem isotropic, the nature (therefore the charge) of the
cosmic rays is mostly unknown (although a bulk composition in photons, neutri-
nos or heavy nuclei seems disfavored), and all that can be said is that UHECR
do probably not originate in the galactic disk, even though galactic, rapidly ro-
tating young neutron stars have been considered by some authors as a possible
source for UHECR (see the contribution by B. Rudak, especially Sect. 7).

There seems to be a soft consensus on a GMF model similar to what is found
in many spiral galaxies - at least for the few hundreds of parsecs thick region of
the galactic disk (Sect. 2.1 of the contribution by G. Medina Tanco): a regular
component of about 2μG with at least one reversal in the disk superimposed
to a random component, with a total field intensity of ∼ 5 μG probably in-
creasing towards the center. With such a model, and in the range of a few EeV
energies, protons undergo quite small deviations (less than 1◦, same order as the
experimental reconstruction uncertainties) except in the direction of the galactic
center. Iron nuclei, on the other hand, are likely to be more or less isotropised,
except when coming from the direction of the galactic anticenter (see Fig. 3 in the
contribution by G. Medina Tanco). Other models have also been envisaged and
cannot be excluded on the basis of experimental data, such as the one presented
in Sect. 1.3 of the contribution by P. Biermann et al., and based on a galactic
wind model where the field has a dominant component Bφ ∼ sin θ/r decreas-
ing slowly away from the disk. Such a model has the property [7] of tunelling
UHECR in the direction of the galactic pole, and should be testable when large
statistics will be available (properties of caustics, north-south asymmetries) (see
Figs. 15 and 16 in the contribution of G. Medina Tanco).

The Faraday Rotation measures that are the basis of the often assumed mod-
els of EGMF (field intensity of less than a nG, coherence lengths of the order of
1 Mpc) are actually a convolution of the integral of the field intensity transverse
to the direction of propagation and the electron column density along the line
of sight. One can envisage extreme models compatible with such measurements
where, in some directions, the UHECR can encounter structures with field in-
tensities ranging up to the μG level. In a laminar-type model where the sources
are embedded inside a thin slab of high value fields, the directional information
is totally lost, the reconstructed energy spectrum and the observed fluxes being
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strongly dependent on the position of the detector (the Earth) with respect to
the slab (Sect. 2.3 in the contribution by G. Medina Tanco; Sect. 8.2 in the
contribution by G. Sigl). In such a model, and even with relatively local sources
(d < 20 Mpc, e.g. the Local Supercluster ), the often assumed rectilinear prop-
agation for all UHE protons actually would occur only at the highest values of
the energy (> 200 EeV): the association between source and image will not be
possible without very large statistics. Another model (see Sect. 2.4 of the contri-
bution by G. Medina Tanco) correlates the EGMF with the matter distribution
(cells) with high field values over small regions of high matter density (galaxies).
In this case, the reconstructed UHECR directions will have strong visible cor-
relations with the large scale structures such as the Supergalactic plane or the
Virgo cluster (if these structures include the sources).

One of the most intriguing aspects of the UHECR puzzle is the simultaneous
observation of an isotropic distribution of the source images on a large scale
and the existence of multiplets (two or three events superimposed in direction
within the measurement errors). Recent analyses seem to prove that a chance
coincidence cannot explain the multiplets (as an example, the analysis done in
[8] on the AGASA and Yakutsk events estimates a chance probability of about
10−6). Moreover, the events in the multiplets seem to show no clear correlation
between the time of arrival and energy. These observations raise a series of
questions: is a “burst type” production mechanism compatible with the last
property?; can we find a reasonable scenario with astrophysical point sources
capable of producing the data?; same question with a top-down scenario? The
answer to such problems calls for complicated models of charged particle optics,
magnetic field configurations, source distributions, but also delicate methods of
statistical analysis. Many aspects of this issue are treated in Sect. 8.2 of the
contribution by G. Sigl and Sect. 3 of the contribution by G. Medina Tanco.
A terse conclusion would be that, given the number of parameters on which
one can build any model, no clear conclusion can be reached without improving
the statistics at least by a factor of 10. The experimental results leave both the
top-down and bottom-up families of models open.

3 Extensive Air Showers:
Phenomenology and Detection Techniques

3.1 General Properties

Extensive Air Showers (EAS) are the particle cascade following the interaction
of a cosmic ray particle with an atom of the upper atmosphere. The atmosphere
acts on an incident cosmic ray as a calorimeter with variable density, a vertical
thickness of 26 radiation lengths and 11 interaction lengths. Because of their very
low flux, cosmic rays at the highest energies (above the PeV range) cannot be
detected directly before they interact with Earth’s atmosphere (i.e. with balloon
or satellite borne detectors). The necessarily large aperture detectors are there-
fore ground based and they have to reconstruct the properties of the primary
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cosmic ray (nature, energy, direction) indirectly by measuring the parameters of
the EAS.

Several techniques can be used to do so. The detection of the direct Čerenkov
emission by the charged secondaries in the EAS is the basis of γ−ray astron-
omy. This technique cannot be used for a full-sky coverage in search of rare
events, since it needs the Čerenkov telescope to be oriented in the direction
of a point source. A technique presently under development is to look for the
radio or acoustic waves generated by the cosmic ray shower in various media
(air, water, ice, geological pure salt structures or even the Moon’s superficial
crust) [9]. This detection technique may soon be operational in a full-size detec-
tor for physics. Another method, several decades old, is based on the detection
of the scintillation (or fluorescence) light generated by the charged secondaries
(mainly electrons) in the EAS by a system of mirrors and phototubes (see the
contribution by S. Yoshida on the fluorescence technique). It is currently referred
to as the “Fly’s Eye” technique from the name of the first detector built by a
team of the University of Utah in the early eighties [10]. Such a “fluorescence
detector” (FD) sees the longitudinal development of the EAS and measures its
energy like a calorimeter by the amount of UV light deposited in the atmosphere
(excitation of the nitrogen molecules by the shower electrons). Finally the most
frequent detection technique is based on an idea first used by Pierre Auger in the
late thirties. It consists in sampling the secondaries of the EAS that reach the
ground by a network of particle detectors (scintillators, water Čerenkov tanks,
muon calorimeters), as explained in detail in the contribution by P. Billoir. The
properties of the primary cosmic ray are deduced from the lateral distribution of
the secondaries in a plane section of the EAS. The parameters of such a ground
array (altitude, instrumented area, spacing between the detector stations) must
be adapted to the energy range aimed for. A detector using a combination of two
(or more) of these techniques (e.g. fluorescence telescopes with a ground array)
is called hybrid.

3.2 Hadron Showers

A typical hadronic shower of 10 EeV has a size of 3 × 1010 particles at sea
level (atmospheric thickness of 1033 g/cm2). About 99% of these are photons
and electrons/positrons in a ratio of 6 to 1 and they transport 85% of the total
energy. The remaining 1% is shared between mostly muons with an average
energy of 1 GeV (and carrying about 10% of the total energy), pions of a few
GeV (about 4% of the total energy) and, in smaller proportions, neutrinos and
baryons. At each step of the cascade the hadronic energy is shared between 70%
hadronic and 30% electromagnetic. The shower grows until the charged pions
start decaying into muons instead of interacting. The shower development is
then at its maximum Xmax (about 830 g/cm2 of atmospheric depth) and starts
to very slowly decrease. Light nuclei are more penetrating than heavy ones,
having therefore a maximum at a larger slant depth: at a given energy there is a
difference of about 100 g/cm2 between the maximum of a shower induced by a
proton and one induced by an iron nucleus. Moreover, an iron primary gives 80%
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more muons than a proton of the same energy. These two properties - difference
in the position of the shower maximum, and in the muon to electron/photon
ratio - are the basic parameters used to separate heavy from light nuclei in the
primary composition.

The measurement of the direction of the incident cosmic ray is straightfor-
ward with a ground array, and mostly model independent. For that, one uses the
time of arrival of the particles in the shower front if three or more stations are
hit close to the shower axis (Sect. 3.2 of the contribution by P. Billoir). With a
FD, a good angular resolution (reconstruction of the shower axis) needs one or
several of the following conditions:

• A large number of pixels hit by the produced fluorescence light;
• A stereoscopic view of the EAS by two telescopes set 10-40 km apart;
• A hybrid observation of the EAS where the ground array provides the position

of the shower core on the ground.

The angular resolution can reach a fraction of a degree, at high energies and in
the hybrid detection mode.

The energy measurement is more direct with a FD than a ground array. The
longitudinal development of the shower obeys the rather simple Gaisser-Hillas
function (Sect. 2.2 of the contribution by P. Billoir) whose integral is proportional
to the total amount of the fluorescence light deposited in the atmosphere by the
charged secondaries of the EAS, therefore to the energy of the primary. The
difficulty here is to estimate properly the various background sources (including
the diffused or direct Čerenkov light), and to monitor as precisely as possible
the extinction length of the light due to scattering by air (Rayleigh) or aerosols
(Mie, the most delicate). A detailed account on the sources of systematic errors
and on the methods used in such measurements is given in Sect. 2 and 3 of
the contribution by S. Yoshida. It is shown that with a very good atmospheric
monitoring, one can reach systematic errors as low as 10% for UHE showers
detected at a distance of about 30 km. To this one should add uncertainties
coming from the telescope mirrors, phototubes and associated electronics (Sect. 4
of the contribution by S. Yoshida), the undetected energy (carried away by
neutrinos and high energy muons) and the poorly known fluorescence yield
due to low energy electrons. The overall energy resolution with a FD is usually
of order 30% in the UHE range.

A ground array uses the data recorded by stations up to several kilometers
from the shower core to reconstruct the lateral distribution function, namely the
density of particles per unit area as a function of the distance to the shower core,
ρ(r). The density interpolated for a typical distance of 1 km (where the shower
fluctuations are minimized) is a simple (almost linear) function of the initial
energy, independent of the nature of the primary. Several analytic functions
are used for the lateral distribution function (Sect. 3.2 of the contribution by
P. Billoir). At UHE, a resolution of 10% should be reachable, to which one
should add some systematic uncertainties especially at large zenith angles for
which mainly the high energy muonic halo of the shower will be observed by the
ground stations.
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As was said above, the main parameters used for the identification of the
primaries are the position of the shower maximum Xmax and the relative content
in muons at ground level. Other shower properties such as the steepness of the
lateral distribution function, the signal risetime in the ground array stations, the
flatness of the shower front etc derive from these and the geometry of the shower
development (zenith angle). Unfortunately, physical fluctuations (Sect. 2.6 of the
contribution by P. Billoir) make it almost impossible to identify the primary on
a shower-by-shower basis (e.g. the shower maximum for a given particle at a
given energy fluctuates by several tens of g/cm2). One expects to improve the
identification methods for showers observed in the hybrid mode where a multi-
dimensional analysis becomes possible. However, it is very likely that separation
between heavy and light nuclei will be possible only on a statistical basis.

3.3 Photon Showers

Photons with energies above 10 EeV have a large probability of converting into
e+e− pairs if they cross magnetic fields with non-zero transverse components,
as is the case with the geomagnetic field in most of the incident directions. In
such a case, a preshower is started before arrival in the atmosphere. However,
in some directions the photon arrives in a direction parallel to the geomagnetic
field vector and does not convert before entering the atmosphere. Then a second
process, the Landau-Pomerantchuk-Migdal (LPM) effect takes over which can
be interpreted as a decrease of the electromagnetic interaction cross sections. In
short, UHE photons unconverted in the geomagnetic field (i.e. precise directions
in the reference frame of the Earth) penetrate deeply in the atmosphere and
start their development late. The converted photons, on the other hand, start
their development very high, much above the atmosphere and a large part of
their electromagnetic component is absorbed when arriving at the ground level.
The difference between the two categories can be detected e.g. by measuring the
curvature of the shower front: large curvature for unconverted photons, small
curvature for converted ones. Such important differences correlated with specific
directions related to the geomagnetic fields should be easily detectable. A con-
tamination of about 5-10% of the incident cosmic ray sample by UHE photons
is expected to be visible (Sect. 2.7 and 4.2 of the contribution by P. Billoir).

3.4 Neutrino Showers

At a slant depth of 2000 g/cm2, the electromagnetic component of the EAS is
mostly extinguished, leaving only high energy muons to arrive at the ground
level. This property is used in the detection of UHE neutrinos. The principle is
to look for horizontal air showers (zenith angles larger than 70◦) which reach the
detector after an atmospheric thickness as large as 36,000 g/cm2 (for a zenith
angle of 90◦). A neutrino, unless it has non-standard interaction properties, will
interact uniformly in the atmosphere (with a probability close to 10−4 for nearly
horizontal directions), have various shower front curvatures depending on the
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depth at which the interaction takes place, and have an electromagnetic compo-
nent. The background events however (hadronic showers starting far from the
detector) will have very flat shower fronts mainly from deeply penetrating muons
(and their accompanying bremsstrahlung halo), easily distinguishable from a
neutrino initiated hadronic or electromagnetic shower (Sect. 4.1 of the contribu-
tion by P. Billoir). An interesting special case, that of the tau neutrino, is also
briefly mentioned in this section (see also [11]).

4 UHECR Sources

Today’s understanding of the phenomena responsible for the production of UH-
ECR, i.e. the transfer of macroscopic amounts of energy to microscopic particles,
is still limited. One distinguishes two classes of processes: the so-called “top-
down” and “bottom-up” scenarios. In the former, the cosmic ray is one of the
stable decay products of a supermassive particle. Such particles with masses
exceeding 1 ZeV can either be metastable relics of some primordial field or
highly unstable particles produced by the radiation, interaction or collapse of
TDs. In the bottom-up mechanism the energy is transferred to the cosmic rays
through their interaction with electromagnetic fields. This classical approach
does not require new physics as opposed to the “top-down” scenario, but does
not exclude it either since, in some models, the accelerated particle - the cosmic
ray - is itself “exotic”. The GZK cutoff puts severe constraints on the distance
that a cosmic ray can travel before losing most of its energy or being absorbed.
The absence of prominent visible astrophysical objects in the direction of the
observed highest energy cosmic rays together with this distance cutoff adds even
more constraints on the “classical” bottom-up picture.

It is beyond the scope of this summary to describe all the scenarios - they
are far too numerous - proposed for the production of the UHECR. Let us
simply agree on the fact that the profusion of models shows that none of them
is totally satisfactory and that the data are not very constraining. Consequently
we will try to present the main features of the various acceleration mechanisms
and production models presented in these proceedings by P. Bhattacharjee and
G. Sigl, G. Pelletier, B. Rudak, E. Waxman, P. Biermann et al., and P. Biermann
and G. Sigl.

4.1 Conventional Acceleration: Bottom-Up Scenarios

The first and most straightforward classical acceleration mechanism one can
think of is certainly the direct one-shot acceleration by very large electric fields
which can be found in or near very compact objects such as highly magnetized
neutron stars or the accretion disks of black holes. However, extensive stud-
ies have shown that this idea, although very simple, requires far from elemen-
tary MHD modeling. In his lecture B. Rudak reviews the main characteristics
of strongly magnetized neutron stars as UHECR accelerators (notably Sect. 4
and 7).
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Three fundamental features differentiate the various models: the site of ac-
celeration with respect to the neutron star, the mechanism that transfers the
rotational energy to charged particles, the nature (and source) of the acceler-
ated particles. For UHECR the acceleration site must be beyond the light cylin-
der to make full use of the maximum potential drop and to limit synchrotron
losses. Actually, the neutron star could play the role of the final kick for Fermi
pre-accelerated particles from the interstellar medium and supernovae remnants.
The final energy depends solely on the entry and exit points of the particle inside
the pulsar nebula and is maximum when these points are the pole (defined by
the rotation axis) and the equator. In such a model the final particle spectra de-
pend very strongly on the spectral and spatial properties of the pre-accelerated
particles.

A different approach involves acceleration of proton or iron nuclei from inside
the light cylinder i.e. supplied by the neutron star itself. In such models the
ratio of the Poynting flux to the particle kinetic energy flux must not remain
constant, being larger than one at the light cylinder and much smaller far away
from it, reflecting the energy transfer from the spin-down flux to the particles.
As B. Rudak puts it “no consensus about likely mechanisms responsible for the
dissipation of the Poynting flux has been reached so far, though several models
have been proposed”. In such models a single iron nucleus could reach a maximum
energy of:

Emax � Z26B13P
−2
ms ZeV

where P is the rotation period.
The second mechanism is based on diffusive stochastic shock acceleration in

magnetized plasma clouds which generally occurs in all systems where shock
waves are present such as supernova remnants or radio galaxy hot spots. This
statistical acceleration known as the Fermi mechanism is reviewed by G. Pel-
letier. Among all the astrophysical objects where strong shocks may occur only
a few can possibly accelerate particle up to a ZeV. These are Active Galactic
Nuclei (AGN) and Fanaroff-Riley Class II (FRII) radio galaxies and Gamma
Ray Bursts (GRB) (see the contributions by P. Biermann et al., G. Pelletier,
and E. Waxman).

AGN Cores and Jets
Blast waves in AGN jets have typical sizes of a few percent of a parsec with
magnetic fields of the order of 5 gauss. They could in principle lead to a maxi-
mum energy of a few tens of EeV. Similarly for AGN cores with a size of a few
10−5 pc and a field of order 103 G one reaches a few tens of EeV. However those
maxima, already marginal, are unlikely to be achieved under realistic conditions.
The very high radiation fields in and around the central engine of an AGN will
interact with the accelerated protons producing pions and e+e− pairs. Addi-
tional energy loss due to synchrotron radiation and Compton processes lead to a
maximum energy of about 10 PeV, much below the initial value. To get around
this problem, the acceleration site must be away from the active center and in a
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region with a lower radiation density such as in the terminal shock sites of the
jets: a requirement possibly fulfilled by FRII radio galaxies.

FRII Radio Galaxies
Radio-loud quasars are characterized by a very powerful central engine ejecting
matter along thin extended jets. At the ends of those jets, the so-called hot
spots, the relativistic shock wave is believed to be able to accelerate particles
up to ZeV energies. This estimate depends strongly on the value assumed for
the spot’s local magnetic field, a very uncertain parameter. Nevertheless FRII
galaxies seem the best potential astrophysical source of UHECR. Unfortunately,
no nearby (less than 100 Mpc) object of this type is visible in the direction of the
observed highest energy events. The closest FRII source, actually in the direction
of the Fly’s Eye event at 320 EeV, is at about 2.5 Gpc, way beyond the GZK
distance cuts for nuclei, protons or photons. A possible solution would be to
admit that all observed UHECR come from M87 (a powerful radio galaxy only
20 Mpc away) and that arrival directions are all randomized by unexpectedly
strong magnetic fields (see the contributions by Biermann et al., G. Sigl, and
G. Medina Tanco).

γ−Ray Bursts
γ−ray bursters (GRB) are intense sources of γ−rays, sometimes of a few mil-
liseconds duration, with γ energies ranging from about 1 keV to a few GeV.
Several hundreds have been observed by satellites. The most favored GRB emis-
sion model is the “expanding fireball model” where one assumes that a large
fireball, as it expends, becomes optically thin hence emitting a sudden burst
of γ−rays. The engine (the power source) of such a fireball remains unknown
while the explanation of the non thermal spectra observed needs some additional
modeling (such as internal shocks in the expanding fireball).

The observation of afterglow (low energy γ−ray emission of the heated gas
in which the fireball expands) allowed to measure the redshift of the GRB from
which their cosmological origin was confirmed (and support brought to the fire-
ball model ). Under certain conditions, GRB can be shown to accelerate protons
up to a ZeV, therefore making them a good candidate site for UHECR produc-
tion, as explained in detail in the contribution by E. Waxman. However in such
a framework the UHECR spectrum should show the GZK cutoff while above
100 EeV the distribution of arrival directions should be anisotropic. Although
more data are needed, the most recent results from the AGASA experiment [12]
confirm the absence of the GZK cutoff in contradiction with the GRB hypothesis
for the acceleration of UHECR. GRB remain however one of the best “classical”
candidates for UHECR acceleration (if not the only one). In the future, the de-
tection of high energy neutrinos (from 0.1 PeV up to 1 EeV depending on the
GRB environment) in coincidence with a GRB would be a strong evidence for
this model.
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4.2 “Exotic” Sources: The Top–Down Scenario

One way to overcome the many problems related to the acceleration of UHECR,
their flux, the visibility of their sources and so on, is to call upon the de-
cay of super massive relic particles (SMRP) or of TDs. These decays produce,
among other things, quarks and leptons. The quarks hadronize, producing jets of
hadrons which, together with the decay products of the unstable leptons, result
in a large cascade of energetic photons, neutrinos and light leptons with a small
fraction of protons and neutrons, part of which become the UHECR (see the
contribution by P. Bhattacharjee and [13]).

For this scenario to be observable three conditions must be met:

• The decay must have occurred recently since the decay products must have
traveled less than about 100 Mpc because of the attenuation processes dis-
cussed above.

• The mass of this new particle must be well above the observed highest energy
(100 EeV range).

• The ratio of the volume density of this particle to its decay time must be
compatible with the observed flux of UHECR.

According to the current picture on the evolution of the Universe, several
symmetry breaking phase transitions from a Grand Unified Theory group (GUT)
such as GUT =⇒ H ... =⇒ SU(3)×SU(2)L×U(1)Y =⇒ E(1)EM occurred dur-
ing the cooling. In TD models the defects are leftovers from these GUT symmetry
breaking phase transition that occurred in the very early universe. Quantitative
predictions of the TD density that survives a possible inflationary phase rely on
a large number of theoretical hypotheses. In general TD will be cosmologically
distributed and produce GUT scale particles (around 1024 − 1025 eV).

Supermassive particles are relics from some primordial quantum field, pro-
duced after the now commonly accepted inflationary stage of our Universe. The
ratio of their lifetime to the age of the universe must match their relative abun-
dance to account for the observed rate of UHECR while their mass must exceed
1021 eV. It is worth noting that relic particles may also act as non-thermal
Dark Matter and cluster in the halo of our galaxy. In such a case the secondary
particles will not be affected by the GZK cutoff.

Topological Defects
The very wide variety of TD models together with their large number of pa-
rameters makes them difficult to review in detail. Many authors have addressed
this field. Among them, let us mention Vilenkin and Shellard [14] and Vachas-
pati [15] for a review on TD formation and interaction, and Bhattacharjee [16],
Bhattacharjee and Sigl [13] and Berezinsky, Blasi and Vilenkin [17] for a review
on experimental signatures in the framework of the UHECR and of course the
contribution of P. Bhattacharjee in this volume.

As mentionned above, in the current picture on the evolution of the Uni-
verse several symmetry breaking took place. For those “spontaneous” symmetry
breaking to occur, some scalar field (called the Higgs field) must acquire a non
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vanishing expectation value in the new vacuum (ground) state. Quanta associ-
ated to those fields have energies of the order of the symmetry breaking scale, e.g.
1015−1016 GeV for the grand unification scale. Such values are indeed perfectly
in the range of interest for the above mentioned X−particles.

During the phase transition, regions not causally connected may evolve to-
wards different states - the correlation length is smaller than the horizon - in
such a way that at the different domain borders, the Higgs field is forced to keep
a vanishing expectation value for topological reasons. Energy is thus trapped at
the border called a TD whose properties depend on the topology of the manifold
where the Higgs potential reaches its minimum (the vacuum manifold topology).

Possible TDs are classified according to their dimensions: magnetic mono-
poles (0-dimensional, point-like); cosmic strings (1-dimensional); vortons, a sub-
variety of the previous which carry current and is superconducting; domain
walls (2-dimensional); textures (3-dimensional). Among those, only monopoles
and cosmic strings are of interest as possible UHECR sources: textures do not
trap energy while domain walls, if they were formed at a scale that could ex-
plain EHECR, would overclose the Universe [18]. In GUT theories, magnetic
monopoles always exist because the unbroken symmetry group contains at least
the electromagnetic U(1) invariance. In fact it is the predicted overabundance
of magnetic monopoles in our present universe that led Guth [19] to come up
with the now well adopted idea of an inflationary universe. Cosmic strings on
the other hand are the only defects that can be relevant for structure formation.
It is possible, from the scaling property of the cosmic string network, to relate
the cosmic string formation scale η to the cosmic string contribution to the den-
sity fluctuations in the Universe. Using the large scale density fluctuation value
of δρ/ρ ∼ 10−5 this gives η <∼ 1016 GeV and similar conclusions are drawn if
one uses the COBE results on CMB anisotropies [20]. It is striking to see that
if cosmic strings were to play a role in large scale structure formation, hence
making the Hot Dark Matter scenario viable,

• the proper energy scale is approximately the grand unification scale of GUT
theories,

• this scale also corresponds to the one relevant for UHECR production.

When two cosmic strings intercommute, the energy release sometimes leads
to the production of small loops that will free more energy when they col-
lapse. These are, among other mechanisms, fundamental dissipation processes
that prevent the cosmic string network from dominating the energy density in
the Universe. For monopoles, it is the annihilation of monopolonia (monopole-
antimonopole bound states) [21,22] that releases energy1 - although the existence
of monopoles of the proper energy scale is very questionable as they are either
over abundant or washed out by inflation.

Cosmic strings and monopoles come in various forms according to the scale
at which TDs are formed and to the vacuum topology. They may even coexist.
1 In fact monopolonia are too short lived but monopole-anti-monopole pairs connected

by a cosmic string have appropriate lifetimes. This happens when the U(1) symmetry
is further broken into Z2
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Nevertheless, the decay rate may, on dimensional grounds, be parameterized in
a very general way [23]. Due to the cosmological distribution of the defects the
electromagnetic component of the decay will cascade and release its energy into
low energy photons (10 MeV - 100 GeV). The density of such photons depends
on the time evolution of the decay rate and can be compared to the diffuse extra-
galactic γ−ray background as measured by EGRET, putting severe constraints
on models with slow time evolution. On the other hand in models with rapid
time evolution the large density of γ−rays released in the early Universe impacts
on the 4He production and on the uniformity of the CMB. There again severe
constraints make it difficult to accommodate the TD scenario for the production
of UHECR.

Supermassive Relics
Supermassive relic particles may be another possible source of UHECR [24,25].
Their mass should be larger than 1012 GeV and their lifetime of the order of the
age of the Universe since these relics must decay now (close by) in order to explain
the UHECR flux. Unlike cosmic strings and monopoles, but like monopolonia,
relics aggregate under the effect of gravity like ordinary matter and act as a
(non thermal) cold dark matter component. This is a strong argument in favor
of those models in the UHECR context as their distribution should be biased
towards galaxies and galaxy clusters allowing their decay products to evade the
GZK cutoff. A high statistics study of the UHECR arrival distributions will be
a very powerful tool to distinguish between aggregating and non-aggregating
top-down sources.

If one neglects the cosmological effects, a reasonable assumption on the decay
rate would simply be, since the decay should occur over the last 100 Mpc/c:

ṅX =
nX

τ

where τ is the relic’s lifetime and where the relic density nX may be given in
terms of the critical density of the Universe ρc as:

nX =
ρcΩX

mX
= 10−17(ΩXh2)

( mX

1012 GeV

)−1
cm−3

From which, using the measure of the UHECR flux and a relic mass mX =
1012 GeV, one obtains a lifetime of the order of 1021(ΩXh2) years. To obtain
such a value, orders of magnitude larger than the age of the Universe, one needs
a symmetry (such as R−parity) to be very softly broken unless the fractional
abundance ΩX represents only a tiny part (∼ 10−11) of the density of the Uni-
verse, in which case the production mechanism of relics must be extraordinarily
inefficient.

5 Conclusions

The chemical composition of the cosmic rays, the shape of their energy spectrum
and the distribution of their directions of arrival will prove to be powerful tools
to distinguish between the different acceleration or decay scenarios.
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There is a basic creed on the UHECR problematics which makes them a
puzzle, and there are models capable of circumventing the puzzling elements.
Basically, if the UHECR are conventional hadrons accelerated by bottom-up
mechanisms, they should correlate with their sources, with a quite specific dis-
tribution in the sky and a spectrum clearly showing the GZK cutoff (if the
sources are cosmologically distributed). If, on the other hand, the accelerated
particles are not conventional, they should at least be neutral particles in or-
der not to interact with the CMB and therefore can only be secondary collision
products putting even more requirements on the source power. Moreover, they
must interact strongly with the atmosphere. Many examples showing how one
can put up with those requirements were given in this volume.

For top-down mechanisms and above a ZeV, one should observe a flux of
γ−rays (and neutrinos) as the γ−ray absorption length increases (up to �
100 Mpc) at extreme energies. Below 100 EeV the spectrum shape will depend on
the relative values of a few parameters: the characteristic distance between TD
interactions or relic particle decays and Earth, the proton attenuation length,
and the γ−ray absorption length.

For relic particles and TDs like vortons and monopolonia, because of the
possible accumulation in the galactic halo, photons will dominate the flux. Some
anisotropy should be visible due to Earth’s eccentric position in the halo. In this
case, the spectrum will not show any GZK cutoff and the EGRET constraint on
the injection rate is not crucial as the emitted photons have no time to cascade
over the short distances.

Today, we seem to be a long way from untangling the UHECR puzzle. For-
tunately, the numerous models will soon have to face the next generation of
experiments capable of gaining orders of magnitude in statistics with respect
to the present data. For example, a dominant presence of UHE photons and
neutrinos in the chemical composition would no doubt be fatal to any bottom-
up mechanism, whereas the presence of unambiguously identified heavy nuclei
would definitely exclude all top-down models. Finding the actual mechanism
should then be achievable with a precise reconstruction of the energy spectrum
and a detailed study of the (an)isotropy of the source images, probably a few
years’ work away.
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